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Preface

Even those not engaged in solar physics will have noticed a huge increase in space
observations of the solar atmosphere over the past few years. The last ten years
especially have seen several notable space missions launched by NASA, the European
Space Agency (ESA), the Japanese and Russian space agencies, and several other
organizations, among which have been the Yohkoh and RHESSI X-ray spacecraft,
SOHO, TRACE, and CORONAS-F which have on board high-resolution instruments
working in the extreme ultraviolet spectrum, and most recently the STEREQO and
Hinode missions, both launched in late 2006, all of which are making spectacular
observations in the visible, ultraviolet, and soft X-ray regions. Major contributions
to our knowledge have also been made by rocket-borne instruments such as SERTS
and EUNIS, working in the extreme ultraviolet.

The increase in our understanding of the solar atmosphere giving rise to this emis-
sion has been enormous as a direct result of studying the data from these instruments.
We have built on the knowledge gained from previous large solar missions such as
the Skylab mission and Solar Mazimum Mission to develop models for the solar at-
mosphere and for phenomena such as flares and coronal mass ejections. However, to
the dismay of some but the excitement of most, we are now presented with a picture
of the solar atmosphere that is far more dynamic and complex than we ever expected
from early spacecraft or ground-based telescopes. Consequently, it has really been
the case that as fast as we solve some problems, others are created that will obvi-
ously need great ingenuity in finding satisfactory physical explanations. A case in
point is the ever-elusive coronal heating problem, one that has been with us ever
since the mega-kelvin temperatures of the solar corona were discovered, from optical
spectroscopy, in the 1940s.

Much of our knowledge has come from studying images of phenomena, monochro-
matic or in broad-band ranges. But quantitative work, just as with studies of stars,
begins with spectroscopic studies. Ultraviolet and X-ray spectra give us informa-
tion about temperatures, densities, flow velocities, filling factors (indicating to what
extent we are spatially resolving features), emission measures.

Ultraviolet and X-ray spectra give us information about temperatures, densities,
flow velocities, filling factors (indicating to what extent features are being spatially
resolved), thermal structure, element abundances, ionization state of solar plasmas
in the outer parts of the solar atmosphere: the chromosphere, the corona and the

4



Preface 5

enigmatic transition region. They also allow insight into all phenomena in the solar
atmosphere, e.g. flares, jets, and prominences.

Though there have been review articles and portions of textbooks devoted to
solar spectroscopy in the ultraviolet and X-ray region, no monograph has yet been
written that specifically addresses this aspect. This book is meant to fill this gap
in the literature. First, we review basic concepts in studies of the solar atmosphere,
with descriptions of the properties of the various parts of the solar atmosphere and
phenomena (Chapter 1). Then basic concepts in radiation from the solar atmosphere,
from the photosphere outwards, are given, with applications specific to UV and X-ray
spectroscopy (Chapter 2). Basic atomic theory, needed in understanding spectral line
and continuum formation and interpretation, is given in Chapter 3, with descriptions
of how lines and continua are formed (Chapter 4). We expect these two chapters
to be most useful for students, post-graduates and others who wish to have an
understanding of atomic physics and how it relates to spectroscopy. How narrow-
band images and spectral line ratios particularly are used in ‘diagnosing’ parts of the
solar atmosphere, i.e. finding densities, temperatures, and other parameters, is dealt
with in Chapter 5, including specific examples of lines that are suitable for diagnostic
purposes (Chapter 6). A description of current and recent instrumentation is given
in Chapter 7. Later chapters (8, 9, 10) review recent literature giving applications
of spectroscopic techniques in the UV and X-ray bands to the quiet and active Sun
and the particular case of solar flares. As the literature is now so extensive, this
review has necessarily been subjective and has quite likely omitted work that others
will consider important. We apologize to any who feel that their work is not justly
treated in these chapters.

One of the most significant findings using ultraviolet and X-ray spectroscopy in
recent years has been the discovery of departures of element abundances in the solar
atmosphere from those in the solar photosphere, with a clear link with the first
ionization potential (FIP) of these elements. This result first became clear in the
study of solar wind and solar energetic particles, but spectroscopically determined
abundances showed that this was true for the solar corona and maybe other parts
of the solar atmosphere. A more personal view on this topic is given in Chapter 11,
with additional evidence that is not yet in the published literature.

Notes on units (following the still current usage in solar physics, we use the c.g.s.
system), a glossary, and list of emission lines in the solar ultraviolet and soft X-ray
spectrum are also given.

We are grateful to the many colleagues who have helped us in the task of writing
this book. We thank those who have allowed us to use figures and other results
from their published works; their names are acknowledged in figure captions. Data
from many spacecraft missions are freely available from web-based sources, and we
have taken advantage of obtaining images and spectra accordingly. We particularly
acknowledge teams of scientists who have made these data sources available to us and
to the solar community generally. We are also particularly indebted to colleagues
who offered their time to read portions of the book manuscript, and who have helped
enormously by making very helpful suggestions or correcting our misconceptions.
They are: A. K. Bhatia, J. L. Culhane, J. M. Laming, M. Landini, J. C. Raymond.
We are grateful to our institutes, Mullard Space Science Laboratory (University
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College London) and Naval Research Laboratory (the US Department of the Navy)
for their support during the writing of this book.
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The solar atmosphere

Kenneth J.H. Phillips, Uri Feldman, & Enrico Landi

1.1 Introduction

The solar atmosphere may be broadly defined as that part of the Sun ex-
tending outwards from a level known as the photosphere where energy generated at
the Sun’s core begins to escape into space as radiation. Regions progressively deeper
than this level are characterized by increasing densities where there are continual
interactions between atoms or ions and radiation. None of this radiation escapes
into space. Such regions constitute the solar interior. The photosphere can loosely
be regarded as the Sun’s surface, though more precisely it is a thin layer. The base
of the photosphere depends on the wavelength of the radiation. A common but
arbitrary definition is where the optical depth T, i.e. the integral of the absorption
coefficient over path-length, is unity for radiation of wavelength 5000 A (correspond-
ing to the green part of the visible spectrum), written 75000 = 1. We shall give further
definitions of these concepts in Chapter 2. The temperature of the 75000 = 1 level
is approximately 6400 K. Much of the absorption of visible and infrared radiation,
which makes up the bulk of the Sun’s radiant energy escaping from the photosphere,
is due to the negative hydrogen ion H~. The absorption of photons of radiation hv
occurs by reactions like hv+H™ — H+e™, i.e. the break-up of the H™ ion to form a
hydrogen atom and free electron. At sufficiently high densities, the reverse reaction
ensures the replenishment of H™ ions. The rapid fall-off of total density proceed-
ing outwards from the Sun leads to a depletion of H™ ions, and thus a decrease in
absorption coefficient and optical depth. The consequence of this is that the Sun
appears to have a very sharp edge at optical wavelengths.

Energy is generated in the Sun’s core by nuclear reactions, in particular fusion of
four protons to form “He nuclei. The energy is transferred to the rest of the solar
interior by radiation out to 0.667Rs where Rs = 696,000 km is the solar radius, i.e.
radius of the photosphere, and by convection from 0.667R to the photosphere. By
the First Law of Thermodynamics, the temperature continuously falls with distance
from the energy-generating region at the Sun’s core. This fall-off of temperature
would be expected to continue in the solar atmosphere, starting from the base of
the photosphere where 75000 = 1. In fact the temperature rises, eventually reaching
extremely large values, giving rise to an atmosphere which emits radiation at extreme
ultraviolet and X-ray wavelengths. The nature of this emission, and what can be
learned from it, are the subject matter of this book.



8 The solar atmosphere

1.2 Chromosphere, Transition Region, and Corona
Model solar atmospheres are a guide to the way in which temperature varies
with height and help to provide definitions of atmospheric regions. In the well-
known VAL models (Vernazza et al. (1981)), an initial temperature vs. height plot
is used to calculate using radiative transfer equations the emergent spectrum which
is then compared with observed spectra, and adjustments to the initial temperature
distribution made. According to their Model C (average solar atmosphere), there
is a fall-off of temperature from the 75000 = 1 level, reaching ~ 4400 K at a height
of about 500 km above 75000 = 1, the temperature minimum level. Above the
temperature minimum, the temperature rises to form a broad plateau at ~ 6000 K,
over a height range of approximately 1000-2000 km, then rises sharply. To account
for large radiation losses due to hydrogen Ly-a emission, the VAL models require
a small plateau at ~ 20000 K on the sharp temperature rise. According to the
model by Gabriel (1976), this rise continues on to temperatures of 1.4 x 10% K or
more. For many authors, the solar chromosphere is defined to be the region from the
temperature minimum up to where the temperature is approximately ~ 20000 K.
The region of the solar atmosphere where the temperature reaches ~ 106 K and where
the densities are very low compared with the chromosphere is the solar corona. A
further region having temperatures of ~ 10° K known as the transition region is in
solar atmospheric models a thin layer separating the dense, cool chromosphere and
tenuous, hot corona. Figure 1.1 shows (solid curve) the variation of temperature in
the lower part of the solar atmosphere (heights up to 30000 km above the 75000 = 1
level), together with variations in the number densities (cm~2) of neutral hydrogen
(Ngr) and free electrons (INV.), according to three quiet-Sun models (Vernazza et al.
(1981); Fontenla et al. (1990); Gabriel (1976)) which have been patched together over
appropriate height ranges. Further details are given in Section 1.7 and Table 1.1.
The solar chromosphere is observable in visible wavelengths by forming images,
known as spectroheliograms, in narrow wavelength bands around the cores of certain
absorption or Fraunhofer lines that have their origins in the lower chromosphere.
These include the hydrogen Balmer-a (or Ha) line at 6563 A (red part of spectrum)
and singly ionized calcium (Ca 11) H and K lines at 3968 A and 3933 A (blue)
respectively. also has a visible-wavelength emission-line spectrum which is apparent
at the beginning and end of the totality phase of total solar eclipses, when the Moon
passes in front of the photosphere, covering up its intensely bright radiation. It is
then clear that the chromosphere’s extent is far greater than the 2000 km predicted by
solar models and indeed its nature is far from being a uniform layer of the atmosphere.
Rather, extending out from about 2000 km up to ~ 10000 km are transient pencil-
shaped structures called spicules. In Ha spectroheliograms, they are dark features on
the disk covering about 10% of the solar surface. Further, the white-light corona seen
during total eclipses is observed to be highly non-uniform, consisting of streamers
and loops that stretch out hundreds of thousands of km above the limb. The white-
light emission arises from the Thomson scattering of photospheric light by the fast-
moving free electrons in the high-temperature corona. Observations, therefore, show
that model atmospheres, while useful in describing the way in which temperature
rises (and density decreases) with height, have limitations in that the high degree of
structure in the chromosphere and corona is not properly reproduced. The nature of
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Fig. 1.1. The variation of temperature with height in the solar atmosphere (solid
curve), based on one-dimensional model calculations of Vernazza et al. (1981),
Fontenla et al. (1988), and Gabriel (1976). The chromospheric and transition
region part of this model atmosphere is for the average quiet Sun. Based on
these idealized representations of the solar atmosphere, the transition region is a
thin layer with 7 = 10°K separating the chromosphere and corona. Variations in
the number densities (cm ™) of neutral hydrogen atoms (Ng) and electrons (N,)
(dot—dash and dash curves respectively) are also shown.

the transition region, predicted to be a thin layer separating the chromosphere and
corona in models, may also be quite different in reality.

The bulk of the electromagnetic radiation from the chromosphere and corona has
much higher photon energies than those of visible-wavelength radiation, which range
from 1.6 eV to 3 eV. The characteristic radiation emitted by material with tempera-
tures of between 100000 K and a few MK has photon energies between 10 eV and a
few 100 eV, corresponding to wavelengths between ~ 1000 A and less than ~ 100 A.
The solar chromosphere and corona are therefore strong emitters of radiation with
wavelengths between the ultraviolet and soft X-ray range.

The high temperatures of the chromosphere and corona, much exceeding the pho-
tospheric temperature, are plainly departures from those expected from physical
considerations. A heating mechanism, due to some non-radiant energy source, is
therefore required. This energy source, as well as the structured nature of the chro-
mosphere and corona, is strongly correlated with the Sun’s magnetic field, a fact

log,g N (cm™)



10 The solar atmosphere

that is readily observed: regions of the solar atmosphere hotter than their surround-
ings, as deduced from their ultraviolet and X-ray spectra, are highly correlated with
regions in the photosphere associated with strong magnetic field.

Below the photosphere, interaction between the atoms or ions and the radiation
that they emit is complete, and thermodynamic equilibrium occurs. Towards the
solar surface, some of this radiation begins to escape to space, and thus becomes
visible to instruments on Earth. Analysis of the spectrum of this radiation shows that
there is a local thermodynamic equilibrium (LTE), in which the emitted radiation
is characterized by local values of temperature and density. Farther out, there is
an increasing departure from LTE, with the radiated energy from the photosphere
interacting less and less with the surrounding material. Eventually, ions and electrons
making up the hot corona, even though bathed in the strong photospheric radiation,
are nearly unaffected by it.

The Sun is a second-generation star, formed by the coalescence of material left
by first-generation stars in our Galaxy that underwent supernova explosions. This
is reflected in the Sun’s chemical composition, which is (by number of atoms) 90%
hydrogen, nearly 10% helium, with trace amounts of heavier elements. In the chro-
mosphere, with temperatures up to 10* K, the hydrogen is partially ionized, so that
there are large numbers of free protons and electrons as well as neutral atoms of H
and He. In the corona, the ionization of both hydrogen and helium is almost com-
plete, so that the composition is free protons and electrons and He nuclei, with much
smaller numbers of ions, including those of heavier elements. Thus, the corona is
for many practical purposes a fully ionized plasma, having the associated properties
that we discuss in Section 1.7.

1.3 The Ultraviolet and X-ray Spectrum of the Solar Atmosphere

The comparatively high temperatures and low densities of the solar atmo-
sphere beyond the temperature minimum region result in a spectrum in the X-ray
and ultraviolet ranges which at wavelengths less than ~ 1400 A is made up of emis-
sion lines and continuum. The lines and continua are due to specific ions or neutral
atoms which we shall indicate by the appropriate element symbol and its degree of
ionization. We use throughout this book a standard spectroscopic notation identify-
ing the ionization degree with a Roman numeral; thus C 1 indicates the spectrum of
neutral carbon (read as “the first spectrum of carbon”), C 11 indicates the spectrum
of once-ionized carbon ions (C1) (“the second spectrum of carbon”), and so on. The
ions themselves are indicated by superscripted numbers showing the numbers of elec-
trons removed, e.g. C*3 indicates three-times-ionized carbon, which emits the C 1v
spectrum.

Figure 1.2 (upper panel) shows the ultraviolet disk spectrum of the quiet Sun in
the range 800 — 1500 A from the Solar Ultraviolet Measurements of the Emitted Ra-
diation (SUMER) instrument on the Solar and Heliospheric Observatory (SOHO).
On the logarithmic flux scale of this figure, the most striking feature is the presence
of recombination edges in the continuum spectrum. In the range included, these
are at 912 A (the Lyman continuum edge, due to the recombination of hydrogen),
1100 A (recombination to neutral carbon, C 1), and 1197 A (S 1). At longer wave-
lengths, there are edges at 1527 A (Si 1), 1683 A (Si 1), 1700 A (Fe 1), and 1950 A
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(Si 1). Model atmosphere calculations, such as the Harvard Smithsonian Reference
Atmosphere (Gingerich et al. (1971)) with subsequent corrections for line blanketing
and absorption by molecules, give information about the location in the quiet Sun
atmosphere where these continuum sources arise. Broadly, the continuum at wave-
lengths above the Si I edge at 1683 A is emitted at photospheric layers, the region
between the two Si I edges at 1527 A and 1683 A is emitted in the temperature
minimum region, and the continuum shortward of 1527 A is chromospheric in origin.
Like the visible photospheric spectrum, spectroheliograms made in the ultraviolet
continuum at A\ > 1683 A show limb darkening. Immediately below this wavelength,
and continuing into the X-ray range, spectroheliograms in the continuum emission
show limb brightening.

To the long wavelength side of each recombination edge are members of line series
that converge on each edge. Thus, members of the hydrogen Lyman line series
converge on the Lyman continuum edge at 912 A. The most prominent member of
this series, and indeed the most intense (by two orders of magnitude) line of the
entire solar ultraviolet spectrum, is the Ly-« line at 1215.67 A. As this line can
normally only be emitted in regions cool enough for neutral hydrogen to exist, its
emission has its origins almost entirely in the chromosphere, though Ly-a emission
by recombination and resonant scattering has been observed in the high-temperature
corona (Gabriel et al. (1971)). The high abundance of hydrogen results in the line
core being optically thick, and the line profile has a double reversal. There are
two emission peaks separated by about 0.4 A, with an absorption core which is
formed high in the chromosphere, where the temperature is 40000 K. The total
width (FWHM) of the line is 0.7 A, but the wings of the line, formed in the low
chromosphere (temperature 6000 K), extend out to about 15 A either side of the
line core. The amount of the absorption dips in the line profile centre varies according
to the solar feature emitting the Ly-a line — see Figure 1.3, based on measurements
of Fontenla et al. (1988). Actually, the Ly-« line is in theory a doublet through
the interaction of the spin of the single electron in hydrogen with the orbital angular
momentum of the electron, but the separation of the two components (0.0054 A) is far
less than the width of the solar line profile, which is determined by Doppler (thermal
velocity) and Stark (pressure) mechanisms as well as instrumental broadening (this
is about 0.01 A for the measurements shown in Figure 1.3). Other prominent lines in
the Lyman series include Ly-£ (1025.72 A, also doubly reversed), Ly-y (972.54 A),
and Ly-0 (949.74 A). Helium emission lines are also prominent, both those due to
neutral (He 1) and ionized (He 1I) atoms. Since ionized helium is like hydrogen but
with a nuclear charge of +2 instead of +1 atomic units, its spectrum consists of a
sequence of Lyman-like spectral lines but with wavelengths that are a factor 4 smaller
than those of H. The Ly-« line of He 11 is thus a prominent line at 303.79 A, formed
in the transition region. Neutral helium lines have a rather more complex sequence,
with lines at 584.31 A, 537.01 A, 522.19 A etc., all chromospherically formed.

Thousands of other emission lines occur in the 800-1500 A quiet Sun spectrum
(Figure 1.2, upper panel), emitted in the chromosphere, transition region, and corona
by ions of elements other than H or He. In the Appendix, we give a comprehensive list
of these lines with wavelengths and identifications. The most intense emission lines
are generally emitted by ions of abundant elements such as C, N, O, Ne, Mg, Si, S,
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Fig. 1.2. Examples of solar ultraviolet, extreme ultraviolet, and X-ray spectra.
(Upper:) SOHO SUMER quiet Sun disk spectrum in the 675-1600 A range, show-
ing the Lyman lines (particularly Ly-« line at 1215.67 A)7 the Lyman recombina-
tion edge at 911.8 A and the C I recombination edge at 1101.2 A. (Middle:) Quiet
Sun disk spectrum from the Extreme-ultraviolet Imaging Spectrometer (EIS) on
the Hinode spacecraft, showing the diagnostically important lines of Fe ions be-
tween 175 A and 210 A, formed at coronal temperatures. Courtesy the Hinode
EIS Team. (Lower:) Flare X-ray spectrum from the Flat Crystal Spectrometer on
Solar Maximum Mission.
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Fig. 1.3. Two examples of averaged quiet Sun Ly-« line profiles obtained by the Ul-
traviolet Spectrometer and Polarimeter on the Solar Maximum Mission spacecraft
(the numbers on the plots are serial numbers of exposures from this instrument).
The dashed curves are the raw data which are corrected (solid curve) for absorption
by the geocorona. The wavelength scale is in A. From Fontenla et al. (1988).

Ar, Ca, and Fe. Broad groups of strong lines may be identified, such as the resonance
lines of particular ions of different elements with common electron configurations. To
define these spectral lines, we use a spectroscopic notation that describes both the
atomic states and the transitions between them giving rise to the emission lines. We
will use this notation here, but defer a full description to Chapter 3. Prominent
among these lines are the resonance lines of Li-like ions, for which the transitions are
152 25251/2 —1s2 2p2P1/2}3/2. Because of the two possible orientations of the spin
of the 2p electron in the excited state, the resonance lines are all doublets, with the
lines having 2:1 flux ratios. The resonance lines in Li-like C (C 1v) occur at 1548.20,
1550.77 A, and are emitted at transition region temperatures (10° K). Similarly, the
equivalent Li-like N (N v) lines are at 1238.82, 1242.80 A. The Li-like O (O V1)
lines (1031.91, 1037.61 A) and Li-like Mg (Mg x) lines (609.80, 624.95 A) have their
origins in the corona (temperatures ~ 1 MK). The separation of the doublet lines
increases markedly with atomic number.

At shorter wavelengths the many prominent emission lines again include those
originating in the chromosphere, transition region, and corona, up to temperatures
of 2 MK. Figure 1.2 (middle panel) shows a quiet Sun spectrum from the Extreme-
ultraviolet Imaging Spectrometer (EIS) on the Japanese Hinode spacecraft, launched
in 2006. The spectrum includes resonance lines of a range of Fe ions, from Fe viin
(formed at a little less than 1 MK) to Fe X1v (~ 2 MK). These strong lines arise from
transitions involving electrons in the n = 3 shell. The line Fe X line at 174.53 A,
emitted at 1 MK, and a Fe 1X line at 171.07 A are important emission contributors to
the so-called 171 A filters of the SOHO Extreme Ultraviolet Imaging Telescope (EIT)
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and the Transition Region and Coronal Explorer (TRACE) imaging instruments
which we will refer to frequently throughout this book. Nearby Fe XII lines, notably
that at 195.12 A, are emitted at a slightly higher temperature, 1.4 MK, and are
the most important contributors to the EIT and TRACE 195 A filters for the non-
flaring Sun. In the quiet Sun spectrum shown in the figure, the principal lines of Fe X,
Fe X1, and Fe XI11, are comparable to each other, indicating an average temperature
of 1.2 MK for the emitting region. At higher wavelengths, not included in this quiet
Sun spectrum, is the strong Fe xv line at 284.16 A, emitted at 3 MK, which is the
only strong line within the range of the 284 A EIT and TRACE filters.

At X-ray wavelengths, emission lines due to other highly ionized species exist, but
are only strong when emitted by intense active regions on the Sun or more particu-
larly solar flares. The ions emitting the lines are often those that have filled outer
shells, such as the neon-like (electron configuration 152 252 2pS, i.e. n = 2 shell filled)
or helium-like stages (152, i.e. n = 1 shell filled). Thus, strong emission lines due to
neon-like Fe (Fe xviI) occur at 15.01 A, 16.78 A, 17.05 A, and 17.10 A. Other strong
lines include those due to helium-like C (C v) at 40.27 A and helium-like O (O v1r)
at 21.60 A. Such lines can be emitted by quiet coronal structures, with temperatures
of about 1-2 MK, but become much more intense when emitted by active regions
or flares, for which the temperatures are much higher still (Section 1.6). Figure 1.2
(bottom panel) shows the X-ray spectrum emitted by a hot flare plasma in its de-
caying phase observed with the Solar Maximum Mission Flat Crystal Spectrometer,
a Bragg diffracting crystal spectrometer with several crystals covering a range ex-
tending from 1.4 A to 22.4 A. The Lyman-« lines of H-like O (O viir, 18.97 A), Ne
(Ne X, 12.13 A), and Mg (Mg x11, 8.42 A) are all prominent. Lines due to transitions
between the n = 2 and n = 3 shells of Ne-like Fe (Fe xvII) are the most intense in
this range, but there are also similar transitions in F-like Fe (Fe xviII).

At the peak of strong flares, the hot plasma, with temperatures of 15-30 MK, is
characterized by Fe ions in higher stages of ionization, up to the He-like (Fe XxXV) or
even H-like (Fe xxvI). Such ions need temperatures of ~ 20 MK and ~ 30 MK for
their formation. The resonance line of Fe xxv, due to 1s> — 1s2p transitions, is at
1.85 A, and is a prominent feature of X-ray spectra detected by crystal spectrometers
on solar spacecraft missions dedicated to the study of flares. These include the
U.S. Air Force P78-1 spacecraft, the NASA Solar Maximum Mission that flew in
the 1980s, and the more recent Reuven Ramaty High-Energy Solar Spectroscopic
Imager (RHESSI) with broad-band spectral resolution, having a range that extends
downwards from ~ 3 A (or in terms of equivalent photon energy units, energies above
3 keV). Throughout the entire X-ray range, and indeed throughout the EUV range,
is a continuum, emitted by free—free and free-bound processes. Relative to the lines,
which become rather sparse in the higher-energy X-ray range, the continuum makes a
larger contribution to the total emission. Also of increasing importance for X-ray line
emission is the presence of dielectronic lines, formed by dielectronic recombination
processes. An electron may recombine with an ion in a coronal plasma by a radiative
process, in which the excess energy of the electron is removed from the atom by a
photon of arbitrary energy, hence the formation of free-bound, or recombination,
continuous emission. But resonance recombination processes also occur, in which an
electron with a precisely defined energy recombines with an ion to produce a doubly
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excited ion, i.e. with two electrons instead of the normal one in excited shells. If
one of these electrons de-excites, the resulting photon contributes to a dielectronic
satellite line, so-called because the line generally accompanies a parent resonance
line on the long-wavelength side. Such satellites are frequently an important way
of diagnosing the flare plasma, giving information on its temperature in particular.
This is discussed in Chapter 5.

1.4 Structure of the Solar Atmosphere

An important characteristic of the solar photosphere, which has consequences
for the solar atmosphere, is convection. Convection occurs on large scales in the
outer parts (> 0.667Rg) of the solar interior, where it dominates over radiation as
the energy transfer process. Near the solar surface, a small-scale convection pattern
consisting of cell structures or granules occurs, with typical sizes of ~ 100 — 1100 km
and lifetimes of several minutes. Granules are visible in white-light images of the
photosphere as slightly brighter areas with polygonal shapes that are characteristic
of surface convection cells formed in the laboratory. Of more importance for our pur-
poses are the supergranules, recognizable from the Doppler shifts of photospherically
formed Fraunhofer lines. Material from the interior is convected upwards at the cell
centre, then radially outwards and nearly horizontally with velocities of 0.4 km s=!
towards the cell boundaries, where it is convected downwards with velocities of about
0.1 km s~!. Supergranules are thought to be pancake-like structures, approximately
30000 km across and a few thousand km thick, and lasting from one to several days.

Spectroheliograms formed at the wavelengths of certain weak Fraunhofer lines,
particularly the so-called G band (actually a band-head in the solar spectrum, at
4290-4310 A, due to the CH molecule), show filigree-like strings of fine bright points,
about 100 km across, in the dark lanes between granules. A pattern or network
of bright points is recognizable, coincident with the supergranule boundaries. The
bright points are associated with strong (~ 1000 G) magnetic field, probably in the
form of magnetic flux tubes emerging from below the photosphere. The supergranular
convective flow transports material and also concentrations of magnetic field towards
the supergranule boundaries, so a network of magnetic field is formed, corresponding
to the network of bright points. This field, with strengths of several hundred Gauss,
is detectable using the Zeeman effect, with magnetically sensitive absorption lines
at visible wavelengths. The Michelson Doppler Imager (MDI) on SOHO routinely
measures the line-of-sight component of the field, producing full-Sun magnetograms
such as those shown in Figure 1.4. The field may be positive (field lines directed
towards the observer, or outwards from the Sun) or negative (field lines away from the
observer, or towards the Sun), and exists all over the Sun’s surface. (At the present
time, the spectro-polarimeter part of the Solar Optical Telescope [SOT] on board
the Japanese Hinode spacecraft obtains field strength and direction information,
producing vector magnetic field maps.)

Magnetic field clumps at the photospheric level are associated with enhanced heat-
ing in the solar atmosphere, with consequent increased brightening at certain wave-
lengths in chromospheric and coronal features where the field is concentrated. The
pattern of magnetic field concentrations in the quiet Sun results in a corresponding
pattern of emission features formed in the chromosphere and transition region known
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(a) (b)

Fig. 1.4. (a) Full-Sun magnetogram from data obtained with the Michelson
Doppler Imager on SOHO on 1997 September 11. Black areas indicate negative
line-of-sight field concentrations; white areas positive line-of-sight field concentra-
tions. A number of major active regions are evident, with concentrations of op-
posite field close to each other. (b) A portion of this magnetogram in the eastern
part of the Sun, measuring 250 x 250 pixel?, devoid of active regions but showing
a mixture of positive and negative polarities. These are field concentrations at su-
pergranule boundaries, and are present all over the Sun’s surface away from active
regions. The pixel size is 1 arcsecond, or 725 km. In both images (as in nearly
all solar images in this book), north is at the top, east to the left. Courtesy the
SOHO MDI Team.

as the quiet Sun chromospheric network. In visible wavelengths, the pattern can be
seen in the Ho and ionized calcium (Ca 11) H and K absorption lines . The cores of
these lines are formed in the low chromosphere. In the Ha line, the network takes
the form of groups of spicules or pencil-shaped features pointing out approximately
radially from the photosphere. In the Ca 11 lines, the network (sometimes called the
calcium network) consists of bright structures roughly delineating the supergranular
cell boundaries, so appearing as a honeycomb structure over the whole Sun. It shows
most clearly at the apparent centre of the Sun’s disk as seen from Earth.

The network is especially prominent when viewed at the wavelengths of ultraviolet
emission lines that are formed in the upper chromosphere (10* K) or at transition
region temperatures (~ 10% K), i.e. at greater altitudes above the photosphere than
the Ha or Ca 11 H and K lines (see Figure 1.1). Thus, in the chromospherically
formed emission lines of neutral helium (He 1), e.g. the resonance line at 584 A,
the network over the entire Sun gives rise to a mottled appearance to the Sun, like
the surface of an orange. This is illustrated by full-Sun ultraviolet images from the
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(a) (b)

Fig. 1.5. (a) Image of the Sun in the light of the chromospheric emission line
due to He 1 at 584.33 A, formed at 20 000K, between 1996 March 2 and 4, near
solar minimum. The image is actually a composite, made up of eight horizontal
scans each in turn made up of 1600 exposures. The smallest picture element is
4 x 4 SUMER pixels (1 pixel = 1 arcsec, or 725 km). (b) C 1v emission line at
1548 A, formed at 10°K. Both images are composed of smaller images taken with
the SUMER instrument between 1996 February 4 and 5. Courtesy the SOHO
SUMER Team.

SUMER instrument on the SOHO spacecraft (Figure 1.5). The He I resonance line
is formed in the upper chromosphere, where the temperature is about 20 000K. The
network has much the same nature at higher temperatures, 10°K, characteristic of
the transition region.

With imaging spectrometers, such as the Coronal Diagnostic Spectrometer (CDS)
on the SOHO spacecraft, the network can be traced at different temperatures form-
ing images in extreme ultraviolet emission lines of ions having a large variety of
characteristic temperatures. This is illustrated in Figure 1.6, where images in chro-
mospheric lines (He 1, He 11), transition region lines (O 11, O 1v, O v, Ne vI), and
coronal lines (Mg viir, Mg 1X, Mg X, Si viiI) are compared. The chromospheric and
transition region images made up of emission clumps of a few arcsec dimensions,
the clumps forming the honeycomb structure of the network. In the coronal images,
the network disappears, the main emission structures being bright but ill-defined
structures. Note also that the helium line images have slightly less contrast than the
transition-region line images, the reason being (Gallagher et al. (1998)) that these
lines have a very high optical depth owing to the large abundance of helium in the
solar atmosphere — the line radiation suffers repeated absorption and re-emission
before emerging from each clump of emission.

The nature of the network, its heating, and its progressively smaller contrasts
at greater altitudes, has been modelled by Gabriel (1976) and others. Figure 1.7
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log(T,) = 5.62 . X A . log(T,) = 5.97

Fig. 1.6. Images from the SOHO Coronal Diagnostic Spectrometer (CDS) of the
quiet Sun network, taken from the chromosphere (He I, He II lines), through the
transition region (O 111, O 1v, O v, Ne VI) to the corona (Mg vii1, Si viil, Mg IX,
Mg X). These images were formed with the 4 x 240" arc slit of the CDS, with
a scan mirror stepping 60 times in 4" arc steps with 50 s exposure times. From
Gallagher et al. (1998).

illustrating Gabriel (1976)’s model shows a cross section through a supergranular
cell from just beneath the photosphere to the corona. In this model, heating oc-
curs along the field lines by magneto-hydrodynamic (MHD) waves. The heating is
greatest where the field lines are most concentrated, at the boundaries of the super-
granules, in particular the network bright points. In the figure, isotherms indicate
the temperature levels across the field concentrations, higher over the supergranule
boundaries, but dipping over the region of the supergranule centres. The field lines,
as they diverge outwards at greater altitudes, form a canopy. One can see from this
model how the network at chromospheric and transition region temperatures (log
T =4to 5, T in K) is correctly predicted to be well defined but increasingly fuzzy
at higher, i.e. coronal (log T'= 6 or more), temperatures.

In both the images shown in Figure 1.5, small protrusions are visible at the limb
(e.g. the one at the south—east limb in the He 1 image): these are identifiable as
prominences, familiar as bright features in Ha spectroheliograms taken with ground-
based telescopes. (The counterpart of prominences on the disk in Ha are known
as filaments.) Quiescent prominences, like those in Figure 1.5, are those associated
with quiet regions of the Sun, and generally extend up to ~ 50000 km from the limb,
with lengths up to several hundred thousand km. They are distributed over a wide
latitude range, and may last for several solar rotations, i.e. several months.

The high-temperature corona is conspicuous at visible wavelengths during total
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Fig. 1.7. Model of the chromosphere, transition region, and corona according to
Gabriel (1976).

(a) (b)

Fig. 1.8. (a) Image of the Sun in the 195 A passband of the EIT instrument on
the SOHO spacecraft on 1997 September 11. The 195 A passband includes the
intense 195 A Fe XII emission line formed at T = 1.4 MK, so this image shows
coronal structures including the extensive loop arcades making up active regions
and quiet-Sun loops as well as loops and streamers off the limb. Note that the MDI
magnetogram in Figure 1.4 corresponds to the date of this image. A coronal hole
is evident at the Sun’s north pole, within which are numerous bright points on the
disk and, off the limb, super-radial polar plumes. A small prominence on the north-
east limb appears as a fine dark structure. Courtesy the SOHO EIT Team. (b)
Image of the Sun from the Soft X-ray Telescope on the Yohkoh spacecraft viewed
through the thin Al filter (bandpass 3-20 A) on 1992 May 16. In this image, the
loop systems of active regions (e.g. that on the west limb, south of the equator),
extensive loops and streamers at the limb, and a coronal hole at the south pole
are visible. Courtesy the Yohkoh SXT Team.
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eclipses, when the photosphere is obscured by the Moon, or with coronagraphs.
Even then, only the portion of the corona off the limb is seen. With spacecraft
instruments observing in the extreme ultraviolet and X-ray wavelengths, we are able
to view the corona at any time that the instruments are operating and in addition
we can see coronal structures on the solar disk. Figure 1.8 shows the solar corona on
two occasions when the Sun was in an active state. The SOHO EIT image shows the
corona in the 195 A bandpass, dominated by the the Fe XII emission lines mentioned
earlier. The image obtained with the Yohkoh SXT (thin aluminium filter, bandpass
approximately 3-20 A) shows the X-ray corona. In each image, the quiet Sun corona
is seen to be made up of loop structures of varying sizes, the smallest being almost
at the resolution limit of each instrument (down to 1 arcsec, or 725 km). At the
poles there is often an extensive coronal hole, or region of decreased emission at
extreme ultraviolet or X-ray wavelengths. Polar plumes, giving the Sun’s corona a
‘bar magnet’ appearance at either pole, are visible during periods of low solar activity
in white-light solar eclipse images as well as those in the extreme ultraviolet. Also
within coronal holes, visible on the solar disk in X-ray images such as those from the
Yohkoh SXT and ultraviolet images from EIT, are the so-called bright points.

The MDI instrument on SOHO and the SOT on Hinode are able to measure the
solar magnetic field at the photospheric level. It is much more difficult to measure
the magnetic field at higher levels, though some advances are being made using
the Zeeman effect in magnetically sensitive coronal emission lines in the infrared.
Meanwhile, it can be deduced that the loops and larger-scale arches in the corona
are identifiable with magnetic flux tubes, the high-temperature coronal material
being closely tied to the magnetic field lines. Most of the corona is in the form of
these closed field structures, though coronal streamers, like their counterparts seen in
white-light emission during eclipses, and the polar plumes in the coronal holes appear
to have open field lines, or at least the field lines seem to connect to the heliosphere
beyond the steady-state corona. These form the paths of the solar wind, a plasma
consisting mostly of electrons and protons streaming outwards from the Sun. The
so-called slow-speed solar wind, with velocities of about 400 km s~!, originates in
quiet regions, while the high-speed solar wind, with velocities of about 800 km s~!,
originates in polar coronal holes.

1.5 Dynamics of the Solar Atmosphere

It has become increasingly evident over the past 20 years that even what
is generally known as the quiet solar atmosphere is extremely dynamic, with flows,
oscillations, transient brightenings, and explosive phenomena occurring throughout.
This is independent of the solar activity in the form of active regions and flares (Sec-
tion 1.6). Nearly all these phenomena are related to the Sun’s magnetic field which
pervades the entire solar atmosphere above the magnetic canopy (Figure 1.7), and
have significance for energy and mass supply. The dynamical nature has particular
implications for the nature of the transition region.

Ha spicules have counterparts in ultraviolet images of the Sun such as those ob-
tained by the SUMER instrument on SOHO, where they give rise to a ragged ap-
pearance of the limb. This is just visible in Figure 1.5 (@), an image obtained in
a He 1 chromospheric line. Upward velocities of ~ 100 km s~! are observed, as
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well as an association with flaring X-ray bright points (Moore et al. (1977)). X-ray
bright points like those in the EUV appear to be tiny loops which are particularly
prominent in regions of the Sun devoid of active regions, and are subject to flaring
like larger active regions. Flares from them are correspondingly small, but as X-ray
bright points are so numerous, they are possibly important for the energizing of the
hot solar corona. Studies show that the thermal energy of the flaring plasma may
be a significant fraction of the energy requirements of the corona.

Other examples of transient phenomena occurring in the quiet Sun have been
observed in the ultraviolet range. The High Resolution Telescope Spectrometer
(HRTS), flown on rockets and on the Space Shuttle-borne Spacelab 2 mission, ob-
served the C 1v 1548, 1550 A resonance doublet, finding many instances of broadening
of the lines indicating directed flows in the emitting material. As the C 1v lines are
emitted at ~ 1.1 x 10° K, these transient phenomena are characteristic of transition
region temperatures. They have downward and upward velocities of up to ~ 400 km
s~ and are explosive in nature (Brueckner & Bartoe (1983); Dere et al. (1989)).
These transient phenomena have also been observed in other ultraviolet lines. Tem-
porary brightenings in extreme ultraviolet transition region lines such as O v (e.g. at
629.7 A) have been observed with the CDS instrument on SOHO (Harrison (1997)),
known as blinkers. They appear to be associated mostly with the network, though
they also occur in cell centres (Harra et al. (2000)).

A variety of oscillatory phenomena have been observed in the chromosphere, tran-
sition region, and corona, indicative of wave propagation, again with possible impli-
cations for the heating of the solar atmosphere and identification of a non-radiative
energy term in the energy balance. Oscillations in the violet emission peaks of the
Ca 11 H and K visible-wavelength lines have been observed for some years. Longer-
period oscillations in network structures have also been found in ultraviolet lines
observed by the SUMER instrument (Curdt & Heinzel (1998)). Here, the oscilla-
tions most likely arise through the buffeting of narrow flux tubes at chromospheric
altitudes by solar granulation, which lead to the propagation of MHD waves, these
in turn heating the network regions of the chromosphere.

An especially puzzling feature of the transition region ultraviolet line emission is
the fact that, when compared with chromospheric lines that are presumed to be
practically stationary, the transition region lines show a Doppler displacement to
longer wavelengths (so-called red shift) indicating a downward velocity. This was
first discovered in the data from the S082B slit spectrometer on the Skylab mission
(Doschek et al. (1976b)) in lines ranging from Si 1v (formed at ~ 80000K) to N v
(1.8 x 10°K), with velocities of 7-9 km s™1. The downward velocities that these red
shifts imply appear to have a cos # dependence, where 6 is the angle from the disk
centre (Peter & Judge (1999)). At higher temperatures, 6 x 10°K-1.5MK, the red
shifts become blue shifts, i.e. upward velocities. If the transition region line red
shifts are interpreted as simple mass motions, a draining of all the coronal material
in only a few hours is implied. This is clearly at odds with the observed persistence
of the transition region and corona. Several explanations have been made for the red
shifts in view of this difficulty, one being the production of pulses driven upwards
at photospheric levels leading to heating of the chromosphere and transition region,
but with a rebound of material going downwards to explain the red shift.
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1.6 The Active Sun
As described in Section 1.5, there are many dynamic events occurring all over

the Sun even in its quiescent stages, so the Sun is never truly quiet. However, in addi-
tion to these phenomena, there are more specific and much more energetic processes
which we may normally describe as solar activity. These include sunspots, active
regions, flares, coronal mass ejections, and many eruptive events such as surges and
the X-ray jets. A characteristic of much of this activity is the presence of a cycle that
on average is 11.1 years long, operating at least since the mid-seventeenth century,
with sunspot numbers increasing from a minimum to the succeeding maximum in a
mean of 4.8 years, and decreasing to the succeeding minimum in a mean of 6.2 years.
Sunspot numbers, as defined by Wolf in the mid-nineteenth century, are defined in
terms of the number of groups (g) and total number of spots (f), R = 10g + f,
since a property of spots is that they occur in groups which have varying degrees of
complexity. Figure 1.9 shows monthly means sunspot numbers over sunspot cycles
18 to 23, the numbering scheme starting with the cycle which reached its maximum
in 1761. Cycles 18, 19, 21, and 22, covering the spacecraft era when many of the
results given in this book were obtained, have been exceptionally active, with peak
sunspot numbers of between 150 and 200, far greater than those in the eighteenth
and nineteenth centuries when typical sunspot maximum peak values were between
50 and 100. At solar maximum, many large sunspot groups may occur on the Sun
at any one time, but in a limited latitude range, roughly between 30° north and 30°
south. At solar minimum, the Sun may have very few or even no spots at all for
several days on its visible hemisphere. There is a dependence of average sunspot
latitude on the phase of the sunspot cycle. The spots of a new cycle appear at lat-
itudes ~ 30° north and south, but later in the cycle the average latitude decreases,
and may be within 5° north and south at the end of the cycle. Normally, there is an
overlap of new-cycle and old-cycle spots for a short period near minimum. A plot of
sunspot latitudes against time produces the well-known “butterfly” diagram.

Sunspots are visible in white light as darker areas of the photosphere, where the
temperature is about 4 000K. The interior of a well developed spot, the umbra, is
darker than the surrounding penumbra, which consists of nearly radial light filaments
extending out to the photosphere. Bright patches known as faculae occur in the
vicinity of spots, especially large groups, and are more prominent at the limb; their
temperatures are a little higher, by 300K, than the surrounding photosphere.

Sunspots form in the photosphere when magnetic flux ropes are buoyed up from
the interior to the photosphere. In simple terms, the lower temperature in spots
arises through an equilibrium of the gas and magnetic pressure inside the rope,
NkpTin+B?% /81 and the gas pressure outside the rope Nkp Ty, assuming a constant
gas density N for the same level in the solar atmosphere (here, kp is Boltzmann’s
constant). For B ~ 4000 G, as is typically measured by solar magnetographs, Tint
is substantially less than Tey;. A complex sunspot group, such as those frequently
occurring near the maxima of solar cycles, consists of a larger, leading spot (leading
in the sense of solar rotation) and a smaller following spot or more usually group of
spots.

Sunspots have a vertical structure or atmosphere extending into the chromosphere
and beyond. In Ha spectroheliograms, there is a system of filaments making up a
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Fig. 1.9. Monthly mean sunspot numbers over the period 1946 to 2006, covering
activity cycles 18 to 23. Courtesy NOAA.

superpenumbra, while ultraviolet images show enhanced emission above spots and
X-ray images show slightly depressed coronal emission and temperatures. A flow
pattern, called the Evershed flow, exists in spot penumbrae, with material moving
outwards near the photosphere forming a “moat” with moving facular points. In
ultraviolet wavelengths, the flow patterns are apparently inward within the spot
umbra but outward in the penumbra. The lower temperatures near spot umbrae are
sufficiently low for simple molecules to form, e.g. OH and H,. Certain lines of the
molecular hydrogen Lyman band, band head at 1100 A, are excited by photons from
the intensely bright hydrogen Ly-o line at 1215.67 A, as were observed in spectra
from the HRTS instrument (Jordan et al. (1978)).

Active regions are regions of magnetic complexity in the solar atmosphere often
associated with sunspots. They are born when magnetic field structures emerge from
the interior, forming loops which extend into the corona, and which are detectable
over a large wavelength range, from soft X-rays to decimetric radio waves. They are
visible in Ha and calcium H and K spectroheliograms as bright patches or plages,
situated in the chromosphere, which have a general correspondence with photospheric
faculae seen in white-light emission. The chromospheric part of an active region is
also apparent in the H Ly-a emission line and in the Mg 11 doublet absorption lines ,
known by analogy with the equivalent Ca 11 lines as the h and k doublet, at 2800 A.
In ultraviolet line and soft X-ray emission, formed in the corona, the coronal loop
structure is obvious. Particularly striking examples are shown in Figure 1.8. The
SOHO EIT image is taken through its 195 A filter so includes strong Fe XII lines
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formed at ~ 1.4 MK, while the soft X-ray emission that Yohkoh is sensitive to is
formed at temperatures of 2 2 MK, so each image records the coronal counterpart
of active regions.

Active regions evolve markedly over their lifetimes, which may be only a day or
many months, depending on their size. In magnetograms, such as those from the
SOHO MDI, the first indications are a bipolar region, with the leading polarity nearer
the equator. The components rapidly separate, the inclination to lines of latitude
decreases, and new magnetic flux may emerge between the two main parts. An active
region birth in chromospherically formed lines occurs by a brightening of network
structures, which become filled in by very bright plage. A strongly developed re-
gion may have sunspots within the first few days, with small flares occurring. In
Ha images, low-lying loops called arch filament systems may develop, and at their
footpoints are bright point-like features visible in the Ha line wings, known as Eller-
man bombs or moustaches. Major active regions reach maximum development when
the chromospheric plage is very bright, the sunspots and magnetic structure show
great complexity, and there are many strong flares. Decay occurs when the region
expands and fades, the sunspots disappear, and the flare occurrence diminishes; only
the active region filament remains, slowly migrating polewards.

The most striking manifestation of solar activity is the solar flare, a sudden release
of energy, up to 1032 erg, following re-arrangement of magnetic fields in a complex
active region. An impulsive phase, consisting of sub-second pulses of hard X-ray
(wavelengths < 0.6 A or photon energies > 20 keV), ultraviolet and radio-wave
emission, lasts for a minute or so, while a gradual phase may begin at or a little before
the impulsive stage and peaking a few minutes after it. The radiant energy from flares
is often over all regions of the electromagnetic spectrum, from gamma-rays to km-
wavelength radio emission. As much energy or more may appear as mass motions, e.g.
in the form of cool, Ha-emitting material, while smaller amounts are released as non-
thermal particles which are directly observed in space or whose presence is deduced
from the hard X-ray and radio emission at the impulsive stage. The gradual phase is
manifested by Ha and soft X-ray (wavelengths > 1 A) emission. A common way of
categorizing flare importance is through the amount of soft X-ray emission in the two
spectral bands of the Geostationary Operational Environmental Satellites (GOES),
geostationary Earth-orbiting satellites operated by the U.S. National Oceanic and
Atmospheric Administration that monitor solar X-ray emission. The spectral bands
cover the wavelength ranges 0.5-4 A and 1-8 A (see Chapter 7, Section 7.5.1). Flares
having peak fluxes in the 1-8 A band of 1076, 1075, 10~* W m~2 are said to have X-
ray importance C1, M1, and X1 respectively. (The GOES importance scale continues
to smaller fluxes also, with 1-8 A band fluxes of 10~7 and 10~® W m~2 being called
B1 and Al levels.)

Flares in soft X-rays take the form of one or more bright coronal loops having a
spectrum that initially includes emission lines of highly stripped ions such as He-
like Fe, indicative of temperatures of ~ 20-30 MK. Images in Ha often show bright
ribbons that trace the footpoints of several such loops, separating with time as the
loops expand. Flares on the limb show the loops and their time evolution particularly
clearly, with the loops gradually climbing in altitude. In Ha images, loops (sometimes
known as post-flare loops) form successively, apparently condensing out of the hot
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Fig. 1.10. The Bastille Day flare (on 2000 July 14) as imaged by TRACE in its
195 A filter. In this disk flare, the arcade of flaring loops emit principally in the
Fe x11 line, but there is a ‘spine’ structure running along the tops of the loops, hot
enough to produce Fe xx1v and Ca XVII lines within the range of the 195 A filter.
Courtesy the TRACE Team.

corona (Bruzek (1964), Phillips & Zirker (1977)). Loops in TRACE images may form
impressive arcades — see Figure 1.10, an image of a large disk flare seen in the 195 A
TRACE filter which includes Fe x11 195.12 A emission line but also the much hotter
lines of Fe xx1v (192.03 A) and Ca xvir (192.82 A): most of the loops in Figure 1.10
emit in Fe X11, but the arcade “spine” structure is due to Fe XX1v and Ca XVII line
emission. At the impulsive phase, the lines of highly excited ions such as He-like Fe,
Ca, and S are both broadened and Doppler-shifted to shorter wavelengths. Many
flare models are based on the idea that non-thermal electrons are accelerated in a
magnetic reconnection event and are stopped in the chromosphere as they descend
along flare loop legs, giving hard X-ray emission. Such models have become very
popular over the years; the dumping of energy at the loop footpoints by the non-
thermal electrons in these models gives rise to turbulent motions in the chromosphere
(to account for the soft X-ray line broadening) and an evaporation, or convection of
the now-heated plasma up the loop legs (thus explaining the soft X-ray line shift,
interpreted as a Doppler shift of rising material). These ideas are explored in more
detail in Chapter 10.

Often accompanying large flares, but sometimes independent of them, are the coro-
nal mass ejections (CMEs). They were originally seen in white-light coronagraphs,
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sometimes not immediately recognized as ejections of mass but rather as transient
phenomena. A CME is seen, most completely in spacecraft-borne coronagraphs, as
a bubble-shaped ejection of coronal material, mass from 10'* g to 10'6 g, with ve-
locities ranging from only ~ 100 km s~! to more than 1000 km s~!, or more than
the Sun’s escape velocity at the surface (618 km s~!). With typical dimensions of
several hundred thousand km, they are much larger than the whole magnetosphere
of the Earth, so an Earth-directed CME has major implications for geomagnetic
disturbances, known as magnetic storms. Following in the wake of a CME is often
an erupting prominence. A marked feature of some CMEs, leading to speculation
and also modelling using MHD, is the eruption of a “sigmoid” structure, i.e. an
S-shaped structure seen in Yohkoh SXT images of active regions immediately pre-
ceding a CME. The sigmoid itself is thought to be the result of sheared dipole fields,
often involving several active regions, in which the field lines depart from a potential
configuration. The excess energy in the field may be available to give rise to CMEs.
Some of the properties of CMEs — densities, temperatures, mass, and kinetic energy
— have been deduced from white-light emission (which like the white-light emission
of the general corona is Thomson-scattered photospheric emission), radio emission
(thermal free—free radiation), and ultraviolet spectral lines. The Ultraviolet Coron-
agraph Spectrometer (UVCS) on the SOHO mission (Kohl et al. (2006)) has used
measurements of ultraviolet line fluxes, e.g. H Ly-«, the resonance doublet of O vI
at 1031.9, 1037.6 A, and other ions characteristic of the corona. The instrument
observes the corona from 1.5Rg to 10Rg, so by the time a CME reaches these al-
titudes it has already passed into its development stage. The CME core was long
presumed to be the original erupting prominence because of its high density, but
UVCS measurements show that the core not only has a chromospheric temperature
(~ 10* K) as expected, but rather a range of temperatures extending from 25000 K
to coronal values.

1.7 Physical Conditions and Energy Balance
An empirical description or model of the solar atmosphere consists of a
specification of physical conditions, in particular density, temperature, and pressure,
as a function of location. Such a model for the average quiet Sun is illustrated in
Table 1.1 and Figure 1.1, and shows the run of electron and neutral hydrogen atom
number densities and electron temperature with height h above the 75099 level. For
heights h < 1000 km, this model is based on that of Fontenla et al. (1990) Model 1
(zero mechanical heating, radiative losses at height 270 km of 664 erg cm~=2 s™1);
the minimum temperature (4170 K) is somewhat lower than values given earlier in
this chapter. For heights in the range 1000 < h < 2110 km, the model is that of
Vernazza et al. (1981) Model C (average quiet Sun). At A > 2140 km, we have added
values from Model A of Gabriel (1976), based on quiet Sun observational data in the
ultraviolet. The heights in Gabriel (1976)’s model, which have an arbitrary zero,
give the region of rapid temperature rise at heights 450 km lower than in the models
of Vernazza et al. (1981) and Fontenla et al. (1990), so the values in Table 1.1 are
adjusted by this amount.
Like all solar atmospheric models, the model of Table 1.1 is idealized in that the
transition region is portrayed as a narrow layer, only 200 km thick, separating the



1.7 Physical Conditions and Energy Balance 27

Table 1.1. Atmospheric Model for the Quiet Sun: Temperatures T,
densities (neutral hydrogen Ny, electron N.), total gas pressures P, as a
function of height h above the 5000 = 1 level.

h (km) T (K) log Nu (em™3) log N. (ecm™2) log P (dyn cm™2)

0 6420 17.07 13.81 5.19
505 4170 15.32 11.41 3.26
1065° 6040 13.32 10.93 1.41
2016 7360 10.95 10.23 -0.79
2091 10150 10.15 10.57 -0.97
2100 65890 7.43 9.96 -0.91
2110 102600 5.24 9.79 -0.88
2150¢ 125900 . 9.63 -0.65
2292 501200 . 9.03 -0.65
2590 631000 . 8.93 -0.65
3531 794300 e 8.82 -0.66
6572 1000000 . 8.68 -0.70
16640 1259000 . 8.51 -0.77
32990 1413000 o 8.37 -0.86

Model based on (a) Vernazza et al. (1981) (Model C, h < 1000 km), (b) Fontenla
et al. (1990) (Model 1, 1000 < h < 2110 km), and (c) Gabriel (1976) (Model A,
h > 2140 km). See text for further details.

chromosphere from the much hotter corona. Also, it is based on average quiet Sun
ultraviolet emission data and therefore ignores the network structure as well as the
dynamic phenomena occurring in the chromosphere and transition region. Other
models considered by Vernazza et al. (1981) and Fontenla et al. (1990) take account
of fine structure.

Although the transition region is not an idealized thin layer, the model in Table 1.1
is useful for helping to understand the nature of parts of the solar atmosphere. Thus,
we can see that the photosphere and chromosphere are largely made up of neutral
hydrogen atoms (H), but for higher levels, where the temperature increases beyond
about 10000 K, the hydrogen atoms begin to be ionized, then higher still a nearly
fully ionized gas results, made up of protons and electrons and some helium nuclei.
The corona is nearly isothermal, with an electron temperature T, between 1.0 MK
and 1.4 MK, though variations occur for specific features like coronal holes, active
regions, and bright points. The gas pressure is given by

Pgas = NkgT (1.1)

where kp is Boltzmann’s constant, IV is the total particle number density, and T
is the temperature. For the photosphere and chromosphere, N = Ny 4+ Npge + N
to a good approximation. For the fully ionized quiet corona, the gas pressure is
(Ne 4+ N, 4+ Nue)kpTe, where N, is the number density of protons, i.e. fully ionized
hydrogen atoms, and Ny, the number density of He nuclei. With N, = Ny + 2Ny,
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(the ionization of He results in two free electrons) and Ny, = 0.1Nyg, N, = Ny +
2Nyge = 1.2Ny. Thus, in the corona,

Paas = 1.92N kpT. (1.2)

Like all plasmas, the chromosphere and corona are strongly influenced by the Sun’s
magnetic field. A particle of mass m and charge ¢, moving with velocity v, is subject
to a force due to the magnetic field B equal to F = gm(v x B/¢), or with current
density j = gmv/c,

F=jxB. (1.3)

The magnetic or Lorentz force F, acting perpendicularly to j and B, constrains
particles of mass m to move along the field lines in spirals, with gyro-radii equal to

a=muv,c/qB. (1.4)

For electrons, ¢ = —e, for protons, ¢ = +e, and for ions, ¢ = +Ze where Z is the
charge of the ion in units of e. Since the electron mass m, is very much less than the
proton mass mje,, electrons move along field lines with relatively small gyro-radii
compared with those of protons or of other ions.

At the Sun’s surface, magnetic fields have strengths B of up to 4000 G in active re-
gions and most particularly sunspots, but a few tens of G elsewhere. The magnetic
field would be expected to spread out and diminish with height above the photo-
sphere. Even so, magnetic field strengths B of ~ 10 G in the quiet corona would
ensure that magnetic pressures pmag, equal to B? /87 ~ 4 dyn cm ™2, are an order of
magnitude or more than coronal gas pressures (see Table 1.1). A useful parameter
for distinguishing regions where the magnetic field has a controlling influence in the
solar atmosphere is the plasma (3, defined by

5 :pgas/pmag = 87TNkBTe/Bz~ (15)

When § < 1, the magnetic field has a dominating influence. In the photosphere at
75000 = 1 (h = 0) where T'= 6400 K, B = 1000 G for the magnetic elements making
up the photospheric network and 3 = 3, so the magnetic elements are moved around
by the convective motions of supergranules as the magnetic field is not dominant
there. In fact they appear along the boundaries of the supergranular cells. In the
upper chromosphere, where T, ~ 10000 K and B ~ 100 G, 8 = 4 x 1074, and in
the quiet solar corona, where T, ~ 1.4 MK and B ~ 10 G, § ~ 0.1. Thus, the
magnetic field is the controlling influence in the solar atmosphere from the upper
chromosphere outwards.

We may calculate typical values of the gyro-radii a in the solar atmosphere from
equation (1.4) with values typical of the solar atmosphere. The particle velocities
in a completely thermalized gas or plasma have a Maxwell-Boltzmann distribution.
The most probable thermal velocity vy, is related to the temperature 7' in such
distributions by

ven = (2kgT./m)"/2. (1.6)
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For electrons (m = m,) in the photosphere (network elements), upper chromosphere,
and inner corona, vy, = 440, 550, and ~ 6500 km s~!'. Equating these values of vy,
to v, in equation (1.4) leads to electron gyro-radii of 0.003 cm, 0.03 cm, and 4 cm
respectively. These very small values mean that the electrons (as well as protons
and ions) are tightly bound to the magnetic field lines, and so features in the quiet
Sun atmosphere, in particular flux tubes and open streamers, are very well defined
structures. This applies a fortiori to active regions and flares for which the magnetic
field strengths are much larger.

The outer solar atmosphere, especially the corona, has the properties of a plasma
including plasma oscillations, occurring when electrons are momentarily pulled apart
from the positive ions which may be considered stationary. The plasma oscillation
frequency is given by

wp = (47 N.e? /m.)Y/2. (1.7)

The square-root dependence of w, on N, means that w, decreases slowly through
the solar atmosphere, from 6 x 10° s=! (upper chromosphere) to 2 x 10° s~1 (inner
corona). Electromagnetic waves travelling in the absence of a magnetic field in
theory cannot propagate less than the plasma frequency, a matter of importance in
the radio wavelength range but not for X-ray or ultraviolet wavelengths. For the
ultraviolet and X-ray range, electromagnetic waves have frequencies of > 10'% s—1.
Another plasma quantity that is relevant for some purposes is the Debye screening
length hp, given by hp = 6.9(T,/N,)*/? cm. Outside of h, the charge of a single
electron or proton is shielded by particles of opposite charge. For typical densities
and temperatures, b is 0.01 cm (upper chromosphere) to 0.2 ¢cm (inner corona), not
too different from electron gyro-radii.

Other wave phenomena relevant for solar dynamic phenomena, including flares,
include Alfvén and magneto-hydrodynamic (MHD, or hydromagnetic) waves. Alfvén
waves, a travelling oscillation of the magnetic field and ions of the plasma, have a
velocity given by

v = B/(47 Nignion)/? (1.8)

where Nioy, is the ion number density. Thus, for the quiet Sun inner corona (with
Nion ~ 10° em™2 and B ~ 10 G, v4 is ~ 700 km s~!. This is little changed for
hot plasmas in flare loops, for which B ~ 100 G and Njo, ~ 10! cm™3. Fast and
slow mode MHD waves are hybrids of Alfvén and sound waves, with fast waves
travelling at nearly the Alfvén speed, slow waves travelling at approximately the
ion sound speed. Sound wave speeds for the solar atmosphere are approximately
the most probable thermal speeds which for protons in the quiet Sun corona are
~ 200 km s~!. For flare plasmas having T, ~ 20 MK, they are ~ 800 km s~ !.

The corona’s high temperature is maintained by a non-radiative heating mecha-
nism which may be the dissipation of MHD waves or the occurrence of tiny flares,
nanoflares, which produce heated plasma in localized regions that may disperse into
larger volumes (Parker (1988)), or some other means. At any event, there is an
energy balance in which the heating is counteracted by cooling. The chief cooling
mechanisms for the corona or hot coronal plasmas such as those in active regions or
flares are radiation and conduction, with minor contributions from mass flows. As
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coronal structures are either flux tubes or open-ended streamers, we can write the
energy balance as

H(s) = R(T'[s]) + kVT. (1.9)

where the length variable s is measured from the base of the corona, R[T(s)] is the
radiative power loss function, and the thermal conductivity is taken to be classical,
i.e. that given by Spitzer (1962), in which energy is imparted from the hot coro-
nal plasma down the loop or streamer legs to the relatively cool chromosphere or
transition region. The classical thermal conductivity coefficient is

k= roT?/? (1.10)

where & is in erg cm™! s7!, with k9 = 1076 c.g.s. units. (A more accurate calcu-

lation is given by Braginskii (1965).) This expression for the conductivity is in the
absence of a magnetic field. For a magnetized plasma like the corona, thermal con-
ductivity is strongly reduced in directions transverse to the magnetic field B, while
the classical expression is valid for conductivity parallel to B. Equation (1.10) is
commonly applied to hot flare plasmas also (Chapter 10), though the applicability of
a classical expression to such high-energy plasmas can be questioned: more probably,
the conductivity is anomalous, i.e. the transfer of energy proceeds from hotter to
cooler plasma by electron—wave interactions rather than electron—electron collisions
as assumed in classical theory.

The radiation loss term R(T") in equation (1.9) is a function of temperature, as is
illustrated in Figure 1.11. Both lines and continua contribute to R(T.), with partic-
ular ions predominating over small temperature ranges. Thus, H Ly-« is a strong
radiator at ~ 20000 K, as are ionized C, N, O ions at transition region temperatures
(~ 10° K). At coronal temperatures (1-1.4 MK), the extreme ultraviolet lines of
Fe 1x—Fe XiI are important. At flare temperatures, the main radiators are lines of
Fe xviI and Fe xvIiI in the X-ray region at 10 MK, lines of highly ionized Fe includ-
ing the X-ray lines of Fe XXV and dielectronic satellites at 20 MK, and continua at
even higher temperatures.

We see that coronal structures must be maintained by a heating mechanism, de-
fined by H in equation (1.9). It is observed that active regions emerge as coronal
magnetic loops in a range of complexity, as observed in X-rays (e.g. with the Yohkoh
SXT instrument) , or extreme ultraviolet (e.g. with TRACE or SOHO EIT), but in
time these decay, with loops appearing to cool. The high-density structures as in
newly emerged active region loops gradually decay by expansion, perhaps by a cross-
field diffusion process. Thus, there is a gradual cooling and expansion of active region
loops structures that most likely leads to the formation of much larger, cooler, and
(in X-rays and extreme ultraviolet) fainter arches characterizing the general corona.

1.8 Ionization and Excitation Conditions

The solar upper atmosphere, particularly the corona, is a high-temperature
region above the photosphere, but is practically unaffected by the photosphere’s in-
tensely bright radiation. The solar atmosphere from the upper chromosphere out
to the corona is in an equilibrium, but one quite unlike LTE which holds in the
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Fig. 1.11. Radiation loss for coronal material with photospheric (Grevesse & Sauval
(1998)) and coronal abundances (Feldman & Laming (2000)) with unit emission
measure (1 cm™%). The curves were calculated with the CHIANTI (version 5.2)
database and code (Landi et al. (2006a)).

photosphere (Section 1.2). Rather, there is a balance between the number of ion-
izations per unit volume per unit time from an ionization stage of an element (e.g.
X*™_ where +m the ion’s charge) with numbers of recombinations per unit volume
per unit time from the ionization stage X T™*1. (We shall deal with this further in
Chapters 3 and 4.) This can be written

CmNeNm :am+1NeNm+17 (111)

where N,, is the number density of X*™ ions, N,,;1 that of X*™%! ions. The
quantity C,, is the total ionization rate coefficient, or number of ionizations from
stage X+™ to X+t™*! per unit density and time (units cm® s~!). Correspondingly,
Q41 is the rate coefficient of recombination from stage Xt™+! to X*+™. The
number densities of ions in successive stages, N,,/Ny41, is thus given by the ratio
of the recombination to ionization rate coefficients, a,41/Ch.

For most coronal ions, the ionization potentials are generally several keV. Since
there are practically no photons in the photospheric radiation field having these
very high energies, radiative ionization is unimportant. Generally, only processes
involving collisions with free electrons are significant in the ionizations since protons
and heavier ions are too slow to be effective. Electron collisional ionization includes
direct ionizations from the ion’s ground state (which is the state most ions are in):

Xtm pel — Xt pel +e; (1.12)

where colliding free electron is e; and the electron liberated from ion X is e .
Collisional ionization also includes auto-ionizations which are two-step ionizations
whereby a free electron first collides with an ion leaving it in a doubly excited state
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above the ion’s ionization limit and the ion then stabilizes by releasing one of the
doubly excited electrons.

There are two significant recombination processes in the solar atmosphere. The
first is radiative recombination:

Xtm+l o= Xt 4 hy (1.13)

where a previously free electron e~ is captured by the ion X+™*! and its excess
energy is removed by a photon represented by hr. The second process is dielectronic
recombination, in which a free electron having a particular energy E is captured by
ion X1 to produce a doubly excited state, X T™** i.e. ion X ™™ with two electrons
excited:

XmHl e 5 xhmex (1.14)
followed by a stabilizing transition to produce a singly excited state in X1t
X Tmax L xtmx (1.15)

followed by another stabilizing transition or transitions until ion X ™™ reaches its
ground state. In equation (1.14), the capture of the incoming electron is radiationless,
unlike equation (1.13); recombination only occurs if the incoming electron has an
energy E plus or minus a very small range AFE. The energy range AF is related
to the lifetime of the doubly excited state At by Heisenberg’s Uncertainty Principle,
AFEAt ~ h. As a doubly excited state is very unstable, At is often relatively small
and AF correspondingly large, but still only a tiny fraction of E itself. Dielectronic
recombination is therefore like a resonance process in nuclear reactions.

Calculation of the ion fractions of a large number of ions inevitably involves much
atomic data referring to the ionization and recombination rate coefficients or cross
sections. In general, these data are based on calculations (e.g. dielectronic recom-
bination rates are based on a formula due to Burgess (1965)), though laboratory
measurements are now available for a limited number of ions. Continual improve-
ments to the atomic data since the 1960’s required adjustments to the resulting ion
fractions, giving rise to changes in the interpretation of observed emission line data
in terms of temperature of emitting regions. Figure 1.12 shows recent data for Fe ion
fractions in the range 5-100 MK, which includes the temperature of active regions
and flare plasmas.

At very high temperatures, more than 100 MK, a significant number of electrons
in the Maxwell-Boltzmann distribution move relativistically, i.e. v, is an apprecia-
ble fraction of the speed of light ¢. This situation is not often encountered in the
solar atmosphere, even for flares (where measured temperatures do not often exceed
30 MK), so relativistic corrections are generally neglected.

1.9 Chemical Composition

The abundances of the elements in the Sun broadly reflect those of a second-
generation star, i.e. one created from the material left over from first-generation
stars that underwent supernova explosions in our Galaxy. Element abundances in
the photosphere can be derived by analysis of Fraunhofer line strengths. Element
abundances in the transition region and corona can be derived from emission line
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Fig. 1.12. Fe ion fractions in the range (a) 5 x 10> K< T. < 10 MK, including
ions Fe™ to Fe™'®; (b) 5 MK< T. < 100 MK, including ions Fe™ to Fe™2° (fully
stripped Fe ions). Ion stages are indicated by the numbers by the side of each
curve (e.g. 9 means Fe ™). The ion fractions are plotted as solid and dashed lines
alternately. The plots are based on calculations of Mazzotta et al. (1998).

fluxes, generally those in the ultraviolet and X-ray spectral regions. In situ particle
measurements in the slow solar wind from mass spectrometers also give element
abundances. It has been found that the solar wind particle measurements and quiet
Sun coronal abundances differ from the photospheric by amounts that appear to
depend on the first ionization potential (FIP) of the element. In the discussion of
Meyer (1985), the coronal abundances of elements with relatively low FIP, defined
by < 10 eV, are equal to photospheric abundances while those of high (= 10 eV)
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FIP are depleted by a factor of about 4. In the later discussion of Feldman and
colleagues (Feldman & Laming (2000)), the low-FIP element coronal abundances are
estimated to be enhanced by a factor 4, while high-FIP elements are photospheric:
this has become known as the FIP effect. Other works (e.g. Fludra & Schmelz
(1998)) are “hybrid”, i.e. the coronal abundances of low-FIP elements are enhanced,
those of high-FIP elements are depleted. Further details including a discussion of the
observational evidence are given in Chapter 11. Possible reasons for the dependence
of coronal abundances on FIP include electric or magnetic fields operating on low-
FIP elements in the chromosphere or lower layers of the solar atmosphere, “dragging
out” the ions (but not the neutral atoms) into coronal loops including those of active
regions or flares. They would not have any effect on high-FIP elements which are in
a completely neutral state in the chromosphere.

1.10 Solar-type Stars

The Sun is situated near the centre of the main sequence of nearby stars
when plotted on the Hertzsprung—Russell diagram, i.e. a plot of luminosity ws.
effective temperature (i.e. equivalent black-body temperature: see Figure 1.13). For
stars with effective temperatures higher than the Sun’s, the material is so hot that it
consists mostly of ionized hydrogen and helium; practically all metals (i.e. elements
heavier than helium) are also in a fully ionized state. Thus, the opacity of the
material is low and energy is effectively transported by radiation. For stars with
effective temperatures of about 6000 K, the sub-surface layers are cool enough for
the metals to be only partly ionized, which increases the opacity considerably. For
these stars, radiation ceases to be the most efficient energy transport and convection
begins to be more important. This is the case for the Sun. For still cooler stars
on the main sequence, e.g. the so-called K and M dwarf (dK, dM) stars, the entire
stellar interior is convective.

The cool main sequence stars include those with coronae and signs of activity re-
sembling those in the solar atmosphere. The reason is that the envelopes, through
the action of convection and differential rotation, are sites of dynamos where mag-
netic fields are being constantly regenerated. The magnetic fields are convected to
the stellar surfaces by the action of magnetic buoyancy, and as a result the stellar
atmospheres are heated, like the Sun’s, by non-radiative mechanisms. The amount
of stellar activity depends on the speed of stellar rotation which in turn depends on
stellar age. The Sun’s rotation speed at the equator, 2 km s™!, is relatively modest,
but those for some dK and dM stars (measured by the profiles of their Fraunhofer
lines) are much greater, some tens of km s~!. The combination of differential rota-
tion (w) and convection () gives rise to an so-called @ — w dynamo. The rapidly
rotating dK and dM stars (their large rotational speeds are a consequence of their
relative youth) give rise to considerable stellar activity, including coronae that are
strong X-ray emitters, detectable at the Earth, and extremely powerful flares, with
visible-light increases that are greater than the total output of the stars in their
non-flaring states. In visible light, their spectra are characterized by the Ca 11 H and
K lines and members of the hydrogen Balmer sequence in emission: stars with the
He line in emission have designations e after the spectral type (dKe, dMe).

The ultraviolet spectra of dKe and dMe stars in their non-flaring states include
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Fig. 1.13. Hertzsprung—Russell diagram for stars in the neighbourhood of the Sun.
Spectral type (related to effective temperature) is plotted on the horizontal axis,
absolute magnitude (related to stellar luminosity) along the vertical axis. The
main sequence is the broad clustering of points running from upper left to lower
right. Evolved stars on the red giant branch and white dwarf stars are also plotted.
The Sun (marked) is situated near the centre of the main sequence.

the same emission lines that are features of the quiet Sun spectrum, e.g. the well-
known C 1v lines at 1548, 1551 A. As many of these very dim stars are close by
(those farther away would not be seen), their parallaxes are easily measurable, and
so with precisely measured distances the surface fluxes of the line emission can be
estimated. The line emission is found to be much larger than that of the quiet Sun,
so confirming the much enhanced state of coronal and transition region activity in
these stars. Their flares are also much more powerful than solar flares. Their X-
ray spectra have been studied with the non-solar X-ray space missions Chandra and
XMM-Newton. Again it has been found that the same lines from very highly ionized
species in solar flares (e.g. the Fe XviI lines at 15-17 A) exist in stellar flare spectra
but with much increased flux. Figure 1.14 shows the striking similarity between the
solar flare spectrum and the X-ray spectrum from Capella, a spectroscopic binary
consisting of giant G stars (i.e. earlier spectral types than K and M flare stars).
Stellar binaries, in which there is interaction between two stars revolving close to
each other, are often the sites of stellar activity in the ultraviolet and X-ray regions
that is large even compared with dKe and dMe stars. A small class of such binaries,
the RS CVn stars, consist of a main sequence F or G star, i.e. similar to the Sun,
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Fig. 1.14. (a) X-ray spectrum in the 8-20 A range of Capella on 1999 September 24
obtained with the MEG spectrometer on Chandra. (b) Spectrum of the 1980
August 25 solar flare in the same range from the SMM Flat Crystal Spectrometer.
For identifications of principal lines, see Figure 1.2 (lower panel). From Phillips et
al. (2001).

and an evolved K subgiant that is dimmer but has enhanced levels of chromospheric
and coronal activity. The K star is thought to have evolved into a giant but that
some of its outer material was gravitationally transferred to the G star. The result
is that the coronae are extremely hot, with temperatures of tens of millions K, even
in their quiescent state. Their X-ray spectra thus resemble those of solar flares. A
particular feature of such binaries is the occurrence of flares that are much larger
than the counterparts on dKe or dMe stars. Other binary systems producing X-ray
coronae and flares include the contact binaries known as the W UMa stars.

A further category of flaring stars, with strong ultraviolet emission line spectra
resembling those of the Sun, is the T Tauri stars, very youthful stars (ages ~ 10°
years) not quite contracted on to the main sequence, still immersed in a surrounding
gaseous cloud within which stars are still forming. The X-ray emission from very
large flares occurring on young stellar objects within the Orion Nebula, recently
observed with Chandra (Favata et al. (2005)), indicates that the flare loops are tens
of millions of km long, stretching from the stellar surface to far greater distances
than in solar flares. This has given rise to speculation that the Sun in its very early
history was once like these young stellar objects, having enormous levels of coronal
activity including extremely powerful flares.
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2.1 Wavelength ranges

Electromagnetic radiation emitted by the solar atmosphere is detected by
Earth-based and spacecraft instruments, and through its spectrum of constituent fre-
quencies (symbol v, in Hz) or wavelengths (), in A, nm, cm etc.) we are able to
deduce some of the properties of the emitting regions. We may divide the solar spec-
trum into regions according to wavelength ranges, although the exact boundaries are
arbitrary and merely a matter of convenience. Visible light has wavelengths between
approximately 3900 and 7500 A; infrared radiation between 7500 A and 100 x; and
radio radiation above about 100 u. Short-wavelength radiation is known as near
ultraviolet (NUV) radiation for wavelengths between 2000 A and 3900 A; vacuum
ultraviolet (VUV) between 1000 A and 2000 A; extreme ultraviolet (EUV) between
100 A and 1000 A, and soft X-rays between 1 A and 100 A. This short-wavelength
radiation is emitted by the solar atmosphere extending from the chromosphere to
the corona, and is particularly enhanced in active regions having some degree of
magnetic complexity and in flares. For flares, a very hot plasma, with temperature
T up to ~ 30 MK, may be formed that lasts from a few minutes to several hours,
and is a copious emitter of soft X-rays. All this radiation is emitted by particles
that have a Maxwell-Boltzmann distribution. At the initial stages of flares, hard
X-rays (A < 1 A) are emitted, with time scales of a few seconds, which are thought
to arise from nonthermal electrons accelerated in the flare-initiating process as they
are braked in the denser chromospheric material. Gamma-rays (A < 0.01 A) are
emitted from exceptionally energetic flares. In this book, we shall be concerned with
the wavelength range 1-2000 A, i.e. soft X-ray, extreme ultraviolet, and vacuum
ultraviolet emission from the Sun’s atmosphere.

For ultraviolet and X-ray radiation, it is sometimes more appropriate to use en-
ergies of the emitted photons, given by hr where h is Planck’s constant. As the
energies of individual photons are extremely small, it is convenient to express them
in electron volts (eV), the energy acquired by an electron when accelerated through a
potential of 1 volt, equal to 1.602 x 10~'2 erg. In terms of photon energies in electron
volts, then, ultraviolet radiation spans the range 3.54 eV to 6.20 eV; vacuum ultra-
violet 6.20 eV to 12.40 eV; extreme ultraviolet 12.40 eV to 124.0 eV; and soft X-rays
124.0 eV to 12.40 keV. Solar flare hard X-ray emission may have photon energies
extending up to many hundreds of keV, and gamma-rays up to MeV energies.
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2.2 Specific Intensity and Flux

We can define certain quantities which are commonly used when describing
radiation in and from the solar atmosphere. (The following applies equally to stellar
atmospheres also.) See Figure 2.1 for illustration of the definitions that follow. First,
we consider light with frequency in the range v, v + dv passing through a small area
dA cm? into a solid angle dw steradian (sr) over a time dt, with the light beam
inclined at angle 6 to the direction perpendicular to the area (z-axis in Figure 2.1).
The specific intensity I, of radiation at a frequency v Hz is defined by

dE =1, cos 0 dAdtdv dw (2.1)

where dF is the amount of energy (erg) crossing dA. It is thus the amount of energy
passing through unit area (perpendicular to the beam of radiation) per unit time per
unit frequency interval into unit solid angle. The c.g.s. units of I, are erg cm™2 57!
st—! Hz~!. If the source emits radiation equally in all directions, as for the energy
source at the centre of the Sun, the radiation is said to be isotropic. Within the solar
atmosphere, there is much more radiation coming from the direction of the Sun’s
centre than from the outside direction, i.e. the radiation is anisotropic.

Within the Sun, at a radial distance r, the flux at frequency v, F,, is defined to
be the net rate of energy flow across unit area, integrated over all solid angles 4,

i.e.

F,= [ I,(r)cosfdw. (2.2)
4w
The c.g.s. units of F,, are erg cm~2 s~! Hz~!. We may define the elementary solid
angle dw in terms of polar coordinates, with angle § measured from the z-axis (or
co-latitude), and an azimuthal angle ¢ (see Figure 2.1):

dw = sin 6 df d¢. (2.3)

The flux in polar coordinates is then

2m T
F, :/ qu/ I,(r) cos @ sin 6 db. (2.4)
0 0

Generally, within the Sun, I, is independent of ¢. We may therefore rewrite equa-
tion (2.4), with p = cos @, as follows:

+1

F, = 27r/ I,(r)pudu (2.5)
~1

with du = —sin 0 df.

In the solar atmosphere, since the radiation is anisotropic, we consider separately
the outward (i.e. away from the Sun’s centre) flux and inward (towards the Sun’s
centre) flux, i.e. split the integral of equation (2.2) into F and F_ with 6§ measured
from a direction towards the centre of the Sun or star (§ = 0 or x = 1) to the outward
direction (§ = 7 or u = —1), and ¢ going from 0 to 2. Thus,

1
Fi=2n /0 L(r)pdu (2.6)
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Fig. 2.1. Definition of specific intensity.

and
-1
F_=2r / I,(r) pdp. (2.7)
0

The net upward flux is F = F — F_. At the solar surface, i.e. r = Ry, F— =0 (no
radiation coming from the outward direction), so the net flux is

Jﬂ(R@>::%3£ 1(Ro) pdp. (2.8)

As the Sun can be considered symmetric and spherical, I, is only a function of the
radial distance r and is independent of 6 (or p). Thus, F, = 71,(0). Because of
this relation, some authors (see e.g. Béhm-Vitense (1989); Mihalas (1970)) prefer to
define flux as F,, /7. Note that, at the Sun’s centre, I, is isotropic and F,, is therefore
zZ€ero.

Also associated with specific intensity is the mean specific intensity J,,

1 1 +1
J, = — I,dw= - 1, du. 2.9
AT Sy YT /4 : 29)

For isotropic radiation, J, = I,.
Although not used in this book, two other definitions are sometimes useful in other
contexts. The radiation density is defined as

1 or [T1 4
u, = 7/ Ldw="[ ILdu=-"J, (2.10)
C A C -1 C

where c is the velocity of light. Radiation pressure is defined by
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1 o [T
P, = 7/ I u? dw = i/ I, u2du. (2.11)
C Jar c J

For isotropic I, P, = 4«1, /3c.

Note that throughout this section, we have defined I,, and other quantities in
terms of intervals of frequency v (Hz), but we can equally well define them in terms
of wavelength intervals. With vA = ¢, the interval dv is related to dA by | dv |=
(c/A?)d.

2.3 Radiative transfer and the source function

In the Sun’s photosphere, most of the radiation is in the visible and infrared
parts of the spectrum and is optically thick. This means that an atom or ion may
emit radiation which after a short path length is absorbed by an atom or ion of the
same type, resulting in an excitation; the excited atom or ion may then de-excite,
re-emitting a photon of similar energy but in general in a different direction. The
solar atmosphere beyond the temperature minimum is characterized by increasing
temperature and decreasing density. Some of the ultraviolet radiation from the lower,
denser parts of the chromosphere may also be optically thick. For such situations,
we must consider the issue of radiative transfer.

Consider a beam of radiation passing at angle 6 through a slab of material which
may add to or subtract from the radiation (Figure 2.2). The intensity of the beam
I,,(9) is increased by processes of emission, and decreased by processes of absorption
(including scattering). Let j, be the emission coefficient at frequency v, such that
the amount of energy added to the beam dFE, in a length element di is given by

dE, = j,dAdt dv dwdl. (2.12)

Similarly, the absorption coefficient &, is defined as the amount of energy subtracted
from the beam in a length element dl given by

dE, = k,I,dAdtdv dwdl. (2.13)

Then the change of intensity over a length dl = sec6ds = ds/u of the material is

dl, = [j, — kv I,(8)] ds/ . (2.14)
Thus,
ar, .
Yy e T (s). 2.1
B = v =k lu(s) (2.15)

Defining optical depth by dr,, = —k,, ds/u, we have the equation of radiative transfer,

dl,
ar =1I1,(1)— S,(7) (2.16)
where S, = j, /K, is the source function.

Further details on radiative transfer may be found in standard texts such as those

by Béhm-Vitense (1989) and Mihalas (1970).
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Fig. 2.2. Radiative transfer in a slab of material. ds is the thickness of the slab,
sec 0 ds the path-length of the beam, and dr its optical depth.

2.4 Radiation from the Solar Atmosphere

2.4.1 Local Thermodynamic Equilibrium and Effective Temperature

A particular case of interest for the solar atmosphere is an ideal source
known as a black body. A black body perfectly absorbs all radiation. In practice,
one might imagine a black body to be the gas inside an isolated box with a tiny hole
via which the radiation from the enclosure can be measured, but small enough that
a negligible amount of radiation escapes. The black body is in a state of complete
thermodynamic equilibrium, with no temperature differences inside the enclosure.
The intensity of radiation integrated over all frequencies or wavelengths escaping
from the hole is I = (o/7)T* where T is the enclosure temperature in K and o is
the Stefan—Boltzmann constant. The flux F,, of black-body radiation, the so-called
Planck function, is given by

2hmv3 /c?
exp (hv/kpT) — 1

where h is Planck’s constant, kp is Boltzmann’s constant, and T is the black-body
temperature in K.

Radiation passing through a black-body volume of gas suffers no change with
time, i.e. there will be as much radiation absorbed as emitted, so by equation (2.16)
the intensity I, equals the source function S, which therefore equals B,. Thus,
jv = Ky, B,. This is a particular case of Kirchhoft’s law, viz. good absorbers are good
emitters for the same temperature conditions.

In the photosphere, the radiation varies from place to place (in particular, it is
decreasing towards the surface layers where most escapes into space) but sufficiently
slowly that the emitting material and radiation are close to thermodynamic equi-
librium. This is known as local thermodynamic equilibrium (LTE). In an LTE ap-
proximation, the photosphere’s source function and specific intensity are given by
S, = I, = B,. The degree to which photospheric radiation approximates black-
body radiation can be judged from Figure 2.3. This shows the amount of energy
(erg) radiated by the quiet Sun per cm? per second per A at one astronomical unit
(1 A.U. = 1.496 x 10*® c¢m, i.e. the mean Earth-Sun distance), also known as the

F,=nB, =

(2.17)
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Fig. 2.3. Distribution of radiation, plotted as spectral irradiance, from a region of
the Sun near Sun centre compared with the flux of a black body having 7" = 5778 K.
The region from the ultraviolet (> 2000 A) to the infrared (2000 A-10° A) is from
the Harvard—Smithsonian Reference Atmosphere (Gingerich et al. (1971)). For

wavelengths less than 1610 A, the plot is based on SOHO SUMER measurements
for the quiet Sun (Curdt et al. (2001)).

spectral irradiance. (This is defined further in Section 2.5.1.) Values for wavelengths
greater than 2000 A are from the Harvard-Smithsonian Reference Atmosphere (Gin-
gerich et al. (1971)), those for wavelengths less than 2000 A are from measurements
with the SUMER instrument on SOHO (Curdt et al. (2001)). These curves are
compared with the calculated black-body flux F, for a temperature of 5778 K. The
solar distribution is crudely similar to the black-body distribution. More specifi-
cally, we may define a brightness temperature T of the photosphere to be such that
I, = B,(Tg). For visible wavelengths, T ~ 6000 K, but has different values for
other wavelength ranges (e.g. about 4400 K at far-infrared wavelengths), showing
the departure of photospheric radiation from that of a black body.

The total amount of radiation at 1 A.U. over all frequencies has been accurately
measured by spacecraft instruments in near-Earth orbit since 1978. Measurements
of the total irradiance (i.e. spectral irradiance integrated over all frequencies) by
the Active Cavity Radiometer Irradiance Monitor (ACRIM) instrument on Solar
Mazimum Mission (operational 1980-1989) have a relative accuracy of better than
0.001%, and show decreases and increases of up to 0.3% occurring simultaneously
with the passage of sunspots and faculae respectively. The mean value of the total
solar irradiance is 1368 W m~2, or 1.368x10% erg cm 2 s~!. The total energy received
from the Sun per second on a sphere, radius 1 A.U., is therefore 3.85 x 1033 erg s~!.
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This is equal to the solar luminosity. Dividing this number by the surface area of the
solar photosphere, 4TR% = 6.09 x 10?2 cm?, gives the power output per unit area of
the Sun, 6.32 x 100 erg cm™2. Equating the solar irradiance to ¢T%, the flux of a
black body, gives T' = 5778 K, which is known as the Sun’s effective temperature Teg
(hence the black-body curve plotted in Figure 2.3 for this temperature). Note that
this is a little lower than the solar photospheric temperature, around 6400 K.

There are, nonetheless, significant departures of the measured solar radiation dis-
tribution from the black-body distribution, particularly at ultraviolet and X-ray
wavelengths, the range discussed in this book. One reason for this is the departure
of the Sun’s radiation from LTE. Non-local thermodynamic equilibrium (NLTE) ap-
plies in the solar atmosphere when the assumption of LTE breaks down, i.e. when
radiation and the emitting and absorbing gas at a particular location in the solar
atmosphere have significantly differing characteristic temperatures. This is relevant
to the region where ultraviolet emission is formed as well as to the cores of strong
Fraunhofer lines in the visible and near-ultraviolet spectrum.

2.4.2 Limb Brightening and Darkening: the Eddington—Barbier Equation

Approximate solutions to the radiative transfer equation (equation (2.16))
may be obtained under certain conditions. We write I,, as a function of u (i.e. cos6)
and 7, I,(11,7,). Multiplying equation (2.16) by e~™/#, we have

dI,
d(ru /1)

eI = [ e/ G /K (2.18)

d(I, e=™/H)
d(r,/1)

which can be integrated over 7,,/u from 0 to oo to give the emergent intensity at
7,/ =0 as

— 7Sl/ 677—1//“ (2.19)

o0
Linn =0 = [ Sum)e ™" d(m/n) (2:20)
0
If we approximate S, (7,) by a linear function of 7,
Sy(1v) = Ay + By, (2.21)
we have
I,(0,7, =0)= A, + By = Sy (1, = ). (2.22)

This equation tells us that for visible and near-ultraviolet light, the radiation from
Sun centre (@ = 1) has intensity I, = A, + B, but at the limb (1 = 0) the intensity
is less, I, = A,. This limb darkening depends on wavelength or v, being much more
pronounced for the near-ultraviolet continuum than for visible light. According to
ground-based measurements of Mitchell (1981), the value of I,,(0,0)/I,(1,0) (i.e.
limb intensity as a fraction of Sun centre intensity) is 0.20 at 5656 A, 0.14 at 4500 A,
and 0.05 at 3000 A. The limb darkening continues with decreasing wavelength into
the ultraviolet until ~ 1600 A. The reason is that the 7 = 1 level in the photosphere
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occurs when the temperature gradient d7'/dr is negative, or (what is equivalent) the
radiation emerges from higher, cooler layers as we approach the solar limb.

For wavelengths a little shorter than ~ 1600 A, there is limb brightening, since for
such wavelengths the radiation emerges from higher but hotter layers of the solar
atmosphere, i.e. dT'/dr is now positive.

For wavelengths in the extreme ultraviolet and X-ray regions, there is a limb
brightening, not because of the positive gradient dT/dr but rather because the
emission is optically thin and consequently a line of sight near the limb encounters a
greater number of emitters of extreme ultraviolet radiation and X-rays. Lower down
in the atmosphere, the temperatures are too low to emit significant amounts of such
radiation. At the limb itself, there is a sudden upward jump of emission. Figure 2.4
(upper panel) shows this for an image in the 171 A filter of the EIT instrument on
SOHO. Figure 2.4 (lower panel) shows lines of sight (A, B) which intersect the Sun
near the limb, including different amounts of coronal material emitting this radiation.
Then at the limb (line of sight C) the amount of coronal material is doubled, with
coronal material on the far side of the Sun becoming visible to an observer located
in the direction indicated. Similar effects can be seen in EIT images made in the
195 A and 284 A images as well as in solar X-ray images.

We return to equation (2.8) to find the flux at the solar surface. We insert equa-
tion (2.22) into this equation to get

1
P
Fo(r, =0) = 277/ (Ay+ By pudp = 7(A, + 3By) (2.23)
0

leading to the Fddington—Barbier relation,
fV(TD = 0) = ﬂ-Sl/(TI/ = 2/3) (224)

Thus, so long as equation (2.21) holds, the surface flux is equal to 7 times the source
function at optical depth 7, = 2/3. This gives us some intuition into understanding
radiation from the solar atmosphere. Thus, radiation from the white-light continuum
emitted at Sun centre emerges from the deepest photospheric layers, but for the
continuum in the solar ultraviolet spectrum, we see higher up in the chromosphere.
Features of the chromospheric network, therefore, that are not evident in white
light become visible. Also for strong Fraunhofer lines, notably the hydrogen Ha and
ionized calcium (Ca 11) H and K lines, and the ionized magnesium (Mg 11) h and k line
doublet at 2800 A, the 7, = 2 /3 level is in the chromosphere, so spectroheliograms
made in the cores of these lines reveal chromospheric structures such as spicules and
the bright network.

If LTE holds, F, (1, = 0) = 7 X B,(1, = 2/3). If we assume that the Sun’s
atmosphere is “grey”, i.e. has an absorption coefficient independent of v, then

F,=mx B,[T(t =2/3)], (2.25)

i.e. the distribution of radiation is like a black body’s with a temperature equal to
the surface that has 7 = 2/3. Integrating equation (2.25) over all frequencies v, we
have F = oT*(r = 2/3). Now the definition of effective temperature is F = 0T,
so Ty = T*(7 = 2/3). Thus, the temperature at optical depth 7 = 2/3 is equal to
the effective temperature. Although the solar atmosphere is not exactly grey, this
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Fig. 2.4. (Upper:) EIT 171 A image on 2003 February 6 (13:00). Note how emission
as a function of radial distance increases sharply at the limb. Courtesy the SOHO
EIT Team. (Lower:) Explanation of jump in limb emission: lines of sight A and
B see progressively greater amounts of coronal material on the observer’s side of
the Sun, but the line of sight C sees in addition coronal material on the far side of
the Sun.

result is not far wrong. A model atmospheric photospheric temperature at 75000 = 1
is 6420 K (Table 1.1); at 75000 = 2/3, nearly 100 km higher, the temperature is a
little less, and is approximately equal to Teg.

2.4.3 Bright and Dark Features in Solar Images

If equation (2.19) is integrated over 7, from zero to a finite value 7,,/u, we
may examine the case of features such as prominences or spicules visible in solar
ultraviolet and X-ray images. The feature is assumed to be viewed by a spacecraft
with background radiation coming from the solar atmosphere beneath the feature.
On an optical depth scale, optical depth 7;,/u corresponds to the side of the feature
nearest the Sun, optical depth 0 to the side of the feature towards the observer. We
take I, (11,7, /p) to be the background radiation intensity, 72 (u), and consider the

v
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feature to have a constant source function S¥. Let the intensity of the feature be
IE (1) = IF (11,0). Then we get

I () = 1D () = (Sy = I2) (1 = e7m/m). (2.26)

The feature is bright in the image if IZ" > I'Z, but dark if Il < I”. The contrast be-
comes greater near the limb, i.e. as u approaches zero, when (1 — e v/ #) approaches
1.

2.4.4 The Solar Spectrum

The solar spectrum from the visible to wavelengths of ~ 1600 A is character-
ized by a continuum (an extension of the photospheric visible-light spectrum) with
absorption lines. At smaller wavelengths, there is a spectrum consisting of emission
lines superimposed on recombination continua (see Figure 1.2). For the photosphere
to have an absorption line spectrum, the intensity of radiation emerging from deep
layers of the Sun (I”) must be larger than the source function SZ for the region
where the absorption lines are formed. Setting I? equal to the Planck function B
and the source function SZ to the Planck function BL, then BY > BL ie. the
deeper layers must be hotter than those where the absorption lines are formed. This
region can be identified with the photospheric layers up to the temperature minimum
where there is a negative temperature gradient, d1'/dh < 0 (see Figure 1.1).

For wavelengths less than ~ 1600 A, the line-formation region of the solar at-
mosphere is where the temperature is rising with height, so the spectrum is the
photospheric continuum with emission lines. The bulk of the emission at extreme ul-
traviolet and X-ray wavelengths is from the transition region and corona which are in
general optically thin, so an emission-line spectrum without continuum is observed.

2.5 Radiant Intensity and Flux

2.5.1 Definitions

Spacecraft instrumentation, both imaging and spectral, make measurements
of radiation coming from various parts of the solar atmosphere. The output of imag-
ing instruments such as TRACE and EIT on SOHO are images of the Sun integrated
over narrow wavelength bands that include emission lines and some continuum, while
the output of spectrometers such as SUMER on SOHO (working in the ultraviolet)
and RHESSI (working in the X-ray and gamma-ray range) measure spectra, i.e. the
amount of radiation as a function of wavelength, or equivalent photon energy or
frequency. Many spectrometers like SUMER can resolve spatial structures also, so
can measure the amount of radiation from specific areas on the Sun, though some
spectrometers, especially those in the X-ray range, measure the total amount of ra-
diation from particular features such as solar flares. A familiar example of the latter
is the ion chamber instruments on GOES.

To understand the units in which these measurements are, we first define some
relevant quantities. First, radiant flux or radiant power is defined to be the amount
of energy received from a source per unit time, and its c.g.s. unit is erg s~!. Radiant
intensity is the amount of radiant power received from a source per unit solid angle,
and has units erg s~! sr=t. Irradiance is the amount of radiant flux or power received
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Table 2.1. Radiation units defined.

Quantity Commonly called c.g.s. unit ST unit

Radiant flux or power erg s71 \W%

Radiant intensity erg s~ srt W st

Irradiance Flux erg cm 2 g1 W m~?

Radiance Intensity ergcm ™2 g7t srt Wm?sr!
Spectral irradiance Spectral flux ergem ™2 g7t A1 W m™? nm™?
Spectral radiance Spectral intensity ergem 2sl'sr ' A7 Wm ™2 sr! nm !

2 571 Radiance is the amount of radiant

per unit area, and so has units of erg cm™

intensity per unit area, with units erg cm~2 s™! sr~!'. These quantities are generally
measured over particular wavelength bands, wide or narrow as use determines. Thus,
the solar irradiance measured by instruments such as ACRIM on the SMM spacecraft

was over very large bands so that the total amount of solar energy could be monitored.

Spectrometers measure the amount of radiant flux or radiant intensity in small
wavelength bands. We define, following general usage in physics, spectral irradiance
to be the radiant flux or radiant power per unit area per wavelength band, e.g. an
angstrom (A), or frequency band, e.g. a Hertz (s=!). The c.g.s. unit of spectral
irradiance is therefore erg em=2 s~ A~! or erg cm™2 s~! Hz~'. Spectral radiance
is the radiant intensity per wavelength or frequency band, and its c.g.s. units are
therefore erg cm=2 s~ sr=! A=! or erg cm™2 s~! sr~! Hz~'. Plotting the spectral
radiance or irradiance against wavelength (e.g. in A) or frequency (in Hz ') from a
solar spectrometer thus gives the spectrum of the emitting source on the Sun. The
spectrometer may be imaging, i.e. view an extended source such as part of the
solar atmosphere, so obtaining solar irradiance. On the other hand, the instrument
may have no imaging capabilities (e.g. whole-Sun instruments) and so measure solar

radiance.

Frequently, the spectral intervals over which measurements are made are very
narrow, and spectra are often plotted in terms of photons, taking account of the
fact that the photons have different energies (equal to hv = he/\) for each part of
the spectrum. Thus, the units of spectral irradiance may equivalently be photon

em~2 s71 A—1 and those of spectral radiance photon em=2 =1 A=1 gr—1,

Table 2.1 gives a summary of the c.g.s. and SI units of the radiation quantities
defined above.

The above definitions, it must be said, are not often applied in plotting solar ul-
traviolet and X-ray spectra. The term flux is generally used instead of irradiance
and intensity instead of radiance; spectral flux is often used instead of spectral ir-
radiance, spectral intensity instead of spectral radiance. Table 2.1 will assist in
interpretation of most solar physics literature where ultraviolet and X-ray spectra
are given, including the discussion in Chapters 4, 5, and 6.
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2.5.2 Nature of the Ultraviolet and X-ray Solar Spectrum

As has been described already, the solar ultraviolet and X-ray spectrum has
several components depending on the wavelength range. Here we anticipate a more
detailed description of the ultraviolet and X-ray solar spectrum in Chapter 4.

At wavelengths above ~ 1600 A and extending into the visible and infrared ranges,
the photospheric continuum predominates, with absorption lines indexabsorption
lines crossing this continuum. At wavelengths < 1600 A, emission lines predomi-
nate, with origins in the solar atmosphere above the photosphere and temperature
minimum region. Continuous emission is also present, also originating in the solar
atmosphere. The line emission may arise in the chromosphere, with temperatures of
~ 10000 K, examples being the intense lines of hydrogen in the Lyman series between
1215.67 A (Ly-a) and the series limit 911.75 A. Others are emitted in the transition
region or corona where the temperature is between 10° and a few 10 K, and still
others are emitted in active regions or in flares with temperatures up to ~ 30 MK.
Particular ion species are associated with each atmospheric region, so that the once-
ionized Mg (Mg 11) 2800 A lines arise in the chromosphere but lines due to Li-like
Mg (Mg X) at 609.79, 624.95 A are familiar lines in the extreme ultraviolet from
the quiet corona. In X-ray flares, lines of He-like Mg (Mg XI) emit strong lines at
9.17-9.31 A. The increasing degree of ionization of Mg atoms indicates the increasing
temperature of the emitting region.

Spectral lines are not infinitely narrow in wavelength space but rather have inten-
sity profiles extending over small wavelength intervals. Even in theory, these profiles
are non-zero since the width of the upper level in energy units (AF) is related
to the lifetime (At) of the upper level through Heisenberg’s Uncertainty Principle,
AFEAt = h/27w. Much more significant line broadening occurs through the Doppler
shifts of the emitting ions. If the ions have a Maxwell-Boltmann distribution, the line
profile is said to be broadened by thermal Doppler broadening and has a Gaussian
shape, with intensity distribution given by

(A — Ao)?

. (2.27)

I(\) = Ipexp | —
(\) = Ipexp .
where I is the peak intensity, \g is the peak wavelength, and o is the line width,
defined as the interval 0 = A} — Ay where the intensity I(A;) is 1/e times the peak
intensity Iy. The full width of a Gaussian line profile at half the maximum intensity,
usually abbreviated to FWHM, is given by

FWHM =2vIn 2 0. (2.28)

In terms of the emitting plasma temperature, the FWHM is

FWHMop, = 21 2 2 (%)1/2, (2.29)
c M

where M is the ion mass and Ti,, is the temperature (K) of the ions since it is

the motion of the emitting ions that determines the line profile. If the ion and

electron temperatures are equal, we may substitute T, for Tjo, in equation (2.29). If

there is significant microturbulence, then a term must be added to the right side of

equation (2.29):
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- N (2%kpTion o\ /2
FWHMp, =2vin 2 2 (T +€2) ", (2.30)

where £ is the most probable velocity of the plasma turbulent motion.

Generally, for solar ultraviolet and X-ray line emission, thermal Doppler broaden-
ing and plasma turbulence are the most significant broadening mechanisms of solar
origin, being much larger than that due to the finite lifetime of the upper level of the
transition. The spectrometer observing the lines will itself broaden the line profile.
This applies to instruments with diffracting gratings and with Bragg diffracting crys-
tals. The instrumental profile will not necessarily be Gaussian or even symmetric
about the line peak, though frequently, as in the case of Bragg crystals, the profile
may be approximately Lorentzian:

Iy
I = e
where d is half of the full width of the Lorentzian profile. If the instrumental broad-
ening has a Gaussian profile, with AX\; the FWHM of the profile, the profile of a line
with thermal Doppler broadening must be corrected by the addition in quadrature
of AA; to FWHM,,¢ in equation (2.29).

In addition to line broadening, there may be line shifts because of bulk plasma
motions. Sometimes spectral lines may have multiple components, for example a
“stationary” component (zero line shift) with components on the short- (“blue”) or
long-wavelength (“red”) side of the stationary component, possibly blended with it.
Note that for a star, the emitting atmospheric structures are spatially unresolved,
and the line profile may be broadened by stellar rotation. The line position will also
be displaced if the star has significant Doppler motion relative to the Sun.

The main contributors of the continuum emission in the ultraviolet and X-ray re-
gions are free—free and free—bound processes. In free—free emission or bremsstrahlung,
a free electron moves in the Coulomb field of a target ion, with a loss of energy that
appears as a photon of free—free emission. In free-bound emission or recombination
radiation, a free electron is captured by an ion and the excess energy appears as
free-bound emission. Two-photon emission has only a tiny contribution to the total
continuum in solar spectra.

Atomic databases and codes enable ultraviolet and X-ray solar spectra to be pre-
dicted for particular conditions, e.g. temperature and density. As an example, we
use the CHIANTI code (Dere et al. (1997); Young et al. (2003)) to predict the 800
1500 A spectrum shown in Figure 1.2 (upper panel). This spectrum, taken with the
SUMER instrument on SOHO, was from a portion of the solar disk, and so both a
relatively low chromospheric spectrum, with recombination continua of H, C, and S,
and a coronal spectrum are apparent. This was synthesized in Figure 2.5 using the
CHIANTI code for temperatures of 10000 K and 1 MK to simulate the chromosphere
and corona respectively. The recombination continua and H Lyman lines are evident
in the chromospheric spectrum, while many of the other emission lines at coronal
temperatures are evident in the coronal spectrum.

(2.31)
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Fig. 2.5. CHIANTTI spectra in the 800-1500 A range for T. = 10000 K (upper

panel) and T. = 1 MK (lower panel).
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Fundamentals of atomic physics
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3.1 Introduction

In this chapter, we shall introduce the fundamental concepts and equations
that describe atomic systems, and their interaction with external radiation. We will
also describe the physical processes underlying the emission of spectral lines.

3.2 The one-electron atom - Bohr’s theory

The first atom for which a theory was developed that could account for the
properties of its spectrum was the H atom. One of the reasons is that the H spectrum
is rather simple, and the H atom itself has the simplest structure among all elements,
being composed by a nucleus of a single proton, and one bound electron.

The H spectrum consists of several series of lines whose wavelengths follow a regular
pattern. When first observed, only one series at a time could be identified, since the
wavelength ranges where each of these series was observed are located in distant
regions of the spectrum and could not be observed by the same instrument. The
peculiarity of the series of lines in the H spectrum