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Preface

This book is intended for use in a graduate-level course on the physics of the in-
terstellar medium within galaxies, and the intergalactic medium between galaxies
— diffuse systems dominated by radiative processes and by two-body collisions be-
tween electrons, ions, atoms, molecules, and dust grains.

While it is assumed that the reader will have a background in undergraduate-
level physics — including some prior exposure to atomic and molecular physics,
statistical mechanics, and electromagnetism — the first six chapters of this book
include a review of the basic physics that will be used in later chapters, including
the notation and nomenclature used for identifying energy levels of atoms, ions,
and molecules, and the selection rules for radiative transitions between levels.

In addition to serving as a text for a graduate-level course, it is hoped and in-
tended that this book will also be useful to researchers (myself among them) who
need to learn, or reaquaint themselves with, some aspect of interstellar/intergalactic
physics. Accordingly, the book contains considerably more material than can real-
istically be covered in a one-semester course. The table of contents identifies some
sections with a % symbol — these might be skipped in a “first pass” through the
book.

The appendices include a list of symbols (Appendix A), values for physical con-
stants (Appendix B), a collection of useful formulae for radiative processes (Ap-
pendix C), ionization potentials for atoms and ions up to atomic number 30 (Ap-
pendix D), energy-level diagrams for a number of atoms and ions of astrophysical
interest (Appendix E), and a compilation of collisional rate coefficients (Appendix
F), up-to-date as of 2010.

This book grew out of lecture notes that I started to develop 25 years ago when |
began teaching the graduate ISM course at Princeton. It is, I hope, a comprehensive
treatment, but inevitably it reflects my own interests and biases. The best part of
writing the book was that it forced me to find time to clarify my own understanding
of many aspects of interstellar physics.

Errors will no doubt be found. An up-to-date list of errata will be maintained at
http://www.astro.princeton.edu/~draine/book/errata.pdf.

000

The writing of this book has taken more years than I planned. Much work on the
text was accomplished during a sabattical semester at the Institute for Advanced
Study in fall 2004; T am deeply grateful to the late John Bahcall for his encourage-
ment. Further work took place during a sabattical semester in fall 2005 at Osser-
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vatorio Arcetri in Florence; the warmth, hospitality, and stimulation of the Arcetri
scientists and staff are not forgotten.

I am indebted to many colleagues for permitting me to reproduce figures from
their publications, including Rick Arendt, Johannes Bliimer, Jim Cordes, Dick
Crutcher, Tom Dame, John Dickey, Don Ellison, Marcello Felli, Doug Finkbeiner,
Dale Fixsen, Erika Gibb, JinLin Han, Jelle Kaastra, Peter Kalberla, Ciska Kemper,
Tom Kerr, Jin Koda, Richard Larson, Alex Lazarian, Aigen Li, Ron Maddalena,
Chris McKee, Jean-Paul Meyer, Jerry Ostriker, Peter Sarre, Steve Snowden, and
Joe Weingartner. I especially thank Doug Finkbeiner and Steve Snowden for pro-
viding information on local backgrounds, and Ken Dere for providing the radiative
cooling function shown in Figures 34.1 — 34.3. I am grateful to Doug Finkbeiner
for providing the 100 ym and Ha all-sky maps reproduced in Plates 2 and 3b, to
Peter Kalberla for the 21-cm map reproduced in Plate 3a, and to Steve Snowden for
the 0.75 keV all-sky map reproduced in Plate 5.

A number of colleagues read early drafts of many of these chapters. I particularly
thank Princeton graduate students Gonzalo Aniano, Mike Belyaev, Tim Brandt,
Ena Choi, Sudeep Das, Ruobing Dong, Aurelien Fraisse, Josh Green, and Yanfei
Jiang for their helpful comments. Doug Finkbeiner and Mark Krumholz field-tested
some of the manuscript; they and their students provided valuable feedback. Chris
McKee and another reviewer (anonymous) provided thoughtful advice that led to
improvements in the manuscript.

I relied on the SM plotting program for creating many of the figures in this book.
I thank Robert Lupton for making SM available, and for expert assistance with it;
he and Jeremy Goodman provided generous help with LaTeX arcana. The Smithso-
nian/NASA Astrophysics Data System (http://adsabs.harvard.edu) has been a truly
invaluable aid to research, and was used frequently.

I am indebted to all my Princeton colleagues — students, postdocs, and fellow
faculty — for creating the most congenial and stimulating research environment I
can imagine.

It has been a pleasure to work with Ingrid Gnerlich, Dimitri Karetnikov, Mark
Bellis, and Steve Peter at Princeton University Press.
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My deepest thanks go to my wife, Dina Gutkowicz-Krusin, for her many good
suggestions, both scientific and editorial, which greatly improved this work, and
for her continuing encouragement, without which it could not have been completed.
She didn’t expect it to take so long, but it is finally done.

Princeton, October 2010



Chapter One

Introduction

The subject of this book is the most beautiful component of galaxies — the gas and
dust between the stars, or interstellar medium. The interstellar medium, or ISM,
is, arguably, also the most important component of galaxies, for it is the ISM that is
responsible for forming the stars that are the dominant sources of energy. While it
now appears that the mass of most galaxies is primarily in the form of dark matter
particles that are collisionless, or nearly so, it is the baryons (accounting for perhaps
~10% of the total mass) that determine the visible appearance of galaxies, and
that are responsible for nearly all of the energy emitted by galaxies, derived from
nuclear fusion in stars and the release of gravitational energy in accretion disks
around black holes. At early times, the baryonic mass in galaxies was primarily in
the gas of the interstellar medium. As galaxies evolve, the interstellar medium is
gradually converted to stars, and some part of the interstellar gas may be ejected
from the galaxy in the form of galactic winds, or in some cases stripped from the
galaxy by the intergalactic medium. Infalling gas from the intergalactic medium
may add to the mass of the ISM. At the present epoch, the galaxy in which we
reside — the Milky Way — has most of its baryons incorporated into stars or stellar
remnants. But even today, perhaps 10% of the baryons in the Milky Way are to be
found in the ISM. The “mass flow” of the baryons in the Milky Way is illustrated
schematically in Figure 1.1.

Our objective is to understand the workings of the ISM — how it is organized and
distributed in the Milky Way and other galaxies, what are the conditions (tempera-
ture, density, ionization, ...) in different parts of it, and how it dynamically evolves.
Eventually, we would like to understand star formation, the process responsible for
the very existence of galaxies as luminous objects.

The subject of this book, then, is everything in the galaxy that is between the
stars — this includes the following constituents:

o Interstellar gas: Ions, atoms, and molecules in the gas phase, with velocity
distributions that are very nearly thermal.

o Interstellar dust: Small solid particles, mainly less than ~1 ym in size,
mixed with the interstellar gas.

e Cosmic rays: Ions and electrons with kinetic energies far greater than ther-
mal, often extremely relativistic — energies as high as 10?' eV have been
detected.
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stellar winds

Star planetary nebulae
Formation novae
~1.3My/yr supernovae

Total: ~0.5My/yr

~0.2 My/yr @
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Figure 1.1 Flow of baryons in the Milky Way. See Table 1.2 for the ISM mass budget,
and §42.4 for the value of the star formation rate in the Milky Way.

e Electromagnetic radiation: Photons from many sources, including the cos-
mic microwave background (CMB); stellar photospheres (i.e., starlight); ra-
diation emitted by interstellar ions, atoms, and molecules; thermal emission
from interstellar grains that have been heated by starlight; free—free emission
(“bremsstrahlung”) from interstellar plasma; synchrotron radiation from rel-
ativistic electrons; and gamma rays emitted in nuclear transitions and 7°
decays.

o Interstellar magnetic field: The magnetic field resulting from electric cur-
rents in the interstellar medium; it guides the cosmic rays, and in some parts
of the ISM, the magnetic field is strong enough to be dynamically important.

o The gravitational field: This is due to all of the matter in the galaxy — ISM,
stars, stellar remnants, and dark matter — but in some regions, the contribution
of the ISM to the gravitational potential leads to self-gravitating clouds.

o The dark matter particles: To the (currently unknown) extent that these
interact nongravitationally with baryons, electrons, or magnetic fields, or ei-
ther decay or annihilate into particles that interact with baryons, electrons, or
magnetic fields, these are properly studied as part of the interstellar medium.
The interactions are sufficiently weak that thus far they remain speculative.

There is of course no well-defined boundary to a galaxy, and all of the preceding
constituents are inevitably present between galaxies — in the intergalactic medium
(IGM) — and subject there to the same physical processes that act within the inter-
stellar medium. The purview of this book, therefore, naturally extends to include
the intergalactic medium.
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Table 1.1 Units

pc =3.086 x 10*® cm parsec
Mg =1.989 x 1033 g solar mass
Lg =3.826 x 10*% ergs™! solar luminosity
yr =3.156 x 107 s sidereal year
Myr =10%yr megayear
AU = 1.496 x 10" cm astronomical unit
A =10"%cm Angstrom
nm =10A=10""cm nanometer
pm =10"*cm micron
kms™! =10°cms™! km per sec
Jy =102 ergs ' ecm 2 Hz ! jansky
R = (10°/4m)photons cm™2s 'sr™!  rayleigh
D = 10" %esu cm debye
eV =1.602 x 1072 erg electron-volt
G = 10" tesla = 10~* weber m > gauss

The primary aim of this book is to provide the reader with an exposition of the
physics that determines the conditions in, and evolution of, the interstellar medium
and the intergalactic medium. We will also emphasize the ways that observational
data (e.g., strengths of emission lines or absorption lines) can be used to determine
the physical properties of the regions where the emission or absorption is occuring.

We will employ the units of measurement that are currently used routinely by
researchers in this field — for the most part, we use cgs units (including for electro-
magnetism), supplemented by standard astronomical units such as the parsec (pc),
solar mass (M), and solar luminosity (Lg); see Table 1.1.

Historically, astronomers have reported optical wavelengths in Angstroms (A).
In recent years, much of the physics literature has shifted to nanometers (nm), and
consideration was given to doing so here. After weighing pros and cons, I decided
to stick with Angstroms; in practical work, it is necessary to specify optical wave-
lengths to (at least) four digits to avoid confusion, and it seems easier to remember
them without a decimal point. And, after all, conversion from A to nm is sim-
ply division by 10, a rather minor concern in a field that measures distance in pc,
brightnesses in magnitudes, and angles in degrees, arcminutes, and arcseconds. So
this book will use Angstroms for wavelengths shorter than 1 pm.

I am, however, departing from established tradition by using wavelengths in
vacuo for all transitions. This means that the wavelengths of familiar optical lines
are now all shifted by ~1 A- e.g., the famous [O III] doublet is now 4960, 5008,
rather than the wavelengths in air (4959, 5007) that have been entrenched in us-
age for the past century. This will cause some pain for those who have burned the
air wavelengths into their memories, but it is time to abandon this anachronism
from days when spectroscopy was done in air at (near) standard temperature and
pressure.
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Figure 1.2 Structure of the Milky Way, viewed edge-on. The dots represent a sampling
of stars; the volume containing most of the interstellar gas and dust is shaded. Compare
with the infrared image of the stars in Plate 1, the dust in Plate 2, and various gas
components in Plates 3-5.

1.1 Organization of the ISM: Characteristic Phases

In a spiral galaxy like the Milky Way, most of the dust and gas is to be found within
arelatively thin gaseous disk, with a thickness of a few hundred pc (see the diagram
in Fig. 1.2 and the images in Plates 1-5), and it is within this disk that nearly all of
the star formation takes place. While the ISM extends above and below this disk,
much of our attention will concern the behavior of the interstellar matter within a
few hundred pc of the disk midplane.

The Sun is located about 8.5 kpc from the center of the Milky Ways; as it happens,
the Sun is at this time very close to the disk midplane. The total mass of the Milky
Way within 15 kpc of the center is approximately 10! M ; according to current
estimates, this includes ~5 x 10'°M, of stars, ~5 x 10'° M, of dark matter,
and ~ 7 x 10° M, of interstellar gas, mostly hydrogen and helium (see Table 1.2).
About 60% of the interstellar hydrogen is in the form of H atoms, ~20% is in the
form of Hy molecules, and ~20% is ionized.

The gaseous disk is approximately symmetric about the midplane, but does not
have a sharp boundary — it is like an atmosphere. We can define the half-thickness
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Table 1.2 Mass of HII, HI, and Hs in the Milky Way (R < 20 kpc)

Phase M(10° My)  fraction Note
Total HII (not including He) 1.12 23% see Chapter 11
Total HI (not including He) 29 60% see Chapter 29
Total Hs (not including He) 0.84 17% see Chapter 32
Total HII, HI and H> (not including He) 4.9
Total gas (including He) 6.7

212 of the disk to be the distance z above (or below) the plane where the density has
dropped to 50% of the midplane value. Observations of radio emission from atomic
hydrogen and from the CO molecule indicate that the half-thickness z /5 ~ 250 pc
in the neighborhood of the Sun. The thickness 22; /5 ~ 500 pc of the disk is only
~6% of the ~8.5 kpc distance from the Sun to the Galactic center — it is a thin
disk. The thinness of the distribution of dust and gas is evident from the 100 pm
image showing thermal emission from dust in Plate 2, and the HI 21-cm line image
in Plate 3.

The baryons in the interstellar medium of the Milky Way are found with a wide
range of temperatures and densities; because the interstellar medium is dynamic,
all densities and temperatures within these ranges can be found somewhere in the
Milky Way. However, it is observed that most of the baryons have temperatures
falling close to various characteristic states, or “phases.” For purposes of discus-
sion, it is convenient to name these phases. Here we identify seven distinct phases
that, between them, account for most of the mass and most of the volume of the
interstellar medium. These phases (summarized in Table 1.3) consist of the follow-
ing:

o Coronal gas: Gas that has been shock-heated to temperatures T 2 10°-° K
by blastwaves racing outward from supernova explosions. The gas is col-
lisionally ionized, with ions such as O VI (= O°") present. Most of the
coronal gas has low density, filling an appreciable fraction — approximately
half — of the volume of the galactic disk. The coronal gas regions may have
characteristic dimensions of ~ 20 pc, and may be connected to other coronal
gas volumes. The coronal gas cools on ~Myr time scales. Much of the vol-
ume above and below the disk is thought to be pervaded by coronal gas.! It
is often referred to as the “hot ionized medium,” or HIM.

e HII gas: Gas where the hydrogen has been photoionized by ultraviolet pho-
tons from hot stars. Most of this photoionized gas is maintained by radiation
from recently formed hot massive O-type stars — the photoionized gas may be
dense material from a nearby cloud (in which case the ionized gas is called
an HII region) or lower density “intercloud” medium (referred to as diffuse
HII).

IThis gas is termed “coronal” because its temperature and ionization state is similar to the corona of
the Sun.
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Table 1.3 Phases of Interstellar Gas

Phase T(K)

ng(cm—3)

Comments

Coronal gas (HIM) = 1055
fv ~ 0.57

{(ng)fv ~ 0.002cm™3

(fv = volume filling factor)

~ 0.004

Shock-heated

Collisionally ionized

Either expanding or in pressure equilibrium
Cooling by:

< Adiabatic expansion

< X ray emission

Observed by:

o UV and x ray emission

e Radio synchrotron emission

HII gas 104
fv =0.1
(ny)fv =~ 0.02cm™3

0.3 —10*

Heating by photoelectrons from H, He
Photoionized
Either expanding or in pressure equilibrium
Cooling by:

<& Optical line emission

< Free—free emission

< Fine-structure line emission

Observed by:

e Optical line emission

e Thermal radio continuum

Warm HI (WNM)

fv =04
npfy ~0.2cm™

~5000

3

0.6

Heating by photoelectrons from dust
Ionization by starlight, cosmic rays
Pressure equilibrium

Cooling by:

<& Optical line emission

< Fine structure line emission
Observed by:

e HI 21 cm emission, absorption

e Optical, UV absorption lines

Cool HI (CNM)
fv ~0.01
nufy ~ 0.3cm™

~ 100

3

30

Heating by photoelectrons from dust
Ionization by starlight, cosmic rays
Cooling by:

< Fine structure line emission
Observed by:

e HI21-cm emission, absorption

e Optical, UV absorption lines

Diffuse Ho ~ 50K
fv = 0.001

nufy ~0.lcm™3

~ 100

Heating by photoelectrons from dust
Tonization by starlight, cosmic rays
Cooling by:

< Fine structure line emission
Observed by:

e HI21-cm emission, absorption

e CO 2.6-mm emission

e optical, UV absorption lines

Dense Ho
fy ~ 1074
(nu)fy ~0.2cm™3

10 — 50

103 — 108

Heating by photoelectrons from dust
ITonization and heating by cosmic rays
Self-gravitating: p > p(ambient ISM)
Cooling by:

<& CO line emission

< C1 fine structure line emission
Observed by:

e CO 2.6-mm emission

o dust FIR emission

Cool stellar outflows 50 — 103

1—108

Observed by:

e Optical, UV absorption lines
e Dust IR emission

e HI, CO, OH radio emission
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Bright HII regions, such as the Orion Nebula, have dimensions of a few pc;
their lifetimes are essentially those of the ionizing stars, ~ 3 — 10 Myr. The
extended low-density photoionized regions — often referred to as the warm
ionized medium, or WIM — contain much more total mass than the more
visually conspicuous high-density HII regions. According to current esti-
mates, the Galaxy contains ~ 1.1 x 10° M, of ionized hydrogen; about 50%
of this is within 500 pc of the disk midplane (the distribution of the HII is
discussed in Chapter 11). In addition to the HII regions, photoionized gas
is also found in distinctive structures called planetary nebulae® — these are
created when rapid mass loss during the late stages of evolution of stars with
initial mass 0.8 M, < M < 6M, exposes the hot stellar core; the radiation
from this core photoionizes the outflowing gas, creating a luminous (and of-
ten very beautiful) planetary nebula. Individual planetary nebulae fade away
on ~ 10* yr time scales.

e Warm HI: Predominantly atomic gas heated to temperatures T ~ 1037 K;
in the local interstellar medium, this gas is found at densities ny; ~ 0.6 cm ™3,
It fills a significant fraction of the volume of the disk — perhaps 40%. Often
referred to as the warm neutral medium, or WNM.

e Cool HI: Predominantly atomic gas at temperatures 7' =~ 102 K, with den-
sities ng ~ 30cm™? filling ~1% of the volume of the local interstellar
medium. Often referred to as the cold neutral medium, or CNM.

¢ Diffuse molecular gas: Similar to the cool HI clouds, but with sufficiently
large densities and column densities so that Hy self-shielding (discussed in
Chapter 31) allows Hy molecules to be abundant in the cloud interior.

e Dense molecular gas: Gravitationally bound clouds that have achieved nyg 2
103cm™3. These clouds are often “dark” — with visual extinction Ay =
3 mag through their central regions. In these dark clouds, the dust grains are
often coated with “mantles” composed of HoO and other molecular ices. It
is within these regions that star formation takes place. It should be noted that
the gas pressures in these “dense” clouds would qualify as ultrahigh vacuum
in a terrestrial laboratory.

o Stellar outflows: Evolved cool stars can have mass loss rates as high as
10~ Mg yr—" and low outflow velocities < 30kms ™, leading to relatively
high density outflows. Hot stars can have winds that are much faster, al-
though far less dense.

The ISM is dynamic, and the baryons undergo changes of phase for a number of
reasons: ionizing photons from stars can convert cold molecular gas to hot HII;
radiative cooling can allow hot gas to cool to low temperatures; ions and electrons
can recombine to form atoms, and H atoms can recombine to form Hs molecules.

2They are called “planetary” nebulae because of their visual resemblance to planets when viewed
through a small telescope.
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Table 1.4 Protosolar Abundances of the Elements with Z < 32 (based on Asplund
et al. (2009); see text)

Z X (mx)/amu Nx/NH Mx/MH Source

1 H 1.0080 1 1

2 He 4.0026 9.55 x 1072*901 382 % 107!  Photospheric
3 Li 6.941 2.00 x 1079905 138 x 1078 Meteoritic
4  Be 9.012 2.19 x 107 1#903 197 % 1071°  Meteoritic
5 B 10.811 6.76 x 10710004 7371 % 107 Meteoritic
6 C 12.011 2.95 x 1074905 354 5 107®  Photospheric
7 N 14.007 7.41 x 107°%%% 104 x 107>  Photospheric
8 O 15.999 5.37 x 1074905 859 x 10~%  Photospheric
9 F 18.998 2.88 x 1078006 548 x 1077 Meteoritic
10 Ne 20.180 9.33 x 107°%%10 188 x 107>  Photospheric
11 Na 22.990 2.04 x 1076902 469 x 107° Meteoritic
12 Mg 24.305 4.37 x 107°%994 1 06 x 1072  Photospheric
13 Al 26.982 2.95 x 1076001 885 x 107° Meteoritic
14 Si 28.086 3.55 x 1075904 907 x 10™*  Photospheric
15 P 30.974 3.23x 107799 100x 107°  Photospheric
16 S 32.065 1.45 x 1075%%-03 463 x 10™*  Photospheric
17 Cl 35.453 1.86 x 107096 560 x 107° Meteoritic
18  Ar 39.948 2.75 x 1076913 110 x 10™*  Photospheric
19 K 39.098 1.32 x 1077002 515 x 10~ Meteoritic
20 Ca 40.078 2.14 x 1076992 857 % 107°  Meteoritic
21  Sc 44.956 1.23 x 1079%992 553 x 10™®  Meteoritic
22 Ti 47.867 8.91 x 1073903 4927 x 107° Meteoritic
23V 50.942 1.00 x 1078%%92 509 x 1077  Meteoritic
24 Cr 51.996 4.79 x 1077001 949 x 107° Meteoritic
25 Mn 54.938 3.31 x 1077901 182 % 107° Meteoritic
26 Fe 55.845 347 x 107°%%%4 194 % 107®  Photospheric
27 Co 58.933 8.13 x 1078991 479 x 106 Meteoritic
28 Ni 58.693 1.74 x 1076001 102 x 107*  Meteoritic
29 Cu 63.546 1.95 x 1078%0:04 124 x 1076 Meteoritic
30 Zn 65.38 4.68 x 1078+0:04 306 x 1076 Meteoritic
31 Ga 69.723 1.32 x 1079%992 919 x 107®  Meteoritic
32 Ge 72.64 4.17 x 1079%0:04 303 x 1077 Meteoritic

Asplund et al. (2009) have corrected the measured photospheric abundances of He, C, N, O,
Ne, Mg, Si, S, Ar, and Fe to allow for diffusion in the Sun.

As recommended by Asplund et al. (2009), the photospheric abundance of Si, and meteoritic
abundances (tied to Si), have been increased by a factor 10°%4 to allow for diffusion in the
Sun. Similarly, the measured photospheric abundance of P has been multiplied by 10°-%? to
allow for diffusion in the Sun.

M(Z > 2)/Mu = 0.0199; M (total) /My = 1.402.
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Table 1.5 Energy Densities in the Local ISM

Component u(eVem ®)  Note
Cosmic microwave background (Tcwvs = 2.725 K) 0.265 a
Far-infrared radiation from dust 0.31 b
Starlight (hv < 13.6€eV) 0.54 c
Thermal kinetic energy (3/2)nkT 0.49 d
Turbulent kinetic energy (1,/2)pv? 0.22 e
Magnetic energy B2 /87 0.89 f
Cosmic rays 1.39 g

a Fixsen & Mather (2002).

b Chapter 12.

¢ Chapter 12.

d For nT = 3800 cm 3 K (see §17.7).

e Forng=30cm ™2, v=1kms™ !, or (ng)=1em ™2, (v¥)V/2=55kms".
f For median Biot = 6.0 uG (Heiles & Crutcher 2005).

g For cosmic ray spectrum X3 in Fig. 13.5.

1.2 Elemental Composition

The interstellar gas is primarily H and He persisting from the Big Bang, with a
small reduction in the H fraction, a small increase in the He fraction, and addition
of a small amount of heavy elements — from C to U — as the result of the return to the
ISM of gas that has been processed in stars and stellar explosions. The abundance
of heavy elements in the ISM —e.g., C, O, Mg, Si, and Fe —is a declining function of
distance from the Galactic Center, with the abundance near the Sun (galactocentric
radius R ~ 8.5 kpc) being about half the abundance in the Galactic Center region.

The composition of the ISM in the solar neighborhood is not precisely known,
but is thought to be similar to the composition of the Sun. The current best esti-
mates of solar abundances for elements with atomic number < 32 (as determined
from both observations of the stellar photosphere and studies of primitive carbona-
ceous chondrite meteorites) are given in Table 1.4. These abundances are intended
to be the abundances in the protosun, which differ from photospheric abundances
due to diffusion. H and He together account for most of the mass — the elements
with Z > 3 contribute only ~ 1% of the total mass. Nevertheless, these heavy
element “impurities” in many cases determine the chemistry, ionization state, and
temperature of the gas, in addition to which they provide valuable observable diag-
nostics.

1.3 Energy Densities

Energy is present in the ISM in a number of forms: thermal energy u = (3/2)nkT,
bulk kinetic energy (1/2)pv?, cosmic ray energy ucr, magnetic energy B2 /8,
and energy in photons, which can be subdivided into cosmic microwave back-
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Figure 1.3 Flow of energy in the Milky Way.

ground, far-infrared (FIR) emission from dust, and starlight. It is a remarkable
fact that in the local ISM, today, these energy densities all fall within the range
0.2 — 2eV cm ™2 — see Table 1.5. This near-equipartition is partly coincidental —
the fact that the energy density in the CMB is similar to the other energy densities
is surely accidental — but the other six energy densities are in fact coupled: the
magnetic energy has been built up by fluid motions, so it is probably not a coin-
cidence that the magnetic energy density B?/87 and the turbulent energy density
(1/2)pv? are comparable in magnitude. Similarly, if the cosmic ray energy den-
sity were much larger, it would not be possible for the magnetized ISM to confine
the cosmic rays, and they would be able to escape freely from the Galaxy — this
negative feedback limits the cosmic ray energy density to approximate equiparti-
tion with the sum of the turbulent energy density and thermal pressure in the ISM.
The fact that the starlight energy density is comparable to the gas pressure may be
coincidental. However, if the starlight energy density were much larger (by a fac-
tor ~102), radiation pressure acting on dust grains would be able to “levitate” the
ISM above and below the Galactic midplane, presumably suppressing star forma-
tion; this feedback loop may play a role in regulating the starlight energy density in
star-forming galaxies.

The ISM is far from thermodynamic equilibrium, and it is only able to maintain
this nonequilibrium state because of the input of “free energy,” primarily in the
form of ultraviolet radiation emitted by stars, but with a significant and important
contribution of kinetic energy from high-velocity gaseous ejecta from supernovae.
The overall flow of energy in the ISM is sketched in Figure 1.3. Ultimately, nearly
all of the energy injected into the ISM in the form of starlight and kinetic energy
of stellar ejecta is lost from the galaxy in the form of emitted photons, departing to
the cold extragalactic sky.



Chapter Two

Collisional Processes

Collisions are fundamental to the physics of the interstellar medium (ISM): they
allow the gas to (usually) be treated as a fluid; they determine the thermal and elec-
trical conductivity and diffusion coefficients; they produce most of the excitations
of ions, atoms, and molecules that result in emission of photons from the ISM;
and they are responsible for recombination of electrons and ions, and for chemical
reactions.

It is important to become comfortable with the concept of collisional rates — and
collisional rate coefficients — and to understand how they depend on temperature.
Indeed, the very concept of kinetic temperature depends on elastic scattering rates
being fast enough to ensure that the velocity distribution function for particles will
be close to a Maxwellian distribution.

In this chapter, we will review the concept of collisional rate coefficients. There
are three basic types of collisional interactions that concern us: the long-range 1/r
Coulomb interaction between ions and ions, ions and electrons, and electrons and
electrons; the intermediate range »—* induced-dipole interaction between ions and
neutral atoms or molecules; the interaction between electrons and neutrals; and
the short-range interaction between neutrals. For the Coulomb interaction, we will
estimate collisional ionization rates and scattering rates using the “impact approxi-
mation.” For the induced-dipole interaction, we will use exact results for scattering
by a r~* potential. For electron—neutral scattering, we use experimental data. For
neutral-neutral collisions, we use estimates for the effective “hard-sphere” radius.

2.1 Collisional Rate Coefficients

The rate per unit volume of a general two-body collisional process

A + B — products 2.1

is written

reaction rate per unit volume = nang{(ov)ap , 2.2)

where the two-body collisional rate coefficient for A + B — products is

(ov)ap E/ cap(v)v f,dv | (2.3)
0



12 CHAPTER 2

where 0.4 5(v) is the velocity-dependent reaction cross section for the reaction, and
fudv is the probability that A and B have relative speed v in dv. In cgs units, a
two-body collisional rate coefficient has dimensions of cm?3s~?!.

In thermal equilibrium at temperature 7', the distribution function for the relative
speed in encounters between particles A and B is given by a Maxwellian velocity

distribution

3/2
fodv=A4m (%) e~V /2KT 2 g, , 2.4)
s

where i = mamp/(ma + mp) is the reduced mass of the collision partners. It
will sometimes be convenient to use the distribution function fg for the center-of-
mass energy E = pv? /2. From fpdE = f,dv, we obtain

dv 8 \'* E _,
e (2 *~ _—EJ/kT
vfg UdEfv (TF,LL]CT) T © . (2.5)

Thus the two-body collisional rate coefficient is

SkT\ Y2 [ E dE
— (2 E) — e B/RT 22 2.
(ov)an (w) /0 oan(B) 1o e KT (2.6)

At sufficiently high densities (e.g., the Earth’s atmosphere), three-body colli-
sions — where three particles are simultaneously in close proximity and interacting
strongly — can become important. The rate per unit volume of a general three-body
collisional process A + B + C' — products is written

reaction rate per unit volume = kapc nangne , 2.7

where k4pc is the three-body collisional rate coefficient. Even at interstellar
densities, three-body processes can be important for some reactions, such as pop-
ulating the high-n levels of atomic hydrogen (see §3.7). In cgs units, a three-body

collisional rate coefficient k4 3 has dimensions of cm®s!.

2.2 Inverse-Square Law Forces: Elastic Scattering

The classical problem of elastic scattering by an inverse-square force law — Ruther-
ford scattering — can be solved, but the resulting integrals can be tedious to evalu-
ate. Here we will employ a very simple approach — the “impact approximation” —
to obtain approximate results with very simple algebra. The impact approximation
is accurate when the interaction is weak enough to produce only a small deflection
— this often turns out to be the case.
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Figure 2.1 Coordinates for impact approximation, in the frame where the target is at
rest. The projectile is assumed to travel in a straight line at constant speed, and the
target is assumed to remain at rest during the encounter.

2.2.1 The Impact Approximation

The impact approximation consists of calculating the exchange of momentum be-
tween projectile and target, assuming that the projectile and target velocities remain
constant during the encounter — the projectile moves in a straight line at constant
speed. For the Coulomb interaction between particles with charges Z;e and Zse,
the instantaneous force perpendicular to the trajectory is

2 2
lege 08l — lege 0839

Fl=——= e
+ (b/cos@)2C R ’

(2.8)
where the “impact parameter” b is the distance of closest approach if the projectile
were to travel undeflected, and the angle 6 is defined in Figure 2.1. If vy is the
relative velocity, we find

d(btan6) b db

dt = = — 29
v vy cos2f ' (2:9)

and the total momentum transfer is obtained by integrating F'; over time':

S VASAN /2 71 79€?
Ap. = / Fodi = 1726/ cosfdf =222 (2.10)
by x/2 buy

2.2.2 Example: Collisional Ionization

Consider an atom or ion with a single bound electron. Let I be the energy required
to “ionize” it — i.e., to unbind the electron. Suppose that we have a fast-moving

'A back-of-the-envelope estimate by taking the product of the force at closest approach
(Z1Z2e?/b?) and the characteristic interaction time (b/v1) differs from Eq. (2.10) by only a factor
of 2.
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electron with speed v > (2I/m.)'/2. We can use the impact approximation to

estimate the ionization rate by asking: For what impact parameters is the momen-

tum transfer (Ap, )? > 2mI? The answer is b < bmax(v) = [2Z2€* /mv?1]'/2,

This gives us an estimate for the ionization cross section:
2,4

B 2nZ,e

max

o(v) = 7b

Y (2.11)
This is of course not quite correct, even classically — we have assumed the momen-
tum transfer to be perpendicular to the initial velocity of the bound electron — but
it is a good estimate for (1/2)m.v? > I. If we now assume Eq. (2.11) to apply
down to the minimum impact velocity vpin = (21/m.)'/? for which it is energet-
ically possible to ionize the atom, we can estimate the thermal rate coefficient for
collisional ionization:

<m}>:/cr(v) x v x f(v)dv

o) 2.4
:/ o X v X 47T( " )3/2 v2emme /2T gy

omev?l 2nkT
1/2 4
8 e
=72 = — e /KT 2.12
P (mekT) I° 212

Now consider a hydrogen atom with principal quantum number n, and ionization
energy I = Iy1/n?, where Iy = 13.602 eV is the ionization potential for hydrogen
in the ground state. For large n (e.g., n ~ 100) and T' ~ 10* K, the ionization
energy threshold I < kT and (ov) o< I~ o< n? — the collisional ionization rate
becomes very large for hydrogen with large values of the principal quantum number
n. We will see in Chapter 3 that such highly excited hydrogen, with n 2 102, is
in fact present in the interstellar medium, and observable through radio frequency
emission lines.

2.2.3 Deflection Time

Consider the special case of a projectile with charge Z; e traveling with velocity v,
through a “field” of stationary “targets,” with charge Zse and number density ns.
In the impact approximation, each interaction gives an impulse that is in the plane
perpendicular to the direction of motion of the projectile, but is randomly oriented
in this plane. Thus the net vector momentum transferred to the projectile undergoes
a random walk in this plane, with

d o 271 Zpe? ]
<d*[(Ap)L]2> :/ [27bdb ngvy] X {126:|
t bmin " buy
—

d(event rate) x (Apy)?
_ 8mnaZiZye! / e db 2.13)
vy bin 0

min



COLLISIONAL PROCESSES 15

The integral is logarithmically divergent at both limits (by,;, — 0 and by ax — 00),
so there must be a physical reason for lower and upper cutoffs, by, and byax.
At separation 7 = Z Z»e?/E, the interaction energy is equal in magnitude to the
initial center-of-mass kinetic energy E and the impact approximation fails, so it is
reasonable to take by, = Z1 Z2€?/E.

The upper cutoff b,,,x is more subtle. The integral in Eq. (2.13) assumes the
field particles to be randomly located, so that the contribution from each field par-
ticle is independent. However, on large scales, the plasma must maintain electrical
neutrality, and plasma particles are statistically correlated on length scales larger
than the Debye length (see Appendix H):

kT 1/2 T 1/2 Cm_3 1/2
LD = <47rneez> = 690 cm (M) ( T ) 5 (214)

a positive ion will tend to be shielded by a higher-than-average density of electrons,
with the shielding being effective on length scales exceeding Lp. Thus we set
bmax = Lp, and find

d 8mne 22 Z2e*
—[(Ap)1]*) = —2—IA 2.1
(Zlap).]?) A, 2.15)
where
A: bIIIaX — E (k‘T)?)/Q
B bmin kT (47rne)1/2Z1de3
E T 3/2 Cm_3 1/2
_ 9 &
=4.13 x 10 (k:T) (104K) < e ) (2.16)
FE T 3/2 cm_3
InA=221+1 — . 2.1
. i <kT> (104K> ( e ) @17

We see that A is in general a very large number for interstellar conditions. The im-
portance of distant encounters relative to close encounters is given by In A. Because
In A ~ 20 — 35 for interstellar conditions, weak distant encounters dominate, and
our simple impact-parameter-based treatment should be quite accurate; uncertain-
ties in exactly how the integral is treated near the upper and lower limits introduce
only ~5% uncertainties in the total rate.

It should be noted that Eq. (2.15) is quite general: in the case of species 1 and
2 with velocity distributions, the factor 1/v; in Eq. (2.15) should be replaced by
(1/]v12]), where v14 is the velocity difference between particles 1 and 2.

Consider now selected cases:

e The energy loss time scale for the projectile is defined by

E
toss = ———— 2.18
: <(dE/dt)IOSS> ) %
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where ((dE/dt)1oss) is the mean rate at which the particle gives kinetic en-
ergy to the field particles. If the latter have velocity dispersion 0y < v1, then

miq U% miq m2U§

tloss = <(d/dt>[(Ap)J_]2>/m2 - 87TTL2212Z2234 InA

(2.19)

e The time scale for the projectile to be deflected by ~ 90° from its initial
trajectory is

(mav1)? miv}
T ((d/dt)[(Ap) L 2)  8rneZiZZeAInA (2.20)
p 142
and, for kinetic energy (3/2)kT, the mean free path is
m2vf
fp=vitden = s 2.21
TP = el = 0 22226 In A 221)

T \?/0.0lcm™3 25
= 107 =) . @22
o 10 Cm(mGK) ( e )(mA) (2:22)

For example, consider an electron moving through a field of protons at the root-
mean-square (rms) speed v; = (3k7./m.)"/?. The deflection time is

me/?(3KT, )3/
8mneet In A

T 32 1 em~3 25
— 3 €
=76 x10°s (104K) ( T ) (M) . (224)

For temperatures 7 < 10°K and densities n, = 1072 cm™3, the deflection
time is short (compared to astronomical time scales), and we may assume that the
velocity distribution will be isotropic. The energy exchange time t),¢5 is larger by
the ratio m,/m. = 1836:

T. 3/2 cm™3 25
_ 7 € I
tioss(etop) = 1.4 x 10" s <1O4 ) ( s > (lnA) . (2.25)

Because we have considered an electron moving with the rmsthermal speed, and
because the number densities of protons and electrons in ionized gas will be ap-
proximately equal, the energy loss time #1,55(€ to p) is the same as the time scales
for the electrons and protons to equilibrate at the same temperature, if the electron
and proton temperatures initially differed. The energy loss time #),55 iS generally
short by astronomical standards, except in very hot, very low density gas. Accord-
ingly, we may usually (though not always!) assume that the electrons and ions each
have Maxwellian velocity distributions, with common temperatures.

taen (e by p) = (2.23)
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2.3 Electron—Ion Inelastic Scattering: Collision Strength 2,,,

Inelastic collisions of electrons with ions are responsible for much of the line radia-
tion emitted by hot gas, from H II regions to supernova remnants, as such collisions
can leave the ion in an excited state, from which it will decay by emitting a photon.

Earlier we discussed elastic scattering of electrons by ions, finding that the mo-
mentum transfer is dominated by “distant” encounters, where the distance of closest
approach is much larger than atomic dimensions. However, in those cases where
the electron does approach within atomic dimensions of the ion, the electric field
of the projectile electron will strongly perturb the wave function of the electrons
bound to the ion. Because the projectile electron (attracted by the Coulomb po-
tential) is moving with a speed approaching the velocities of the bound electrons,
the perturbation is relatively “sudden,” and when the projectile electron recedes,
the ion wave function may have made a transition to another energetically allowed
state.

Let us consider the case where the ion is initially in an excited state u, with
degeneracy g,,. The thermally averaged rate coefficient for deexcitation to a lower
energy level ¢ is customarily written in terms of a dimensionless quantity €,,,(7):

h2 1 Qu()
= 2.26
TN = G B R g, o
—8
B M% (jm3 sf1 s (227)

\% T4 Gu

T
T, = (104K) . (2.28)

Equation Eq. (2.26) serves as the definition of 2,,4(T), called the collision strength
connecting levels v and ¢. In principle, the collision strength €2, is a function of
temperature 7', but quantum-mechanical calculations of the inelastic scattering for
many ions show that: (1) the {2,,¢ are approximately independent of temperature T’
for T < 10* K, and (2) the Q,, typically have values in the range 1 to 10. These
quantum-mechanical results can be qualitatively understood in terms of a heuristic
classical model (see Appendix I).

2.4 Ton—-Neutral Collision Rates

The 1/r coulomb interaction is a long-range interaction, and we found that the
elastic scattering process is dominated by distant, weak interactions. We now con-
sider the case of charged particles (e.g., an ion) interacting with neutral particles
(atoms or molecules). If the ion and atom are separated by more than a few A, the
principal interaction between the ion and neutral consists of the polarization of the
neutral caused by the electric field of the ion. The ion is characterized by its charge
Ze, and the neutral by its polarizability oy: in a uniform static electric field F, the
neutral acquires an electric dipole moment P = ayE. Atomic polarizabilities (see
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©=0.999b,

Trajectories in r—* Potential

Figure 2.2 Three trajectories in an 7~ * potential. The trajectory with b < by passes
through the origin, where by is defined in Eq. (2.30). The total cross section for such
“orbiting” trajectories is 7b3.

Table 2.1) are of order a few a3, where ag = h?/mee? = 5.292 x 109 cm is the
Bohr radius.

In the Coulomb field of the ion, the polarized atom experiences an attractive force

F=P-(dE/dr) = —2ayZ?¢e?/r®, corresponding to an interaction potential
1 aN22€2
Ulr)=———7— 2.29
(’r> 2 T4 ( )

Classical trajectories in this potential have been studied by Wannier (1953) and
Osterbrock (1961). Let E.p, be the initial center-of-mass kinetic energy. Define

2 Z2 2 1/4
by = <°‘ge> (2.30)
1/4 1/4
01
—6.62 x 105 cm Z/2 <O‘N) (0 0 eV) , 2.31)
ayg Ecm

where ay is the polarizability of an H atom (see Table 2.1). For r = by, the in-
teraction energy U(by) = —Fecm /4, so we would expect a trajectory with impact
parameter by to be significantly deflected. In fact, for an ideal »—* potential, tra-
jectories with b < by are totally overcome by the »~* potential, and actually pass
through » = 0 — these are referred to as “orbiting” trajectories. An example of
one such orbiting trajectory is shown in Figure 2.2. The cross section for orbiting
trajectories with b < bg is

) an 1/2 1
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Table 2.1 Ion—Neutral Scattering Parameters

Neutral an/aj Ion (o) orb (cm®s™H)  (o0)me (cm®s™1)?
H 4.500° HT 2.69 x 107° 3.25 x 107°
ct 1.98 x 107° 2.39 x 107°
He 1.383¢ H* 1.18 x 107° 1.42 x 107°
H, 5.315¢ HT 2.54 x 107° 3.06 x 107°
°i 2.07 x 107° 2.49 x 107°
ct 1.58 x 107° 1.91 x 107°
0 5.3267 HT 2.14 x 107° 2.57 x 107°
ct 7.95 x 10719 9.57 x 10710

¢ (ov)orb = rate coefficient for orbiting collisions.

b (0v)ms = momentum transfer rate coefficient.

¢ Landau & Lifshitz (1972). ¢ Marlow (1965).
¢ Thomas & Humbertson (1972). f Kelly (1969).

where © = myms/(my + mo) is the reduced mass. Note that for this interaction,
the cross section o o 1/v, and the rate coefficient

1/2
(ov) =21 Ze (?) (2.33)

1/2 1/2
—8.980 x 107107 (O‘f;) (mH) em®s™t(2.34)
ap H

is then independent of temperature! The polarizability «y is given in Table 2.1 for
H, He, Ha, and O, together with (ov) for orbiting collisions of these neutrals with
selected ions.

Obviously, the approximation of an r—# interaction potential fails when the ion
and neutral come within a few A of one another, but it is evident that the orbiting
trajectories do bring the ion and neutral into intimate contact. If an outcome is
energetically allowed — such as collisional deexcitation of an excited state, or an
exothermic charge exchange or chemical exchange reaction — there will be a sub-
stantial probability of it happening when the ion and neutral undergoing an orbiting
collision with b < by come together to form an excited “complex,” and the reac-
tion rate coefficient will, therefore, be comparable to the orbiting rate coefficient.
Examples of such exothermic reactions include

O +H — OCP,) + HT (charge exchange), (2.35)
Hi + H, — Hf + H (chemical exchange), (2.36)
CH" + H, — CHf + H (chemical exchange). (2.37)

Because their rate coefficients are large even at low temperatures, exothermic ion—
neutral reactions play a major role in the chemistry of cool interstellar gas.
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Momentum transfer in ion—neutral collisions is important in some astrophysical
situations. The momentum transfer cross section is

Omt = 27r/ (1 —cosf)bdb, (2.38)
0

where 6(b) is the deflection angle. It is reasonable to assume that the short-range
interaction between ion and neutral will result in isotropic scattering for collisions
with b < bg (which for an 7 ~* potential would pass through » = 0). Adding the
contribution from b > by gives the momentum transfer rate coefficient:

1/2
(00)me = 2417 Z¢ (?) = 1.21{00) . (2.39)

2.5 Electron—-Neutral Collision Rates

Elastic scattering of electrons by neutrals can be important in very low ionization
regions (such a protoplanetary disks), where electron—neutral scattering limits the
electrical conductivity. In regions of very low fractional ionization, the primary
collision partner is Hs, followed by He.

Low-energy scattering of electrons by Hsy has been studied theoretically and
experimentally. At energies I < 0.044¢eV the scattering is purely elastic; for
E > 0.044 eV, rotational excitation can occur; at £ 2 0.5eV vibrational excita-
tion is also possible; and for £/ > 11 eV electronic excitation can take place.

The experimentally measured momentum transfer cross section between 0.01
and 1 eV (Crompton et al. 1969; Ferch et al. 1980) can be approximated by

omt = 7.3 x 1071%(E/0.01eV)* ¥ cm? . (2.40)

The thermal rate coefficient for momentum transfer due to e — H, scattering is then

T 068

V) me ~ 4.8 x 1077 em®s™h, (2.41)
102K

accurate to within ~10% for 50 < 7' < 5000 K.2

The cross section for electron scattering by He (Crompton et al. 1970; Ferch
et al. 1980) is somewhat smaller than for Hs.

2For T' < 10* K, the rate in Eq. (2.41) is significantly smaller than the classical estimate, Eq. (2.33).
The classical estimate is inapplicable because the deBroglie wavelength of the electron, h/p, is larger
than the critical impact parameter bg for orbiting collisions.
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2.6 Neutral-Neutral Collision Rates

The interaction between neutral species is repulsive at small separations and weakly
attractive at larger separations due to the van der Waals interaction, which arises be-
cause fluctuations in the electron dipole moment of one species induce an electric
dipole in the other, resulting in an attractive U(r) oc 1/r5 interaction. The at-
tractive interaction is sufficiently weak, and the onset of the repulsive interaction
sufficiently rapid, that for many purposes the interaction can be approximated by
a “hard-sphere” model, with the collision partners each having hard-sphere radii

Hard-sphere collisions occur for impact parameters b < R;+ Rs, so the collision
cross section 7( Ry + R)? a2 1.2 x 1015 cm?. The rate coefficient for hard-sphere
scattering is

1/2
(ov) = <87f> m(R1 + Ry)? (2.42)

T 1/2 12 /p o RoN?
:1.81><10_10<102K> (”Z*) (12&2) em3s™1, (2.43)

where again y is the reduced mass. For T' < 102 K, the rate coefficient for neutral—
neutral scattering is smaller by more than an order of magnitude than the rate coef-
ficient for ion—neutral scattering.




Chapter Three

Statistical Mechanics and Thermodynamic

Equilibrium

The interstellar medium (ISM) and intergalactic medium (IGM) are generally far
from thermodynamic equilibrium. Nevertheless, the methods of statistical mechan-
ics and thermodynamics provide powerful tools for understanding the nonequilib-
rium conditions that prevail, and for relating forward and reverse rates for the pro-
cesses, such as ionization and recombination, that shape the medium.

This chapter reviews some results from statistical mechanics, and illustrates their
use by obtaining the relationship between collisional excitation and deexcitation
rate coefficients, and cross sections for forward and reverse reactions. In §§3.7
and 3.8, we estimate the three-body recombination rate, and use this estimate to
understand the population of the high-n levels of atomic hydrogen.

3.1 Partition Functions

Consider some physical system (e.g., atoms in a box of volume V') that is able to
exchange energy with a “heat reservoir” at temperature 7'. The theory of statistical
mechanics defines the partition function Z to be

Z(T) =) e PO (3.1)

where the sum is over all distinct possible states s of the system, and E(s) is the
energy of state s. For dilute gases, we can factor the partition function into “trans-
lational” and “internal” partition functions:

Z(T) = Ztran(T) X Zint(T) . (3.2)

For example, let X be a single atom, ion, or molecule. Suppose that the internal
energy levels of X are labeled by index ¢ = 0, 1,2, .... The total energy of X in
level i is E(X;) = p*/2Mx + E;, where p is the linear momentum, Mx is the
mass of X, and F; is the internal energy of X in level .

The translational partition function Zi,,,, (T) is obtained by integrating over six-
dimensional phase space and dividing by the “cell size” h® (where h = Planck’s
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constant):

2 My kT)3/?

V oo
Zian(X;T) = 35 / dmpdp 72T 3 V., (33

and the internal partition function z;,,¢(7") is just a sum over the possible internal
states of X:

2 (X T) Zg e Bi/RT (3.4)

where the degeneracy g; of level ¢ refers to the number of distinct quantum states
that are grouped together and treated as a single energy level. For example, for a
free electron, there are just two “internal” quantum states (spin up and spin down),
both have E; = 0, and hence zj,; = 2. For dilute gases, the partition function
Z o« V, as seen in Eq. (3.3). It is convenient to define the partition function per
unit volume:

(2r M x kT)?/?

f(X;T) = % = { 3 ] Zint(X;T) . 3.5)

3.2 Detailed Balance: The Law of Mass Action

Suppose that we have a chemical reaction A + B <> C. In local thermodynamic
equilibrium (LTE), statistical mechanics shows that the number densities of species
A, B, C, will satisfy the law of mass action:

nire(C) _ f(C) (3.6)

nire(A)nure(B)  f(A)f(B)

where f(X) is the partition function per unit volume for species X. The LTE
abundance of X is proportional to f(X). The law of mass action applies to an
arbitrary number of reactants and products. For a general reaction

Ri+Ro+...+Ry < P+P+ ...+ Py 3.7

the law of mass action is
[12, nurs(P)) _ 12, f(Py)
I nure(R:)  T1E, f(R:)
(27kT)3/? N H;V=1 M(FP;)
(e

3/2 _ N
Hj:l zint (P T)

Hi]\il Zint(Ri; T)

s (3.8)
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Note that the reactants R; and products P; in Eq. (3.7) can be species (e.g., H and
O, where we sum over internal quantum states), or specific quantum states (e.g., the
3 P, fine structure level of atomic O). In §3.7, we will apply the law of mass action
to the states of H with large quantum number n.

We must be careful with our accounting when it comes to internal energies. For
each reactant I?; and product P}, choose “reference” states R; o, and Pjo. If we
define AF by

E(RL()—F...+RM,0)+AE=E(P17Q+...+PN,0) R 3.9

(so that AE > 0 for an endothermic reaction), then

N N — )= ]
Hj:1 Zint(Pj; T) . e—AE/kJT Hj:1 ZS g(Pj7S)e [E(Pj,s)—E(Pj0)]/kT

[T, 2ine(Ri; T) 12, 3, g(Rio)er [BRi) = E(Ruo)l/KT
(3.10)
and therefore
M 3/2
H;V:1 nrre(P;)) _ {(Qﬂk‘T)g/Q]N M H;V:1 M(P;) «

[T, nure(R:) h? [T, M(R:)

N . —[E(Pj,s)—E(Pj,0)/kT
o—AE/KT Hg:1 > . 9(Pjs)e / 70 3.11)

[121 32, g(Ri sJer 1B —EReo))/KT

This appears daunting, but is in fact fairly straightforward to apply. We will demon-
strate the utility of this equation in the following.

3.3 Ionization and Recombination

As a first example, consider the balance between recombination and ionization,
where we consider some specific energy level £ of species X 7", and some specific
energy level u of species X T7+1:

em + X e X (3.12)

(If we were to apply this to hydrogen, we would let X = H, and r = 0.) Using
the law of mass action (3.11), we find the abundance of X j " if it is in LTE with
n(X;71) and electron density n,:

hS
npre(X;") = 5

+r
e (X+r+1 g(XZ ) e~ (Bre—Eri1,4)/kT
(2mm kT)3/2

(3.13)

We will apply this result to the high-n energy levels of hydrogen in §§3.7, and 3.8.
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3.4 Saha Equation
The overall balance between recombination and ionization

e+ Xttt o Xt (3.14)

is obtained by summing over energy levels of X" and X *"*!. Using the law of
mass action (3.11), we find

nrre(X 1) B h3 Zj gr,je*Ew/’“T 3.15)
nLTE(e_)nLTE(X+T+1) - (QWkaT)?)/Q 2 Z] gT+1,je_ET+1‘j/kT . .

We now suppose that we are at a sufficiently low temperature that we can ap-
proximate the internal partition functions by retaining only the first term in each
sum — the term due to the lowest energy states of X7 and X 71, If we let
®, = E, 1,1 — E,,1 = the ionization energy, we obtain the Saha equation:

nure(e” )nure(X ) 2(2rm kT)3/? Jre1l —, /KT
TLLTE(X+T) h3 gr,1

(3.16)

If we now apply the Saha equation (3.16) to the specific case of hydrogen, we have
gro = g(H1s) = 2 x 2 = 4 (the proton can have spin up or spin down, and the
electron can have spin up or spin down), g, 41,0 = g(H") = 2 (the proton can have
spin up or spin down), and

nure(e” )nure(HY) (QWmekT)g/Qe—IH/kT
NLTE (HO) h‘?’ ’

(3.17)

where Iy = 13.60 €V is the ionization energy of hydrogen.

The law of mass action is a good approximation in a stellar interior, where the
radiation is very close to blackbody and the matter has had ample time to come
into statistical equilibrium with the radiation field. The Saha equation is a good
approximation to the law of mass action, provided the temperature is low enough
that retaining only the first term provides a good approximation to the sum over all
internal states': >, gie™P/*T ~ goe=Fo/FT However, the law of mass action
(including the Saha equation) is generally not a good approximation in the ISM or
IGM, where the electromagnetic radiation field is far from a blackbody.

IThis is a somewhat delicate point. An isolated atom or positive ion (in an infinite universe) has
an infinite number of highly excited “Rydberg states,” with the outermost electron in hydrogenic orbits
with very large radial quantum number n. Thus, the sum 3;g,. j exp(—FE; j/kT) becomes infinite,
and the internal partition function 2, — co. However, at a finite density, the higher Rydberg states
can no longer be considered to be bound, as the electron at large radii behaves like a free electron from
the plasma rather than as a bound electron.
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3.5 Detailed Balance: Ratios of Rate Coefficients

The law of mass action implies very general restrictions on rate coefficients. Sup-
pose that we have a general reaction

ky
Ri+Ry+..4+Ry O Pi+Pr+..+Py . (3.18)

ky
If the equilibrium abundances of the reactants and products must satisfy the law of
mass action, and the forward and reverse rates must balance when in equilibrium

(the principle of detailed balance), then it follows that the ratio of rate coefficients
k, /k; must satisfy the condition

ke _ {(%kT)W]MN [Hfil (@) | I e
e LW 2 M(P) ] IG5 zn(PiT) |
As a simple application of this, consider inelastic scattering
X0O)+Y > Xu)+Y , (3.20)

where X (¢) and X (u) are two different energy levels of species X, with degen-
eracies gy and g, and Y is some collision partner that does not change internal
state during the collision. Let (ov);_,, and {ov),_, be the “upward” and “down-
ward” rate coefficients (i.e., rate coefficients for excitation £ — u and deexcitation
u — £). Equation (3.19) applied to this case yields the ratio of upward and
downward rate coefficients:

(0V) 0y = %e_(E“/kT) (0V)ust (3.21)

where £,y = E,, — E,.

3.6 Detailed Balance: Ratios of Cross Sections

3.6.1 Imelastic Scattering

If the ratios of forward and reverse reaction rates are determined by detailed bal-
ance considerations, there must be definite conditions on the ratios of forward and
reverse cross sections. To abbreviate our notation, let o;;(E) = 0, ;(E).

For inelastic scattering [Eq. (3.20)], the balancing of forward and reverse rate
coefficients implies that, for any temperature 7',

/ Ee*E/kT%(E)dE:%:e*Euf/kT / Ee E/F g (E)E . (3.22)
E.e 0
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This equation can be true for all T" only if the cross sections oy, and g, satisfy

(Ew + E)owu(Ew + E) = i—“Eoug(E) (3.23)
¢

for all E > 0.

3.6.2 Photoionization and Recombination

These detailed balance considerations also apply to reactions where photons are
absorbed and emitted. Consider the balance of photoionization and radiative re-
combination. Let op,;(E) be the cross section for photoionization from level ¢ of
atom X:

Xo+hy — X +e (3.24)

where the resulting ion X is in energy level u, and let o (F) be the cross section
for radiative recombination:

XF+e = Xo+hv . (3.25)

In LTE, the rate per volume at which photons with energies in (hv, hv 4+ hdv)
are removed by photoelectric absorption and the rate at which they are created by
radiative recombination must be equal: within an energy interval dE = hdv, we
have

47 B, dv
NLTE (Xe) T

nLTE(X{f)nLTE(e_)va(hV — ,[thu)hdu O'rr’ue(hu — IX,Zu)[l + nﬂ,] R (326)

O'piﬂgu(hu) =

where o, ¢, (h) is the cross section for photoionization from X, to create X,j s
arwg(E) is the cross section for an ion X in quantum state u to capture an elec-
tron by radiative recombination to level ¢ of X, and

2h13 1
2 /KT _ 1 (3.27)
is the blackbody radiation intensity [see Eq. (6.6)].

The process of radiative recombination — where the electron drops from a “free”
state to a bound state by emission of a photon — can proceed either by spontaneous
emission

X} 4e = Xp+hv (3.28)
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or by stimulated emission

X +e +hy— X, +2h . (3.29)

The radiative recombination cross section o, ., applies to the spontaneous process
(3.28). Here we anticipate the discussion in Chapter 6, where we will show that
the ratio of stimulated emission to spontaneous emission is equal to the photon
occupation number [see Eq. (6.11)] in LTE:

1

(ny)Lre = ehv/kT _ 1 (3-30)

The factor [1+n,] in Eq. (3.26) therefore allows for the contribution of stimulated
recombination.

Applying the principle of detailed balance (3.21), we obtain the Milne relation
between the cross section for photoionization and the cross section for electron
capture by spontaneous radiative recombination:

_ %(IX,E’U, +E)2

IT,Uu E
Oer.ut(E) gu  Emec?

O'pi_’zu(hl/ = IX,gu + E) , (3.31)

where g, is the degeneracy of the ion in level u, and g, is the degeneracy of the ion
or atom in level /.

3.7 Example: Three-Body Recombination

As an example to demonstrate the utility of Eq. (3.8), consider the simple reaction

HY +2¢~ < H(n) +e (3.32)

where H(n) denotes the hydrogen atom in a level with principal quantum number
n. Application of Eq. (3.8) gives

2,
(i )ne | .
{(%:;)3/2} {mn::@] Q(SE%?I){L)‘&’"/’“T . (333)

where I,, = Iy /n? is the energy required to ionize H(n) — H* +e~.

The electron and proton are spin 1/2 particles, with g(e™) = g(H™) = 2. Hydro-
gen with principal quantum number n has g[H(n)] = 4n?: there are two electron
spin states, two nuclear spin states, and n? distinct (¢,m) orbits.> Therefore,

h’ Iu/n*kT
g7 en(HY)elm/mH T (3.34)

nyre[H(n)] = HQW

2For example, for n = 2 we have four orbits: £ = 0 with m = 0,and ¢ = 1 withm = —1, 0, 1.
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This is a remarkable result! For n > 1, we have nyrp[H (n)] o« n? — since n could
be a large number, this suggests that there could be significant populations in the
high quantum levels n, if they are in LTE with the electrons and ions.

Suppose that we would like to estimate the rate for the three-body “collisional
recombination” reaction

Hf +e +e = Hn)+e . (3.35)

The rate per volume of this three-body reaction will have the form

S(rme) =@ (3.36)
where 3, (T) is the unknown rate coefficient for three-body recombination to level
n. Even if we are willing to use a semiclassical treatment, integration over possible
trajectories in three-body collisions is much more complicated and tedious than for
two-body reactions. It is therefore pleasing to see that we can use the law of mass
action and the principle of detailed balance to relate the three-body rate coefficient
to a two-body reaction rate: in LTE, we must have

Bu(T)npre(H)[nrrr(e)])? = nure [H(n)] nire(e)(00)n—e (3.37)

where (ov),_ is the collisional rate coefficient for collisional ionization from
H(n):

H(n) +e” — H" +2¢ . (3.38)
Thus
n[H(n)]
Bn(T) = { (0V)noe - (3.39)
nen(HY) | 11 -
Inserting Eq. (3.34), we obtain
3
NGy e —— (3.40)
n n (QﬂmekT)g‘/Q 0V)n—ec - .

This is an exact result.

The rate coefficient (ov),_,. for collisional ionization by electrons was esti-
mated in Eq. (2.12). Applied to ionization from level n, we find

et 8 1/2 _ 2
<0’U>n—>c%n2E (m kT) e Tu/n"kT (3.41)
2
=35x%x 1073 (ﬁn()) T;l/ze_IH/”sz em®s™t . (3.42)
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From (3.40), we now obtain the rate coefficient for three-body recombination H* +
2¢” — H(n) +e:

4a2h3 T

~ 4 0 H
—1.4 %1020 (i)4T—2 em®s1 (3.44)
o 100/ 4 ' '

This three-body rate coefficient appears to be numerically small,® but note the de-
pendence on quantum number n: for sufficiently large values of n, the three-body
recombination rate can be fast enough to ensure that the high-n levels of H are in
collisional equilibrium with the electrons and protons.

3.8 Departure Coefficients

Let us consider the density n[H(n)] of H with principal quantum number n. When
discussing the levels with n 2 30, it is convenient to define the departure coeffi-
cient:

n[H(n)] o n[H(n)] (27Tm€kT)3/2e—1H/n2kT

bn = )]~ nen(i) nZh

(3.45)

where nprr[H(n)] is given by Eq. (3.34). The departure coefficient b,, compares
the actual level population n[H(n)] to the level population that would apply if the
levels were in LTE with the given electron and proton densities. If only collisional
processes (collisional ionization and three-body recombination) were acting, the
system would have b,, = 1. However, the excited states also can be depopulated
by spontaneous emission of a photon, with the rate for this radiative process in-
creasing rapidly as n decreases. The total rate of depopulation by spontaneous
radiative decay from level n > 1 (averaged over the angular momentum states) is
approximately

Aot = T x 10109072571 (3.46)

Let n. be the principal quantum number n for which A, 1ot = Ne(0V) .. From
Egs. (3.42 and 3.46), we obtain

Ne )_1/7 1/14

n, ~ 110 (W T (3.47)

This is only an estimate, but it indicates that we may expect to see appreciable
departures from LTE for n < 110 in HII regions where n, ~ 103 cm~3.

3Three-body recombination can also be mediated by protons: 2Ht 4+ e~ — H(n) + Ht. For
sufficiently large quantum number n, the three-body rate coefficient for 2H + e~ — H(n) + H™ is
larger than the electron rate (3.43) by a factor /m,, /me = 43.

4Wiese et al. (1966) have transition probabilities for levels up to . = 20.
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Figure 3.1 Departure coefficient b,, versus principal quantum number n, for H atoms
in thermal plasma with T = 103-° K, for three values of electron density n. = 10, 103,
and 10° cm 3, with no radiation present. Data from Salem & Brocklehurst (1979).

Figure 3.1 shows b,, values calculated by Salem & Brocklehurst (1979). We see
that for n, = 10%cm™3, b,, is noticeably smaller than 1 for n < 110, consis-
tent with our back-of-the-envelope estimate for the value of n for which radiative
deexcitation and collisional ionization have comparable rates.

The high-n levels undergo radiative decay via electric dipole transitions to lower
levels. Transitions n + 1 — n are referred to as na transitions (e.g., Lyman o
is the la transition). For high n values, the photon emitted is in the radio spec-
trum; hence these are known as “radio recombination lines.” The 166« transition,
at v = 1424.7 MHz, falls close to the HI 21-cm line at 1420.4 MHz, and the 159«
transition, at v = 1620.7 MHz, falls close to the 1612.2 MHz (A = 18.6 cm) tran-
sition of OH. Because radio observatories often have receivers tuned to work near
21 cm and 18 cm, the 166« and 159« transitions are often selected for observation.
When the transition is optically thin, the observed line intensity

Lo o< Anahyna/n[H(n)]ds o n_Gbn/nen(H+)ds. (3.48)

By study of the variation of line intensity I,,, with n, one can observe the decrease
of b,, with decreasing n, and thereby infer the electron density.

When b, is an increasing function of n, conditions are such that maser amplifi-
cation can occur in the line; such masing, if present, complicates the interpretation
of the observations.

Radio recombination lines are discussed further in §10.7.



Chapter Four

Energy Levels of Atoms and lons

This chapter reviews the energy-level structure of atoms and ions, together with the
nomenclature for referring to those levels. It is probably an understatement to say
that the material in this chapter is not electrically exciting; it should be regarded as
reference material that can be returned to as needed.

Atomic spectroscopists customarily identify the different ionization stages of the
elements by roman numerals, with I corresponding to the neutral atom, II to singly
ionized, III to doubly ionized, and so on. Thus atomic hydrogen is referred to as
H1, ionized hydrogen (HT) as H1II, and five-times ionized oxygen (O*?) as O VL.

We now consider the disposition of the electrons.

4.1 Single-Electron Orbitals

According to the quantum mechanical theory of multielectron atoms, it is a good
first approximation to think of the electrons as occupying “single-electron” orbitals
characterized by integer quantum numbers n and ¢: n = 1,2, 3, ... is the “principal”
quantum number (the electron wave function has n — 1 radial nodes), and ¢ is the
orbital angular momentum in units of &. For a given principal quantum number n,
the possible values of £are 0 < £ < n.

The letters s, p, d, f are used to designate orbitals with ¢ = 0, 1, 2, 3. In addition
to the quantum numbers n and /, there is a third quantum number characterizing
the orbital: m., the projection of the orbital angular momentum/% onto the z axis.
Thus m, can take on 2¢ + 1 different values: —/,...,—1,0,1, ..., £. If there is no
applied magnetic field, the energy of the orbital is independent of m...

Electrons are spin 1/2 particles, and the projection of the electron spin onto the
z axis can take on only 2 values: —%/2 or +%/2. Again, if there is no applied field,
these two states are degenerate.

Thus a given pair of quantum numbers n¢ actually refers to 2(2¢ + 1) distinct
electronic wave functions.

4.2 Configurations

An atom or ion with a single electron can have its electron in any of the allowed
orbitals or wave functions. When an atom or ion has more than one electron, the
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Pauli exclusion principle forbids two electrons from sharing the same wave func-
tion. Therefore, there can be at most 2(2¢ + 1) electrons in a given subshell n¢: s
subshells can contain at most 2 electrons, p subshells can contain at most 6 elec-
trons, and d subshells can contain up to 10 electrons.

The orbitals, in order of increasing energy, are 1s, 2s, 2p, 3s, 3p, 4s, 3d, 4p,
5s, and so on. Thus atomic carbon, with 6 electrons, has a ground state configu-
ration with 2 electrons in the 1s subshell, 2 electrons in the 2s subshell, and the
remaining 2 electrons in the 2p subshell. The number of electrons in each subshell
is designated by a superscript: the ground state configuration for neutral carbon is
written 1522322172. Neutral sodium, with 11 electrons, has ground state configura-
tion 1522522p%3s.

4.3 Spectroscopic Terms

Each electron has orbital angular momentum ¢% and spin angular momentum 7/2.
If an orbital has more than one and less than 4¢ + 1 electrons (for the np subshell,
this means 2, 3, or 4 electrons), then there is more than one way in which the orbital
and spin angular momentum vectors of the electrons in the partially filled shell can
add. In the so-called “L-S coupling” approximation, the orbital angular momenta
add (vectorially) to give a total orbital angular momentum L#, and the individual
spin angular momenta similarly add to give a total spin angular momentum S#; the
wave functions of course must obey the Pauli exclusion principle. Each allowed
(L, S) combination is referred to as a term.! Terms are designated by 29+1L,
where £ = S, P, D, F for orbital angular momentum L =0, 1, 2, 3.

Different terms (e.g., for an np? configuration, the three possible terms 3P, 'D,
and 'S) will differ in energy by a significant fraction of the total binding energy of

! Determining what terms can be constructed for a given electron configuration can become involved,
but it may be helpful to look at one example: two p electrons, i.e., np?. Each of the p electrons has
orbital quantum number ¢ = 1 and spin quantum number s = 1/2. With three possible values of
my = —1,0,1, and two possible values of ms = —1/2,1/2, there are 3 X 2 = 6 possible one-
electron states. The exclusion principle says that both electrons cannot share the same one-electron
state, giving (6 x 5)/2 = 15 possible different states for the two indistinguishable electrons:

1. Both electrons could have m; = 1, giving L. = 2, but this would require that one electron be
spin up and one spin down, so that S = 0. Having L, = 2 requires L > 2. Fortwo £ = 1
orbitals, the maximum possible value of L = 2. Thus it is evident that one of the allowed terms
has S = O and L = 2, i.e., !D. With multiplicity (25 + 1)(2L + 1) = 1 x 5, this accounts
for 5 of the 15 possible quantum states.

2. Both electrons could have ms = +1/2, and S = 1. One electron could have m, = 1 and one
have my = 0, so that L, = 1 is possible, requiring this state to have L > 1. We have seen
earlier that the only way to have L > 1 is to have S = 0; therefore, this term must have L = 1.
With degeneracy (25 + 1)(2L + 1) = 3 x 3, this 3P term accounts for 9 quantum states.

3. We have thus far accounted for 5+9=14 of the 15 quantum states. Therefore there can be only
one remaining term, and it must be a singlet, with S = 0 and L = 0: S.
Thus a 2p2 configuration gives rise to 3 different terms: 1D, 3P, and !S. The term with the largest
possible values of S and L usually has the lowest Coulomb energy. In this case the 3P term has the
lowest energy.
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the electrons in the partially filled subshell. Thus for atoms and low-ionization ions,
the energy differences between different terms of the ground state configuration
will be of order a few eV.

Table 4.1 lists the terms for the ground state configurations of atoms and ions
where the outermost subshell is ns or np.

Higher energy states can be constructed by taking one of the electrons out of the
ground state configuration and putting it into a higher orbital. For example, in the
case of atomic carbon, this can be done by removing one of the 2s electrons and
promoting it to a 2p orbital, giving 15225'2p3 — the electrons in this configuration
can also be organized into different terms.

When L > 0 and S > 0, there is more than one way to add L and S to get the
total angular momentum J = L + S. For given L and 5, the allowed values of
J range from |L — S| to L + S. Thus the 3P term can have J = 0, 1,2, with the
spin-orbit interaction leading to “fine-structure” splitting between the three differ-
ent fine-structure levels of the term: 3Py, 3P, and ®Ps.

Because of the possibility of multiple J values for a given L and S, the terms
are also referred to as multiplets. A term with L = 0 or S = 0 can have only one
possible value of J, and is therefore referred to as singlet. Terms with two, three,
four, ... possible values of J are referred to as doublet, triplet, quartet, and so on.

4.4 Fine Structure: Spin-Orbit Interaction

As mentioned earlier, when a configuration has L > 0 and S > 0, there are dif-
ferent ways the orbital and spin angular momenta can add to give total angular
momentum J. Each will have different value of L - S, and will differ in energy due
to spin-orbit coupling. The fractional energy shifts are of order ~ 10~2 eV. This
splitting of energy levels is referred to as fine structure.

4.5 Designation of Energy Levels for Atoms and Ions: Spectroscopic Notation

If

L = (total orbital angular momentum)/# ,
S = (total spin angular momentum) /7 ,

J = (total electronic angular momentum)/# |

then the energy levels (including fine structure splitting) are designated by spectro-
scopic notation:

25+1£p
J
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where L=S5,P,D, F, ...
for L=0,1,2,3,...

and __ | blank for state of even parity
p= 0 for state of odd parity

The parity of an energy level is “even” or “odd” depending on whether the elec-
tronic wave function changes sign under reflection of all of the electron positions
through the origin. If ¢; are the orbital angular momenta of the individual electron
orbitals, then

ity is 4 even if I;(-1)%=1 (ie, Y, ¢ iseven)
PAILYIS A odd if T(—1)% = -1 (ie., 3,4 isodd)

Note that the adopted notation for designating energy levels overlooks possible hy-
perfine structure arising from interaction of the electrons with the magnetic moment
of the nucleus.

4.5.1 Multiplicity and Degeneracy

Because the total spin S and total orbital angular momentum L are vectors, they
can point in different directions. The multiplicity of a term with total spin S and
orbital angular momentum L is g = (25 + 1) x (2L + 1). Thus the *P term, with
S = 1and L = 1, has multiplicity 3 x 3 = 9. When spin-orbit coupling is taken
into consideration, these states are split into distinct fine-structure levels, each with
a definite value of J and a degeneracy g = 2J + 1: g = 1, 3, and 5 for 3Py, 3P,
and 3Ps.

4.5.2 Example: Six-electron System

Consider a six-electron system (e.g., CI, NII, OIII, FIV, Ne V). The ground config-
uration 1522522p? has even parity. The 152 and 2s? electrons form filled subshells,
whereas the 2p subshell is only partially filled.

There are three different ways that the two 2p electron orbits and spins can be
organized into an overall wave function that is antisymmetric under electron ex-
change, as required by the Pauli exclusion principle — see footnote 1 or, e.g., Brans-
den & Joachain (2003): 3P (ie., L =1,5 = 1), 'D (ie, L = 2,5 = 0), and 'S
(i.e., L = 0, S = 0). The term with the lowest energy is >P. With nonzero S and
nonzero L, the 3P term splits into 3 fine structure levels: 3P07172. The first excited
term is 'D — this is a singlet because it has spin 0, so that the only fine-structure
level has J = L = 2. The remaining term, 'S, is also a singlet. The energy-level
diagram for the ground configuration is shown for N II and O III in Figure 4.1.

Table 4.1 lists the terms corresponding to the ground configuration for atoms or
ions where the outermost subshell is either ns or np.
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Figure 4.1 Energy-level diagram for the ground configuration of the 2p® ions NI
and OIII. (Fine-structure splitting is exaggerated for clarity.) Forbidden transitions
connecting these levels are shown, with wavelengths in vacuo.

Table 4.1 Terms for ns and np Subshells

Ground Terms

configuration  (in order of increasing energy)  Examples
..nst %812 HI, Hell, CIV,NV, O VI
..ns> 'S0 Hel, CIILNIV,0V
..np' *Pyas/a CIL NI OIV
..np? 3Po1,2,'D2,'So CI,NIIL OIIL Ne V, STII
..np® *S5/0 2 DSya 52 Prass  NLOILNelV, SIIL ArIV
..np* 3P21,0,'D2,'So OIL Nelll, MgV, Ar1Il
..np° *Pgra/2 Nell, NalII, Mg1V, ArIV
..np® 1Sy Nel, Nall, Mg I, ArIII

4.6 Hyperfine Structure: Interaction with Nuclear Spin

If the nucleus has nonzero spin, it will have a nonzero magnetic moment. If the
nucleus has a magnetic moment, then fine-structure levels with nonzero electronic
angular momentum can themselves be split due to interaction of the electrons with
the magnetic field produced by the nucleus. This “hyperfine” splitting is typically
of order 1079 eV. Hyperfine splitting is usually difficult to observe in optical spec-
tra due to Doppler broadening, but it needs to be taken into account if precise
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modeling of line profiles is required.
It is customary to let

J = [electronic angular momentum]/#
I = [nuclear angular momentum]/% , and
F = [total angular momentum]/# .

The best-known example of hyperfine splitting is the hydrogen atom, where the
ground electronic state 1s 2S; /2 has J = 1/2 and the proton has I = 1/2. The
1s %S, /2 state is split into two levels: The lower level has the electron and proton
spins antiparallel, with total angular momentum F' = (0. The hyperfine excited
state has the proton and electron spins parallel, and F' = 1. The levels are split by
AFE = 6.7x 1075 eV, giving rise to the astronomically important 21-cm transition.

4.7 Zeeman Effect

When a static magnetic field By is applied, each of the fine-structure levels L
splits into 2.J+1 energy levels, with energies depending on the value of J - Bg. The
energy splittings are small, of order upBy ~ 5.78 x 107**(By/ uG) eV, where
up = eh/2mec is the Bohr magneton. Interstellar magnetic field strengths are of
order 1 — 100 G, and therefore the Zeeman shifts are too small to be measured for
transitions in the sub-mm or shortward (hv 2 10~%eV).

However, in the case of atomic hydrogen, the hyperfine splitting gives rise to the
21-cm transition, with an energy hv = 5.9 x 1075 eV, and, therefore, an applied
field of order 10 uG shifts the frequency by about one part in 10%. This shift is
much smaller than the frequency shift v/c ~ 10~° due to a radial velocity of a
few kms™', and it would be nearly impossible to detect, except that it leads to a
shift in frequency between the two circular polarization modes. The Zeeman effect
in HI21-cm can therefore be detected by taking the difference of the two circular
polarization signals. This technique has been used to measure the magnetic field
strength in a number of HI regions.

4.8 Further Reading

Bransden & Joachain (2003) provide a comprehensive discussion of the spectroscopy
of atoms and ions.



Chapter Five

Energy Levels of Molecules

This chapter reviews the energy-level structure of small molecules, with particular
attention to selected molecules of astrophysical interest: Ho, CO, OH, NH3, and
H5O. Just as for Chapter 4, Chapter 5 should be regarded as reference material
— give it a quick once-over now, then return to it when you need to understand
observations of some molecule.

5.1 Diatomic Molecules

It is helpful to consider first the hypothetical case where the nuclei are fixed, and
only the electrons are free to move — this is known as the Born-Oppenheimer
approximation. In atoms and atomic ions, the electrons move in a spherically
symmetric potential, and the total electronic orbital angular momentum L. is a
good quantum number. In molecules, the electrons move in a Coulomb potential
due to two or more nuclei, and spherical symmetry does not apply. However, in
the case of diatomic molecules (or, more generally, linear molecules), the Coulomb
potential due to the nuclei is symmetric under rotation around the nuclear axis (the
line passing through the two nuclei), and L., =(the projection of the electronic
angular momentum onto the internuclear axis)/% is a good quantum number. It is
conventional to define A = |L..|. Because the potential is axially symmetric, the
two states L., = +A have the same energy.

5.1.1 Fine-Structure Splitting

In addition, S., =(projection of the total electron spin onto the internuclear axis) /%
is also a good quantum number; define 3 = |S,.|.

Je. =(projection of the total electronic angular momentum on the internuclear
axis)/h is also a good quantum number. If A and ¥ are both nonzero, then there
are two possible values: J., = |A — X|and J., = A + X.

States with different | J..| will differ in energy due to fine-structure splitting.

5.1.2 Hyperfine Splitting

If one or more nuclei have nonzero nuclear spin and J., # 0, then there will be an
interaction between the nuclear magnetic moment and the magnetic field generated
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by the electrons, resulting in “hyperfine splitting”: the energy will depend on the
orientation of the nuclear angular momentum (or angular momenta) relative to the
axis. As in atoms, this splitting is small, of order ~ 106 eV.

5.1.3 Designation of Energy Levels: Term Symbols

Diatomic molecules with identical nuclei (e.g., Hy, N3, O2) are referred to as
homonuclear. Note that the nuclei must be truly identical — HD and 070 are
not homonuclear molecules. The energy levels of homonuclear diatomic molecules
are designated by term symbols

(22-1—1)5

u,g >

where

L =31, A, .. for A =0,1,2,..., where Ak = projection of the electron
orbital angular momentum onto the internuclear axis,

>h = projection of the electron spin angular momentum onto the internuclear
axis.

g (“gerade”) if symmetric under reflection through the
center of mass,

u  (“ungerade”) if antisymmetric under reflection through the
center of mass.

u,g =

For the special case of X states, a superscript + or — is added to the term symbol:
(2X+1) g+
EU,Q )
where the superscript

+ if symmetric under reflection through (all) planes
containing the nuclei,

— if antisymmetric under reflection through a plane
containing the nuclei.

In the case of a heteronuclear diatomic molecule (e.g., HD, OH, or CO), the
energy levels are designated

2¥+1

25+1) p -
where £ and ¥ have the same meaning as for homonuclear diatomic molecules,
but now J. , is indicated as a subscript. As for homonuclear molecules, if the term
symbol is 3, then an additional superscript + is applied, specifying the symmetry
of the wave function under reflection through planes containing the nuclei.

Because a given molecule may have more than one electronic state with the same

term symbol, the electronic states are distinguished by a letter X, A, B, ..., a, b, ...
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Table 5.1 Selected Diatomic Molecules®

Ground Bo/hc® Bo/k?® ro ¢ we vo/ct
term (em™1) (X) (A) (D) (em™1) A-doubling
Ho Int 59.335f 85.37 0.741 0 4161 -
CH Iy 9,32 14.190 20.42 1.1209  1.4069 2733. v~ 3.3GHz
CHt int 13.931 20.04 1.131 1.679¢ 2612. -
OH 23/2,1/2 18.550 26.69 0.9697  1.6676 3570. v~ 1.61 GHz
CN 221/2 1.8910 2.721 1.1718  0.557¢ 2042. -
Cco It 1.9225 2.766 1.1283  0.1098 2170. -
Sio s 0.7242 1.042 1.5097  3.098 1230. -
CS Iyt 0.8171 1.175 1.5349  2.001" 1272. -

@ Data from Huber & Herzberg (1979) unless otherwise noted.

b E(v,J) ~ hvo(v + 1) + BoJ(J + 1) [see Eq. (5.2)].

¢ = permanent electric dipole moment. 9 Kalemos et al. (1999).
d po = internuclear separation. k- Maroulis et al. (2000).
¢ Folomeg et al. (1987). * Neogrady et al. (2002).
f

Jennings et al. (1984).

appearing in front of the term symbol. The letter X is customarily used to designate
the electronic ground state. The ground terms for a number of diatomic molecules
of astrophysical interest are given in Table 5.1, along with the internuclear separa-
tion 7y and the electric dipole moment .

5.14 O, P, Q, R, and S Transitions

A diatomic molecule can vibrate (stretch) along the internuclear axis, and it can
rotate around an axis perpendicular to the internuclear axis. The rotational angular
momentum adds (vectorially) to the electronic angular momentum.

The rotational levels of diatomic molecules are specified by a single vibrational
quantum number v and rotational quantum number J. Transitions will change J
by either 0, £1, or +2. It is customary to identify transitions by specifying the
upper and lower electronic states, upper and lower vibrational states, and one of the
following: O(Jy), P(Jy), Q(Je), R(Jy), S(J¢), where the usage is given in Table
5.2. Thus, for example, a transition from the v, = 0, Jy; = 1 level of the ground
electronic state to the v, =5, J, =2 level of the first electronic excited state would
be written B-X 5-0 R(1).

Table 5.2 Usage of O, P, @, R, and S

Designation (.J,, —J;) Note

O(Je) —2  Electric quadrupole transition

P(Jo) —1  Electric dipole transition

Q(Je) 0 Electric dipole or electric quadrupole; Q(0) is forbidden
R(Je) +1  Electric dipole transition

S(Je) +2 Electric quadrupole transition
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5.1.5 Hy

The electronic ground state of Hy (two electrons) has zero electronic orbital an-
gular momentum (L. = 0), has zero electron spin (S, = 0), is symmetric under
reflection through the center of mass (g), and is symmetric under reflection through
planes containing the nuclei (+). The ground state is X 12:;.

Consider the two nuclei at some fixed separation r,,: one can solve the electron
Schrodinger equation for the electrons moving in this potential and obtain the elec-
tron eigenfunctions v, and eigenenergies Eée) (rn), where ¢ denotes the quantum
numbers that characterize the eigenfunction. If we (slowly) vary the internuclear
separation 7, the electron eigenfunctions 1, will change adiabatically, as will the

eigenenergies Eée) (7). Therefore, we can define a function

2
€
Vo(ra) = B (rn) + Z1 20— (5.1)

n

that is an effective potential governing the internuclear separation. In Figure 5.1,
we show the effective internuclear potential V;(r,,) for the electronic ground state
and the first two excited states of Hs.

If we consider only radial, or “vibrational,” motions of the two nuclei, the inter-
nuclear separation obeys an equation of motion identical to that of a particle with a
mass equal to the “reduced mass” m,. = mjms/(my + ms), moving in a potential
Vg (7). The vibrational energy levels are quantized, with vibrational quantum num-
ber v = 0,1, 2, ... corresponding to the number of nodes in the vibrational wave
function. Suppose that V;(r) has a minimum at nuclear separation . In the neigh-
borhood of 7, the potential can be approximated V() ~ V,(ro)+(1/2)k(r—ro)?,
corresponding to a “spring constant” k characterizing the curvature of the potential.
Classically, for small-amplitude vibrations we would have a harmonic oscillator
with angular frequency wy = (k/m,.)!/2. The spring constant k = d?V,/dr? is
closely related to the strength of the chemical bond. While £ will differ from one
chemical bond to another, it varies less than does the reduced mass. Hydrides (i.e.,
species of chemical formula XH) will have the smallest reduced mass, with Hy
being the extreme limit, with m,. = my /2. Therefore, the Hy molecule has an un-
usually high fundamental vibrational frequency wg, corresponding to a wavelength
A= 2.1 pm.

In addition to vibrational motion, the two nuclei can also undergo rotational mo-
tion around their center of mass, with quantized angular momentum Jh, where J =
0,1,2,.... Classically, the rotational kinetic energy of a rigid rotor is (Jh)? /21,
where I is the moment of inertia of the molecule. If we consider masses m; and mo
separated by distance 7, the moment of inertia I = m,.r3. Quantum-mechanically,
we replace the classical J2 by J(J +1). Therefore, we expect the rotational kinetic
energy Frop = J(J +1)h%/2m, 72, and the total vibration-rotation energy when in
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electronic state g is, in the harmonic-oscillator and rigid-rotor approximation:

1
Eq (v, J)=Vy(ro) + hig (v + 2) + B, J(J+1) (5.2)
wo h2
= — B, = ——= .
= Y 2mrd 5-3)

The 1/2 in the (v+1/2) term corresponds to the “zero-point energy” — the quantum
vibrator cannot be localized at the potential minimum, and the lowest vibrational
level corresponds to an energy (1/2)%iwg above V(7). The constant B, is referred
to as the “rotation constant”; the subscript v is because the moment of inertia de-
pends on the vibrational state. Pure vibrational transitions v — v—1 have energy
hvg. Pure rotational transitions J — J—1 have energy hv = 2B,,.J

Equation (5.2) is not exact. The potential V'(r) is not quadratic, so that the
vibrations are not exactly harmonic. In addition, the molecule is not a rigid rotor:
the moment of inertia I depends on the state of vibration and also on the state of
rotation (in high J states, the molecule gets stretched, resulting in a larger moment
of inertia). Note also that 7y and k depend on which electronic state the molecule

CHI

B'S;

21 X‘Zg+ i

0L
R(a,)

Figure 5.1 Effective internuclear potential for Ho for the ground state XlEg+ and the
first two electronic excited states, BlE: and C'II,,
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is in: the excited electronic states will have different values of wg and B, than the
ground state.

Each electronic state ¢ therefore supports a vibration—rotation spectrum of en-
ergy levels, with energies E,(v, J). In Figure 5.2, we show the vibration—rotation
levels of the ground electronic state of Hs.

5.1.6 Ortho-H> and Para-H,

In the case of Hs, the electronic wave function is required to be antisymmetric under
exchange of the two electrons. The two protons, just like the electrons, are identical
fermions, and therefore the Pauli exclusion principle antisymmetry requirement
also applies to exchange of the two protons. The protons are spin 1/2 particles —
the two protons together can have total spin 1 (spins parallel) or total spin O (spins
antiparallel). Without going into the quantum mechanics, the consequence of the
antisymmetry requirement is that if the protons have spin 0, the rotational quantum
number J must be even; this is referred to as para-Hs,, with J =0, 2, 4, .... If the
two protons are parallel, with total spin 1, the rotational quantum number J must
be odd: this is referred to as ortho-Hs, with J =1, 3, 5, .... Because the nuclear
spins are only weakly coupled to the electromagnetic field, ortho-Hs and para-H,
behave as almost distinct species, with conversion of ortho to para, or para to ortho,
happening only very slowly.

E/

_ 140 (144)  (18,7) (12,10)(11,12)(10.14)(9,16) (8,18) (7.20) (8.2 4.25) (3.27

5((]%%)0:‘55 W——— " = —*@) (.29 7 <28 20)
v=2——__ ——  — = — — — — T =
v=1l———" — — - - - _ _— = —

Figure 5.2 Vibration—rotation energy levels of the ground electronic state of Ha with
J < 29. The (v, J)=(1, 3) level and 1-0S(1) A = 2.1218 pm transition are indicated.



44 CHAPTER 5

Because Hy has no permanent electric dipole moment, the vibrational states
and the rotational states radiate very weakly, via the time-variation of the elec-
tric quadrupole moment as the molecule vibrates or rotates. Because the nuclear
spin state does not change, the rovibrational radiative transitions of Hs must have
AJ =0or AJ = +2 —i.e., ortho—ortho or para—para.

The vibration—rotation emission spectrum of Hy therefore consists of electric
quadrupole transitions. The downward transitions are identified by

Uy — Uy S(Jg) if Jp=J,—2
vu—ve Q(Jy) if Jp=Jy
Vy — Uy O(JZ) if Jg = Ju+2

For example, 1-0 S(1) refers to the transition (v=1, J=3) — (v=0,J=1). This
transition is indicated in Fig. 5.2.

5.1.7 CO

CO has 2 p electrons contributed by C and 4 p electrons contributed by O; together,
these 6 p electrons fill the 2p subshell, and as a result, the ground electronic state
of CO has zero electronic angular momentum and zero electronic spin: 123, just
like Ho. The reduced mass of CO is (12 x 16/28) amu ~ 6.9amu. The C=0
chemical bond is extremely strong; 7o is unusually small, the spring constant k
is unusually large, and the electric dipole moment (only = 0.110D) is unusu-
ally small. The fundamental vibrational frequency corresponds to a wavelength
Ao = ¢/vg ~ 4.6 um. (The energy is ~ 50% of the energy in the Hy funda-
mental frequency.) The fundamental rotational frequency 2By/h = 115 GHz, and
h2/Ik ~ 5.5 K (versus 170 K for Hy). Because the moment of inertia of CO is
much larger than that of Hs, the rotational levels of CO are much more closely
spaced than those of Hs, and therefore there are many more allowed rotation—
vibration levels.

If i is the permanent electric dipole moment, the Einstein A coefficient for a
rotational transition J — J—1, radiating a photon with energy hw, is given by

2 wi 2J
Ay g == 2= 5.4
12873 (Bo\® , J* |
= = s 5.5
3n (hc> T B
J4
:1.07><10*7J ls*1 (5.6)

2
=716 x10"8%s"! forJ=1—=0. (5.7)
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5.1.8% OH and A-Doubling

OH is an example of a molecule with the ground electronic state having nonzero
electronic orbital angular momentum: with seven electrons, the OH ground state
has L., = 1and S., = 1/2, and is therefore designated by 2H1/2’3/2. The electron
spin and orbital angular momenta can couple to give J. = 1/2 or 3/2, with energies
that are separated due to spin-orbit coupling (i.e., fine-structure splitting in atoms
or ions); the J, = 3/2 state has the lower energy.

Now consider either one of these fine-structure states. The projection of the
electron angular momentum along the nuclear axis is a constant of the motion, but
the vector angular momentum J. of the electrons is not. The electric field from the
nuclei exerts a torque on the electrons. If the nuclei were held fixed in space, the
electron angular momentum vector would precess in a cone centered on the nuclear
axis. Now, of course, the nuclei are not held fixed, and if the electron angular
momentum J, changes, there must be an equal and opposite change in the angular
momentum of the nuclei.

For the moment, ignore the nuclear spin — if the nuclear angular momentum
is going to change, the nuclei must be undergoing rotation. The implication is
that the nuclei undergo rotation even when the OH is in the ground state. Since
there is no external torque applied to the OH, the electron angular momentum J.
and the nuclear angular momentum J,, both precess around the fixed total angular
momentum J = J,, + J.. The magnitude of the total angular momentum J is just
equal to the magnitude of the electronic angular momentum that is found when the
nuclei are imagined to be held fixed.!

If additional angular momentum is given to the nuclei, the rotational kinetic en-
ergy will be increased, and each of the fine structure states of OH will have a
“rotational ladder”: the J, = 1/2 state can have total angular momentum J =1/2,
3/2,5/2,7/2, ..., and the J. = 3/2 state can have J =3/2, 5/2, 7/2, ..., and so on.
The two rotational ladders are shown in Figure 5.3.

For the moment, let us reexamine the electronic wave functions in the idealiza-
tion where the nuclei are held fixed, so that the electrons are moving in a poten-
tial that is time-independent and symmetric around the nuclear axis. For a linear
molecule such as OH, the electronic eigenfunctions are of the form ¥ (r, 6, ¢) =
e f(r, 0), where A is the projection of the electronic angular momentum along
the nuclear axis, and (r, 6, ¢) are spherical coordinates with the center of mass as
origin and with the polar axis along the internuclear axis: for A > 0, there are two
degenerate states. Taking orthogonal linear combinations of these eigenfunctions,

Imagine the nuclei being held fixed, with the electrons orbiting around the nuclear axis. If the
nuclei are suddenly released, the total angular momentum will remain unchanged (and equal to the
angular momentum of the electrons just prior to the moment of release) but will now be shared by the
electrons and the nuclei.
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Figure 5.3 Energy levels of OH. Left: The rotational ladders of the *II; /2 and 11, /2
electronic states. The splitting of the levels due to A-doubling has been exaggerated.
Hyperfine splitting is not shown. Right: A-doubling and hyperfine splitting of the
*13/2(J =3/2) state, showing the four 18-cm lines. In a magnetic field, each of these
four lines is further split by the Zeeman effect.

we have

iNg —iA¢
Yoy (r,0,¢)= % F(r,0) = V2cos(Ag) f(r,0) , (5.8)
eihd _ o—ihg

f(r,0) = V2sin(Ag) f(r,6) . (5.9)
Now let the nuclear axis be in the z direction, and let ¢ = 0 correspond to the
% direction. The v, and 1_ wave functions have different values of (y2). The
moment of inertia of the molecule is dominated by the nuclei, but the electrons
make a small contribution. If the rotational angular momentum is oriented along the
x axis, the moment of inertia of the molecule, and therefore the rotational kinetic
energy, will differ between the ¢/ and ¢ _ states: each of the energy levels is split
by this “A-doubling” into two states with energies differing by of order AE, ~
[me/(map)] x [J2h?/mapr3], where m, is the electron rest mass, m4p is the
reduced mass of the two nuclei, and 7y is the internuclear separation. For the OH
ground state *II3/5(J = 3/2), the A-doubling splitting amounts to AEy = 6.9 x
10~ eV, corresponding to a frequency AE, /h = 1666 MHz.

5.1.9x Hyperfine Structure

Many nuclei have nonzero nuclear spin (e.g., 'H, 3C, 1°N, and '70), and, there-
fore, also have nuclear magnetic moments of magnitude ~ py, where uy =
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e?h/2myc is the nuclear magneton. The magnetic field from the nuclear mag-
netic moment couples to the electron motions, and, therefore, the electronic energy
depends on the orientation of the nuclear moment and the electron angular mo-
mentum. This introduces hyperfine structure in the molecular energy levels. The
eigenstates will be states of fixed tofal angular momentum F = J + S,,, where J is
the combined angular momentum of the electrons and rotational angular momen-
tum of the nuclei, and .S, is the nuclear spin.

In the case of OH, with S,, = 1/2, we have seen that the two rotational ladders
have J =3/2, 5/2,7/2, ..., and J = 1/2, 3/2, 5/2, and so on. Each of these states
is first split by A-doubling into levels denoted + or —; each of these levels is in
turn split by hyperfine splitting into two levels, with F' = J £ 1/2. Therefore, the
ground fine-structure level of OH 2115 /2 (with Je =3 /2) splits into four sublevels,
shown in Figure 5.3.

Radio frequency transitions between the sublevels can be observed in emission
and absorption. These levels are important not only because they often are observ-
able as masers (therefore, very bright tracers of the dynamics of molecular gas) but
also because the energy levels are subject to Zeeman splitting; because these are
radio frequency transitions, the Zeeman splitting produces a frequency shift that is
measurable. OH is often used to measure the magnetic field strength in molecular
clouds.

5.2 Energy Levels of Nonlinear Molecules

When we consider nonlinear molecules, the rotational spectrum becomes consid-
erably more complex. Treating the nuclei as point masses at fixed separations (the
“rigid rotor” approximation), the moment of inertia tensor has three nonzero eigen-
values and three principal axes.

The rotational kinetic energy of a classical rigid rotor can be written
E(class.) (JAﬁ)z

Jph)? Joh)?
rot - + ( = ) + ( < L) ’
214 215 21

(5.10)

where I 4, Ip, and I are the three eigenvalues of the moment of inertia tensor, and
Jah, Jgh, and Jcoh are the (instantaneous) projections of the total angular mo-
mentum J7 onto the three principal axes A, B, C' corresponding to the eigenvalues
14, Ip, Ic. It is conventional to define “rotation constants”

h? h? h?

= — B=— C=_— 5.11

2[A ) QIB ) ) ( )

so that the classical rotational kinetic energy is

E(class.) _ 14!]124 —l—BJ% 4 OJ% . (5.12)

rot

Symmetric rotors, also referred to as “symmetric tops,” have two degenerate eigen-
values; NHj is the primary example of astrophysical interest. Asymmetric rotors
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(or asymmetric tops) have three nondegenerate eigenvalues — this applies to most
polyatomic molecules of astrophysical interest, e.g., HoO and HyCO.

5.2.1 % Symmetric Rotor: NHj3

For the classical symmetric rotor, we let A be the symmetry axis; then Ip = I,
and we can write

(class.) _ (JATL)2 (Jh)z - (JAh)Z

Erot 214 + 21
_ (Jn)? o 1 1
~ 2lp +(Jah) oI,  2Ip
=BJ*+(A-B)K? | (5.13)

where K = J, is the projection of J onto the symmetry axis. A “prolate” rotor
has I4 < Ig (A > B); an “oblate” rotor has 4 > Ig (A < B). NHj is a prolate
rotor.

If we now shift from the classical to the quantum treatment, we need only to
replace J2 by the eigenvalue J(J + 1):

E.t =BJ(J+1)+ (A— B)K? . (5.14)

The quantum symmetric rotor, therefore, has rotational energy levels specified by
two quantum numbers, J and K. If J is an integer, then K can take on values
K =0,1,..J—1, J. The rotational level structure of NH3 is shown in Figure 5.4.

The electric dipole moment of a symmetric rotor is parallel to axis A. When
J>K,A precesses around the fixed angular momentum J, with a time-varying
electric dipole moment. As a result, NH3 rotational levels with J > K have al-
lowed electric dipole transitions (J, K) — (J—1, K), with Einstein A coefficients
typically of order 1072 to 10~ s~ 1,

However, when J = K, the molecule is spinning around its symmetry axis.
Classically, this rotation state has no time-varying electric dipole moment, and
would not produce electric dipole radiation. Quantum-mechanically, the levels
J = K are metastable, with very long radiative lifetimes. The sequence of levels
J = K are referred to as the “rotational backbone”; at interstellar densities, most
of the NH3 will be found occupying these levels, with only very small populations
in the levels with J > K above the backbone.

Because NHj is a hydride, it has a very small moment of inertia, and the rota-
tional transitions are at relatively high (microwave) frequencies.

However, NH3 has an additional type of transition that is purely quantum me-
chanical in nature. Consider the plane defined by the three H atoms. There are two
minimum energy positions for the N atom, symmetrically located on either side
of the plane. When the problem is treated quantum mechanically, it is found that
there are two distinct eigenstates for the NH3 wave function, separated slightly in
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Figure 5.4 Rotational energy levels of NHs with K < 6 and E/k < 500 K. Each
level, labeled by (J, K), is split into two inversion sublevels (not shown). Levels with
J=K [e.g., (0,0), (1,1), (2,2), (3,3), ...] are referred to as the “rotational backbone”.

energy [9.8x 107° eV in the case of the (1,1) level]. Transitions between these two
eigenstates are referred to as inversion lines, because the frequency of the transi-
tion corresponds to the characteristic frequency for the N atom to tunnel back and
forth through the H atom plane from one energy minimum to the other, with as-
sociated time-varying electric dipole moment. Transitions between these inversion
sublevels are observable, with frequencies near 23 GHz; for the backbone levels
(J,K) = (1,1) and (2, 2), the inversion lines are at 23.694 and 23.723 GHz, re-
spectively.

The inversion sublevels of the (J, K) states are, in turn, further split by inter-
actions with the electric quadrupole moment of the '*N nucleus and the magnetic
dipole of the protons. The electric quadrupole splitting breaks the (1,1) inversion
transition into six separate lines, spread over 3.06 MHz — the splitting is large com-
pared to the thermal line broadening, and therefore these lines are easily resolved.
Each of these lines is, in turn, split by hyperfine splitting, but the hyperfine splitting
is only on the order of 10 to 40 kHz, corresponding to Doppler shifts of only 0.13
t0 0.5kms ™.

NHj3 is not the only molecule with observable inversion transitions. Inversion

transitions of HsOT near 181 um have also been observed (Goicoechea & Cer-
nicharo 2001; Yu et al. 2009).
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Figure 5.5 Rotational energy levels of para-H2O (left) and ortho-H2O (right) with
total angular momentum J < 8 and E/k < 1500 K.

5.2.2% Asymmetric Rotor: H,O

We turn now to the more complicated case of the general asymmetric rotor, with
three nondegenerate eigenvalues. We order them [4 < Ip < I, so that the ro-
tation constants A > B > (. The total angular momentum J is of course a
constant of the motion, but the projections of J onto individual axes are no longer
conserved, except for the special case where J4 = J or Jo = J. For the general
case where J4 < J and Jo < J, the asymmetric rotor undergoes a tumbling mo-
tion, with the instantaneous values of J4, Jp, and J¢ all varying while satisfying
JA+Jp+JE =J

For a given value of J, the allowed rotation states are specified by two indices,
K _1 and K ;4; the rotational state is designated Jg_, i ,. There are seven J = 3
states: 3p3, 312, 313, 321, 322, 330, and 331.

In the case of H>O, the two protons can have their nuclear spins either antiparallel
or parallel, corresponding to total nuclear spin either 0 or 1. Just as for Ho, the
antiparallel spin state is referred to as “para,” and the parallel spin state as “ortho.”
Because the overall wave function must be antisymmetric under proton exchange,
it turns out that para-H>O must have K_; + K ; odd, while ortho-H>O must have
K_; + K, even. Because the nuclear spins do not change in radiative transitions,
ortho-H»O and para-H5O behave almost like separate species. The rotational levels
of para-H5O and ortho-H5O are shown in Figure 5.5.

The selection rules for electric dipole radiative transitions are AJ = 0,+1;
AK_; =41,43;and AK,; = £1,43.
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The allowed radiative decays tend to build up the populations in the lowest en-
ergy level for a given J — these states are referred to as the rotational backbone.
All of the rotational backbone levels (except the lowest) have allowed transitions
to the next lower backbone state. For most of the backbone states, this is the only
allowed downward transition. However, two of the ortho-H,O backbone states
in Fig. 5.5 — 414 and 616 — have permitted downward transitions to nonbackbone
levels: 414 — 321 and 616 — 523. The nonbackbone levels tend to have very
low populations, and, therefore, these two transitions, with the upper level on the
backbone and the lower level above the backbone, frequently have population in-
versions with resulting maser emission in the 4,4 — 31 transition at 380 GHz and
the 616 — Da3 transition at 22.2 GHz.

The same holds true for the 313 and 5;5 levels of para-HsO: the 313 — 299
183 GHz and 515 — 422 325 GHz transitions are also candidates for masing.

5.3% Zeeman Splitting

If an external magnetic field B is present, molecular energy levels with a magnetic
moment g will be shifted in energy by an amount

AE‘mag =—K- B y (515)

where p is the magnetic moment, with contributions from the orbital and spin
angular momenta of the electrons. When both spin and orbital angular momentum
are present, neither S nor L are fixed in space — both precess around the total
angular momentum F# = (L + S)%. The magnetic moment is antiparallel to F,

n=—gusF, (5.16)

where pup = efi/2m.c is the Bohr magneton, and g is the Landé g-factor. Values
for the Landé g-factor lie between 0.5 and 1, depending on the values of L and S.

The projection of F onto the direction of the magnetic field B is Mg, with 2F'41
allowed values Mp = —F, —F + 1, ..., F. The perturbation to the energy level is

Emag = (gMBB) Mp . (5.17)

For a transition between two levels with different M, the energy-level splitting
gup B corresponds to a frequency shift

AE‘mag

(Av)p = h

:WTBAMFB (5.18)

B
=1.3996 ¢ AMp— Hz. (5.19)
uG

For interstellar magnetic fields in the ©G— mG range, Eq. (5.19) shows that the fre-
quency shifts are small, typically much smaller than the frequency shift (Av/c) x v
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due to Doppler broadening.? The only hope for detecting this small shift is to (1)
use radio frequency transitions where (Av) g /v is large enough for the shifts to be
measured, and (2) to use the fact that the two circularly polarized components have
AMp = +£1, so that they are shifted in frequency by 2(Awv)g. If Doppler broad-
ening is assumed to contribute identically to the two circular polarizations, then
subtraction of one circular polarization from the other produces a signal that allows
the frequency shift (Av)p to be measured, allowing the magnetic field strength to
be determined.

Successful detection of the Zeeman splitting requires an atom or molecule with
a strong radio frequency transition, and F' > 0. The hydrogen atom fulfills this
requirement, with ' = 1/2 in the ground state 2, /25 Landé g-factor g = 0.5, and
the spin-flip transition at v = 1.420 GHz.

Diatomic molecules with 2I1; /2,3/2 orbitals have both F' > 0 (so that Zeeman
splitting occurs) and A-doubling (providing relatively low frequency radio transi-
tions). The OH transitions at 1.665 and 1.667 GHz are frequently used, both in
absorption and in (maser) emission. Higher frequency OH transitions can also be
used, as well as CH transitions at 3.33 GHz.

In high-density regions, OH and CH may be unavailable, and it becomes neces-
sary to resort to rotational transitions with much higher frequencies. The CN 1-0
rotational transition at 113 GHz has been used for Zeeman measurements.

Polyatomic molecules also exhibit Zeeman splitting. HoO does not have an un-
paired electron, and hence I’ = 0, but ortho-H»O, with parallel proton spins, has a
small magnetic moment contributed by the protons. Magnetic field measurements
have been made using HoO masers in the 6,6 — bHa3 transition at 22.2 GHz.
Further information can be found in reviews by Heiles et al. (1993) and Heiles &
Crutcher (2005).

5.4 Further Reading

Bransden & Joachain (2003) has an extensive discussion of molecular quantum
mechanics and spectroscopy.

2The only exception appears to be OH — the 1.67 GHz frequency (due to A-doubling) is low, and
regions hosting OH masers appear to sometimes have large enough magnetic fields to produce frequency
shifts exceeding the line width.



Chapter Six

Spontaneous Emission, Stimulated Emission, and

Absorption

In this chapter, we review the general principles governing absorption and emission
of radiation by absorbers with quantized energy levels. The absorbers in question
can be atoms, ions, molecules, dust grains, or any objects with energy levels.

6.1 Emission and Absorption of Photons

If an absorber X is in a level ¢ and there is radiation present with photons having
an energy equal to £, — Ey, where Ey and F, are the energies of levels ¢ (for
“lower”) and u (for “upper”), the absorber can absorb a photon and undergo an
upward transition:

absorption : Xe+hv —>X,, hv=FE,—FE,. (6.1)

Suppose that we have number density n, of absorbers X in level . The rate per
volume at which the absorbers absorb photons will obviously be proportional to
both the density of photons of the appropriate energy and the number density ny,
so we can write the rate of change of n, due to photoabsorption by level ¢ as

d u d Eu - E
(”> _ - (W> =B, v="t" (62
dt {—u dt {—u h

populate level v depopulate level £

where u,, is the radiation energy density per unit frequency, and the proportionality
constant By, is the Einstein B coefficient' for the transition ¢ — u.

An absorber X in an excited level u can decay to a lower level £ with emission
of a photon. There are two ways this can happen:

spontaneous emission : Xy—=Xe+hv v=(E,—Ey)/h, (63)
stimulated emission: X, +hv—=X,+2hv v=(E, — Ep)/h. (6.4)

! Einstein was the first to discuss the statistical mechanics of the interaction of absorbers with the
quantized radiation field.



54 CHAPTER 6

Spontaneous emission is a random process, independent of the presence of a ra-
diation field, with a probability per unit time A,, — the Einstein A coefficient.

Stimulated emission occurs if photons of the identical frequency, polarization,
and direction of propagation are already present, and the rate of stimulated emission
is proportional to the density of these photons. Thus the total rate of depopulation
of level u due to emission of photons can be written

dny dny,
— == =n, (A Buou,) .

where the coefficient B, is the Einstein B coefficient for the downward transition
u — £. Thus we now have three coefficients characterizing radiative transitions
between levels u and ¢: Ay, Bye and By,. We will now see that they are not
independent of one another.

In thermal equilibrium, the radiation field becomes the “blackbody” radiation
field, with intensity given by the blackbody spectrum

2hv? 1
B =" g1 ©0
with specific energy density
47 8mhy? 1
()prs =~ Bu(T) = ~ 5 Gomr— - 6.7)

If we place absorbers X into a blackbody radiation field, then the net rate of change
of level u is

dny _(dnuy o (dng
a \ dt ),., dt )., .
8mh’ 1 8wh? 1
:nZBZu 3 th/k:T 1 — Ny (Aué + Buf 3 ehu/kT — 1) . (68)

If the absorbers are allowed to come to equilibrium with the radiation field, lev-
els ¢ and v must be populated according to n, /n; = (gu/ge)e' Pt~ Fu)/kT | with
dn, /dt = 0. From Eq. (6.8) it is easy to show? that B,,, and By, must be related
to A by

3

c
Buzzm/lue ) (6-9)
3
Gu Gu C
Byy="By="———=Auw . 6.10
= B = s (6.10)

2Hint: consider the two limits 7" — 0 and T — oo. Equation (6.8), with dn,/dt = 0, must be
valid in both limits.
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Thus the strength of stimulated emission (B,¢) and absorption (By,,) are both de-
termined by A, and the ratio g,,/g;.

Rather than discussing absorption and stimulated emission in terms of the radi-
ation energy density u,,, it is helpful to characterize the intensity of the radiation
field by a dimensionless quantity, the photon occupation number 7., :

2

c

Ny = WIV , (6.11)
2 - c3

N~y = L = v 6.12

" =508 87rh1/3u 6.12)

where the bar denotes averaging over directions. With this definition of ., we can
rewrite Eqs. (6.2 and 6.5) as simply

d
("‘) =y Aue- (1+7,) (6.13)

dt u—L

dn,, Gu _

—_— =np- ANy . (6.14)
(dt )éﬂu ‘ 9e ‘ K

If the radiation field depends on frequency in the vicinity of the transition frequency
Vyue, then n., needs to be averaged over the emission profile in (6.13) and over the
absorption profile in (6.14).

From Eq. (6.13) we immediately see that the photon occupation number n., de-
termines the relative importance of stimulated and spontaneous emission: stimu-
lated emission is unimportant when 7., < 1, but should otherwise be included in
analyses of level excitation.

6.2 Absorption Cross Section

Having determined the rate at which photons are absorbed by an absorber exposed
to electromagnetic radiation, it is useful to recast this in terms of an absorption
cross section. The photon density per unit frequency is just u, /hv. Let oy, (V) be
the cross section for absorption of photons of frequency v with resulting { — u
transition. The absorption rate is then

(d{;;t)zﬁu =ny /du O'Zu(l/)c% ~ wuyhfcy/dy ow(v) , (6.15)

where we have assumed that u, (and hv) do not vary appreciably over the line
profile of 0. Thus

c
By, = E/du ow(v) (6.16)
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and, using Eq. (6.10), we obtain the integral over the absorption cross section:

2
/du o) =2 A, . 6.17)

2
qv 87”/[u

Thus we may relate the monochromatic absorption cross section oy, (v) to a nor-
malized line profile ¢, :
Gu

(V) = ge 87r1/Zu

Ayd, with / bpdv=1 . (6.18)

The frequency dependence of the normalized line profile ¢, is discussed in the
following.

6.3 Oscillator Strength

Earlier we characterized the strength of radiative transitions by the Einstein A co-
efficient, A, . Equivalently, we can characterize the strength of an absorption tran-
sition £ — u by the oscillator strength f,,, defined by the relation

C

m
qu = 62
e

ouw(V)dv . (6.19)

From Eqgs. (6.17 and 6.19), we see that the Einstein A coefficient for spontaneous
decay is related to the absorption oscillator strength of the upward transition by

8 0.6670 cm? s~ !
M 9ge fou = v.bbiuemrs © ge .- (6.20)

Ay =
“ mec? Gu A%u Gu

The oscillator strength f,, for a downward transition v — ¢ is negative, and is
defined by

gefeu = —gufur - (6.21)

The rate of stimulated emission is proportional to the downward oscillator strength,
so it is natural that it should be negative, as it results in depopulation of the upper
level. With this definition, the transitions for a one-electron atom in an initial state
1 obey the Thomas-Reich-Kuhn sum rule:

S fii=1, (6.22)
J

where the sum over final states j includes transitions to bound states and also to the
continuum (i.e., photoionization). If the initial state 7 is not the ground state, the
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sum includes downward transitions with f;; < 0. For multielectron atoms or ions,
the sum rule (6.22) generalizes to

> fi=N, (6.23)
J

where NV is the number of electrons, and the sum is over all transitions out of initial
state i. The absorption cross section o, () is related to the oscillator strength by

e

2
00u(v) = —— fruth, with / dpdv =1 . (6.24)

Me

6.4 Intrinsic Line Profile

The intrinsic line profile is characterized by a normalized profile function ¢t

O_intr. (V) —

2
ﬂ—ecf[u ¢i}ntr. ( /(Zsilntndy _ 1 ) ) (625)

m

The intrinsic line profile of an absorption line is normally described by the Lorentz
line profile function:

~ dyue
intr. _ v 6.26
v 1672 (v — vye)? + 754 ’ ( )

where v,y = (E,, — E;)/h. The Lorentz profile in Eq. (6.26) provides an accurate
(but not exact)® approximation to the actual line profile. The Lorentz line profile
has a full width at half maximum (FWHM)

Apyintr. o Jul 6.27
(Av)Pwim o ( )

The intrinsic width of the absorption line reflects the uncertainty in the energies
of levels u and ¢ due to the finite lifetimes of these levels* against transitions to
all other levels, including both radiative and collisional transitions. If the primary
process for depopulating levels u and ¢ is spontaneous decay (as is often the case
in the ISM), then

Yt =Yew = Y At > Ay (6.28)

Ei<E, E;<E,

3The line profile is more accurately given by the Kramers-Heisenberg formula; Lee (2003) discusses
application of this formula to the Lyman « line.

4The Heisenberg uncertainty principle AEAt > h implies that an energy level u has a width
AEFE, ~ h/Ty, where T is the level lifetime.
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In the case of a “resonance line,” where ¢ is the ground state, the second sum
vanishes.

It is convenient to describe line widths in terms of the line-of-sight velocities that
would produce Doppler shifts of the same amount. Thus the intrinsic width of an
absorption line can be given in terms of velocity:

- Av)me AutYul km AutYul
Ayt — AWM AwtTut g K Auedur 6.29
(Avliwing = e— o s \768ems 1) ©F)
where Ay ¢Vue = 7618 cms™! is the value for H Lyman a. The intrinsic line width
can also be written in terms of the energy and oscillator strength of the transition:

; h h
(Av)pyymny > o (;) jlfeuc =0.116 (I:) ;’lf@u kms™',  (6.30)
u u

where o = €2 /hic = 1/137.036 is the fine-structure constant, Iy = (1/2)a?m.c? =
13.60 eV is the ionization energy of H, and the inequality is because v,s > A.¢ [see
Eq. (6.28)]. From (6.29), we see that optical and ultraviolet absorption lines, for
which hv /Iy < 1and fy, < 1, will have (Av)iE < 0.1kms™ . For example,
H Lyman o (A\ = 1215A) has hv/Ig = 3/4, fi, = 0.4162, g¢/g, = 2/6, and
(Av)imtr. = 0.0121kms ™. H Lyman « has a relatively large energy (0.751)
and relatively large oscillator strength (0.4162); most other optical and ultraviolet
permitted lines have even smaller (Av)ini; .

Because (Av)Rtr. 1 o« hv, x-ray transitions can have considerably larger intrin-
sic line widths. For example, the 6.68 keV Fe?**1s2p — 152 line has an intrinsic
linewidth (Av)B&y = 13.5kms™".

6.5 Doppler Broadening: The Voigt Line Profile

Atoms and ions are generally in motion, and the velocity distribution is often ap-
proximated by a Gaussian, this being of course the correct form if the velocities are
entirely due to thermal motions:

1 1 wwoyj2or = L1 —wvg)2p

Py = /7271_ O \//7_(_ b )

(6.31)

where p,dv is the probability of the velocity along the line of sight being in the
interval [v, v + dv], o, is the one-dimensional velocity dispersion, and the “broad-
ening parameter” b = /20,

The width of the velocity distribution is also sometimes specified in terms of the
FWHM; for a Gaussian distribution of velocities, this is just

(Av)pwam = V8In20, =2vVIn2b . (6.32)
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If the velocity dispersion is entirely due to thermal motion with kinetic temperature
T = 10*Ty K, then

LT\ /2 T 1/2
Oy = <M) =9.12 <M/;mu> kms™! | (6.33)
2kT 1/2 T 1/2
b— <M ) —12.90 <M/a4mu) kms™! (6.34)
8In2) kT "/? T, \'?
(Av) B = {( HM) } =21.47 (M/;mu) kms™' . (6.35)

The intrinsic absorption line profile ¢!™*** must be convolved with the velocity
distribution of the absorbers to obtain the line profile

4’Yu€
v = [ dvp,(v
o= [ o) 3o v — (L= v/erad® + 2,

where p, dv is the probability of the absorber having radial velocity in the interval
(v,v + dv). If the absorbers have a Maxwellian (i.e., Gaussian) one-dimensional
velocity distribution p, (Eq. 6.31), then the absorption line will have a so-called
Voigt line proﬁle:

, (6.36)

_ —0? /202 Ayur _(637)
\/ﬂ / 1672 v — (1 — U/C)Vul]2 + 72,

Unfortunately, the Voigt line profile cannot be obtained analytically except for lim-
iting cases.” However, if, as is generally the case, the one-dimensional velocity dis-
persion o, > (Av)iFn\t,{;HM, the central core of the line profile is well-approximated
by treating the intrinsic line profile as a J-function, so that the central core of the

line has a Maxwellian profile:

¢V01gt

bom e ()L b=Vie, . (639

We will discuss the Voigt profile further in Chapter 9.

6.6 Transition from Doppler Core to Damping Wings

Near line-center, the line profile is well-approximated by the Doppler core profile,
which for a Gaussian velocity distribution gives

"1 ‘“b otV (6.39)

3 Accurate approximation formulae have been developed for the Voigt profile — see Armstrong (1967).
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where the velocity v = (19 — v)c/vy. For very large frequency shifts, the profile
can be approximated by just the damping wings:

62 f@u)\ué |: 1 ’yuZAué b2:|

o~ \T (6.40)

mec b Aw3/2 b 02

For what frequency shift, expressed as a velocity, do we make the transition from
the Doppler core to the damping wings? The condition for z = v/b is obtained by
equating (6.39) and (6.40):

ap b 1 !
o2 [Ms/zzz} — 9924 {mcmsb(}] 22 (6.41)
YulAul ’Yuf)\ué

where bg = b/10kms ™", The solution to this transcendental equation is

7618 cms~!
z2%103l+m[(mmb],

(6.42)
Yul )\uf

provided that the quantity in square brackets is not very large or very small. There-
fore, for a strong permitted line (such as Lyman «), the damping wings dominate
for velocity shifts |2| 2 3.2, or |Av| 2 32bg kms ™.

6.7 Selection Rules for Radiative Transitions

Some energy levels are connected by strong radiative transitions; in other cases,
radiative transitions between the levels may be extremely slow. The strong transi-
tions always satisfy what are referred to as the selection rules for electric dipole
transitions. Here, we summarize the selection rules for the strong electric dipole
transitions, and we also give the selection rules” for intersystem and forbidden
transitions that do not satisfy the electric dipole selection rules but nevertheless are
strong enough to be astrophysically important. = We will use the ion NI as an
example; the first nine energy levels of N II are shown in Fig. 6.1.

6.7.1 Allowed = Electric Dipole Transitions

The strongest transitions are electric dipole transitions. These are transitions satis-
fying the following selection rules:

1. Parity must change.
2. AL =0,+1.
3. AJ =0,+£1,but J =0 — 0is forbidden.

N

. Only one single-electron wave function n¢ changes, with A¢ = +1.
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Figure 6.1 First nine energy levels of NII. Forbidden transitions are indicated by
broken lines, and allowed transitions by solid lines; forbidden decays are not shown
from levels that have permitted decay channels. Fine-structure splitting is not to scale.

Hyperfine splitting is not shown.

5. AS = 0: Spin does not change.

An allowed transition is denoted without square brackets, for example,

NII1084.0A 3Py — 3D

o
1

This is a transition between the £ = 1522522p2 3Py and u = 15%2522p3s3Dy
levels of N II, with a wavelength A\, = 1084.0 A. The transition has A,; = 2.18 X
108 s~1. This decay is very fast — the lifetime of the 3Dy level against this decay is
only 1/A,s = 4.6ns!
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6.7.2 Spin-Forbidden or Intersystem Transitions

These are transitions that fulfill the electric dipole selection rules 1 to 4 but have
AS # 0. These transitions are considerably weaker than allowed transitions. Such
transitions are sometimes referred to as semiforbidden, or intercombination, or
intersystem transitions; the latter is the terminology that we will use here. An
intersystem transition is denoted with a single right bracket — for example,

NII2143.4 A 3P, — 589

a transition between ¢ = 15%2522p? 3Py and u = 1522s2p3 °SS, with wavelength
Aue = 21434 A and A,y = 1.27 x 10251,

6.7.3 Forbidden Transitions

Forbidden transitions are those that fail to fulfill at least one of the selection rules
1 to 4. The transition probabilities vary widely, depending on the values of the
electric quadrupole or magnetic dipole matrix elements between the upper and
lower states. A forbidden transition is denoted with two square brackets — for
example,

[NI116549.9 A 3P; — Dy

a transition between ¢ = 1522522p?3P; and u = 15%22522p? 1Dy, with Ay, =
6549.9 A and A,; = 9.20 x 10~*s~ 1. This fails rule 1 (parity is unchanged) and
it fails rule 4 (single electron wave functions are unchanged). This is an example
of a magnetic dipole transition.

Another example of a forbidden transition is the electric quadrupole transition
[NII]5756.2 A 1Dy — 1Sy

between ¢ = 1522522p? 'Dy and u = 1522522p% 1S, with Ay = 5756.2 A and
Aue = 1.17s7L. This fails rules 1 (parity is unchanged) and 4 (single electron
wave functions are unchanged) and it fails rules 2 and 3 (AL=—2 and AJ =—2),
yet its transition probability is three orders of magnitude larger than the magnetic
dipole transition [N I1]6549.9 Al

We see then that there is a hierarchy in the transition probabilities: very roughly
speaking, intersystem lines are ~ 10° times weaker than permitted transitions, and
forbidden lines are ~ 102 — 105 times weaker than intersystem transitions.

Despite being very “weak,” forbidden transitions are important in astrophysics
for the simple reason that every atom and ion has excited states that can only decay
via forbidden transitions. At high densities, such excited states would be depopu-
lated by collisions, but at the very low densities of interstellar space, collisions are
sufficiently infrequent that there is time for forbidden radiative transitions to take
place.



Chapter Seven

Radiative Transfer

Almost all of what we know about the ISM is based on interpretation of electromag-
netic radiation arriving at our telescopes. Chapters 4, 5, and 6 have been devoted
to the elementary processes involved in absorption and emission of radiation by
atoms, ions, and molecules. The subject of this chapter — radiative transfer the-
ory — describes the propagation of radiation through absorbing and emitting media.

7.1 Physical Quantities

There are various ways to describe the strength of the radiation field at location
and at time ¢:

o Specific intensity I, (v): The electromagnetic power per unit area, with
frequencies in [v, v + dv], propagating in directions i within the solid angle
dSl, is

I,(v,0, % t) dv dQ . (7.1)
Unless otherwise noted, I, includes the power in both polarizations. If the

radiation field is in local thermodynamic equilibrium (LTE), the intensity is
equal to that of a blackbody:

2hv? 1
I, — B,(T) = 7.2
(I )vre (T) 2 exp(hv/kT) —1 7.2
¢ Photon occupation number n-,(v):
L e L
ny (v, A, T, t) = 2hTIV(z/,n,r,t) . (7.3)

The photon occupation number 7., is dimensionless, and is simply the num-
ber of photons per mode per polarization. If the radiation field is in LTE (i.e.,
is a blackbody), then

1

(n,y)LTE — W (74)
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e Brightness temperature T g (v): The brightness temperature Tz (v) is de-
fined to be the temperature such that a blackbody at that temperature would
have specific intensity B, (Tp) = I,

_ hv/k
Tp(v) = In[l + 2hv3/c21,] (7-5)

In LTE, the brightness temperature 7' is equal to the actual thermodynamic
temperature of the emitting and absorbing material.

e Antenna temperature T 4 (v): Brightness temperature has a simple ther-
modynamic interpretation, but has the disadvantage of being a nonlinear
function of intensity /,,. Radio astronomers have found it convenient to mea-
sure intensities in terms of the “antenna temperature:”

2

TA(V) = m v

(7.6)

The advantage of antenna temperature (as opposed to T'z) is that it is linear
in the intensity. In the limit 74 > hv (or, equivalently, n., > 1), one sees
that Ty ~ T'z. This is commonly the case at radio frequencies.

o Specific energy density u, (v):

u, (v, T) = i/z‘de , (1.7)

Cm

where c,, is the speed of light in the medium (in the ISM, the speed of light
in vacuo). Note that as defined here, u, has no directional information: it is
integrated over all directions and polarizations.

It is clear that four of these — the photon occupation number 7., the specific in-
tensity [, the brightness temperature Tz, and the antenna temperature 7’4 — are
entirely equivalent; any one can be obtained from any other of the four. The photon
occupation number n., has the appeal of being dimensionless, and we have already
seen [Eq. (6.13)] that n is equal to the ratio of stimulated emission to sponta-
neous emission from an excited state: the stimulated emission rate is just n., times
the spontaneous emission rate. Masers and lasers normally have n, > 1 at the
maser or laser frequency.

The preceding definitions all pertain to the strength of the radiation field. If the
radiation field is modified by emission and absorption in a spectral line emitted or
absorbed in transitions between levels u and ¢ of some species X, we can char-
acterize the relative importance of emission and absorption using the “excitation
temperature”:
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o Excitation temperature 7'..: The excitation temperature of level u relative

to level £ is defined by
Du _ Juo—Bue/kTexcne o T, ., = _ Bu/k : (7.8)
ne e ’ In ( % )

where n,,, ng are the populations of the upper and lower levels; g,, g are
the degeneracies of the upper and lower levels; and E,, = E,, — Ey is the
difference in energy between the upper and lower levels.

7.2 Equation of Radiative Transfer

Consider now a beam of radiation with intensity [,, entering a slab of material (see
Figure 7.1). Let s measure pathlength along the direction of propagation. Let us
neglect scattering and assume that the only processes affecting the intensity are
absorption and emission. As the radiation propagates through the medium, the
intensity evolves according to the equation of radiative transfer:

dl, = —I,k,ds + j,ds . (7.9)

The term — I, k. ds is the net change in I, due to absorption and stimulated emis-
sion (both processes are linear in [,,), and j,ds is the change in I,, due to sponta-
neous emission by the material in the path of the beam:

e £, is the attenuation coefficient at frequency v, with dimensions of 1/length.
While x,, is normally positive, we will see in §7.5 that it can become negative,
in which case amplification takes place (i.e., masers or lasers).

e j, is the emissivity at frequency v, with dimensions of power per unit volume
per unit frequency per unit solid angle.

VAV SN~
I I +dI,

pathlength S s+ds
optical depth T T4+dT

Figure 7.1 Radiative transfer geometry.



66 CHAPTER 7

7.3 Emission and Absorption Coefficients

Absorption and emission can be due to atoms, ions, molecules, grains, thermal
plasma, or a nonthermal population of energetic electrons. Atoms, ions, or molecules
with discrete energy levels contribute to the absorption and emission coefficients as
follows.

The emissivity j, was defined as the power radiated per unit frequency per unit
solid angle per unit volume. For randomly oriented emitters:

1
Jv = =Ny Ay hv ov (7.10)
4

where ¢, dv is the probability that the emitted photon will have frequency in (v, v+
dv) (see §6.5). The attenuation coefficient «,, is proportional to the net absorption
—1i.e., true absorption minus stimulated emission:

Ky =000 (V) — NyOu—e(V) (7.11)

N () [1 - ”“/nﬂ (7.12)
Gu/9e

= 40 (V) [1 e/ ’“Texc} , (7.13)

where the absorption cross section oy, (1) is given by Eq. (6.37) in the case where
the absorbers have a Maxwellian velocity distribution.

7.4 Integration of the Equation of Radiative Transfer

It is convenient to change independent variables from pathlength s to “optical
depth” 7, defined by

dr, = Kk,ds . (7.14)

According to this definition,' the radiation propagates in the direction of increasing
7, (assuming x, > 0). The equation of radiative transfer now becomes just

dl, = —IL,dr, + S,dr, | (7.15)
where
s, = (7.16)
Ky

Note that some authors, including Spitzer (1978), adopt the opposite convention of radiation prop-
agating in the direction of decreasing 7.
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is referred to as the source function. It is important to remember that Eq. (7.15)
does not include scattering processes, such as scattering by dust grains or by elec-
trons.

We can formally integrate Eq. (7.15) by moving I,,d7, to the left hand side, and
multipying by the “integrating factor” e”:

e™ (dI, + I,dr,)=¢e" S, dr,
d(e™1,)=¢eS,dr, (7.17)

We now integrate this from some starting point, which we define to be 7, = 0, with
initial value I,,(0):

e™ I, — 1,(0) = / e” S, dr’ . (7.18)
0

Now multiply by e~ to obtain the equation of radiative transfer in integral
form:

I(m,) = L,(0)e™™ + /0 e (=8, dr’ . (7.19)

This integral equation, with .S,, allowed to be a function of position, is a fully gen-
eral solution to the equation of radiative transfer (7.15) if scattering is neglected.
Equation (7.19) has a simple physical interpretation: the intensity I, at optical
depth 7, is just the initial intensity 7, (0) attenuated by a factor e~ ", plus the inte-
gral over the emission S, d7’ attenuated by the factor e~ (™= due to the effective
absorption over the path from the point of emission.

7.4.1 Special Case: Uniform Medium and Kirchhoff’s Law

Consider now the special case of a slab of uniform medium with the matter having
its energy levels populated according to a single excitation temperature Tiy.. We
know that if the slab were infinite in extent, the radiation field within it would be
equal to the blackbody radiation field with intensity I, = B, (Texc). Therefore,
when I,, = B,, Eq. (7.15) becomes

0=dl, =—-B,dr, + S,dr, (7.20)

which requires that S, = B, (Tux.). Therefore, the emissivity j,, and attenuation
coefficient x, must satisfy Kirchhoff’s Law:

i—” = By(Toxe) - (7.21)

Sy

Now j, and k, depend only on the local properties of the matter: Kirchhoff’s law
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(7.21) must be true at each point. Without loss of generality, we can therefore
rewrite the integral form of the equation of radiative transfer (7.19) as

I, =1,(0)e"™ + / e~ (T B, (Toge)dr (7.22)
0

In the case of a uniform slab with T, = constant, we can immediately integrate
Eq. (7.22):

I =1,0)e™ 4+ B,(Texc) (1 —€¢7™) (7.23)

or, equivalently,
1—e

(negu/nuge) — 1 (729

ny(v) = nfyo)(u)e_“’ +
If the matter is in LTE at temperature 7', then Ty, = 7. However, under inter-
stellar conditions, the populations of the excited states may depart from a thermal
distribution. If emission and absorption at frequency v are dominated by transitions
between levels u and ¢ of a single species, then Tey. in Eq. (7.21) is equal to the
excitation temperature Texc ¢ defined in Eq. (7.8).

Because antenna temperature 7'y < I,,, Eq. (7.23) can be rewritten as a transfer
equation for T '4:

hv/k
Ty =Ta(0)e ™ 1—e ™ 7.25
4 A( )e * exp(hy/kTexc) -1 ( ¢ ) ( )
h
MTAO) ™ 4 T (L—e7™)  if - <1 . (726)

7.4.2 Limiting Cases: Radio versus Optical

There are two limiting cases that are often encountered. At radio and sub-mm fre-
quencies, the upper levels are often appreciably populated, and it is important to
include both spontaneous emission from the medium [i.e., the term B, (Toxc)(1 —
e~™) in Eq. (7.23)], and stimulated emission [i.e., the term e ~/*/*Texc in the at-
tenuation coefficient k, = ngop_, (1 — e*h”/kTm)].

On the other hand, when we consider propagation of optical, ultraviolet, or X-
ray radiation through cold interstellar clouds, the upper levels of the atoms and
ions usually have negligible populations, and stimulated emission can be neglected:
Ry = N0 —y.-

7.5 Maser Lines

Under some conditions, a process may act to “pump” an excited state u by either
collisional or radiative excitation of a higher level that then decays to populate level
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u. (Radiative pumping will be discussed further in Chapter 20.) If this pumping
process is rapid enough (relative to the processes that depopulate u), it may be
possible for the relative level populations n,,, n, to satisfy the inequality

Ny > —Ny , (7.27)

in which case, the excitation temperature
Texc,ul <0 (7.28)
[see Eq. (7.8)], and we speak of a population inversion. When this occurs, stim-

ulated emission is stronger than absorption, and the radiation is amplified as it
propagates. The absorption coefficient

v = 0psn (12 ™09 (7.29)
ne/ge

[see Eq. (7.12)], and the optical depth 7, = f Ky ds < 0; thus the factore™™ > 1,
indicating amplification by stimulated emission rather than attenuation.

Such population inversions in astronomical sources have been observed for mi-
crowave transitions of HI, OH, H5O, and SiO, and hence we speak of maser (mi-
crowave amplification by stimulated emission of radiation) emission. In principle,
population inversions can occur for higher frequency transitions as well (e.g., Jo-
hansson & Letokhov 2005).

If we assume that |kTexe e > hv, then Eq. (7.26) applies:

TarTa(0)e™™ + Toxe (1 -7 ™) (7.30)
=[T4(0) + [Texcl] €™ — [Texe| - (1.31)

The factor el™! is in some cases very large — some OH and H,O masers have been
observed to have Ty > 10*! K. Because el™! > 1:

e cl™| is more strongly peaked on the sky than |7, | — the angular size of the
maser is less than the actual transverse dimension of the masing region.

e cl™| is more strongly peaked in v than |7,| — the maser line is narrower
than the actual velocity distribution of the masing species.

Some masers can be very bright, allowing the use of interferometry, as well
as observations of sources at large distances. This has enabled measurements of
proper motions of maser spots in star-forming regions of the Milky Way, as well
as in material orbiting a supermassive black hole in the spiral galaxy NGC 4258
(Herrnstein et al. 1999). Maser theory was reviewed by Elitzur (1992).



Chapter Eight

H121-cm Emission and Absorption

The ISM is composed primarily of hydrogen, and atomic hydrogen can be conve-
niently detected and studied via the 21-cm line, originating in the hyperfine split-
ting of the 1s electronic ground state of hydrogen. Studies of this line have allowed
mapping of the distribution of HI in the Milky Way and other galaxies, determi-
nation of the galactic rotation curve, and measurement of the gas temperature in
interstellar clouds. This chapter discusses 21-cm emission and absorption.

@%é —  S=1 g,=3 E,=587x10"%eV

A,=2.8843x10"18s"1 = (11.0 Myr)~!
v =1420.4 MHz , A=21.106 cm
AE/k = 0.06816 K

(I%%) ————s=0 g=1 E=0

Figure 8.1 Hyperfine splitting of the 1s ground state of atomic H (Gould 1994).

8.1 HI Emissivity and Absorption Coefficient

The electron in the electronic ground state (1s) of atomic hydrogen can have its spin
either parallel or antiparallel to the spin of the proton. The coupling of the electron’s
magnetic moment to the magnetic field produced by the magnetic moment of the
proton results in “hyperfine splitting” of the parallel and antiparallel spin states.
The antiparallel spin state (with degeneracy g = 1) has the lower energy, which we
take to be Fy = 0. The parallel spin state (with total spin S = 1, and degeneracy
g = 28 + 1 = 3) has an energy E,, — Ey = 5.87 x 107%eV. When the electron
drops to the ground state, the electron spin flips, and a photon is emitted with a
wavelength A = 21.11 cm.

Because of the small energy splitting between these two spin states, the cos-
mic microwave background by itself is able to populate the upper level. For all
conditions of interest (at least until the expansion factor of the universe increases
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by a factor 100), we expect the excitation temperature (or “spin temperature”)
Texc = spin > .0682 K, and

& = giue*hVue/chxc _ 3e7.0682K/TSp;n ~3 , (81)
T ge
3 1
Ny & Zn(HI), ng & Zn(HI) . (8.2)

Because the upper level contains ~ 75% of the HI under all conditions of interest,
the HI 21-cm emissivity is effectively independent of the spin temperature:

AuZ

3
ju =Ny hVuZ (bu ~ Au@ hVuE ’I’L(H I) (bu P (83)
4 I
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where ¢, is the normalized line profile ( f ¢,dv = 1), determined by the velocity
distribution of the H1.

The absorption coefficient is

Ry =Ny0py — nu|Ju€| (84)
A n
—ndulutyz o {1 - “g’f] 8.5)
ge 8w ne Gu
Ju Au( 2 |: —hvye/kTspi :|
=ng— A 1 — e "Wut/Flspin | 8.6
Because e~ "ut/kTsvin 5 1, the correction for stimulated emission is very impor-

tant! Noting that hvye/kTspin < 1 for all conditions of interest, e~ ue/KTspin oy

1— hl/ug/k‘Tspin, and

i hC)\ug
320 “ KT

Ky = n(HI) ¢, . 8.7
Thus the absorption coefficient x,, & 1/Typin.

Suppose that the HI has a Gaussian velocity distribution. Then
1 c 1 2 2
_ - = & —uf/20y
, = e : (8.8)
d) vV 27 Vye OV

and the absorption coefficient

3 1 Aug)\2g he —u?/202
L= u TV 8.9
" 327 V2m oy kTspine (8:)
K kms™!
=2.190 x 1071 cm?n(HT) SIS -et20h(8.10)
Tspin oy
N(HI) 100K kms™!
7 =2190 D 100K kms " _.z2/553 8.11)

102! cm—2 Tspin oy ’

N(HI)E/ds n(HI), (8.12)
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where N(HI) is the column density of HI. Many sightlines in the ISM have
N(HI) 2 10*! cm™2, spin temperatures Typin ~ 102 K, and oy of order km s7L

self-absorption in the 21-cm line can be important!

8.2 Optically Thin Cloud

Suppose that we have a cloud with

Tspin oy

NHI <10%° cm™2
(HI) 700K kms !

(8.13)

so that 7, $ 0.2 even at the center of the line. If we now neglect absorption, then

I,=1,(0) + / jyds (8.14)
=1,(0) + %Anz hvge ¢, N(HI) . (8.15)

Now suppose that T,,(0) is known independently. We can then integrate the inten-
sity over the line:

/ I, — I,(0)] dv = %AM hvye N(HI) (8.16)

This is often expressed in terms of antenna temperature 7'y and relative velocity u,
where v = v,,0(1 — u/c), when u is the radial velocity:

/[TA — T4(0)] du:/ 227 (1, — I,(0)] Sdu

_ 3 heXl,
T 32k

=54.80 Kkms™*

Aye N(HI)

N(HTI)
107 o2 (8.17)
Thus the intensity integrated over the line profile gives us the total HI column
density without need to know T\, provided that self-absorption is not important.
Plate 3ais an all-sky map of HI21-cm integrated line intensity, converted to N (HT)
assuming self-absorption to be negligible.

With the assumption that the emitting regions are optically thin, the total mass
M1 of HI in another galaxy can be determined from the observed flux in the 21-
cm line, Fiops = f F,dv.ps, where F), is the observed flux density in the 21-cm
line, which may be redshifted to a frequency vons = vye/(1 + 2), where z is the
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redshift of the emitting galaxy:

16mmu .,
Myr=——" p2p 8.18
H1= 30, DL Tob (8.13)

DL 2 Fobs
=4.945 x 107 M, 8.19
x ®<Mpc> (JyMHz ’ (819)

' Radio astronomers often

S writing dveps = [Vue/(1 + 2)]dv/c:

where Dy, is the luminosity distance to the source.
report the integrated flux in “Jy kms ™',

16mmy
Muyi=——-D? | E, 2
M= 3 e L/ dv (8.20)
Dy \’>( [F,dv
=2.343 x 10° My (1 + ( ) ( ) 8.21
o ) Mpc Jykms_1 ( )

where 2 is the source redshift.

8.3 Spin Temperature Determination Using Background Radio Sources

In cases where we have a bright background radio source with a continuum spec-
trum (a typical radio-loud quasar or an active galactic nucleus, or a radio galaxy),
we can study both emission and absorption by the foreground interstellar medium
in our galaxy by comparing “on-source” and “off-source” observations. The tech-
nique consists of taking on-source observations with the radio telescope pointed
at the background radio source, and off-source observations with the telescope
pointed so that the background source is out of the beam, and we are observing
“blank sky” behind the foreground cloud. We assume that the foreground gas is
sufficiently uniform so that the two different sightlines have essentially the same
N(HI) and Typip.

To(v)

Tgn(v)

Figure 8.2 On-source and off-source observation geometry. RS is a radio source.

1For a nice discussion of distance measures in cosmology, see Hogg (1999).
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We measure the on-source and off-source spectra 79" (v) and TS (v), where we
continue to report frequency (shifts) in terms of radial velocity. From the mea-
surements at frequencies well above and below the 21-cm emission feature, we
determine the antenna temperature 7Ty, of the blank sky, and the antenna temper-
ature Trg of the continuum from the radio source (averaged over the beam of our
radio telescope).

At velocity v, the spectrum measured on the blank sky is [see Eq. (7.26)]

TSH(v) = Tae ™™ + Topin(1 —e7™) (8.22)

while the spectrum on the radio source is

TS (v) = Trse™ ™ + Tapin(1 — e ™) . (8.23)

These two equations can be solved for the two unknowns, 7(v) and Typin (v):

7(v)=In M , (8.24)
T3 (v) = T3 (v)
TS (v)Trs — TS (v) Ty
Ty (v) = A s~ T () o (8.25)

(Trs — Taey) — [T3"(v) = T3 (v)]

When the absorption is strong, (Trs — Tiky) is measurably larger than [T%"(v) —
T5%(v)], and both 7(v) and Ty, can be determined from the observations using
Eqgs. (8.24 and 8.25). When the absorption is weak, however, (Trs — Tiky) and
[T3"(v) — TS%(v)] are the same within the errors, and the observations provide
only an upper bound on 7(v), and a lower bound on Ty, (v). Surveys employing
this technique to determine 7§, in HI clouds will be discussed in Chapter 29.

If the gas is optically thin [7(v) < 0.1], the HI column density per unit velocity
can be directly obtained from the observed intensity:

dN(HI) 327 &
——x—— (T3 (v) — T

do B hedy A ()~ T (v)]
T (v) — Ty (v) y 10 em =2

=1.813 )
K kms™!

(8.26)

whereas if 7(v) & 0.1 and we have measured 7(v) and Typin(v) using Egs. (8.24
and 8.25), we can correct for self-absorption:

dNHI) 327 k
~ 12 T@ in
dv 3)2 hedy, P (v)7(v)
Tspin('U)T(U) % 1018 cm—2
K kms™?

(8.27)

=1.813

(8.28)



Chapter Nine

Absorption Lines: The Curve of Growth

The composition and excitation of interstellar gas can be studied using absorption
lines that appear in the spectra of background stars (or other sources of continuum
radiation). The interstellar lines are typically narrow compared to spectral features
produced by absorption in stellar photospheres, and in practice can be readily dis-
tinguished. It is normally possible to detect absorption only by the ground state and
perhaps the excited fine-structure levels of the ground electronic state — the popu-
lations in the excited electronic states are too small to be detected in absorption.

Observations of interstellar absorption lines allow the radial velocity, elemental
composition, and the ionization state of the gas to be determined; if the ground
electronic state has fine structure, the populations of the fine-structure levels can
constrain the density and temperature.

The widths of absorption lines are usually determined by Doppler broadening,
with linewidths of a few kms™' — or AX\/A ~ 1075 — often observed in cool
clouds. The spectrographs available to astronomers often lack the spectral resolu-
tion to resolve the profiles of such narrow lines, but can measure the total amount
of “missing power” resulting from a narrow absorption line. The equivalent width
W is a measure of the strength of an absorption line, in terms of “missing power” in
the unresolved absorption line. The curve of growth refers to the function W (Ny),
showing how W depends on the column density [V, of the absorber — in general,
we want to invert this function, so that from an observed equivalent width W, we
can infer the column density N, of the absorber.

9.1 Absorption Lines

Suppose that we observe a bright continuum source (e.g., a star) behind a fore-
ground cloud of gas, and we measure the energy flux density F,, as a function of v.
We observe the source using an aperture of solid angle A2, and we assume that the
properties of the foreground gas are essentially uniform over A). If we integrate
Eq. (7.23) over the (small) solid angle A of our spectrometer aperture, we obtain
the flux density at the observer

Fy = F,(0)e™ + B, (Texc)AQ (1 —e™™) 9.1)

where F,,(0) is the flux density from the source in the absence of absorption. At
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optical frequencies, we normally have n, /ny < 1, B, (Texc) A2 < F,, and we
can neglect the emission from the ISM, thus obtaining the very simple result

F, ~ F,(0)e™ . 9.2)

If absorption is negligible except in a few narrow spectral lines, then, if the back-
ground source spectrum is smooth, we can interpolate to estimate the stellar con-
tinuum flux F,(0) even at the frequencies where absorption is present, and we can
evaluate the dimensionless equivalent width

N

Some authors instead define the wavelength equivalent width

Wy = /d)\ (I—e™™) =AW 9.4)

or the velocity equivalent width W,, = cI¥/, but I prefer the dimensionless WW.

The integrals in Egs. (9.3 and 9.4) extend only over the absorption feature, with
the integrand o [1 — F)\/F»(0)] — 0 on either side of the feature. It is important
to note that W (or W) can be measured even if the absorption line is not resolved:
the equivalent width is just proportional to the total missing power that has been
removed by the absorption line.

The optical depth in an absorption line can be written [see Eq. (6.24)]

me? Nu/gu
v — uN v 1- s .
T, ecfe 2o} [ Ne/oge } 9.5)

where
Ny = /ngds 9.6)

is the column density of the absorbers, ¢, is the normalized line profile ( f ¢, dv =
1), and the term [1 — (N, /g.)/(Ne/ge)] is the correction for stimulated emission.
For interstellar optical absorption lines, (N, /g.)/(N¢/ge) < 1, and the correction
for stimulated emission can be disregarded.

Suppose that the absorbers have a Gaussian velocity distribution with 1-D veloc-
ity dispersion oy . Then, from Eq. (6.38), the optical depth near line-center

T, =To e (u/b)? b=V20y, .7

where w is the frequency shift from line-center expressed as a velocity, u = c¢(vg —
v) /vy and the optical depth at line-center is

62 NéquAéu Nu/gu
— 1 wIe 9.8
0 ﬁmec b { Ne/ge] 08
2
_o CIn Néféu)\éu Nu/gu
=1. 1-— .
1.497 x 10 - 3 [ Nojge| 9.9
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where the term (N,,/g.)/(N¢/ge) is the correction for stimulated emission, which
is usually negligible in the ISM or IGM except for radio frequency transitions.
Dropping the correction for stimulated emission, Eq. (9.8) becomes

Ng f@u )\gu 1Okms71
= 0. .1
7o = 0.7580 (1013cm2) (0.4164) (1215.7A> < b » 010

where fp, = 0.4164, Ay, = 1215.7 A are for HLyman a.

If we assume that the absorbers have a Gaussian velocity distribution, the line
profile shape has three distinct regimes, which we now examine.

9.2 Optically Thin Absorption, 7o < 1

An example of an absorption line in the optically thin regime is shown in the upper
panel of Fig. 9.1. If 7, < 1, we expand (1 — e~ 7) ~ 7 — 72/2 + ... and obtain

Wz\/%gm (1—+...> . ©.11)

To obtain a well-behaved approximation formula, we replace 1 — (70/2v/2) + ...
by 1/[1 + (70/2v/2)] (which is the same to first order in 79) to obtain

b T0
Waym- —— 9.12)
c1+1/(2v2)
me2 1
= Nfodpy——————— 9.13
moc Ve 1+ 70/(2v/2) 613
1
=8.853 x 1073 em Ny foudpy —————— 9.14
¢ feude 1 70/ (2V3) 9.14)

The approximation (9.12) is exact for 79 — 0, and is accurate to within 2.6% for
To < 1.254. In the optically thin regime (79 < 1), W depends only on the product
Ny fouAew. Hence,

W
ffu)\gu

We see that even if we do not resolve the line profile, measurement of W allows us
to determine NNy, provided that the line is actually optically thin.!

N; =1.130 x 10*2 cm ™! if o< 1. (9.15)

9.3 Flat Portion of the Curve of Growth, 10 < 79 < Tdamp

In the linear regime discussed earlier, the quantity [1 —e~ "] has the same Gaussian
profile as 7, itself. However, as the core of the line becomes saturated, the quantity

UIf we are not certain whether the line is optically thin, then Eq. (9.15) gives a lower limit on N,.
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1 L T N T T W T T N T ]
L 17,=0.5 ]
0.5 F Optically Thin T~ /F .
L v/ =0 ]
O C L 1 L L L 1 L L L 1 L i
0.9998 1 1.0002
1 2(b/c)[In(1,/1n2)]1/2
C T T T 7 7, 7 T T T ]
L /‘/// ]
O 5 r TO = 1><103 ¢ h
"~ r Saturated ‘ ‘ 1
O : L | L L l /i 74 l L L | L :
0.9998 1 1.0002
R[(b/c)(y,/V)Ty/ (4132 1nR)]1/2
1 ¢ ‘
05 toT,=1x108
"~ Saturated, with
- Damping Wings
O L 1 L L

0.998 } 1.002
v/v,

Figure 9.1 Absorption line profiles in three regimes, using as an example H Lyman o
with b = 10kms™" and N(HI) = 6.6 x 10"?cm™2, 1.3 x 10*® cm™2, and 1.3 x
10" cm™2 in the upper, middle, and lower panels. Shaded area is proportional to the
missing energy. Note the different abscissa in the lower panel.

[1 — e~ ™] becomes increasingly “box-shaped.” An example is shown in the mid-
dle panel of Fig. 9.1. Treating the opacity as a delta function broadened only by
Doppler broadening:

T(v) =me WV (9.16)

we approximate W by the fractional full width at half maximum (FWHM):

o OVEwin _ (Awrwin %b I(ro/In2) .  (9.17)

140 c

The approximation (9.17) is accurate to within 5% for 1.254 < 7y < Tqamp, Where
Tdamp» the optical depth separating the “flat” from the “damped” regimes, is from
Eq. (9.25), shown later.

Since 1y depends on Ny fy, Mg, and b, we see that W depends on the product
Ny fouAe, and b. Note that W is very insensitive to 7y (and therefore Ny) in this
regime — it varies as the square root of the logarithm of 7y. Because W increases
so slowly with increasing Ny, this is referred to as the flat portion of the curve of
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growth. If we invert Eq. (9.17) to obtain N,, we obtain

In2mec b W2
Ny~ —= - 18
l ﬁ 62 ffu)\éu exp [( 2 > ‘| (9 )
b X 2
=46.29 (M) exp KCQVZ) ] em”%s . (9.19)

Because of the insensitivity of W to N, — therefore extreme sensitivity of Ny to
W — Eq. (9.18) should not be used to determine N, unless:

1. We have a very accurate measurement of WW.
2. We have a very accurate value for the Doppler broadening parameter b.

3. We have reason to believe that the velocity profile is very accurately de-
scribed by a single Gaussian.

Unless all three conditions are satisfied, column densities estimated from W in this
regime should be regarded as highly uncertain.

9.4 Damped Portion of the Curve of Growth, 7o 2 Tdamp

In this regime, the Doppler core of the line is totally saturated, but the “damping
wings” of the line provide measurable partial transparency. See the lower panel of
Fig. 9.1 for an example with 7y = 10, In the limiting case, we can entirely neglect
the Doppler broadening, and assume that the wings of the line are given by a pure
Lorentz profile [see Eq. (6.26)]:

e 47@11, b
“ e’ for v — - 9.20
mec G g g, O el 020

where vy, is given by Eq. (6.28). The full width of the profile at 50% transmission
is

(ANpwia _ (Aw)pwing _ \/( 1 ) Ty <Zﬂu> 9.21)

A c wIn2 ) mec? ru

The equivalent width W is larger than the dimensionless FWHM (9.21) by just a
factor (7 1n2)/2 = 1.476:

e? ’ylu)\Zu b T0 ’Yéu)\fu
W = Ny fouren =4/-——F . 9.22
\/mecz efeule ( . ) \/C N (9.22)

In this regime, W depends on the product Ny fy,, A, and on the dimensionless ratio
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O_Ol E TTTTHTW TTTTHTW TTTHHW TTTTTHW TTTHHW TTTTTHW TTTTHTW TTTHHW T T 17171
E Curves of Growth
i (for y, A,=7616 cms™!)
1078 ¢ E
i (9.17)1
< 1)
ﬁqoﬂi 3 )
= ]
1075 & — .
g eq. (9.22) with yA=7616 cm s7! (Lya) ]
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f A (em™1)

Figure 9.2 Curves of growth for five values of the Doppler broadening parameter b,
for a damping constant g, A, = 7616 cms™ (appropriate for H Lyman ). Dashed
lines show the analytic approximations to the linear, flat, and square-root portions of
the curve of growth. Only the flat portion [Eq. (9.17)] depends on b. Only the square-
root portion [Eq. (9.22)] depends on Y.

YeuAew /. In Figure 9.2, we show W as a function of Ny fg, Ay, for five values of
b, where we have taken g, \¢,, appropriate for the Lyman « transition of atomic H.

The column density Ny is given by

N mec®  W?2
L= APV VE
e? qu'Wu )‘Zu

(9.23)

— 2,759 % 1024 e~ 2 T2 <0.4164> (7616cms—1) (1215.7A

9.24
féu 'Y(u)\éu )\Zu ) ( )

The transition from the flat to the damped portion of the curve of growth takes place
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near central optical depth T4, Obtained by equating® Egs. (9.17) and (9.22):

blrﬁb}

~4 n
Tdamp ﬁ’yluAZu In2 ryfu/\éu

ms Yeu Alu

1 -1 1 -1
~03 1771 (76 6cms )ln [134 b71 7616 cm's ] 9.25)
kms 'YZu)\Eu

N dmec b 47 b }

. ~ n
damp e? féu’yéu)\%u |: In2 ’YZu)\Zu

=1.23 x 10" ¢m—2 (0-4164> ( b )2 (7616cms_1) "
feu kms™ 1 YeuNeu

—1
(1215.7/&)11&{134 b  76l6cms ] _ 9.26)

=
Atu ms YeuAu

9.5 Approximation Formulae for W

In general, then, if we assume a Gaussian velocity profile, W depends on three
quantities: b, Yy Aew, and 79 o< Ny fouApy. Accurate evaluation of W in general
requires numerical integration over the Voigt profile (6.37). Rodgers & Williams
(1974) give useful approximation formulae for W (7, b, g, Aew, ). Here we provide
a simple approximation, based on the discussion in this chapter, that is continuous
and accurate to a few percent:

b

2 To
T & T/ (2V3) for 19 < 1.25393 ,
~ 262 T b veuew (ro—1.25393)] 1/
[(2)" n (575) + b (ot 2 for 7o > 1.25393 ,

9.27)

where 7y is given by Eq. (9.8). This approximation is exact in the limits 7y < 1 and
7o > b/~euAew, and is accurate to within 5% for all 7o when applied to HI Lyman «
with b = 10kms™".

9.6 Doublet Ratio

In some cases, an absorbing level ¢ will have allowed transitions to two different
excited states w1 and us. Let Ao be the wavelength of the stronger transition (i.e.,

20ne obtains a transcendental equation of the form Tdamp = CIn(Tqamp/In2). For C' > 1,
Tdamp =~ C'In(C/1n2).
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fouaAeuy > fru, Aewy). In the optically thin limit, the ratio of equivalent widths
[from Eq. (9.12)] will be

W U )\ U

2 Jeus Aews ) (9.28)

Wl fIZul )\Eul
Now consider the effects of increasing N,. The stronger line will become optically
thick first, and W5 /W1 will drop below the value in Eq. (9.28). If the measured
equivalent width ratio W5 /W is consistent with the optically thin limit (9.28), then
one may confidently use (9.15) to calculate the absorbing column density V.

o LT Doublet Ratios B

Call K (39354) /Call H (39704) |
b=10 km s~! |

CIV 1548K/CIV 15514

=15 b=10 km s-! A
\
o L
E |-
1 —
CIV 1548& /CIV 15514
r b=10%2km s-!
ol vl vl vl vl vl
0.01 0.1 1 10 102 108 104 108
7—2

Figure 9.3 Ratio of equivalent widths for the CaIl H (3970A) and K (3935A) lines,
and for the CIV 1548/1551 doublet, as a function of the line-center optical depth 7
for the stronger component of the doublet.

When both lines are on the flat portion of the curve of growth, the ratio will be
approximately

1/2
ln(quz)\Euz/ffM)‘ful)} (9.29)

2~ 1
Wi [ In(7ey, /In2)

With very strong lines, e.g., Lyman « and Lyman 5, we may enter the damped
portion of the curve of growth, in which case the doublet ratio becomes

W2 )\Zug qujVZug
22 N [Tl (9.30)
Wl )\Zul f@ufﬂul

Fig. 9.3 shows W, /W as a function of the optical depth 79 2 of the stronger tran-
sition for two frequently observed doublets — the Call H and K lines (3969.6 and
3934.8A, respectively), and CIV 1548.2,1550.8 .



ABSORPTION LINES: THE CURVE OF GROWTH 83

Table 9.1 Hydrogen Lyman Series

Transition A( A) fou Autot ( s_l)
Ly a(ls — 2p) 1215.67 0.4164 6.265 x 10°
Ly 3(1s — 3p) 1025.73  0.07912 1.672 x 108
Ly v(1s — 4p) 972.54  0.02901 6.818 x 107
Ly d(1s — 5p) 949.74  0.01394 3.437 x 107
Ly e(1s — 6p) 937.80  0.007799 1.973 x 107
Ly¢(1s — 7p) 930.74  0.004184 1.074 x 107
Lyn(ls — 8p) 92622 0.003183 8.249 x 108
Ly 6(1s — 9p) 923.15  0.002216 5.781 x 10°
Ly(1s — 10p) 920.96  0.001605 4.209 x 106

Ly(1s—np), n>1 2LI5  1.563n~3  4.180 x 10903

9.7 Lyman Series of Hydrogen: Ly o, Ly 3, Ly v, . . .

In the ISM, the atomic hydrogen is found almost entirely in the electronic ground
state 1s. From this level, hydrogen has allowed transitions: 1s — 2p, 1s —
3p, 1s — 4p, and so on. These are referred to as the “Lyman series”: Lyman
Lyman 3, Lyman v, and so on. Lyman « has a rest wavelength A = 1215.67 A.

Both the 2P§/2 and 2Plo/2 levels have A, = 6.265 x 108 s~! for transitions to
the ground state S, giving an intrinsic linewidth (Av)E = AAye/2m =
0.0121kms ™. This intrinsic linewidth is negligible compared to the FWHM of a
thermal velocity distribution

kT\ /2 T/100K\ */?
(Av)therm - — 24/21n2 <M> =215 <J\/4/mH> kms™', (9.31)

for all gas temperatures of interest.
The 2p excited state is actually a doublet 2PlO '/2,3/22 SO there are really two Ly-

man « lines: %S /o —2 PP, 1215.674 A, and 2S5 -2 Py, 1215.668 A. However,

the fine-structure splitting of these levels is extremely small,? corresponding to a
velocity shift of only Av = 1.33kms™ " between the two components of Lyman
a. Therefore, in the ISM or IGM, the two lines are always blended by the thermal
broadening (9.31). Because the splitting is so small, and because the two excited
states have the same A, the two lines can be treated together as a single 1s — 2p
transition.

The Lyman o absorption line is of great importance because it allows us to di-
rectly measure the column density of atomic hydrogen. Figure 9.2 shows the curve
of growth for Lyman «, for five different values of the Doppler broadening param-
eter b.

Almost all hydrogen consists of the normal isotope, with atomic weight 1, but of
order 20 ppm is deuterium, with atomic weight 2.

3[E(2P§/2) - E(2P1°/2)]/hc =0.366cm™!.
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Deuterium has essentially the same energy levels as the hydrogen atom, the prin-
cipal difference being that the binding energy of all the energy levels is slightly
greater because the reduced mass of the electron-deuteron system is greater than
that of the electron—proton system by a factor (1 + m./my)/(1 + m./mg). where
mq & 2m,, is the mass of the deuteron.* The shift in energy levels causes all of
the electronic transitions in deuterium to be at slightly higher energy than the cor-
responding transitions in hydrogen, and the small amount of deuterium in a cloud
therefore appears like an equal number of hydrogen atoms but with an apparent
blue shift c(m./m, — m./mg) ~ 82kms~". Under suitable conditions, it is pos-
sible to measure the strength of both the hydrogen lines and the deuterium lines,
and thereby determine the D/H ratio in the gas.

9.8 Lyman Limit

As n — oo, the Lyman series absorption lines converge to a limiting wavelength
A = 911.75 A known as the “Lyman limit.” The interval between line centers
goes to zero as n — oo. Because the lines have finite width, they will therefore
blend together to form a continuum before reaching this limit. The series of lines
is essentially indistinguishable from a smooth continuum when

X, < UPWHM

32
in o o 9.32)

which is satisfied for quantum number

p3 g LEWHM 9.33)
2c
or
1\ 1/3
n 2 67 <2kms) : (9.34)
UFWHM
corresponding to a wavelength
y 2/3
A~ 911.75 A + 0.20 (FWHMl> A, (9.35)
2kms

or energy hv/eV = 13.599 — 0.003(vpwiv /2 kms™")2/3. When the Lyman se-
ries absorption lines blend together in this way, the resulting continuum absorption
has an absorption cross section per H, 0 =~ 6.3 x 10718 cm?, the same as the pho-
toionization cross section for hydrogen at energies just above the photoionization
threshold 13.60eV.

4The deuteron has a smaller magnetic moment than a proton. This changes the frequency of the “spin
flip” transition from 1420 MHz to 327.4 MHz, but has a negligible effect on the optical and ultraviolet
transitions.
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Table 9.2 Absorption Lines out of Ho (v =0, J=1) with A > 970 A

Transition A(A) fou |  Transition MA) feu

Ly 0-0P(1) 1110.07  0.0005775 Ly 7-0 P(1) 101433 0.008982
Ly0-OR(l) 1108.64 0.001082 Ly 7-0R(1) 1013.43  0.02045
Ly 1-0P(1)  1094.05 0.001982 Wer 0-0 Q(1)  1009.77  0.02377
Ly 1-O0R(1)  1092.73  0.003798 Wer 0-OR(1)  1008.50  0.02058
Ly2-0P(1) 1078.92  0.003942 Ly 8-0 P(1) 1003.29  0.008461
Ly2-0R(1) 1077.69  0.007716 Ly 8-0 R(1) 1002.45  0.01818
Ly3-0P(1) 1064.60 0.005964 Ly 9-0 P(1) 992.81  0.00768
Ly3-O0R(l) 1063.46 0.01192 Ly 9-0R(1) 992.01  0.01817
Ly4-0P(1) 1051.03 0.007624 Wer 1-0 Q(1) 986.80  0.03645
Ly4-0R(1) 1049.96 0.01557 Ly 10-0 P(1) 982.83  0.00679
Ly5-0P(1) 1038.16  0.008682 Ly 10-0 R(1) 982.07  0.01358
Ly5-0R(1) 1037.15 0.01813 Wer 1-0 R(1) 985.64  0.03313
Ly 6-0P(1) 102593  0.009105 Ly 11-0 P(1) 973.34  0.005875
Ly 6-0R(1) 1024.99  0.01955 Ly 11-0 R(1) 972.63  0.01395

9.9 H,: Lyman and Werner Bands

The energy level structure of Hy was reviewed in Chapter 5. Each vibration—
rotation level (v, J) of the electronic ground state X 12; of the hydrogen molecule
Hj has a large number of permitted electric-dipole transitions to vibration—rotation
levels (vy, Ju,) of electronic excited states. The first electronic excited state B 13}
and the second electronic excited state C 'II,, have permitted transitions to the low-
est (v, J) levels of the electronic ground state at wavelengths A > 912 A, so that
these lines can be observed in neutral gas where radiation shortward of the Lyman
limit is totally absorbed. Transitions between X 'Y} and B 'Y are referred to as
Lyman band transitions, and transition between X 12; and C 'II,, are Werner
band transitions.’

Table 9.2 lists the permitted transitions with A > 970 A out of a single vibration—
rotation level, (v =0, J = 1), of the electronic ground state. The lines have oscil-
lator strengths ranging from 0.00058 for Ly 0-OP(1) to 0.024 for Wer 0-0Q(1) —
a factor of 40. The fact that a single lower level has a large number of permitted
absorption lines allows the lower-level population to be determined using intrinsi-
cally weak transitions if the stronger transitions are on the flat portion of the curve
of growth.

Because of the numerous lines and the range of oscillator strengths, observation
of the rich absorption spectrum of Hy can yield the column densities of Hs from the
J =0 and J =1 rotational levels (that generally account for the bulk of the Hs) to
rotational levels as high as J =5 or 6 that may contain only ~ 10~* of the Hy. The
rotational distribution can tell us much about the physical conditions in the region

SThe second excited state C' 111, is actually split into two sets of energy states, sometimes denoted
CT and C—, with nearly identical energies. The @ branch (AJ = 0) Werner band transitions are
between X IE;L and the C'~ levels, and the R and P branch (AJ = 41) Werner band transitions are
between X 137 and Ct.
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where the H, is located — see Chapter 31 for further details.

9.10 “Metal” Lines

Following astronomical usage, all elements heavier than He are here referred to
as “metals” (including elements such as N, O, and Ne!!). With the exception of
the two lightest inert gases He and Ne, all other neutral atoms have resonance
lines (that is, permitted absorption lines out of the electronic ground state) with
A > 912 A, allowing them to be observed on sightlines where neutral hydrogen
is present. For most atoms and ions, the resonance lines all fall shortward of
~ 3000 A. For ground-based observatories, the Earth’s atmosphere is effectively
opaque at wavelength A\ < 3000 A, so that A < 3000 A transitions can be observed
only from space or in redshifted systems.

A small number of atoms and ions do have resonance lines at wavelengths A >
3000 A, allowing them to be observed from the ground. Table 9.3 lists selected
resonance lines with A > 3000 A.

Some of the lines in Table 9.3 are routinely observed, in particular the Nal D
doublet at 5891.6,5897.6 A, the K1 doublet at 7667.0,7701.1 A, and the CaII dou-
blet at 3934.8,3969.6 A.

Because Nal and KT are not the dominant ion stage for these elements, one
cannot reliably estimate the total amount of H or Hy associated with Nal or K1
absorption lines, but these lines do serve as evidence that some gas is present at the

Table 9.3 Selected® Resonance Lines® with A > 3300 A, fe, > 0.015

Configurations £ u Eg/hc(cm™)  Avac(A)  fou Note
Nal 2p83s — 2pf3p 2812 2P§/2 0 5891.582  0.641 Na Dy
’S12 *PP, 0 5897.558 0320  NaDj
All 3s?3p—3s%4s  PPP, %Sy 0 3945122 0.115
POy 283/2 112.06 3962.641  0.12
KI 3pB4s — 3pSap 2812 2P3°/2 0 7667.01 0.682
S1/2 2P1°/2 0 7701.08  0.340
Cal  3pS4s2 —3pSdsdp 1Sy tpo 0 4227918  1.750
Call 3p84s — 3pS4p 2812 2P§/2 0 3934.77 0.682 CallK
Si2 PP, 0 3969.59 033 CallH
Til  3d%4s? — 3d%4sdp  5Fs z3Fg 0 5175.19  0.0153
3F,  ySDY? 0 3949.79  0.0681
3Fs 29 0 3930.99  0.0174
3Fy y3G2 0 3636.50  0.223
3F,  w?D? 0 337140  0.078
3F,  w3Dg 0 3359.24  0.13
SF,  x3G¢ 0 3342.84  0.15
3F3  y®Fg 170.13 3990.88  0.0905
3F3 29 170.13 3957.46  0.0503

3F3 z3Pg 170.13 3948.89  0.016
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Table 9.3 contd.
configurations I u E¢/hc(em™)  Avac(A)  fou Note
3F3 29 170.13 3925.64  0.0165
3F3 x3Fg 170.13 3742.12  0.0875
3F;3 y3GQ 170.13 364371 0.198
3F3 w3DS 170.13 3378.55  0.084
3F3 x3GQ 170.13 3355.60  0.15
3Fy4 y3Fg 386.87 3999.77  0.0979
SFy 29 386.87 3959.33  0.0740
3Py y3Ge 386.87 365454 0.185
3Fy 29 386.87 3386.92  0.067
3Fy x3G¢ 386.87 337242 0.15
Till  3d%4s — 3d%4p *Fy2  2%GP 0 338474 0.281
‘Fs/2  2'GPy 94.1 337377  0.253
Frjo  2'Gg), 225.73 3362.18  0.23
Crl 3d%4s — 3d%4p a’S3 zPQ 0 4290.93 0.0623
a’Ss3 27Pg 0 4276.00  0.0842
a’Ss zPp 0 425555 0.110
3d54s — 3d*4sdp a’S3 yPQ 0 360636  0.226
a’S3 y7PS 0 359452 0.291
a’Ss3 y7P? 0 3579.71  0.366
Mnl  3d°4s® —3d°4sdp %S5, 2°Pg, 0 4035.62  0.0257
%855 z°Pg), 0 403421  0.0403
%855 2%P2), 0 4031.90  0.055
Fel 3d%4s® —3dS4sdp  °Dy z°D2 0 3861.005  0.0217
3d84s% — 3d%4s4p 5Dy Z5F9 0 3720.993  0.0411
Col  3d74s® —3d"4sdp  a'Fg)»  2'Fg), 0 352786 0.024
a'Fo/p  2'GP )y 0 3466.79  0.020
a'Fg/p  2'DP), 0 341361 0.017
a'Fosp  2'FP, 816.00 357638  0.018
a*Foro  2'GP) 816.00 351448  0.018
Nil  3d®4s? — 3dB4s4p 3F, 1 0 3370.54 0.024
3d%4s — 3d%4p 3D 3po 204.787 3525.55  0.13
3d%4s — 3d84s4p 3D3 3FQ 204.787 3462.64 0.062
3d%4s — 3d%4p 3D3 3RS 204.787 343454 0.030
3D3 3Fg 204.787 341574 0.12
3d%4s — 3d%4p 3D3 29 204.787 3393.96  0.041
3d%4s — 3d%4p 3Dy 3FQ 879.816 3516.06 0.1
3d%4s — 3d%4p 3Dg 3pp 879.816 349396  0.11
3d%4s — 3d%4p 3Dy 29 879.816 3473.53 0.03
3d%4s — 3d84s4p 3Dy SFS 879.816 3453.88 0.025
3d%4s — 3d%4p 3Dy 3D 879.816 3447.25 0.078

@ Limited to elements with abundance (X/H)g > 8 x 108
b Transition data from NIST Atomic Spectra Database v4.0.0 (Ralchenko et al. 2010)

radial velocity of the Nal or K1 lines.

Call is a more interesting case, because under some circumstances it may be
the dominant ion stage. Cal, if at all abundant, can be observed with a strong
transition at 4228 A. However, the energy required to photoionize CaII—Calll is
only 11.87 eV (see Appendix D), and therefore, even in an HI region, some of the
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Ca will be in the form of Calll, which is unobservable. But from the Cal/Call
the ionization conditions can be characterized, and the amount of CaIll estimated,
allowing the total gas-phase column density of Ca to be estimated. Unfortunately,
an unknown (but usually large) fraction of the Ca is generally locked up in dust
grains (this will be discussed in Chapter 23), and therefore from the Cal and Call
observations alone, one cannot reliably estimate the total amount of H associated
with the observed Ca Il absorption.

Another interesting case is Ti, where Til and TiIl, the two dominant ion stages
for Ti in an HI cloud, both have resonance lines in the optical, allowing the total
column of gas-phase Ti to be determined from ground-based observations. How-
ever, Ti also shares with Ca the problem that a large, but unknown, fraction of the
Ti is generally locked up in dust.

Most of the abundant atoms and ions, with a few exceptions (e.g., He, Ne, O1I)
have permitted absorption lines in the vacuum ultraviolet with wavelengths long-
ward of 912 A so that they will not photoionize hydrogen. Table 9.4 lists selected
resonance lines with 912 A < X\ < 3000 A.

Table 9.4 Selected Resonance Lines® with A\ < 3000 A

Configurations L u Ep/hc(em™)  Avac(B)  fou
CIv 15%2s — 15%2p %S12 PPY), 0 1550772 0.0962
%S172 *Pg), 0 1548202 0.190
NV 15225 — 1s%2p 2812 PPY), 0 1242.804  0.0780
*S12 PPy, 0 1242.821  0.156
OoVI 15%2s — 1s%2p *S12 PPy, 0 1037.613  0.066
Si2  *PS, 0 1037.921  0.133
CIII 252 — 252p 1S lpe 0 977.02 0.7586
cI 2s22p — 2s2p? PPy D3, 0 1334532 0.127
PS)y  °DS)y 63.42 1335708 0.114
NI 2s522p — 2s2p? PPy °Dg), 0 989.790  0.123
’pg,, 2Dg, 174.4 991.577  0.110
CI 2522p% — 2522p3s 3Pg 3pp 0 1656.928  0.140
3py 3pg 16.40 1656.267  0.0588
3py 3pgo 43.40 1657.008  0.104
NII 2522p? — 252p3 3Pg 3DyP 0 1083.990  0.115
3py 3Dg 48.7 1084.580  0.0861
3p, 3D 130.8 1085.701  0.0957
NI 2s22p3 — 2522p23s 4sg/2 P50 0 1199.550  0.130
182, 4Py 0 1200223 0.0862
Ol  2s22p* —2522p33s 3Py 3sp 0 1302.168  0.0520
3py 380 158.265 1304.858  0.0518
3Py 350 226.977 1306.029  0.0519
MgII 2p83s — 2p3p 2812 2P1°/2 0 2803.531  0.303
Sijz Py 0 2796352 0.608
ALIII 2p83s — 2p®3p 2812 21310/2 0 1862.790  0.277
Si2  2P2, 0 1854.716  0.557
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Table 9.4 contd.

Configurations £ u E¢/he (em™1) Avac(A)  fou

Mgl 2p%3s2 —2p%3s3p  1Sg tpp 0 2852.964 1.80

ATl 2p83s2 — 2p83s3p  1Sp lpo 0 1670.787 1.83

Silll 2p%3s2 —2p%3s3p  1Sp tpp 0 1206.51 1.67

PIV 2pf3s2 —2p63s3p 1S,  1P? 0 950.655  1.60
Sl 3s23p—3s%4s 2P, Sy 0 152672 0.133
°PSy  2S1/2 287.24 1533.45  0.133

PII  3s23p — 3s3p> 2P1°/2 D3/o 0 1334.808 0.029
2P, D50 559.14 1344327 0.026

Sil  3s23p? — 3s23pds 3Py 3pp 0 2515.08 0.17
3pp 3PQ 77.115 2507.652 0.0732

3p,  3pP¢ 223.157 2516.870 0.115

PII  3s23p? —3s3p> 3Py 3PP 0 1301.87  0.038
3py  3pQ 164.9 130548 0.016

3p,  3pg 469.12 1310.70  0.115

SII  3s23p? — 3s3p3 3Py 3DY 0 1190.206 0.61

35p; 3D 298.69 1194.061 0.46

3p, DY 833.08 1200.07  0.51

CIIV  3s23p? —3s3p® 3Py 3Dy 0 97321  0.55

3Py 3D 492.0 97756 041

3p, DY 1341.9 984.95 047

PI  3s73p —3s°3p°4s %S9, Py 0 1774.951 0.154

ST 3s%3p° — 3s°3p%4s 1S9, “P5)o 0 1259.518 0.12

CIII 3s?3p3 — 3s%3p?4s 1S9, “P5/» 0 1015.019 0.58

ST 3s23p* — 3523p34s 3Py 3sp 0 1807.311 0.11

3pp 38Y? 396.055 1820.343 0.11

3pp  38¢ 573.640 1826.245 0.11

CIII  3s23p* —3s3p® 3Py 3pg 0 1071.036 0.014
3p; 3PS 696.00 1079.080 0.00793

Spg 8PP 996.47 1075230 0.019

CII 3s?3p° — 3s?3p*ds °Pg, Py 0 1347.240 0.114
PPy Py 882.352 1351.657 0.0885

Arll - 3s23p® —3s3p°  ?P9, Sy 0 919.781  0.0089
PP, 2Sip0 1431583 932.054 0.0087

Arl 3p8 — 3pbis 1So  2[1/2]° 0 1048.220 0.25

@ Transition data from NIST Atomic Spectra Database v4.0.0 (Ralchenko et al. 2010)

89

Note that the ultraviolet resonance lines allow detection of many different ioniza-
tion stages of a given element: a prime example is carbon, which can be detected
as CL, CIL, CIII, or CIV. On the other hand, A > 912 A ultraviolet absorption
spectroscopy cannot detect neon at all, while oxygen can be detected via permitted
ultraviolet absorption lines only if either neutral or 5-times ionized.
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9.11 Abundances in HI Gas

The gas phase abundances of many elements relative to H have been determined
on many different sightlines using interstellar absorption lines. Such studies re-
quire that the dominant ionization states be measured. This requirement prevents
determination of the abundances of some elements, such as Ne or Na, where the
dominant ionization state (Ne® or Na'1) lacks resonance lines with A > 912 A.

The observed gas-phase abundances vary from one sightline to another, which is
presumed to reflect primarily variations in the amounts of various elements trapped
in dust grains. Such removal of elements from the gas is known as interstellar
depletion. Some elements, like Fe, are extremely underabundant in the gas phase,
with gas-phase abundances that are typically only a few percent of the solar abun-
dance, shown in Table 1.4.

Jenkins (2009) analyzed absorption line measurements on many sightlines. Jenk-
ins found that the abundances of different elements can be empirically reproduced
to fair accuracy by a fitting formula:

logy(X/H)gas = logyo(X/H)e + Cx + AxFy (9.36)

where C'xy and Ax < 0 are constants, and F} is a parameter that varies from one
region to another, scaled so that the highest abundance regions have F, ~ 0, and
low-abundance diffuse regions have F, = 1. Sightlines with F, 2 0.8 often have
more than trace of amounts of Hy present.

As was discussed in §1.1, neutral H in the ISM is thought to occur in several
distinct “phases,” with different levels of depletion of the elements. In Table 9.5,
we use the depletion parameters Ax and C'x found by Jenkins to estimate the
abundances of selected elements in different phases of the ISM.

Interstellar H1 is often classified as “warm neutral medium” (WNM), “cold neu-
tral medium” (CNM), and “diffuse Hy.” We estimate that WNM material typically
has F, ~ 0.1, and CNM material typically has F, ~ 0.4. We include abundance
estimates for the “warm ionized medium” (WIM), for which we take F, = —0.1,
and for diffuse Ho, for which we take F, ~ 0.8.

Table 9.5 lists the gas-phase abundances estimated from Eq. (9.36) using A x and
C'x values obtained from Jenkins (2009), with two adjustments. For carbon, Sofia
& Parvathi (2010) find that the oscillator strength for C 1112325A — used for many
of the published measurements of the dominant ionization state CII — was too low
by a factor of ~2; hence we have lowered Jenkins’s values for Cc by log; 2. For
sulfur, we use Jenkins’s recommended values for C's and Ag to estimate the gas-
phase abundances for the CNM and diffuse Ho, but for the WIM and WNM, where
Jenkins’s fit would predict sulfur abundances in excess of solar, we assume solar
abundances.

With the exception of He, Ne, Na, Al, and Ca, Table 9.5 includes abundance
estimates for all elements with (X/H)s > 107°, and additionally includes Ti,
which has a low abundance but is an example of an element that shows extreme
levels of depletion.
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Table 9.5 Gas-Phase Abundances Relative to H of Selected Elements (ppm) in HI

Regions

Element Solar® WIM WNM CNM Diffuse Ho
F,=-0.1 F,=0.1 F,.=04 F,=0.8

ct 295. 114. 111. 109. 93,

N 74. 62. 62. 62. 62.

(6] 537. 592. 534. 457. 372.

Na 2.04 2) (2. (2) 2)

Mg 43.7 28.1 17.8 8.9 3.6

Al 2.95 (0.54) (0.27) (0.097) (0.025)

Si 35.5 31.6 18.7 8.5 3.0

S 14.5 14.5 14.5 11.8 5.3

Ca 2.14 (0.39) (0.20) (0.070) (0.018)

Ti 0.089 0.013 0.0052 0.0013 0.0002

Fe 34.7 5.2 2.9 1.19 0.36

Ni 1.74 0.32 0.16 0.057 0.015

Mte 432, 197. 168. 142. 107.

¢ From Table 1.4.
b Gas-phase C abundance from Jenkins (2009) reduced by factor 2 (see text).

¢ Photoionizable “metals”: M = C + Na + Mg + Si+ S + Fe + 3.9 x Ni.

As we will see in Chapter 16, elements with ionization potentials / < 13.6eV
tend to be photoionized in HI clouds, and can make an important contribution to
the electron density in cool HI gas. The major electron contributors are C, Na,
Mg, Al, Si, S, Ca, Fe, and Ni. The depletion of Na is not well-determined, but

circumstantial evidence suggests that it does not strongly deplete (Weingartner &

Draine 2001b). Jenkins has not determined the depletion parameters for Al and
Ca; we provisionally assume that these have the same depletion as Ni (on the well-
studied sightline to (Oph, the depletion of Al is similar to Ni.) Thus, we take the
gas phase abundance of “metals” with Ix < Iiytobe M/H = C/H+ (Na/H)q +

Mg/H + Si/H + S/H + Fe/H + 3.9 x Ni/H, where the factor 3.9 allows for Al

and Ca. The resulting estimates for the abundance of photoionizable metals M ™
are given in Table 9.5.



Chapter Ten

Emission and Absorption by a Thermal Plasma

A thermal plasma is a partially ionized gas where the particle velocity distribu-
tions are very close to Maxwellian distributions. Such plasmas are ubiquitous in
interstellar and intergalactic space, with temperatures ranging from ~ 10%K to
~ 108 K. There are three important emission processes in thermal plasmas:

1. Free—free transitions, where the emitting electron is inelastically scattered
from one free state to another, with emission of a continuum photon.

2. Free-bound transitions, where the emitting electron is initially free, but is
captured into a bound state, with emission of a continuum photon).

3. Bound-bound transitions, where the emitting electron makes a transition
from one bound state to another, with the difference in energy carried away
by one or two photons.

In this chapter, we describe the first two of these processes. free—free emission
and free-bound emission together produce a characteristic spectrum that, when
measured, can be used to estimate the temperature of the plasma. Bound-bound
transitions will be discussed in Chapters 14 and 17.

10.1 Free-Free Emission (Bremsstrahlung)

The electrons and ions in a thermal plasma scatter off one another. In classical
electromagnetism, an accelerating charge radiates electromagnetic energy; there-
fore, we expect these scattering events to produce electromagnetic radiation. The
electrons, with their much smaller mass, undergo much larger accelerations and
therefore dominate the radiation.'

The emission is a continuum extending from very low (radio) frequencies, up
to frequencies where the emitted photon energies are comparable to the thermal
energy k7T. A classical analysis of the power radiated by electrons scattered by
ions with charge Z;e leads one to write the free—free emissivity (power radiated

'In classical electromagnetism, the power radiated by an accelerated charge ¢ is proportional to
|qa|2, where a is the instantaneous acceleration; hence, in an electron—proton plasma, the power radi-
ated by the protons is smaller by a factor (me/my;)2 = 3 x 1077 than that radiated by the electrons.
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per unit frequency, per unit volume, per steradian) as

. 8 (27 1/2 eb me\Y/2 .,
Jav =3 (3> X (k—T) e /KTy, 720, (10.1)

=5.444 x 10~ gg T, e /% 72pm, ergem®s ' sr~  Hz ™', (10.2)

where the dimensionless factor gg ; (v, T) is called the Gaunt factor for free—free
transitions. A classical treatment (Kramers 1923) gives gg = 1. The actual Gaunt
factor gg (v, T) differs from unity because of quantum effects. Note that if the
Gaunt factor were a constant, the emissivity jg ,, [Eq. (10.1)] would be independent
of frequency v —i.e., “flat” — at frequencies v < kT'/h.

The power radiated per volume by free—free emission is

oo 321 /27 \ /2 €f
AH=47T/ japdy = 228 <”) — (mkD)? (gg)r Z2nine , (10.3)
0

3 3 m2hc?
where
*©dhv _,,
(gg)TE/ ﬁe h /kTgH(Z/,T) (10.4)
0

is the frequency-averaged Gaunt factor. Because {gg)7 is almost independent of
T, the radiated power Ag o< n;n,7°-°.

10.2 % Gaunt Factor

The Gaunt factor takes into account quantum-mechanical effects. At very low
frequencies, approaching the “plasma frequency” v, = 8.98(n./cm~3)/2kHz,
(see §11.1), collective effects in the plasma become important, but for frequencies
v > v, we have just a two-body Coulomb scattering problem. For frequencies
vp < v < kT/h, the Gaunt factor from quantum-mechanical calculations is ap-
proximately

2kT)3/2
g~ V3, % _o (10.5)
™ 7rZie2me/2u 2
Zivo/1
—4.691 [1—0.1181n (V‘;/Oﬂ (10.6)
T3/?
4
~6.155 (Z;vg) 0118 71T (10.7)

where v = 0.577216.. .. is Euler’s constant, vy = v/ GHz = 30cm/\, and Ty =
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Figure 10.1 Gaunt factor gg(v) for electron-proton free—free transitions. Broken
curves (labeled by temperature 7°) are Eq. (10.9). The points are numerical results
from Hummer (1988), showing that Eq. (10.9) is accurate to ~ 1%.

T/10* K. The power-law approximation (10.7) is accurate to +10% for 0.14 <

Zivg/ Tf 2 < 250; for frequencies v satisfying this condition [and the conditions
vp € v < kT'/h required by approximation (10.5)], the free—free emissivity

Jew ~ 3.35 X 10*40Zl-l'882nineV§0'118T4_0'323 erg em®s lsr ' Hz ! . (10.8)

Thus the radio and microwave free—free emission spectrum is almost flat, declining
with increasing frequency as ~ v 012,

At higher frequencies, the Gaunt factor has been calculated numerically; values
of gg(v) calculated by Hummer (1988) are shown in Figure 10.1 for nine values of
T'. The numerical results can be approximated by

3 _
ge(v,T) ~ In {exp [5.960 — % In (Zil/gT4 3/2)

+ e} , (10.9)

where e = 2.71828.... This analytic approximation, shown in Figure 10.1, is accu-
rate to within ~ 1% over a wide range of temperatures and frequencies.

For T, = 1, the numerical results give gg ~ 1 for v 2 10'* Hz. With the
emissivity j, gﬂv(y)e_h”/ KT it follows that most of the free—free power is near
hv ~ kT.
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10.3 Frequency-Averaged Gaunt Factor

The frequency-averaged Gaunt factor (10.4) has been calculated numerically by
Karzas & Latter (1961) for 1042 K < T/Z? < 1032 K. In the vicinity of 10* K,

)0.05

(ge)r ~ 1.34 (Ty /) Z} (10.10)

to within ~2% for 0.1 < Ty/Z? < 3. Over the full temperature range 10*? K <
(T/Z2) < 1032 K, their results are reproduced to within 2% by the fitting function

- 0.44
14 0.058[In(7/1054 22 K)J]2

(98)T =~ (10.11)

and the fitting function should remain applicable up to ~10° K. Inserting Eq.
(10.11) into Eq. (10.3), we obtain the free—free power per volume for 7' > 10*2 K:

0.44

erg cm®
1+0.058[ln(1/1054 22 K)] '

Ag(T)~1.422x 1025{1+ . }Timenme

(10.12)

10.4 Free-Free Absorption

As we have seen in §7.4.1, absorption and emission are intimately related: if the
energy levels involved in the absorption and emission processes® are populated
according to a thermal distribution with temperature 7', the attenuation coefficient
k, and the emissivity j, must satisfy Kirchhoff’s law: «, = j,/B,(T), where
B, is the Planck function. Thus, the attenuation coefficient due to free—free
absorption is obtained from the emissivity in Eq. (10.1):

4 (27 1/2 86 |: h
P i 1—e ”/kT} Zninegs . (10.13
" 3 ( 3 ) m§/2(kT)l/2hcy3 ' o ( )

where gg (v, T') is the Gaunt factor for free—free emission. Note that Eq. (10.13)
includes the correction for stimulated emission through the factor [1 — e="/kT],

2The energy levels involved are of course just the translational motions of the electrons — the emis-
sion process involves a loss of kinetic energy equal to hv. Electron—ion and electron—electron elastic
scattering will ensure that these kinetic energy states are populated according to a thermal distribution.
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In the “radio” limit hv < kT, we expand the exponential and obtain

K 4 (27 1/2 eb

LA 2

nine ~ g (3> Wzi gf (hV < kT) (1014)
=1.772 x 10727, 5052 22 g cm” (10.15)
~1.091 x 107257882 71323y, 22118 g5 (10.16)

where we have used eq (10.7). Equation (10.16) is valid for 0.14 < vg/T}® < 250.

We see from Eq. (10.16) that free—free absorption becomes strong at low fre-
quencies.

10.5 Emission Measure

The intensity I, due to free—free emission from an ionized region is obtained by
integrating the equation of radiative transfer:

I(s)=1,(0)e"™ + / ds' g, e =) (10.17)
0
=1,(0)e" ™ +/ dr’ [Jﬁ”] e (=) (10.18)
0 Rff v

If the ionized region has a uniform temperature 7', then

I,=1,0)0 ™ + []f“} (1—e™) (10.19)
Rff v T
1—e ™) [ ja.
B Gk )[Jff’ } EM | (10.20)
T, NeNyp |

where the emission measure F' )/ is defined by

EME/nenpds: [”e””} . (10.21)
Rff,v T

For 7 <« 1, the factor [(1 — e~ ") /7] & 1, and I,, increases linearly with EM. The
optical depth 7, is (setting Z; = 1)

7, = 1772 x 10727, 50572 gg <”) EM cm® (1022)
Np
~ —1.323 —2.118 5 [ T EM
~ 1.0917) Vg cm (np> 105 em =5 (10.23)

Bright H1I regions may have n. &~ n, ~ 10% cm™? over pathlengths As ~ 1pc,
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resulting in emission measures EM =~ 10°cm~%pc ~ 10?45 cm ™5, with a wide
range around this value.® Giant HII regions or very dense HII regions can have
EM = 10?5 cm ™ or even larger. Attenuation by free—free absorption is generally
negligible in the ISM for v & 10 GHz, but HII regions can become optically thick
forv < 1GHz.

10.6 Free—Bound Transitions: Recombination Continuum

Free—free emission involves a transition of an electron from one “free” kinetic en-
ergy state to another. It is also possible for the electron to be captured by an ion,
making a transition from a free state to a specific bound energy level, with emission
of a photon: this is referred to as a “free — bound transition,” or “radiative recom-
bination,” and associated with this process is a specific and distinctive emission
spectrum.

The inverse of radiative recombination is photoionization, and we can use Kirch-
hoff’s law to relate the bound-free emissivity to the cross section for photoioniza-
tion:

o = fbt o B (T) = [np]1rE0,pi(1) [1 et/ ’CT} B,(T), (10.24)
Jfb,y = Kbf,v Dy P
where [np]|LTE is the number density of atoms in bound state b if in LTE at tempera-
ture 7" with electron and ion densities n; and n., and oy, p; (v) is the photoionization
cross section for bound state b. Statistical mechanics tells us how to relate [ny |1 TE
to the number densities of electrons and ions — see Eq. (3.33). Using this result, we
obtain the free-bound emissivity

oy = 9b hiv? (In—hv) /KT

~ 9egi (2rm kT)322 . pi(V)neni (10.25)

where gy, is the degeneracy of bound state b, g; is the degeneracy of the ion (nor-
mally in its electronic ground state), g = 2 is the degeneracy of the free electron
state, and [y, is the energy required to ionize from bound state b. Not surprisingly,
the free—bound emissivity jg, ,, is proportional to the product n.n;. Each bound
state b contributes a recombination continuum beginning at hv = I, cut off at high
frequencies by the factor exp(—(hv — I,)/kT). For hydrogen, I, = Iy/n? and
g/ g; = 2n? for bound states of principal quantum number n. The spectrum of this
emission for a hydrogen plasma is illustrated in Figure 10.2.

10.7 Radio Recombination Lines

In a hydrogen plasma, collisional processes will maintain a population of H atoms
in very high quantum states with principal quantum number n 2 100 — referred

3We will see in Chapter 28 that the Orion Nebula has an rms electron density n. = 3200 cm~3 and
a diameter 2R =~ 0.5 pc, corresponding to a maximum emission measure EM = 5 x 106 cm~3 pc ~
1.5 x 1025 cm 5.
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Figure 10.2 Solid line: The continuous emission spectrum of a 7" = 8000 K hydrogen
plasma, including free—free emission, recombination continuum emission, and two-
photon emission from H 2s (see Chapter 14). Separate contributions of free—free and
2-photon emission are labeled. The two-photon component is suppressed at densities
ne 2 10% cm™3 (see Chapter 14). Emission lines are not shown.

to as Rydberg states. These levels are populated mainly by three-body collisional
processes (see §3.7). For a given principal quantum number n, collisions maintain
the different angular momentum states ¢ populated very nearly in proportion to
their degeneracies 2¢ + 1.

These Rydberg levels can undergo spontaneous decay to lower levels. The n +
1 — n transitions, referred to as n« transitions, are at frequencies

om+1 T 100.5 \*
Vpo = — T g, () GHz . (10.26)

The 166« transition is frequently observed, because its 1.425-GHz frequency is
conveniently close to the 1.420-GHz (A = 21.1 cm) transition of atomic hydrogen.
The na transitions with n > 1 have Einstein coefficients (averaged over the ¢
states)*

Api1n ~6.130 x 10%(n +0.7)%s™ ! . (10.27)

4Equation (10.27), obtained from an asymptotic formula by Menzel (1968), reproduces numerical
values A, 41—sr, from Wiese et al. (1966) to within 1% for n > 4.
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The attenuation coefficient x for a radio recombination line is

2
K(v) = el 9 A, (1 - ”“/g“> , (10.28)
T ge ne/ge

where ¢, is the normalized line profile ([ ¢, dv = 1), and the negative term is the
correction for stimulated emission. Recall the definition of departure coefficient b,,
in Eq. (3.45): for a level with principal quantum number 7, n,,/g,, o b,e’/ n*kT
For na transitions (levels ¢ and u have principal quantum numbers n and n + 1,
respectively),

nu/gu bn—i—l (2n + 1) In
1-— =1- — — . 10.2!
( nz/ge) by eXp{ n2(n + 1)2 kT (10.29)

Salem & Brocklehurst (1979) define

1 _ nn+1/gn+1

b= T—aote (10.30)

so that the attenuation coefficient for radiation in the no transition becomes

)\2 1 2
Ry = ("Z) Ansrom®uBa (1= e”™/ET) 0 (1031)

where hv = E, 11 — E, = (2n + 1)Iiz/[n(n + 1)]?. In LTE, the level popula-
tions would have g8, = 1. If 3,, < 0, there is a population inversion, and maser
amplification will take place.

Figure 10.3 shows 3, for three different electron densities. For the n, = 10 cm™3
case, 3, < 0 for n < 400: the competition between radiative decay and collisions
results in a population inversion for these levels — stimulated emission exceeds
absorption, and maser amplification of the line radiation will take place. For the
n. = 103 cm~3 case, a population inversion is present for n < 300: collisions are
able to keep the n > 300 levels close enough to thermal so that the attenuation
coefficient remains positive. For the n, = 10° cm ™3 case, corresponding to a very
dense HII region, collisions are rapid enough that masing occurs only for n < 130.
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n,=105%m-3

(n+1)-n transitions

B,=[1-(n,/g,)/(n,/g)]/[1-exp(~hv/KT)]
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Figure 10.3 Stimulated emission correction factor 3 for na radio recombination lines
(Salem & Brocklehurst 1979). When 3,, < 0, line intensities will be affected by maser
amplification. See Fig. 3.1 for the departure coefficients for these three cases.



Chapter Eleven

Propagation of Radio Waves through the ISM

Radio waves propagating through a plasma interact with the plasma particles, and,
as a result, the velocity of propagation of the wave differs from the speed of light
in vacuo. The interstellar electron density n. is tiny compared to the densities of
laboratory plasmas, so these effects are small, but because of the long pathlengths,
the small change in propagation speed can be measurable, thus providing informa-
tion about the electron density n.. In addition, the presence of a magnetic field
leads to a difference in the phase velocity for right- and left-circularly polarized
radio waves; this small difference results in measurable Faraday rotation of the
plane of polarization of linearly polarized radio waves, thus providing us with an
important diagnostic of the interstellar magnetic field.

Radio waves can also be refracted by inhomogeneities in the plasma, leading
to the phenomenon of interstellar scintillation; observations of this scintillation
provide valuable — and in some cases, perplexing — information about the density
structure of the ISM, with implications for interstellar turbulence.

11.1 Dispersion Relation for Cold Plasmas

In a cold plasma with electron density n., electromagnetic waves propagating with

E o e?** =it must satisfy the dispersion relation (Kulsrud 2005)
k’QCQ:wQ—wﬁ , (11.1)
where
4 2\ 1/2 1/2
Wy = < Tec ) = 5,641 x 10* (") 57! (11.2)
Me cm

is known as the plasma frequency. From this equation, it is evident that there
are no propagating modes with frequencies below the plasma frequency w,,. Radio
astronomical observations are in general conducted at frequencies v 2 108 Hz, far
above the plasma frequency v, = w,, /27 = 8.979 x 103(n./ cm~3)/2 Hz, so we
can in general make the approximation w,/w < 1 when discussing propagation of
electromagnetic waves through the ISM.

The phase velocity — the speed of propagation of a surface of constant phase
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for a monochromatic wave — is

w c
Uphase = — = —F————>C , (11.3)
RV R P
and the plasma has a refractive index
o\ 1/2

w
mw) = —< :( —§> <1 . (11.4)

Uphase w

11.2 Dispersion

A “wave packet” in a dispersive medium will propagate with the group velocity

d
V(W) = d—: . (11.5)

In a plasma, the group velocity is

2 1/2
vgc<1wg> . (11.6)

This is the speed at which information can be transmitted; note that v, < c.

Suppose that an astronomical object, e.g., a pulsar, emits a pulse of radiation at
t = 0. If the distance to the pulsar is L, the time of arrival of energy at frequency
v=w/2mis

L
dL
Larrival :/ N (11.7)
0 Vg(w)
L 2
dL lw
~ —[1+=-2 11.8
/0 c ( + 2w2> (11.8)
L 1 [t
=— dL 11.9
c + 20w2/0 “p (11.9)
L 21
_ © DM (11.10)
¢ 2mmec v?
L v \2 DM
== +4.146 x 1073 11.11
c * x ( GHZ) cm—3 pc 5 ( )

where the time delay has been written in terms of the dispersion measure:

L
DME/ nedL . (11.12)
0
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A typical dispersion measure to a pulsar ~ 3 kpc away might be DM ~ 10% cm 3 pc;
for this value of DM, the pulse arrival time at 1 GHz would be delayed by ~ 0.4s
after traveling ~ 10 years.

Because of the dependence on v~2, low frequencies arrive later, and we speak
of the pulse as being “dispersed.” The actual pulse travel time ¢ ,;yiva1 1S unknown,
but from measurement of the pulse arrival time at different frequencies, we can
observationally determine dt yriva1 /dv. Differentiating Eq. (11.10), we obtain

_Wmec V3 dtarrival

DM =
e2 dv

(11.13)

This method has been used to determine the dispersion measure DM to many
hundreds of pulsars (Taylor & Cordes 1993; Cordes & Lazio 2003). If the distance

—120° —-150° 180° 150° 120°

Perseus N

Figure 11.1 The spiral pattern for the Milky Way as estimated from pulsar D M, where
spiral arms are assumed to coincide with regions of enhanced electron density n..
Dashed line: Pattern favored by Cordes & Lazio (2003). Solid line: Pattern obtained
by Taylor & Cordes (1993). A similar pattern was inferred by Georgelin & Georgelin
(1976) based on the locations of bright HII regions. Figure from Cordes & Lazio
(2003).
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L to the pulsar can be estimated from other considerations, the measured DM
provides the mean value of the electron density along this line of sight: (n.) =
DM/L. A three-dimensional model for the electron density n.(z,y, z) can be
constrained by the DM measurements for many hundreds of pulsars. The electron
density model includes enhanced electron density in a four-arm logarithmic spiral
pattern, plus an overall density enhancement in a broad ring with radius ~ 3.5 kpc
(for an assumed Galactic Center distance of Rgc = 8.5 kpc). Figure 11.1 shows
the spiral pattern adopted by Cordes & Lazio (2003), and their estimate for the
electron density along a line passing through the Sun and the Galactic Center is
shown in Figure 11.2.

N T T T T N T T T T N T T T
1ot b NEZ2001 model |
e85 5 :
5 2 & R A
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Figure 11.2 The electron density n. at the midplane (2 = 0), on a line passing through
the Galactic Center (GC) and the Sun, as estimated by the NE2001 model of Cordes &
Lazio (2003). Spiral arm locations are indicated. The Sun is at y = 8.5 kpc.

Because of our greater knowledge of the solar neighborhood, the 3-D electron
density model of Cordes & Lazio (2003) includes structure near the Sun, including
enhanced electron density in a shell referred to as “Loop I”” (thought to be material
that has been shock-compressed as the result of one or more supernova explosions),
an underdensity of electrons in the “Local Hot Bubble” with n, ~ 0.005cm™3
(also the result of supernovae), and enhanced electron density in the neighborhood
of the Vela supernova remnant and in the Gum Nebula. The Galactic Center
region has enhanced electron density, represented by Cordes & Lazio as n, ~
10cm~3in a region of radius ~ 145 pc in the Galactic plane, with a vertical scale
height of ~ 26 pc.

The vertical structure of the electron distribution is shown at four locations in
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Figure 11.3 Electron density n. as a function of distance z above the plane at different
distances y from the Galactic Center, for the NE2001 model of Cordes & Lazio (2003).
The Sun is at y = 8.5 kpc.

Fig. 11.3; the curve for y = 8.5kpc is for the location of the Sun. In the solar
neighborhood, the electron density is ~ 0.045 cm 3 near the midplane. The elec-
tron density n. generally declines with increasing distance from the plane, reaching
~0.002cm™~3 by z = 2kpc.

Figure 11.4 shows the azimuthally averaged surface density of HII, projected
onto the disk, as a function of galactocentric radius. The upper curve shows all of
the HII mass within £10 kpc of the disk; the lower curve is limited to 4500 pc.
Integrated over the entire galaxy, the HII mass is M (HII) = 1.1 x 10° M, or
about 20% of the total diffuse H. Approximately 50% of the free electrons are
located more than 500 pc from the plane.

11.3 Faraday Rotation

Now consider a static magnetic field By to be present in the plasma, and con-
sider the propagation of electromagnetic waves with angular frequency w. In cold
plasma, the dispersion relation for circularly polarized waves is

(11.14)
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Figure 11.4 Surface density of HII, as a function of galactocentric radius, for the
NE2001 electron density distribution (Cordes & Lazio 2003). The Sun is at R =
8.5 kpc.

where
€B ”

MmeC

wp = (11.15)
is the cyclotron frequency calculated for the component of the magnetic field that
is parallel to the direction of propagation. Since
wp By

— =280—Hz , 11.16

2m uG z ( )
and interstellar magnetic field strengths are typically in the uG range, the validity
condition wp /w < 1 will be satisfied for all interstellar conditions of interest. We
now calculate the velocity of propagation of surfaces of constant phase, or phase
velocity:

_ lwl  1lwlwp
vphasc(w) = ( ) [1 + 5? + 5 w3 s (1117)

where the plus/minus sign in Eq. (11.17) applies to right/left circular polarization.'

'We follow the conventions of optical physicists, e.g., Born & Wolf (1999) or Bohren & Huffman
(1983), and use “right-handed” to refer to the mode where the E vector rotates clockwise as viewed by
the observer.



PROPAGATION OF RADIO WAVES THROUGH THE ISM 107
The two circular polarization modes differ in phase velocity and k:

wng 4med neBH

Uphase,I. — Uphase,R = C w3 = m2 Wl (11.18)
w2w 47ed n.B
Ak_k}rkkf r B _ T (11.19)
w m2c? w

where, for wp > 0, the left-handed mode has larger vpasc. Now consider the case
where the source (e.g., pulsar or active galactic nucleus, or AGN) emits linearly po-
larized radiation. Pure linear polarization can be decomposed into equal amounts
of left- and right-circularly polarized waves with an initial phase relationship de-
termined by the direction of the linear polarization at the source. In a vacuum,
the two circular polarization modes would each propagate at the speed of light,
maintaining the same phase relationship and therefore the same direction of linear
polarization. In a magnetized plasma, the two circular polarization modes have dif-
ferent phase velocities; after propagating a distance L, the two waves will differ in
phase by LAK. The linear polarization mode obtained by adding the two circular
polarization modes together will be rotated counterclockwise relative to the linear
polarization of the source by a rotation angle

1 L L ,,2
\1/:7/ Ak dL :/ “pY5 g (11.20)
2 Jo 0 2cw?
e? 1 L
—_ ¢ [ a.BdL 11.21
2rm2c? v? /0 Nl ( )
_RM N (11.22)

where the rotation measure is defined to be

1 63 L
RMZQ——/ neBydL (11.23)
0
BydlL
—8.120 x 10~ f’foi’%gradcnr2 . (11.24)
i

In general, we do not know, a priori, the direction of the linear polarization at the
source, but we can determine the RM if we measure the difference between the
linear polarization angles ¥; and ¥, at two different wavelengths A; and Ao:

Uy — Uy

RM = )\2 ¥

(11.25)

If the dispersion measure and rotation measure can both be measured, we can deter-
mine the electron-density-weighted mean value of the line-of-sight magnetic field:
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2mrm2c* RM
B)) = —%— —— 11.2
Bi)=—3" par (11.26)
(B)) RM cm ™3 pe

_ . 11.27
4G 8120 x 105 radem—2 DM (11.27)

Pulsars and AGNs are, in general, strongly linearly polarized (because they emit
synchrotron radiation), and can be used to determine the RM for many sightlines
through the Galactic ISM. Simultaneous measures of DM and RM for pulsars that
are nearby on the sky but at differing distances allows the line-of-sight component
of the magnetic field B to be determined:

~ 2am2c* ARM

By 3 ADM

(11.28)

Using this method, Han et al. (2006) conclude that the magnetic field in the disk
generally follows the spiral structure, but with reversals of magnetic field direc-
tion from spiral arms to interarm regions. The spiral arm magnetic field strength

T T T T T T T T T
O interarm field

@ arm—field .

o . 1 . 1 . 1 . 1 .
0 2 4 6 8 10

Galactocentric Radius R (kpc)

Figure 11.5 Large-scale ordered magnetic field in spiral arms and in interarm regions,
as estimated by Han et al. (2006). The spiral arm magnetic fields are all counterclock-
wise (as viewed from the North Galactic pole), while the interarm fields are clockwise.
Han et al. assumed a galactocentric distance of R = 8.5 kpc. Figure from Han et al.
(2006), reproduced by permission of the AAS.
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appears to be greater than the interarm value by a factor of ~1.5 . The estimated
field strengths are shown in Figure 11.5. Nota & Katgert (2010) used published
rotation measures to reexamine the Galactic field in the fourth quadrant. They also
find counterclockwise fields in the spiral arms and clockwise fields in the interarm
regions, but their estimate for the strength of the ordered field is somewhat smaller
than the results of Han et al. (2006).

11.4% Refraction

The group velocity determines the speed of propagation of pulses (i.e., wave pack-
ets), but discussion of propagation (i.e., the effects of refraction) is best approached
through consideration of steady monochromatic waves, since the direction of prop-
agation is normal to surfaces of constant phase.

The ISM is inhomogeneous. Variations in the electron density n. cause radio
waves propagating through it to be refracted. Let us assume that we have a wave-
front that has propagated a distance D through the clumpy ISM. Suppose that the
variations in n. have a characteristic length scale L, with characteristic density
variations (Ane) 1, yms (deviations from the average density) and variations in phase
velocity

(A’U . )L B C (AWE;)L,rms - 27re2c(Ane)L’rmS
phase/L,rms — 5 -

, (11.29)

2 w? Mmew?

plane wavefront

ﬁ distorted wavefront

Figure 11.6 Refractive distortion of an electromagnetic wave propagating through
the ISM with electron density variations on a length scale ~ L. The characteristic
scattering angle is 6 ~ Ax/L (see text).
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or variations in refractive index m with

(Avphase)L,rms _ 27T62 (Ane)L,rms
c Mew?

(Am)L,rms - (1130)

If we take a snapshot after the wavefront has traversed a single clump of thickness
L, the wavefront is advanced (relative to where it would be in the absence of the
density perturbation) by a distance

Axr=—LAm . (11.31)

After traveling a distance D (see Fig. 11.6), the wavefront has crossed (D /L) in-
dependent clumps, and the rms advance or retardation of the wavefront will be
(D/L)Y2L(Am), yms. Two rays separated by a transverse distance L will tra-
verse independent clumps, and the r.m.s. difference in advance of the wavefront
will be

Az ~V2(D/L)Y2L(AM) [ yms = (2DL)Y?(Am) [, s (11.32)

The wavefront surface will be tilted, and therefore the ray will be refracted, through
a characteristic refraction angle (see Fig. 11.6)

1/2 1/2 2
Az (2DL)*(Am)pms _ <2D> 2 (A pame (11.33)

Oy~ — ~
L L L 2

Mew

:()653”< D/kpc >1/2 (Ane)L,rms _9

11.34
L/10™ cm 10-3cm-3 "0 ( )
The source image would have angular size ~ 6. This image broadening can in
some cases be observed with long baseline interferometry.

We have been discussing the wave propagation using the conceptual framework
of “ray optics.” This will be valid provided that the refraction angle ~ (Am) L,rms
for a single clump is large compared to the diffraction angle 64;¢ ~ \/L for an
object of size L: the ray optics treatment will be valid only for

2(A L A : L
€ ( ne)L,rms - 130 MHZ(I ne)L,rms

v
2TMecy 0-3cm=3 104 cm

(11.35)

If this condition is not satisfied, the analysis should be extended to include the
diffractive effects of the inhomogeneities.”

2It is curious to observe that the diffractive effects become important at high frequencies. This
happens because of the 1 /12 dependence of the dielectric function — for a given structure, the refraction
angle varies as 1/v/2, while the diffraction angle varies only as 1/v.
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11.5% Scintillation

Because of the refractive effects mentioned earlier, there may be more than one ray
path from the source to the observer. The wavefronts arriving on different paths will
interfere, perhaps destructively. If the medium between the observer and source
is changing (due to motion of the source, medium, or observer), the interference
conditions can vary, leading to variations in the intensity of the radiation reaching
the observer — this is referred to as scintillation. For example, scintillation resulting
from turbulence is responsible for the twinkling of stars when viewed through the
Earth’s atmosphere.

A complete description of scintillation due to the ISM would entail using a three-
dimensional representation of the inhomogeneities in electron density in the region
between source and observer, and modeling the distortion of a wavefront as it prop-
agates through the medium. A simpler approach is to approximate the scattering
by the ISM as being produced by a two-dimensional “scattering screen” approx-
imately halfway between the source and the observer. The scattering can be due
to refraction of the wave, with a characteristic scattering angle as estimated in Eq.
(11.34), or, at very high frequencies, it can be dominated by the diffractive effects
of the inhomogeneities, with characteristic scattering angles 65 ~ \/L.

When the scattering angles are small, the slight curvature in the wavefront as it
reaches the observer will produce small changes in the flux from the source (i.e.,
variations in apparent brightness). When the fractional changes are small, this is
referred to as weak scattering.

However, when the scattering angles are sufficiently large, it is possible for rays
to reach the observer along multiple paths. For characteristic scattering angle 6,
Fig. 11.7 shows two ray paths reaching an observer at location A. The pathlength
difference between these two paths is

As =2,/(D/2)2+ (0sD/4)2 — D =~ D§?/8 , (11.36)

and the phase difference between these two paths to location A is

2rAs  wD#?
== = 4)\8. (11.37)

A¢

If A¢ < m, the arriving waves will interfere constructively. Because the path ge-
ometry is determined by the structure of a turbulent medium, the apparent bright-
ness of the source will vary as the medium moves across the line of sight, but the
brightness variations will not be extreme.

If, however, A¢ > m, the phase differences are large enough for either con-
structive or destructive interference to occur, and we will have scintillation. For
refractive scattering, with 65 given by Eq. (11.34), the condition for scintillation is
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simply 62 > 4\/D, or

A D2 1/3
Vs (87r2chL> (Ane)7 fs (11.38)

Therefore, scintillation effects will disappear at high frequencies. And, at a fixed
frequency v, scintillation will not occur for sources that are close to us (small D).

Let us now inquire into the characteristics of the scintillation when it does occur.
Consider a surface located a distance D from the source — call this the “detection
plane”. The observer’s detector is located at one point on the detection plane. The
source, observer, and interstellar medium all have transverse motions, and, there-
fore, the ISM along the line from source to observer is varying with time. Let the
observer be moving with a transverse motion v in a coordinate frame where the
source and phase screen are both fixed.

Each point on the detection plane will be illuminated by a region of radius
~(0s/2)(D/2) = 6;D/4 on the scattering screen, containing ~ 7 (6sD/4)?/L?
independent patches.

Multipath Propagation

6.D
2
Source
Ay
Scattering Screen/
N
s Detection
L$ ol Plane

Figure 11.7 Scattering screen and multipath propagation.

Consider one position P on the phase screen, and two different points, A and
B, on the detection plane (see Figure 11.7), with point B a distance 0,0 /2 from
point A. The direct propagation distance to B will exceed that to A by D6?/8,
corresponding to a phase shift ¢ — ¢4 = 702D /4\. The wave from patch P will
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interfere with the wave from other patches; as we move from A to B on the detection
plane, we may expect to encounter ~ 2D /4)\ maxima, separated by distance ~
(0sD/2)/(62D/4X) = 2)\/0s. The power detected by the moving observer will
vary over a scintillation time scale:

2\
(At)scint. = 5ol (11.40)
/

mec [ 2L 1 1
— —_ 11.41
62 <D> (Ane)ers UJ_V ( )

L/10%em\ ? 1073 cm =3 30 kms !

~2x 10%s L (11.42
- 5( D/ kpe ) B vr o (142

Returning to our discussion of the propagation distance to position B, we can
ask by how much the frequency must change for the phase shift due to this extra
pathlength to change by 7 radians. The condition

(AV)gein - (¢B —¢a)=m (11.43)

yields the scintillation bandwidth:

4c
AV)gein = —— 11.44
( V)bcm DQ? ( )
m “c L vt
=87 —_ (11.45)
64 D2 (Ane)erb
L/10%em (1073 em=3\?
= MH 4 11.4
390 ’ (D/kpc)? <(Ane)L,rmS> & ( o

To observe strong scintillation, it is necessary to use a bandwidth smaller than
(AV)scin — otherwise, the scintillations are washed out. In fact, by measuring the

scintillation bandwidth (Av)scin, one can determine (Ane)7 . D?/L.

11.6 x Interstellar Electron Density Power Spectrum

The preceding discussion of scintillation has been framed in terms of a character-
istic length scale L for electron density fluctuations. The real, turbulent interstellar
medium actually contains electron density fluctuations over a wide range of length
scales. It is natural to describe the electron density fluctuations in terms of the
electron density power spectrum P, (k). with normalization so that

((An,)? / &’k P, (k) . (11.47)
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Figure 11.8 Electron density power spectrum P, [see Eq. (11.48)], measured by
a number of different methods. The dotted line is eq. (11.48) with C? ~ 5 x
107" em™2%/3. From Chepurnov & Lazarian (2010). See Armstrong et al. (1995)
and Chepurnov & Lazarian (2010) for details.

Observations of scintillation in the nearby interstellar medium within ~ 1 kpc (see
Fig. 11.8) appear to be consistent with a power-law spectrum for the fluctuations in
electron density over 11 decades: 107 em=t <k < 107%% cm~! (or 10%° em <
L/27 < 1018 cm):

P, (k) ~ C2 k113 (11.48)

Measurements for a single sightline determine an average C?2 for that sightline. By
comparing different sightlines, it is found that C2 varies considerably with location,
as shown in Fig. 11.9. Within a few kpc of the Sun, it appears that the electron
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Figure 11.9 C? as a function of distance from Earth, from Cordes et al. (1985).
Points are sightlines to individual pulsars. Note: C2 = 5 x 1077 cm™20/3 =
1.1 x 1073 m=2%/3,

density fluctuations have

C2~1x107°m 2% x5 x 10717 cm—20/3 (11.49)

(Armstrong et al. 1995), although with large sightline-to-sightline variations (see
Fig. 11.9). The power-law dependence P,, o k~''/? corresponds to what would
be expected for incompressible turbulence — so-called Kolmogorov turbulence —
if the ionization fraction behaves like a passive tracer, with ionization fluctuations
“injected” on large scales and removed on very small scales.

With P, from Eq. (11.48), we can integrate Eq. (11.47) from the largest length
scale Lyax = 27/kmin = 6 X 10'8 cm down to the smallest scales, to obtain
total rms electron density fluctuations ((An,)?)'/2 = 0.03cm ™3, comparable to
the mean electron density (n.) &~ 0.04 cm ™3 obtained from measurements of the
dispersion measure D M toward pulsars (see §11.2). Evidently, the electron density
has variations of order unity on length scales 27 /kpyin ~ 6 x 108 cm and longer.
To find (An.)? we integrate from 27/ L+/e to 2m+/e/ L (one e-folding):

L,rms>

—4 2 1/2 1/3
(An2) /2 — 84X 10 < c? > ( L ) (1150)

cm3 5 x 10—17 ¢ —20/3 104 cm

With (An.)r rms o< L3 (for L < 6 x 10'® cm), we see that electron density fluc-
tuations are largest on large scales. Nevertheless, small scales dominate some phe-
nomena, such as image broadening (11.34). A proper analysis of image broadening
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and scintillation should take into account the full spectrum of density fluctuations,
but that is beyond the scope of this text.

There are at least two remarkable aspects to Eq. (11.48):

e Why is the spectrum consistent with the simple Kolmogorov power-law?
There are two issues: (1) The Kolmogorov spectrum is expected for small-
amplitude, incompressible, hydrodynamic turbulence, but the ISM is com-
pressible, magnetized, and the turbulent fluctuations are large in amplitude
when k is small. (2) The Kolmogorov spectrum is expected only for scales
smaller than the smallest length scale on which the medium is being actively
stirred — yet the electron density fluctuations appear to obey the Kolmogorov
spectrum from 2 pc length scales on down, seemingly implying that the im-
portant “stirring” takes place only on scales larger than ~ 2 pc.

e The power spectrum appears to continue down to length scales as short as
~ 107 cm — this is shorter than the collisional mean free path for electrons
or ions for the plasma densities that are present. This must imply that the
density variations on the shortest length scales are occurring perpendicular
to the magnetic field direction, which is possible as long as the scale lengths
are larger than the ion gyroradius:

5uG
= o kD)t = Lo en (ME) L ansy

The electron density power spectrum amplitude C2 ~ 5 x 10~7 cm—2/3 ap-
pears to be representative of the interstellar medium within ~ 1kpc of the Sun.
However, on some sightlines (e.g., to the Vela pulsar, to the pulsar 1641-45, or to
Sgr A* at the Galactic Center), the interstellar scintillation is stronger — by up to
two orders of magnitude — than expected for electron density fluctuations corre-
sponding to Eq. (11.49). Figure 11.9 shows C? for sightlines to sources at various
distances from the Earth, showing strong enhancements in C?2 along some sight-
lines. It is not known what is responsible for these “enhanced scattering regions.”

In addition to scintillation, the electron density structure can be probed by ob-
serving temporal variation in the dispersion measure as structure in the interstellar
medium drifts in the direction perpendicular to the line of sight to a pulsar. The
density structure can also be probed by observing pulse broadening due to arrival
of the pulse along more then one path (e.g., Bhat et al. 2004).

11.7% Extreme Scattering Events

The scattering phenomena described above appear to be consistent with an ISM
with a power-law spectrum of electron density fluctuations, presumably resulting
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from interstellar turbulence. However, in the course of monitoring the fluxes of
compact extragalactic radio sources, Fiedler et al. (1987) discovered that one source
(0954+658), which had been steady for years, underwent remarkable changes in ap-
parent brightness over the course of ~3 months. At 2.7 GHz, the source brightness
declined by a factor ~2 for ~0.15 yr, but with brightness peaks just before and just
after the minimum (see Figure 11.10). The 8.1 GHz light curve differed from the
2.7 GHz light curve, with an interval of strong brightness variations that seemed to
be of shorter duration than at 2.7 GHz.

It seems unlikely that the brightness variations are intrinsic to the source, and
most likely that they are instead the result of refraction as the waves propagate
through the ISM of the Milky Way — some plasma structure in the ISM acts as a
lens, either magnifying or demagnifying the source.

The plasma lens producing the refraction must be small — if it is moving across
the LOS at < 250 kms ™!, then the transverse size of the lensing structure must be
L < (250kms™ x 0.2yr) ~ 10 AU. If the lens is at a distance of d ~ 10kpc,
then the angular size is only § = L/d ~ 1 milli-arc-sec. Order-unity changes in
brightness require that the blob be able to bend rays by an angle 2 6/2, which
requires that (|[Am|L)/(L/2) £ 0/2 = L/2d. Thus |Am| 2 L/4d =~ 10 AU/4d.
Evaluating this condition at 2 GHz, using Eq. (11.30) for Am, we find

2
MeWw 5kpc
ne = Y I Am| =1 x 103 [ 22PC) em3 (11.52)
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Figure 11.10 The so-called “Fiedler event” reported by Fiedler et al. (1987), showing
remarkable changes in the brightnes of the the extragalactic radio source 09544658 at
2.7 GHz and 8.1 GHz. The large brightness variations may be due to refraction by a
small but dense blob of ionized gas moving across the line-of-sight (see text). Figure
from Lazio et al. (2001).
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Tonized gas normally has 7' 2 10* K, with sound speed 2 10 km s ™', and therefore
the pressure in a blob with n, ~ 103 cm ™3 would far exceed the typical thermal
pressure p/k ~ 3800 cm 3 K near the Galactic plane; well above and below the
plane the ambient pressures are even smaller. The overpressured plasma would
therefore expand supersonically, and would disperse on an expansion time scale
L/10km s™' &~ 5yr. Such blobs are therefore not expected to be present in the
ISM, except perhaps as rare transient events following a sudden strong compression
of ionized gas, or resulting from sudden ionization of cool dense gas by some very
strong source of ionization.

Monitoring of radio sources has turned up a total of 10 possible lensing events
— now referred to as extreme scattering events (ESEs) — in 594 source-years of
monitoring (Fiedler et al. 1994). The sources being monitored appeared to be un-
dergoing lensing events fully ~0.1% of the time, implying that these plasma blobs
cover ~0.1% of the sky! However, there are no known interstellar phenomena that
are expected to have such ionized structures associated with them. The lensing
events may be associated with prominent “loops” of synchrotron emission (Fiedler
et al. 1994), suggesting that interstellar blast waves viewed edge-on might provide
the plasma structures required to account for the ESEs. However, no satisfactory
models have been put forward that reproduce observed ESE light curves.



Chapter Twelve

Interstellar Radiation Fields

The physical state of interstellar gas is determined in large part by interaction of
the gas and dust with the radiation field. The chemical and ionization state of the
gas depends on the rates for photoionization and photodissociation. The thermal
state is strongly affected by the heating effects of photolectrons ejected from both
atoms and dust grains. Dust grains are heated by the radiation field and reradiate
the energy at longer wavelengths; the dust grain emission spectrum is determined
by the spectrum and intensity of the radiation field to which the dust is exposed.
The radiation field can also have dynamical consequences: radiation pressure from
anisotropic radiation can accelerate dust and gas, sometimes to high velocities.

The interstellar radiation field in the solar neighborhood is dominated by six
components:

o Galactic synchrotron radiation from relativistic electrons.

e The cosmic microwave background radiation.

Far-infrared (FIR) and infrared (IR) emission from dust grains heated by
starlight.

Emission from ~ 10* K plasma — free—free, free-bound, and bound-bound
transitions.

e Starlight — photons from stellar photospheres.

e X-ray emission from hot (10° to 108 K) plasma.

The contribution of each of these to the interstellar radiation field will be briefly
discussed in this Chapter. Our objective is to gain an estimate for the specific energy
density u, to enable calculation of rates for photoexcitation, photoionization, and
photodissociation for atoms, ions, and molecules of interest; heating of dust grains;
and photoelectric emission from dust. Components will be discussed in order of
increasing frequency.

12.1 Galactic Synchrotron Radiation

The interstellar medium (ISM) contains relativistic electrons that emit synchrotron
radiation in the galactic magnetic field; this synchrotron radiation dominates the
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sky brightness at frequencies v < 1 GHz. The synchrotron emissivity is spatially
variable, with enhancements near supernova remnants due in part to electron accel-
eration associated with the supernova blastwave and in part to increased magnetic
field strengths in the shocked gas.

The all-sky 408-MHz map by Haslam et al. (1982) — see Plate 4 — has a mean
intensity in the sychrotron component corresponding to an antenna temperature
(T4) = 31.3K (Finkbeiner 2004, private communication). The spectrum is ap-
proximated by a power-law, (uy )synch X vB. La Porta et al. (2008) find 8 =
—0.95 + 0.15 between 0.408 and 1.42 GHz for |b| > 5°. Thus the sky-averaged
Galactic synchrotron background has

vu, =~ 2.86 X 10_19u8‘05 ergem ™3 (12.1)

between 408 MHz and 1.42 GHz. At higher frequencies, the synchrotron spectrum
appears to steepen. Finkbeiner (2004) finds u, oc v~!4 between 0.4 and 23 GHz
for the bright synchrotron-emitting structure known as “Loop 1,” and assumes this
spectrum to be applicable throughout the high-latitude sky. The high-frequency
behavior depends on the processes responsible for accelerating the ultrarelativistic
electron population. In Figure 12.1, the synchrotron spectrum is approximated by

0.1
1% .
vu ~3.05x107"Y—2  ergem™? 12.2
( l/)synch 1 + 0.04V9 g ( )
this is consistent with what is known about the synchrotron background at v <
23 GHz.! The sky-averaged antenna temperature due to synchrotron radiation is

-2.9
)

1 + 0.04vyg

which gives (ATA)synch =~ 705K at v =140 MHz — the radio sky is very bright!
From Eq. (12.3), it is apparent that the sky-averaged Galactic synchrotron intensity
equals the intensity of the 7" = 2.7 K cosmic microwave background at ~ 1 GHz.
The total energy density in synchrotron radiation obtained by integrating Eq. (12.2)
over frequency is small (see Table 12.1).

(ATg)synen ~ 2.37 K , (12.3)

12.2 Cosmic Microwave Background Radiation

The cosmic microwave background (CMB) is very close to blackbody radiation
with a temperature Topyp = 2.7255 £ 0.0006 K (Fixsen 2009). The radiation
is essentially isotropic, with the primary departure from isotropy consisting of a
dipole perturbation due to motion of the Sun relative to the CMB rest frame with a
velocity v = 37241 kms ™" toward £ = (264.3140.15) deg, b= (48.0540.10) deg.
The CMB exceeds the Galactic synchrotron background at frequencies v 2 1 GHz.

The functional form assumed in Eq. (12.2) to describe the steepening for v > 1 GHz is rather
arbitrary, but of little consequence, as other radiation components dominate for v 2 1GHz.
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Table 12.1 Interstellar Radiation Field (ISRF) Components

Urad

Component (ergem™?)
Radio synchrotron [Eq. (12.2)] 2.7 x 10718
CMB, T=2.7125K 419 x 10713
Dust emission 5.0 x 10713
Free—free,free—bound,two-photon 45 x 1071
Starlight: 77 = 3000K, W, =7 x 10713 4.29 x 10713

T = 4000K, Wo = 1.65 x 1073 3.19 x 10713

T3 = 7500K, W3 =1 x 10~ 2.29 x 10713

A\ < 2460 A UV (Eq. 12.7) 7.11 x 10714
Starlight total 1.05 x 1072
Ho 8 x 10716
Other A > 3648 A H lines = 1.1 x Ha 9x 10716
0.1 — 2keV x rays 1x 1077
ISRF total 2.19 x 10712

12.3 Free—Free Emission and Recombination Continuum

The thermal plasma radiates free—free emission and recombination continuum, as
discussed in Chapter 10. Plate 3b shows an all-sky map of Ha emission (Finkbeiner
2003). The Ha intensity exceeds 100 R in many bright HII regions (see Plate 3b).
The all-sky-averaged Ha intensity is 8.04 R (Finkbeiner 2005, private communica-
tion), corresponding to a sky-averaged emission measure (EM) ~ 18 cm =6 p, if
the Ha is emitted from 7" ~ 8000 K gas. In Figure 12.1, we show the spectrum
calculated for plasma at T = 8000 K and an angle-averaged emission measure
(EM) =18cm % pc.?

12.4 Infrared Emission from Dust

Infrared emission from dust dominates the sky brightness between v ~ 500 GHz
(A = 600 um) and ~6 x 103 Hz (A = 5pum). Plate 2 is an all-sky map of the
emission from dust at 100 ym, produced by Schlegel et al. (1998) from observa-
tions by the Infrared Astronomy Satellite (IRAS) and the Diffuse Infrared Back-
ground Experiment (DIRBE) on the Cosmology Background Explorer (COBE)
satellite. About % of the power radiated by the dust is at A > 50 pm; this por-
tion of the emission spectrum can be approximated as thermal emission from dust
grains at a temperature Ty,s; ~ 17 K, with an angle-averaged optical depth 7(\) =
1.5 x 1073(100 m/A\)*7. (The optical properties of dust grains in the FIR will be

2The correlation of Ha and 43 GHz free—free emission at |b| 2 10° indicates a lower ratio of
43 GHz free-free to Ha than expected for 7' ~ 8000 K HII (Dobler et al. 2009), apparently because
some of the high-latitude He is actually reflected light, and some of the ionized gas is cooling and
recombining at temperatures less than ~8000 K (Dong & Draine 2010).
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discussed in Chapter 24).

However, about % of the power radiated by dust is at A < 50 gm, and much
of this power is radiated in vibrational emission bands at 3.3, 6.2, 7.7, 8.6, 11.3,
and 12.7 pm that are thought to be emitted by very small polycyclic aromatic hy-
drocarbon (PAH) particles that have undergone single-photon heating, as will be
discussed in Chapter 24.

Figure 12.1 shows the infrared emission spectrum calculated for the “DLO07” dust
model (Draine & Li 2007) consisting of carbonaceous grains (including PAHs) and
amorphous silicate grains illuminated by a range of starlight intensities. The all-
sky average intensity is approximately reproduced by the dust emission from a
medium with hydrogen column density Ny = 2.7 x 10%! cm™2, with the dust
grains illuminated by a range of radiation intensities, but with an average intensity
equal to 1.2 times the radiation field estimated by Mathis et al. (1983).
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Figure 12.1 Interstellar continuum radiation field in an HI cloud in the solar neigh-
borhood (see text). Spectral lines are not included. Solid line is the sum of all com-
ponents for hv < 13.6eV. Squares show the measured sky brightness at 408 MHz
(Haslam et al. 1982), the all-sky measurements by COBE-DIRBE in 10 broad bands
from 240 pym to 1.25 pm (Arendt et al. 1998), and all-sky measurements by ROSAT
between 150 eV and 2 keV (Snowden 2005, private communication). Dotted lines are
contours of constant photon occupation number 7.
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12.5 Starlight in an HI Region

Within an H 1 region, there is very little radiation at energies between the hydrogen
ionization energy of 13.6 eV and ~ 102 eV, because photons in this energy range
are very strongly absorbed by neutral H and He. In the energy range 1 to 13.6 eV,
most of the photons are starlight. Mathis et al. (1983) have approximated the local
starlight background as a sum of three dilute® blackbodies:

3

87Th1/4 Wj
v, = Z A e ] for A > 2450 A, (12.4)

Jj=1

and a piecewise power-law approximation for 912 A < \ < 2450 A [Eq. (12.7)
below]. To improve agreement with the COBE-DIRBE photometry, we have in-
creased the dilution factor W; by 40%, from W; = 5 x 10713 to 7x 10~ 13. This
estimate is plotted in Figure 12.1, and the blackbody parameters T’;, WW; are given
in Table 12.1.

Far-ultraviolet radiation is of considerable importance in the neutral ISM, be-
cause it can (1) photoexcite and photodissociate Ho and other molecules, (2) pho-
toionize many heavy elements, and (3) eject photoelectrons from dust grains. The
intensity of this ultraviolet radiation will be spatially variable, because the O and B
stars that are the primary emitters are neither numerous nor randomly distributed,
and because of the strong attenuating effects of interstellar dust in the far ultraviolet.
Figure 12.2 shows various estimates for the intensity of far-ultraviolet radiation in
the solar neighborhood.

Habing (1968) made an early estimate of the intensity of the ultraviolet radiation
field, vu, ~ 4x10~ " ergem =2 at A = 1000 A, i.e., hv = 12.4€V. Itis convenient
to reference other estimates of the intensity near 1000 A to this canonical value, so
we define the dimensionless parameter

(Vu")looo/i (12.5)
4x10~Mergem—3 '

X =

X is a good parameter for characterizing the radiation field when considering pho-
toexcitation of Ho, or photoionization of species with ionization potentials I be-
tween 10 and 13.6 eV. For some purposes, a wider range of UV is of interest.
Habing’s UV spectrum, if integrated between 6.0 and 13.6 eV, gives an energy
density ., (6 — 13.6eV) = 5.29x 10~ * erg cm 3. We define a parameter

o u(6—136eV)
0= 5.29% 10~ ergem 3’

(12.6)

giving the overall 6 to 13.6 eV intensity relative to Habing’s estimate.

The ultraviolet background was estimated by Draine (1978) from published ob-
servations, and fitted by a polynomial. This estimate had Gy = 1.69 and x = 1.71.

3 A “dilute blackbody” is defined to be a spectrum equal to a blackbody multiplied by a “dilution
factor” W < 1.
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Mathis et al. (1983, henceforth MMP83) represented the local ultraviolet back-
ground between 2460A and 912A by three power-law segments:

2.373 x 107 (\/ pm) 06678 ergem=3 1340 — 2460 A
vu, = ¢ 6.825 x 10713(\/ ym) erg cm =3 1100 — 1340 A . (12.7)
1.287 x 1072(\/ pm)** 2 ergem ™3 912 — 1100 A

The MMP83 estimate for the ISRF has y = 1.23 and Gy = 1.14.

Henry et al. (1980) measured the UV ISRF over 1/3 of the sky, and from this
estimated the full-sky radiation field in the UV; their results are shown in Fig. 12.2.
Gondhalekar et al. (1980) measured direct starlight in the UV; because they did
not measure diffuse radiation, this gives a lower bound* on the ISRF. The available

evidence indicates that the MMP83 radiation field is a good estimate for the ISRF
in the solar neighborhood.’
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Figure 12.2 Estimates for the ultraviolet background in the solar neighborhood, from
Habing (1968), Draine (1978), and Mathis et al. (1983, MMP83). The observational

determination by Henry et al. (1980, HAF80), and the observational lower bound from
Gondhalekar et al. (1980, GPW80) are also shown.

4Diffuse UV (mainly light scattered by dust plus fluorescent emission from Hz) may be comparable
in energy density to the direct starlight.

5 A very recent measurement of the 1370—1720A radiation field by Seon et al. (2010) obtains inten-
sities approximately a factor 2 below previous measurements by HAF80 and GPW80.
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12.6 X Rays from Hot Plasma

Supernovae are estimated to inject energy into the ISM at a rate of ~ 10°! erg /100 yr,
producing hot plasma as well as accelerating nuclei and electrons to ultrarelativistic
energies (see Chapters 39 and 40).

Most of the supernova kinetic energy goes into thermal plasma, and is eventually
radiated as x rays and extreme ultraviolet (EUV), with a broad range of energies.
The lower energy (EUV and soft X-ray) photons can be absorbed by small amounts
of neutral gas; as a result, the soft x ray background is highly variable within the
galaxy. We can measure it directly only at the location of the Sun.

The x-ray sky has been mapped by ROSAT in seven broad energy bands (Snow-
den et al. 1994). Plate 5 is an all-sky map of the 0.5-1.0 keV emission obtained by
the ROSAT satellite (Snowden et al. 1995). Snowden (2005, private communica-
tion) has integrated over the all-sky maps to determine the density of 0.1 to 2 keV
photons originating outside the solar system; the resulting energy density is plotted
in Figure 12.1. It is evident that the energy density in interstellar x rays is very
small, of order ~ 10~ of the total radiation field. Nevertheless, these x rays are of
some importance because of their ionizing properties.

In galaxies with active galactic nuclei, the x-ray intensities can be much higher
than in the Milky Way.

12.7 Radiation Field in a Photodissociation Region near a Hot Star

Consider a luminous massive star of spectral type O (accompanied by additional
lower luminosity stars) exciting an HII region adjacent to a molecular cloud — the
Orion Nebula (M42) is a nearby example. As will be discussed in Chapter 15,
the radiation from the star at energies between the hydrogen ionization threshold
of 13.6 eV and ~ 100 eV will be absorbed within the HII region surrounding the
star. Radiation below 13.6 eV will arrive at the boundary of the HII region attenu-
ated only by absorption by dust. After crossing the ionization front separating the
ionized and neutral regions, the photons will enter what is referred to as a pho-
todissociation region, or PDR (the structure of PDRs is discussed in §31.7). Fig.
12.3 shows the spectrum of the radiation field within the PDR.

The PDR is illuminated by the same CMB and galactic synchrotron radiation as
a diffuse HI cloud. In addition, the radiation field includes:

e hy < 13.6eV radiation from the nearby O star. (The photons with hv >
13.6 eV are absorbed within the HII region.)

o Free—free radiation from the HII region.
e Line emission from the HII region.

e Emission from the warm dust in the PDR.
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Figure 12.3 Radiation field in neutral gas adjacent to an HII region with peak EM
~ 4 x 10 cm ™% pc. Starlight is from an O star with T = 3.5 x 10* K and dilution
factor W = 2 x 10713 (e.g., at a distance d ~ 6.4 x 107 cm from a star of spectral
type O8V). Spectral lines, e.g., Ha, are not shown. The infrared emission from dust is
calculated for the DLO7 dust model with a starlight heating rate 3000 times the ISRF
shown in Fig. 12.1. Dotted lines are contours of constant photon occupation number
Ny

Bright H II regions, such as the Orion Nebula, have peak emission measures EM =~
10— 107 ecm~5 pc. From the perspective of a point in the PDR, the H II region will
cover ~50% of the sky, and the angle-averaged EM will be ~ i of the peak value.
In Figure 12.3, we have assumed an angle-averaged EM ~ 1 x 105 cm =% pc.

The hv < 13.6 €V starlight entering the PDR mostly ends up absorbed by dust,
with the energy reradiated in the IR. The energy density of this radiation will be
similar to the energy density of starlight entering the PDR. A simple estimate for
the IR radiation field is shown in Fig. 12.3.6

5The dust emission spectrum shown in Fig. 12.3 is for the DLO7 dust model illuminated by starlight
with an intensity U = 3000 relative to the ISRF, with an angle-averaged column density Ny =
5x 1021 em—2.



PLATE 1. All-sky image of ~ 5 x 10® stars detected by the 2MASS survey: Blue=1.2 um,
green=1.65 ym, and red = 2.2 ym. This Hammer equal-area projection has the Galactic Center
[(¢,b) = (0,0)] at the center of the image, £ = 180° at left and right, with ¢ increasing from
right to left. The stars are in a disk-like geometry, and in a stellar “bulge” concentrated around
the center. The ISM (seen by the obscuration and reddening produced by dust) is primarily
in a disk-like geometry. The LMC and SMC are visible below and to the right of center.
This mosaic image was obtained as part of the Two Micron All Sky Survey (2MASS), a joint
project of the Univ. of Massachusetts and IPAC/Caltech, funded by NASA and the NSF. Credit:
2MASS/]. Carpenter, T.H. Jarrett, & R. Hurt.

PLATE 2. The 100 um sky, after subtracting the emission from warm interplanetary dust
particles within the Solar system. The LMC and SMC are visible at (¢,b) = (280°,—33°)
and (303°, —44°). The bright emission near £ = 80° (in Cygnus) corresponds to dust in the
Perseus spiral arm (see Fig. 11.1) and the Cygnus OB2 association, at a distance of ~ 1.45 kpc.
Based on observations with the IRAS and COBE satellites. Image courtesy of D. Finkbeiner.



PLATE 3. a: All-sky map of HI 21 cm line intensity from the LAB survey (Kalberla et al.
2005), with angular resolution ~0.6°. Scale gives log,, N (HI)(cm™2). The LMC and SMC
are visible (cf. Plate 1), with a connecting H I “bridge.” Image courtesy of P. Kalberla. b: Ha
from Finkbeiner (2003). Many bubble-like ionized structures are apparent, including the Orion
Nebula and Barnard’s Loop near (£,b) ~ (209°, —19°); the Gum nebula (256°, —9°); and
the ¢ Oph H 1II region (6°,23°). Image courtesy of D. Finkbeiner. ¢: [CII]158 um from
Fixsen et al. (1999), reproduced by permission of the AAS. The map is smoothed to 10°
resolution. Black stripes are unobserved regions. Scalebar shows [CII]158 ym intensity in
nWm Zsr !,



PLATE 4. All-sky map of 408 MHz continuum emission (Haslam et al. 1982), synchrotron
radiation from highly relativistic electrons. In addition to bright emission along the Galactic
plane, there are conspicuous extensions above and below the plane, in particular the so-called
North polar spur, starting from the Galactic plane at £ ~ 15° and extending upward in a
loop-like geometry. Bright sources in the Galactic plane include: the Vela/Puppis SNR near
(261°,—3°), Sgr A at the Galactic Center; the Cygnus superbubble near (85°,0), and Cas A
at (112°,—2°). The LMC and SMC are visible. Image produced by NASA SkyView, using
data from Max-Planck Institiit fiir Radioastronomie.
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PLATE 5. ROSAT PSPC all-sky map (Snowden et al. 1995) in the 0.5-1.0 keV band. Color
bar shows ROSAT count rate in cts s~ arcmin™ 2. Note the X-ray emission from the North
Polar Spur, from the Cygnus superbubble, and from the Vela/Puppis SNR, all with associated
radio synchrotron emission seen in Plate 6. Much of the emission seen toward the inner Galaxy
above and below the Galactic plane, including the North Polar Spur, is thought to be plasma
within a few hundred pc. Absorption is evident along the Galactic plane. Courtesy of Steve
Snowden (NASA/GSFC), based on data from the ROSAT All-Sky Survey (MPE/Garching).




PLATE 6. The Andromeda galaxy (M31), and its small companions M32 and NGC 205. Image
width =3.5° =47 kpc /770 kpc; N is 50.0° left of vertical. Upper image: blue = 3.6 ym (mainly
starlight), red =8 ym (mainly emission from PAHs). NGC 205 (above the center of M31) and
M32 (below and to the right of center) are easily seen in starlight, but have very little 8 um
emission. Lower left image is 3.6 ;sm only, showing the relatively smooth distribution of stars.
Lower right image is 8 um only, showing the concentration of the ISM into rings and arms.
Image courtesy: NASA /JPL-Caltech/P. Barmby (Harvard-Smithsonian CfA).

PLATE 7. The nearby starburst galaxy M82. Blue=1.5keV X-rays, green = starlight,
red=8 um (PAH emission). Image width=10.7"=10.9kpc/3.5Mpc. Energy released by
stars (stellar winds, SNe) appears to be driving a hot outflow (seen in X-rays) out of the stellar
disk. There is also extended 8 um emission from PAHs as much as ~4 kpc above the disk,
presumably located in cooler gas, bounding the X-ray outflow, that has somehow been lifted
out of the disk. Credit: NASA /JPL-Caltech/STScl/CXC/ Univ. of Arizona.




Visible Infrared

PLATE 8. M51a (NGC 5194, the Whirlpool) and its companion M51b (NGC 5195).

Vis.: Visible-light image, with conspicuous dust lanes located along the spiral arms.

IR: blue = 3.6 um, red = 8 um. The dust lanes, dark in the visible-light image, are glowing in
8 pm PAH emission. Note the numerous “holes” where PAH emission is weak. The compan-
ion galaxy, M51b, is bright in starlight, but has very little PAH emission.

GMCs: Locations of GMCs with M >4 x 10° M, (detected in CO 1-0).

CO: CO 1-0 line intensity, smoothed over a 22" beam (circle in lower left corner); violet =
5Kkms™ !, red=50 K kms™?.

f(H2): H, fraction 2N (Hz)/[2N (H2)+ N (HI)]: green = 0.5, white = 1.

5 GHz: 5 GHz emission (mainly synchrotron radiation from relativistic electrons).

B: B-polarization of 5 GHz emission. The magnetic field is aligned with the spiral arms.
Credits: Vis. and IR: NASA/JPL-Caltech/R. Kennicutt (Univ. of Arizona)/DSS; GMCs, CO,
and f(H2): from Koda et al. (2009), reproduced by permission of the AAS; 5 GHz and
B: R. Beck (MPIfR Bonn), C. Horellou (Onsala Space Observatory). Image courtesy of
NRAO/AUI/NSF.



PLATE 9. The Orion Nebula (M42) (Henney et al. 2007). North is up. Image width=30"
=3.6pc/414pc; red=Ha+[N11]6584 + [SIII]9071 + scattered starlight, green =[O III]5008
+ scattered starlight, blue =H~ +HJ¢ + scattered starlight. The smaller (and more obscured)
M43 HII region is visible 8’ to the NNE. Credit: NASA, ESA, M. Robberto (Space Tele-
scope Science Institute/ESA) and the Hubble Space Telescope Orion Treasury Project Team.

PLATE 10. Center of the Orion Nebula, imaged by Hubble Space Telescope. The bright Orion
Bar is an edge-on ionization front separating neutral gas at the lower left from the HII region.
Red =[N 11]6584, green=Ha, blue=[O1II]5008. The 4 Trapezium stars are visible near the
image center. See Fig. 28.1 for a radio free-free image. At right are images of 4 protoplanetary
disks silhouetted against the HII region; each image is ~ 4" wide (1700 AU /414 pc). Credit:
NASA, C.R. O’Dell and S.K. Wong (Rice University), and M.J. McCaughrean (MPIA),



-k

PLATE 11. The Trifid Nebula (M20). Image width = 17.3"=8.5pc/1.68kpc. Left:
optical image, blue =4400A, green=5500A, red=7000A (incl. H). The Trifid Nebula is
an HII region powered by a single O7 star. The HII region is bright in Ha (red); the
blue haze to the North is starlight scattered by dust. Right: IR image (Rho et al. 2006)
with blue=3.6 yum+4.5 pm (mainly starlight), green=6+8 ym (mainly PAH emission),
red=24 pym (hot dust). The dust lanes across the HII region are dark in the optical image,
but glow brightly in the IR image. Note the dark filaments to the NNW, that are opaque at 8
and 24 pm. Credit: NOAO/NASA /JPL-Caltech/J. Rho (SSC/Caltech).

PLATE 12. The Cas A SNR. Left: Radio synchrotron image at 1.4, 5.0, and 8.4GHz. Image
width=6.0"=5.9 pc/3.4 kpc. Image courtesy of NRAO/AUL Right: X-ray image, red=0.5—
1.5keV, green=1.5-2.5keV, blue =4.0-6.0 keV. From the observed expansion the explosion
date is estimated to be 1681419 (Fesen et al. 2006). The SNR has a jet-like extension toward
the NE. The hard X-ray emission at the outer edge is thought to be synchrotron emission from
relativistic electrons. Credit: NASA/CXC/MIT/UMass Amherst/ M.D. Stage et al.



PLATE 13. The Helix Nebula NGC 7293, a planetary nebula. Red =Ha, blue =[O III]5008.
Top: Image width =28.7" =1.67 pc /200 pc; North is up. The central star temperature is ~1.0x
10° K. The central zone, bright in [O II[]5008, has a diameter ~0.4 pc, and is surrounded by
aring bright in Ho. Bottom: Image width = 4.7’ =0.28 pc /200 pc; North is 71° L of vertical.
Note the numerous dusty cometary filaments located in the inner edge of the gaseous ring. Each
cometary filament has a head with a bright ionization/dissociation front on the side facing the
central star. Credit: NASA, NOAO, ESA, the Hubble Helix Nebula Team, M. Meixner (STScI),
and T.A. Rector (NRAO).




Chapter Thirteen

lonization Processes

The ionization state of the gas varies greatly from one region to another in both the
ISM and the IGM:

o In dense molecular clouds, the material is almost entirely neutral, with z. =
ne/ng < 1076,

e In HI gas, elements such as C are photoionized by starlight, and the hydrogen
is partially ionized by cosmic rays, with resulting ionization fractions in the
range 1073 < n./ng < 1071, depending on the density, temperature, and
cosmic ray ionization rate.

e In an HII region around an early O star (e.g., spectral type O6), the hydro-
gen may be mostly ionized, the helium may be mostly singly ionized, and
elements like oxygen or neon mainly doubly ionized (O III and Ne III).

e Ina “Lyman « cloud” with N(HI) < 107 cm~? in the IGM, the hydrogen
and helium may be mostly ionized (H II, He III), with C triply ionized (CIV).

e In a supernova remnant, elements up through carbon may be fully ionized,
and elements like oxygen or neon may retain only electrons in the innermost
1s shell.

These variations in ionization arise primarily from the regional differences in the
rates for ionizing processes. The ionization state of gas is obviously critical to a
number of processes — the rate of radiative cooling, the rate at which the gas absorbs
ionizing photons from stars or active galactic nuclei, and the chemical processes
that can proceed within the gas. Furthermore, we are often in the situation where
we cannot observe the dominant ionization states directly and need to estimate
how much unseen material is present — an example is observation of HI Lyman o
absorption from a region where the hydrogen is mostly ionized. This chapter is
devoted to ionizing processes.

Consider some atom, molecule, or ion X. There are many different processes
acting to change its ionization state by removing one or more electrons:

e Photoelectric absorption: X + hv — X+ 4 ¢~

e Photoelectric absorption followed by the Auger effect:
X+hy—= (XT)* +e” = Xt £ ne™ (n > 2).
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o Collisional ionization: X + e~ — X+ + 2e™.
e Cosmic ray ionization: X + CR — X +e¢~ + CR.
e Charge exchange: X + Y+ — Xt +Y.

The first four processes will be discussed in this chapter; charge exchange will be
discussed in Chapter 14.

13.1 Photoionization

The nonrelativistic quantum mechanics of hydrogen and one-electron (i.e., “hydro-
genic”) ions is simple enough that the ground-state photoelectric cross section for
photons with energy hv > Z2 Iy is given by an analytic expression:

8]
Il

727 4 4—4arctan(z)/w h
H> ¢ Y 1, a3

O'pc(l/) =00 ( ho 1_ o 2n/z ) ZQIH -

where Z is the atomic number of the nucleus, and o, the cross section at threshold,
is given by

297

=-—72ana? =6.304 x 1071822 cm? | (13.2)
3ed

0o

where e = 2.71828... in Egs. (13.1 and 13.2). Over the energy range Z2Iy <
hv < 102Z2%Iy, the exact (nonrelativistic) result (13.1) is reproduced reasonably
well by a simple power-law approximation:

h -3
pe(V) & 0 (Z?I;H> for Z2Iy < hv S 102221y . (13.3)

This approximation for H is shown in Figure 13.1a. At high energies, the asymp-
totic behavior of Eq. (13.1) is

28 hy \ P
Tpe — @amg (Z%{) for hv > Z°Iy . (13.4)

The hydrogen photoelectric cross section becomes equal to the Compton scatter-
ing cross section for hv ~ 2.5keV; above this energy photoionization of H is
dominated by Compton scattering rather than photoelectric absorption.

The photoionization cross section for Hy is also shown in Figure 13.1a. The
15.4 eV ionization threshold for Hy is 15% above that for atomic H. Note that for
hv 2 20eV, the Hy photoionization cross section is approximately twice that for
H. The limiting value at high energy is ope(Hz) = 2.80,,.1. (H) (Yan et al. 1998).

For atoms with three or more electrons, the energy dependence of the photoion-
ization cross section can be considerably more complicated because there is more
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Figure 13.1 Photoionization cross sections for H, Hz, He, C, and O. The dashed line
in (a) shows the power-law approximation (13.3) for H.

than one available state for the resulting ion — for example, in the case of pho-
toionization from the O1 ground state 3Py (1522522p*), the electron being photoe-
jected could come from the 1s, 2s or 2p levels. If a 2p electron is removed, and
13.6eV < hr < 16.9eV, the resulting OII ion will be in the 1322822p3 ig0

3/2
state, but if hv > 16.9eV, the ion could also be left in the 15%225%22p3 2D§/2)5/2
state. The availability of multiple channels leads to complex structure in the pho-
toionization cross section. For ionization by continuum radiation, this detailed
structure can be smoothed and averaged over. Convenient analytic fits to the contri-
bution of individual shells to photoionization cross sections are given by Verner &
Yakovlev (1995) and Verner et al. (1996). Figure 13.1b shows the photoionization
cross sections for C and O, each of which has a conspicuous absorption edge at
the minimum photon energy for photoionization from the K shell (“K shell” = 1s
shell). At high energies (i.e., above the K-edge), the 152 electrons provide a pho-
toionization cross section that is ~ 10* times larger than the cross section for an H
atom. Thus at high energies, the heavy elements can dominate the total photoion-
ization cross section, even though the total abundance of heavy elements is only
~1073 that of H. Figure 13.2 shows photoionization cross sections for O, Ne, Mg,
and Si.
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Figure 13.2 Photoionization cross sections for O, Ne, Mg, Si.

The photoionization rate (the probability per unit time of photoionization) is

o0 uy
Cp.i.:/ apc(v)cﬁdu , (13.5)

1

where u, dv is the energy density of radiation in the frequency interval (v, v + dv).
Photoionization rates have been calculated for selected atoms and ions, for two
estimates of the local interstellar radiation field (Draine 1978; Mathis et al. 1983).
The resulting photoionization rates are given in Table 13.1.

The rates for neutral atoms cover a wide range, from 7 x 107125~ for K to
3 x 107%™ for Si — this wide variation comes from the large differences in
hv < 13.6 eV photoionization cross sections. (The difference in o}, between Mg
and Si in Figure 13.2 accounts for the factor of ~ 50 difference in photoionization
rates for Mg and Si.) It is curious that the two elements with the lowest ionization
potentials — Na and K — have relatively low photoionization rates.

Note that of the elements in Table 13.1, two — Ca and Ti — have two ion states
with ionization potentials I < Ij;. These elements can therefore be found in three
ionization states in HI regions: Cal, Call, and Calll; and Til, Till, and TiIIl.
However, ionization of Ti [I—Ti III can only be accomplished by the very few pho-
tons in the range 13.576-13.598eV, so the rate is very small (see Table 13.1).
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Table 13.1 Photoionization Rates® for Elements with Abundance X/H> 1 x 1078
and Ionization Potential (IP) < 13.60 eV, for Two Estimates of the ISRF

1P ISRF from MMP83° ISRF from D78¢
X V) Coi(s71) Cpi(s™h)
6 C 11.2603 2.58 x 10710 3.43 x 10710
11  Na 5.1391 7.59 x 10712 1.13 x 107!
12 Mg  7.6462 5.39 x 1071 8.37 x 1071
13 Al 5.9858 1.05 x 107° 1.63 x 107°
14 Si 8.1517 2.77 x 107° 4.29 x 107°
15 P 10.4867 7.93 x 1071 1.14 x 107°
16 S 10.3600 9.25 x 10710 1.29 x 107°
17  Cl 129676 3.59 x 1071 3.17 x 10710
19 K 43407 6.85 x 10712 1.04 x 10711
20 Ca 6.1132 1.21 x 10710 1.88 x 10710
» Call 11.872 4.64 x 10712 5.77 x 10712
22 Ti 6.8281 1.45 x 10710 2.12 x 10710
» Tl 13.576 1.13 x 107+ 5.12 x 10715
23V 6.7462 3.64 x 10711 4.59 x 1071
24 Cr 6.7665 4.67 x 10710 6.93 x 10710
25 Mn 7.4340 2.41 x 1071 3.77 x 10711
26  Fe 7.9024 1.92 x 10710 2.91 x 1071
27 Co 7.8810 3.96 x 10711 6.19 x 10711
28 Ni 7.6398 7.24 x 1071 1.13 x 10~1°
29 Cu 7.7264 1.45 x 10710 2.04 x 10710
30 Zn 9.3942 2.94 x 10711 4.49 x 107!

® 0p.i. from Verner & Yakovlev (1995) and Verner et al. (1996).

® Mathis et al. (1983) radiation field [Eq. (12.7)], with x = 1.231, and Go = 1.137
[see Eq. (12.5 and 12.6) for definitions of x and Go].

¢ Draine (1978) radiation field (x = 1.71, Go = 1.69).

13.2 Auger Ionization and X-Ray Fluorescence

When photoionization ejects an electron from an inner shell, it leaves the resulting
ion with an inner-shell vacancy. This highly excited state can, in principle, relax
radiatively, but it can instead undergo a radiationless two-electron transition, with
one electron dropping to fill the vacancy, and a second electron promoted to an
excited level. If the excited level is unbound, the second electron will escape: this
is referred to as the Auger effect.

Figure 13.3 shows the total number of electrons ejected following one photo-
electric absorption by the K-, Li-, or M;-shell in initially neutral atoms." For
neutral C, N, O, or Ne, photoionization from the K shell is followed by ejection of
one Auger electron (Kaastra & Mewe 1993). For atoms with larger atomic num-
bers, there can be a sequence of such transitions, with a number of Auger electrons

I K-shell = 1s subshell; L1-shell = 2s subshell; M -shell = 3s subshell.



132 CHAPTER 13

number of e ectrons

U S SR SO S NN SN ST SR S E SR SR S
0 5 10 15 20 25 30
atomic number

ol v v vy

Figure 13.3 Average number of electrons (including the photoelectron) emitted fol-
lowing photoelectric absorption by the K, L1, and M; subshells of neutral atoms.
From Kaastra & Mewe (1993).

ejected following a single photoionization. For example, photoionization from the
K shell of a neutral Fe atom will, on the average, be followed by ejection of ~4.7
Auger electrons (Kaastra & Mewe 1993). Auger ionization plays an important role
in the ionization of heavy elements by x rays. Gorczyca et al. (2003) discuss the
accuracy of the estimated Auger yields in Fig. 13.3.

It is also possible for a K'-shell vacancy to be filled by a radiative transition as
an electron from the L-shell drops to the K -shell, with emission of a K« photon.
Similarly, an electron from the M -shell can drop to the K-shell, with emission of
a K photon. This is known as “K« and K (8 fluorescence,” and is thought to be
an important source of Fe Ko and K/ line emission from gas near x ray sources,
such as accretion disks around AGN. The energies of the K« and K lines, and
the Ko/ K 3 intensity ratio, depend on the ionization state of the Fe ion that was
originally photoionized. Figure 13.4 shows estimates of Kaastra & Mewe (1993)
for the K o fluorescence yield for Fe in ion stages running from Fe? to Fet22; see
also Palmeri et al. (2003).

13.3 Secondary Ionizations

The initial kinetic energy of a photoelectron ejected from shell s of an atom or ion
is just B, = hv — I, where I, is the threshold energy for photoionization from
shell s. In the case of photoionization by x rays, the photoelectron energy can easily
be 102 to 103 eV.

In a fully ionized plasma, an energetic photoelectron slows down by Coulomb
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Figure 13.4 Average number of K« and K /3 fluorescence photons emitted following
creation of a K -shell vacancy, for all ions of Fe (stage 1 = Fe’; stage 22 = Fe*2"). Solid
curves show results of Kaastra & Mewe (1993); dashed lines are results of Jacobs &
Rozsnyai (1986). From Kaastra & Mewe (1993).

scattering off thermal electrons, with all of its initial kinetic energy eventually con-
verted to heat. However, if there are bound electrons present (e.g., H atoms), the
photoelectron can also excite electrons to excited bound states (e.g., 1s — 2p) by
collisional excitation, or to free electron states (e.g., H — HT + ¢™) by collisional
ionization. If molecules are present (e.g., Ho), an energetic electron can also excite
rovibrational excited states of the molecule. To understand the effects of energetic
electrons in a partially ionized gas, it is necessary to carry out a statistical study of
slowing-down process.

The collisional ionizations by both the photoelectron and energetic secondary
electrons are referred to as secondary ionizations. The average number of sec-
ondary ionizations per photoelectron = ¢4(Epe, x.) depends on the photoelectron
kinetic energy F,. and on the ionization state of the gas.

Numerical studies of ionization by E 2 50 eV electrons in partially ionized gas
(Dalgarno & McCray 1972; Voit 1991) are approximately reproduced by

Te E —15eV 1
9s(E,z) ~ (1 a ﬁ) ( 35eV ) 14 18298/ In(E/35eV) (13.6)

where . = n./ng, the number of free electrons per H nucleon. According to
(13.6), in neutral gas each ionization costs about 35 eV. Energy loss to the thermal
electrons suppresses ¢ by a factor > 2 for z, 2 0.027[In(E/35eV)]!-25.
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13.4 Collisional Ionization

Let the cross section for collisional ionization by an electron be o ;.(E). The rate
coefficient for collisional ionization by the thermal electrons in a plasma is

kc.i.:/ oci.(E) vfpdE (13.7)
I
SET\ /% [ E dE
= i (B)—e B/RT 13.8
<7rme> /I e )k;Te kT (13.8)

From phase-space considerations, it can be seen that the cross section must rise
smoothly from zero at the threshold energy I. For moderate energies I < E < 31,
the actual cross section can often be approximated by the simple form

0ci(E) ~ Crad (1 - é) , (13.9)

where C' is a constant of order unity. For this simple form, the thermal rate coeffi-
cient is readily calculated and is given by is

LT 1/2
kc.i.:Cwa3<8 > e /KT (13.10)
TMe
=5.466 x 1079CT,2e~1/*T cm3s 1 (13.11)

Collisional ionization cross sections are given by Bell et al. (1983) and Lennon
et al. (1988). The collisional ionization cross section for H is approximated by Eq.
(13.9) with C' = 1.07 and I = Iy.

13.5 Cosmic Ray Ionization

Most electrons and ions in interstellar space have velocities drawn from the lo-
cal thermal distribution, but a small fraction of the particles have energies that are
much larger than thermal — these “nonthermal” electrons and ions are referred to as
cosmic rays. The cosmic ray population in the solar neighborhood is observed to
extend to ultrarelativistic energies. Let (cr be the rate of ionization of a hydrogen
atom exposed to the cosmic rays. Cosmic ray ionization produces electrons with
a spectrum of energies. The mean kinetic energy (F) ~ 35eV is essentially in-
dependent of the energy of the ionizing particle, as long as the particle is moving
fast compared to the “Bohr velocity” ¢/137. Just like photoelectrons produced by
X-ray ionization, the electrons produced by cosmic ray ionization may cause sec-
ondary ionizations. In neutral gas, the number of secondary ionizations is ~ 0.67
(Dalgarno & McCray 1972), with the number of secondary ionizations decreasing
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with increasing fractional ionization approximately as

ze 0.67
64(CR) ~ (1 - ﬁ) a0 (13.12)

The total ionization rate per volume resulting from cosmic rays is

dn, N z,
( dt )CR ~ Linucon (1 - ﬁ) [1+¢s(CR)] . (13.13)

The cosmic ray ionization rate (cr is uncertain. The density of H and He cosmic
rays can be measured near the Earth down to ~ 20 MeV/nucleon (Wang et al.
2002), but below ~ 2 GeV the observed flux (see Fig. 13.5a) must be corrected
for the effects of the solar wind. Webber & Yushak (1983) used data from the
Voyager probe to calibrate the modulating effects of the solar wind, and estimated
the interstellar proton flux down to 60 MeV. As seen in Figure 13.5, the (uncertain)
corrections for the solar wind are a factor of ~3 at 1 GeV, and substantially larger
at £ < 0.3GeV.

For an assumed flux per unit solid angle F'(E) of particles with energy less than
E, the primary ionization rate {cr due to particles with £ > E;, is

o0 dF dE
=4 G(B)E— . —= | 13.14
on=in [, 0PI 1219

where the collisional ionization cross section o; for a particle with charge Ze and
velocity (B¢ is given by (Bethe 1933):

2met 72 2m.c? 32
. = 0.285 1 c 3.04 — B2 13.15
¢ mec? Iy (2 { " [IH(l - 52)} * P } ’ ( )

for 8 2 .025. Smoothly extrapolating the Webber & Yushak (1983) estimate for
the proton flux (curve WY83 in Fig. 13.5a) down to 1 MeV, the primary ionization
rate for an H atom due to &/ > 1 MeV protons is calculated to be (cr,, = 6.6 X
10~'8s~1. Allowance for the effects of helium and heavier ions raises the total
primary ionization rate to {(cr ~ 2{cr . Primary ionizations will be followed
by secondary ionizations, with the number of secondary ionizations of hydrogen
approximately given by Eq. (13.12). When the fractional ionization is low, z, <
0.03 (as in a cool HI cloud), the total ionization rate per H (including ionization by
cosmic rays heavier than H) will be (1 + ¢5)(cr ~ 3(cR.p-

From Figure 13.5b, it can be seen that (cr,, is primarily due to energies £ <
1 GeV. Because of the uncertainty in correcting for the effects of the solar wind

2 At fixed kinetic energy per nucleon, the ionization cross section (13.15) scales as Z2. For solar
abundances, He nuclei would contribute an ionization rate equal to 0.38(cR,p. and Fe nuclei would
contribute 0.023{cR,p- In fact, the cosmic-ray abundances relative to H of nuclei such as Si and Fe
are super-solar by as much as a factor of 20 (see Fig. 40.3). As a result, the total cosmic ray primary
ionization rate {cr ~ 2(CR,p-
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Figure 13.5 (a) Symbols show Voyager measurements of cosmic ray protons (Webber
& Yushak 1983). Solid curve labeled WYS83 is the estimate of Webber & Yushak
(1983) and Webber & Lockwood (2001) for the local interstellar cosmic ray protons.
Curves X1 — X4 are hypothetical spectra that match the observed high-energy proton
flux, but with larger numbers of low-energy particles than the Webber & Yushak (1983)
estimate. (b) H primary ionization rate per logarithmic interval in cosmic ray energy
E calculated for spectra X1 — X4 in (a).

at low energies, as well as the possibility that the low-energy cosmic ray spectrum
may vary from point to point in the ISM, Fig. 13.5a also shows four hypothetical
proton spectra, labeled X 1-X4, where the maximum in E-dF/dE = dF/dln E
has been arbitrarily shifted to energies lower than estimated by Webber & Yushak
(1983) for the local interstellar cosmic rays. The primary ionization rates for the
proton spectra X 1-X4 are (cr,p = 2% 10717571, 5 x 10717571, 1 x 10716571,
and 2 x 10716571, Note that models X 1-X4 all have nearly identical cosmic
ray fluxes at E > 2 GeV, where the interstellar flux can be measured reliably by
spacecraft within the Solar System — they differ only at energies £ < 1 GeV, where
we do not have reliable measurements.

As will be discussed further in Chapter 16, studies of the products of ion—neutral
chemistry inside molecular clouds (Black & van Dishoeck 1991; Lepp 1992; Mc-
Call et al. 2003; Indriolo et al. 2007) can be used to estimate cosmic ray ionization
rates. In particular, the observed abundances of H; in diffuse molecular clouds ap-
pear to require a cosmic ray primary ionization rate (cr = (0.5 — 3) x 1071671,
with an average value 2 x 10~16 s~1 (Indriolo et al. 2007). If ~50% of this is due
to protons, with the balance due to heavier nuclei, it is an indication that the inter-
stellar cosmic ray flux, in at least some clouds, may be similar to spectrum X3 in
Fig. 13.5, with dF'/d In E peaking near ~ 100 MeV.



Chapter Fourteen

Recombination of lons with Electrons

Consider some atom or molecule X. If X is ionized, there are many different
processes that act to neutralize it, by “recombining” the ion with an electron:

o Radiative recombination: X+ +e¢~ — X + hv.

e Dielectronic recombination: X + e~ — X** — X + hv.
o Three-body recombination: X +e¢~ +e” — X +e™.

e Charge exchange: X+ +Y — X +Y ™.

e Dissociative recombination: ABT +e¢~ — A+ B.

o Neutralization by grain: X + grain — X + grain™.

The relative importance of these different channels depends on the ion and on the
physical conditions. Each of these pathways is discussed in the following sections.

14.1 Radiative Recombination

Consider an ion with its electrons in some configuration that we will refer to as the
“core”. In a low-density thermal plasma, free electrons can undergo transitions to
bound states by emission of a photon:

X (core) + e~ — X(core +nf) + hv , (14.1)

where the electron is captured into some specific state n¢ that was initially un-
occupied. The cross section for electron capture via this “radiative recombination”
process is oy ne(E). As discussed in Chapter 3, if the photoionization cross section
opi,ne(hv) is either measured or calculated for level X (core + nf), then the Milne
relation (3.31) can be used to obtain the electron capture cross section oy, n¢(E).

The thermal rate coefficient ¢ for electron capture directly to level n¢, with
emission of a photon of energy hv = I,y + FE (where I,,; is the energy required for
ionization from level nf), is

8kT\ /2 > E _.,pdE
Olng(T) = <7T7’TI ) ‘/0 O—rr,nZ(E)ﬁe E/kTﬁ . (14.2)
Ve
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Table 14.1 Recombination Coefficients e (cm®s™') for H.* The approximation
formulae are valid for 0.3 < T4 < 3. For a broader range of 7', see Eq. (14.5,14.6).

Temperature T’

an(?L) 5x 10°K 1x10*K 2 x 10*K approximation

s 2.28x1071 0 1.58x1071 1.08x 1071 1.58x 10713y, 08390014 In Ty

azs  3.3Tx107M 234107 1.60x 107 2.34x 107 M7, 003700161 Ty
aop  833x107M 535x107M 3.24x107M  5.35x 107, 068170061 InTy
o 117x1078  7.69x1071*  4.84x1071*  7.69x 107147, 00370045 Ta

ass 113x107M  7.81x107'"  5.29x107'°  7.81x 107107, 0548002 InTa
azp  317Tx107M 2.04x107M 1.23x107M 2.04x 107107, 0083700681 Ty
azq 3.03x107M  1.73x107M 9.09x1071°  1.73x 1074y, 086970087TInTa
o 7.33x107M  4.55%x 107 2.67x 107 4.55x 107 4y, 072970059 In T

ais 5.23x1071% 359107 240%x 1071 3.59x 107107, 086270028 InTa
i 15Ix107M 9.66x1071°  5.81x1071  9.66x 107107, 0089700641 Ts
g 1.90x107M 1.08x107M  5.68x10710  1.08x 107 M7, 08710081 InTy
s 1.09x107M 554x1071 256x1071  5.54x 107107, 10480099
o 5.02x1071  2.96x107  1.65x 107 2,96 x 10147, 0-803-0-059In T

aa 6.82x1071  4.18x1071  2.51x107  4.18x 1073, 07210021 n Tl
ap 4.54x1071  259x1071  1.43x107  2.59x 10737, 083370034 In Ty

% From Hummer & Storey (1987)

14.2 Radiative Recombination of Hydrogen

The most important element in astrophysics is, of course, hydrogen. Cross sections
oy ne(E) for radiative recombination of hydrogen to level n¢ have been calculated,
and the thermal rate coefficients for radiative recombination to level nf have been
obtained for every level nf using Eq. (14.2). Table 14.1 presents rate coefficients
oy for direct recombination to level nf, forn =1 — 4.

An electron of kinetic energy I can undergo radiative recombination into any
level n/ of the hydrogen atom, with emission of a photon of energy hv = E + I,,4,
where I,,, = Iy/n? is the binding energy of an electron in level n¢. Therefore,
when recombination takes place directly to the ground state (n = 1), a photon will
be emitted that can ionize hydrogen.

If the region under consideration has a significant amount of neutral hydrogen
present, the emitted photon will have a high probability of being absorbed by an-
other hydrogen atom very near the point of emission, with creation of a hydrogen
ion. Therefore, aside from the transport of the ionization energy a short distance, a
recombination directly to the ground state under these circumstances has virtually
no effect on the ionization state of the gas. This was first pointed out by Baker &
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Menzel (1938), who proposed distinguishing between two limits:

e Case A: Optically thin to ionizing radiation, so that every ionizing photon
emitted during the recombination process escapes. For this case, we sum the
radiative capture rate coefficient cv,,, over all levels nt.

e Case B: Optically thick to radiation just above It; = 13.60 eV, so that ioniz-
ing photons emitted during recombination are immediately reabsorbed, cre-
ating another ion and free electron by photoionization. In this case, the re-
combinations directly to n = 1 do not reduce the ionization of the gas: only
recombinations to n > 2 act to reduce the ionization.

These two limiting cases are in fact realistic approximations for two physical sit-
uations. Photoionized nebulae around O and B stars — HII regions — usually have
large enough densities of neutral H so that free—bound photons emitted in recom-
binations to level n = 1 have a very small probability of escaping from the nebula
— for this situation, case B is an excellent approximation.

Regions where the hydrogen is collisionally ionized, on the other hand, are typ-
ically very hot (T 2 10° K) and contain a very small density of neutral hydrogen.
Because of the high 7, the free-bound emission is also relatively hard (hv > Iy),
so that the photoionization cross sections are well below the threshold value. As
a result, only a negligible fraction of photons emitted in recombinations to n = 1
will photoionize H within the nebula — for these shock-heated regions, case A is an
excellent approximation.

The effective radiative recombination rates for hydrogen for these two limiting
cases are

aa(T)=) X_: ane(T) (14.3)
n=1 ¢=0
co n—1

ap(T)=> > an(T) = aa(T) — ar4(T) . (14.4)
n=2 (=0

Good approximations to the radiative recombination rates for hydrogenic ions
(e.g., H' or Het™) are provided over the temperature range 30K < T/Z? <
3 x 10* K by the fitting formulae

OKA(T) ~ 413 X 1071322(T4/Z2)70.713170.0115 ln(T4/Z2) Cm3 871 , (145)
ap (T) ~ 2.54 x 10713z2(T4/Z2)70.816370.0208 11’1(T4/Z2) Cm3 871 . (146)

These are plotted in Figure 14.1.

14.2.1 Hydrogen Recombination Emission Spectrum

The hydrogenic energy levels are designated by quantum numbers n = 1,2, 3,4, ...
and { = 0,1,2,3,....,n — 1 (or s,p,d, f,...). With the exception of the 2s level,
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Figure 14.1 Case A and Case B rate coefficients a4 and ap for radiative recom-

bination of hydrogen, multiplied by T41 /2 (equations 14.5,14.6). Note that no single
power-law fit can reproduce the 7'-dependence over a wide range in 7.

every excited state n¢ of hydrogen has allowed radiative decays to one or more
lower levels n'¢’, satisfying the selection rules n > n' and ¢ — ¢/ = +1. Figure
14.2a shows the three different 4¢ — 2/’ transitions that contribute to the Balmer
series n = 4 — 2 transition, known as “H 3,” with a wavelength 911.77A /(1 —
%6) = 4862.7A. Figure 14.2b shows all of the allowed transitions open to an
atom in the 4p state. Therefore, as radiative recombination takes place to excited
levels n¢, these (except for 2s, which we discuss further in the following) promptly
decay to populate lower levels. The radiative decay process produces a distinctive
emission spectrum characteristic of hydrogen recombination.

The hydrogen recombination spectrum depends on temperature 7", and therefore
measured line ratios can be used to estimate 7". The power radiated in the recom-
bination lines can be used to determine the total rate of hydrogen recombination in
the ionized region. Measurements of the relative intensities of recombination lines
with different wavelengths can be used to estimate the reddening by dust between
us and the emitting region.

14.2.2 Case A Recombination Spectrum

In the optically thin limit where no emitted photons are reabsorbed — so-called Case
A — the emission spectrum of recombining hydrogen can be calculated. The power



RECOMBINATION OF IONS WITH ELECTRONS 141

(a) (b)

,,,,,,,,,,,,, ionization limit ____________ ____________lonization limit ___________
58 5p 54 —5f 5g 5s 5p 5d 5f 5g
4s 4p 4d 4f 4d Af

j@LSd "’
2s 2p

H B transitions (n=4-2) Transitions depopulating 4p

1s 1s

Figure 14.2 (a) The three transitions contributing to H3; (b) Allowed radiative transi-
tions depopulating the 4p level.

radiated per volume in the transition n¢ — n'¢’ is just

A(nl — n'0 ) hvy, "
Y oprrgn A(nl — n/"0")

dmj(nl—n'l) = nen(H)

a(nl) + Z am " Pa(n"0" nl)| . (14.7)

n’’ e ,n// >n

where Py (n” ¢, nl) is the Case A probability that an atom in level n” ¢ will follow
a decay path that takes it through level nf. The probabilities P4(n”¢”, nf) are
readily calculated from the known transition probabilities A(nf — n'f’) using
straightforward branching probability arguments.

14.2.3 Case B Recombination Spectrum

All np levels have allowed transitions to the ground state 1s, with large transition
rates Ayp 15 for n < 10 (see Table 9.1). In the ideal Case A limit, these photons
are all assumed to escape freely.

The resonant absorption cross section for Lyman «, Lyman £, and so on, are
much larger than photoionization cross sections. Any nebula that is optically thick
to Lyman continuum radiation — the defining condition for Case B — will therefore
be very optically thick to Lyman series n — 1 photons for small values of n. While
the cross sections for absorption in the n — 1 transitions is a declining function of
n, as n — oo this cross section becomes equal to the photoionization cross section
6.3 x 1078 cm? near threshold; thus, for Case B conditions, all of the Lyman series
transitions are optically thick.
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Therefore, Lyman series photons that are emitted will be resonantly absorbed by
other hydrogen atoms in the ground state, immediately exciting the absorber to the
same quantum state np as characterized the emitting atom.

Because the resonant absorption cross section is large, under Case B conditions,
a Lyman «, £, 7, . . . photon will travel only a short distance before being re-
absorbed. If we disregard the displacement — this is known as the on-the-spot
approximation — it is helpful to think about the radiative decay and resonant reab-
sorption process as though the photon were reabsorbed by the same atom as emitted
it. We will use such language in the following discussion.

Consider a hydrogen atom in level np, with n > 3. It has allowed decays to
levels n’s where n’ < n. If n > 4, (see Fig. 14.2b), there are also allowed decays
to levels n’d with 3 < n’ < n. Therefore, if the upper state np decays by emission
of a Lyman series photon (np — 1s), the photon will immediately be resonantly
absorbed, returning the excitation back to the np state. After returning to the np
state, the atom will again decay along one of its allowed decay paths, based on its
branching probabilities. The atom may emit another Lyman series photon, which
will again be absorbed. This process will repeat until eventually a non-Lyman
decay occurs, taking the atom to level n” > 1, with the emitted photon escaping
freely.!

Therefore, under Case B conditions, insofar as the spontaneous emission of pho-
tons from levels n > 3 is concerned, it is just as though the Lyman series transitions
did not even occur — every time a Lyman series photon depopulates a level np, the
level is almost instantly repopulated by reabsorption of the photon, and, because
the levels np with n > 3 always have at least one non-Lyman decay channel avail-
able, eventually the np level will depopulate by emission of a non-Lyman series
photon (e.g., a Balmer series photon). The case B emissivities jp(nf — n'¢’)
can therefore be calculated using Eq. (14.7), but with the A,,,_,1, rates replaced by
zero, and with the probabilities P4 (nf, n'¢") replaced by probabilities Pg(nf,n'(’)
calculated with the Lyman series transition probabilities set to 0. Case B emissivi-
ties for selected lines are given in Table 14.2 for 7" = 5000, 10,000, and 20,000 K.
The two strongest lines are Ho 6564.6 A and H34862.7 A. The rate coefficients
for recombinations that result in emission of these lines can be approximated by

aeff,Ha ~ 117 % 10—131’!4—0.942—0.031 InTy Cm3 S—l , (148)

aef‘f,HB ~ 303 % 10—14T4—0.874—0.O58 InTy Cm3 S—l : (149)

these approximations are accurate to within ~2% for 0.1 < T, < 3. Because
collisions can affect the high-n and 2s levels, the rate coefficients for emission of
recombination lines are weakly dependent on density. Equations (14.8 and 14.9)
are for n, ~ 103 cm ™3, but are valid to within a few percent for n. < 10% cm 3.

I This argument assumes that the population of hydrogen in excited states is too small to present
significant opacity, even for allowed transitions, such as Ha. As will be discussed later, this is not
always true, but it is usually an excellent approximation.
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Table 14.2 Case B Hydrogen Recombination Spectrum® for n, = 103 cm ™3
T(K)
5000 10,000 20,000
ap(ecm®s™!) 453 x 1071 259 x 107" 143 x 1073
Oeft 25 /OB 0.305 0.325 0.356
Ot Ha(cm®s™1) 220x 107 1.17x 107" 596 x 107
et up(cm®s™h) 540 x 107'%  3.03x107'* 1.61x107*
47 jng /neny(ergem®s™!) 221 x 1072 1.24 x 1072  6.58 x 10726
Balmer-line intensities relative to H3 0.48627 yum
JHa 0.65646/JHA 3.03 2.86 2.74
JHB0.48627/ JHS 1. 1. 1.
JH~0.43418/ jug 0.459 0.469 0.475
JH50.41030/JHp 0.252 0.259 0.264
JHe0.39713/JHp 0.154 0.159 0.163
JH80.38002/ JHB 0.102 0.105 0.106
JH90.38365 /3 0.0711 0.0732 0.0746
JH100.37990/JHB 0.0517 0.0531 0.0540
Paschen (n — 3) line intensities relative to corresponding Balmer lines
JPa1.8756/JHB 0.405 0.336 0.283
JPB1.2821/ M~ 0.43418 0.399 0.347 0.305
JP~1.0941/JH50.41030 0.391 0.348 0.311
JP61.0052/JHe 0.39713 0.386 0.348 0.314
JPe0.95487/ JH8 0.38902 0.382 0.348 0.316
JP90.92317/JH9 0.38365 0.380 0.347 0.317
JP100.90175 / JH10 0.37990 0.380 0.347 0.317
Brackett (n — 4) line intensities relative to corresponding Balmer lines
JBra 4.0523/ JH~y 0.43418 0.223 0.169 0.131
JBrB2.6259/ JH50.41030 0.219 0.174 0.141
JBry 2.1661/JHe 0.39713 0.212 0.174 0.144
JBrs 1.9451 / JHS 0.38902 0.208 0.173 0.145
JBre1.8179/JH90.38365 0.204 0.173 0.146
JBr101.7367/ JH10 0.37990 0.202 0.172 0.146
Pfundt (n — 5) line intensities relative to corresponding Balmer lines
J657.4599/ 715 0.41030 0.134 0.0969 0.0719
J754.6538/ JHe 0.39713 0.134 0.101 0.0774
J853.7406 / JH8 0.38902 0.130 0.101 0.0790
J953.2970/ JH9 0.38365 0.127 0.100 0.0797
J1053.0392/JH10 0.37990 0.125 0.0997 0.0801
Humphreys (n — 6) line intensities relative to corresponding Balmer lines
J7612.372/ JHe 0.39713 0.0855 0.0601 0.0435
J867.5026 / JH8 0.38902 0.0867 0.0632 0.0471
J965.9083/ JH9 0.38365 0.0850 0.0634 0.0481
J1065.1287/JH100.37990 0.0833 0.0632 0.0486

¢ Emissivities from Hummer & Storey (1987)



144 CHAPTER 14
14.2.4 Emission of Lyman «

Let ceras and aegrop be the effective rate coefficients for populating the 2s and 2p
states. It is clear that the case B radiative recombination process must eventually
take the atom to either the 2s level or the 2p level — thus cegas + Qefrop = aB.
The fractions f(2s) = qefros/ap =~ % and f(2p) = emop/ap = % of the case
B recombinations that populate the 2s and 2p states are given in Table 14.3. What
happens after the electron enters either the 2s or 2p levels?

The only possible radiative decay path for the 2s state is 2s — 1s, and this is
strongly forbidden. The transition proceeds by two-photon decay, with Ass_,15 =
8.23s~! (Drake 1986), emitting a continuous spectrum extending from v = 0 to
Vo = 31y /4h. Let P,st)du be the probability that one of the emitted photons will
be in (v, v + dv). Energy conservation requires that P\°% (v) = P (v — v):
PlEQS) must be symmetric around v = vy, /2. In the low-density limit, where every
transition to 2s is followed by two-photon decay, the two-photon emissivity is

h
Ju(28 = 18) = Nenpefr 25 LVPVQS)} . (14.10)
vy

The function PISQS) peaks at v = v, /2. The product hyP,S%) appearing in Eq.
(14.10) can be found, e.g., in Osterbrock & Ferland (2006) (Table 4.12). The two-
photon decay spectrum is shown in Figure 10.2.

Because the radiative lifetime of the 2s level is long (0.122s), it is possible for
collisions with electrons or protons to depopulate the 2s level before a spontaneous
decay occurs. Collisional deexcitation to the ground state 1s is possible, but the
collisional rates for 2s — 2p transitions are much larger, involving only a change
in orbital angular momentum with essentially no change in energy. The rate co-
efficients gc 252, and gy, 252, are given in Table 14.4. Collisions with protons
dominate; since n, ~ n,, the critical density at which deexcitation by electron and
proton collisions is equal to the radiative decay rate is

A S S -
251 ~ 1880cm™3 . (14.11)

Ne crit =
' qp,25—2p + Ge,25—2p

When this process is taken into account, the emissivity contributed by two-photon
decay becomes
Table 14.3 Fraction® of Case B Recombinations of Hydrogen that Populate 2s %S, /2

and 2p 2P{)/2,3/2'
T(K)  f(2s) f(2p)

4000  0.285 0.715
10000  0.325 0.675
20000 0.356 0.644

¢ From Brown & Mathews (1970)
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Table 14.4 Rate Coefficients® ¢ for 2s — 2p transitions in H due to electron and
proton collisions at 7 = 10* K.

Qp,2s~>22P1‘7/2 251 x 1074 cm?®s!
p,25—22Pg 2.23 x 1074 cm3s7!
qe,25~>22P1°/2 0.22 x 107 *em?®s7?
de,25522P2 0.35 x 10~*cm®s~!
Qp,2s—2p T Qe,25—2p 5.31 x 107 cm®s7!

% From Osterbrock (1974); Osterbrock & Ferland (2006).

NeNpQleffzs NV

e pelEs 7 p2) for 0 L . 14.12
(% e /o) o or 0 <v<v(Lya) ( )

Jv =
Therefore, in bright HII regions (e.g., the Orion Nebula), the two-photon contin-
uum is suppressed by collisional processes: the fraction of radiative recombinations
that produce two-photon emission is a decreasing function of density n.. Thus,
measurement of the ratio of two-photon continuum to Her, HB, or other recombi-
nation line from levels n > 3 allows one to determine the electron density in an
ionized nebula.

An atom entering the 2p level (whether 2P1 /o OF QP?‘)) /2) has a radiative lifetime

of only 1/ Asp1s = 1.59 ns. At interstellar densities, the probability of collisional
depopulation of the 2p state is negligible.

The Lyman « optical depth at line center can be written

15kms™?

70(Lya) = 8.02 x 10* ( 2

) 7(Ly cont) , (14.13)

where 7(Ly cont) = 6.30 x 10~® cm? N (H) is the optical depth due to photoion-
ization just above the H ionization edge. Case B conditions presume that the Lyman
continuum optical depth 7(Ly cont) > 1, so it is apparent that the Lyman « op-
tical depth is very large, 7(Lya) = 10°. The Lyman o photons will therefore be
scattered (i.e., reabsorbed and reemitted in a different direction) many times. The
scattering is coherent: the frequency is essentially unchanged in the center-of-mass
frame of the incident photon and the H atom doing the scattering. However, be-
cause the H atoms have velocities ~ 10 km s ™', each scattered photon undergoes a
random walk in frequency, which tends to take the photon away from line center
and into the wings of the profile, where the optical depth is smaller. The combined
effects of spatial diffusion and diffusion in frequency space will eventually allow
the photon to escape the nebula, if it is not first absorbed by some absorber other
than H — for example, dust — and if collisional deexcitation does not occur dur-
ing the ~ 1.59 ns intervals between absorption and reemission. This is discussed
further in §15.7.
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14.3 < Radiative Recombination: Helium

14.3.1 Het™™ + e~ — He™

Massive stars with He in their atmospheres produce very little emission at hv >
54.4eV = I(Het — He™ ™), and therefore He™ " is not abundant in normal HII
regions. However, He™™ can be abundant in the ionized gas around Wolf-Rayet
stars, in planetary nebulae, and around accreting compact objects (e.g., AGNs).
Radiative recombination of He™ ™ to He™ at temperature 7" follows a radiative cas-
cade with the same branching probabilities as for H recombination at temperature
T /4. However, all of the HeIl Lyman series np — 1s are capable of ionizing
H. The resonance photon may therefore photoionize an H atom before undergoing
resonance absorption by He II, but because the resonance cross sections are very
large, this affects only a negligible fraction of the radiative cascades. Therefore,
when case B conditions apply for atomic H, the radiative recombination cascade
following recombination of He™t will proceed as though the 3p — 1s, 4p — 1s,
5p — 1s, ... transitions were forbidden, producing a recombination line spectrum
just as for H I but with all frequencies larger by a factor 4 [assuming, of course, that
n(He1) /nye is not extremely small].

All of the He™ ions produced by radiative recombination of He™ ™ will end up in
either the 25 or 2p states. The 2s state has A(2s — 1s) = 526.7s~* (Drake 1986),
which is fast enough so that collisional depopulation is generally not important
at nebular densities, and each recombination populating 2s will contribute a two-
photon continuum with hvy + hs = 40.80eV. Decay of the 2s level produces at
least one, and usually two, photons that are capable of ionizing H.

The 2p state will immediately decay to produce He IT Lya at A = 304 A, which
will undergo some number of resonant scatterings but will eventually photoionize
either H or He". Recombination of He™™ to He™ 2s and 2p produces Balmer
continuum radiation with hv > Iy. In fact, in a nebula with n(He™ ) /n(HT) =
0.1and T' = 1 x 10* K, the production rate per volume of these H-ionizing photons
is equal to 80% of the H recombination rate per volume (Osterbrock 1989) — these
photons play an important role in the ionization of H in regions where He is doubly
ionized.

14.3.2 Het + e~ — He°

Recombination of He™ to He” is more complex. The rate coefficients for recombi-
nation directly to the ground state, or recombination to any level except the ground
state, are approximated by

142 (He) =1.54 x 107 137,70486 ¢mp3 g1 (14.14)
ap(He)=2.72 x 107137, 0™ cm3s~! (14.15)

for 0.5 < Ty < 2 (Benjamin et al. 1999). In Case B, the recombinations directly
to the ground state 1s% 'Sy generate h > 24.60 eV photons that can ionize either
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ionization limit !

He® Singlet States

_ |
— 758, [

-7 625'5%0/'*S/1 |
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Figure 14.3 Radiative decay pathways for He® (see text). Selected lines are labeled
by vacuum wavelength.

HO or He; the fraction y of these that ionize H is just

n(HO)O'piYHO (2460 eV + kT)
n(HO)op; 1o (24.60 eV + kT) + n(He®)o; 100 (24.60 €V + kT

’y%
n(He®) 0y 1100 (24.60V + KT) ]~

=1
* n(HO) opipo(24.60eV + kT)

(14.16)

For kT > 0, we have o ; 11,0 (24.6 eV + kT') /o 1o (24.6 eV + ET') > 6.0. Thus
if n(He’) > 0.16n(H), we will have y < 0.5.
The effective recombination rate for He™ — He" is then

aerf(He) = ap(He) + yay .2 (He) (14.17)

where ap is the recombination rate to all states except the ground state, and « 42
is the recombination rate to the ground state 152 1Sj.

Consider now the recombinations to excited states of He®. Approximately 25%
of these will be to states with total spin S = 0 —i.e., singlet states. Recombinations
to the singlet excited states of He” (see Figure 14.3) are followed by a radiative
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Table 14.5 Het — He" Recombination Spectrum® for n. = 102cm ™2 and
10* cm 3. Lines with j > 0.7j4472.73 are shown in bold.
ne = 102 cm—3 Ne = 104 cm—3
T(K) 5000 10,000 20,000 [ 5000 10,000 20,000
Qeff,aa72.73 (10714 cm®s71) 266 139 0700 | 2.66 147 1.14
47 jsara.73/nen(Het) (10726 ergem®s~1) 118 6.16  3.11 118 652 5.07
J2945.97/Ja472.73 0.356 0.438 0.540 | 0.357 0.419 0.359
j3188.66/J4472.73 0.745 0913 1.136 0.748 0.931 0.997
J3614.67/J4472.73 0.094 0.110 0.127 0.094 0.104 0.078
J3889.75/J4472.73 1.864 2231 2.742 | 1.891 2.555 2.953
J3965.85/J4472.73 0.193 0.226 0.261 0.194 0.219 0.187
J4027.33/Ja472.73 0.450 0.464 0.463 | 0.450 0.440 0.284
Ja121.98/Ja4a72.73 0.028 0.040 0.059 | 0.028 0.037 0.036
Ja389.16/J4472.73 0.120 0.123 0.121 | 0.120 0.116 0.074
J4438.80/J4472.73 0.013 0.017 0.023 | 0.013 0.016 0.014
Jaar2.73/ja472.73 1.000 1.000 1.000 1.000 1.000 1.000
Ja714.5/74472.73 0.075 0.105 0.164 | 0.076 0.146 0.291
J4923.31/j4472.73 0.269 0.266 0.257 | 0.269 0.259 0.196
J5017.08/J4472.73 0.496 0.567 0.646 | 0.498 0.572 0.503
J5049.15/J4472.73 0.031 0.041 0.057 | 0.031 0.045 0.059
J5877.25,5877.60/J4472.73 2989 2.743 2.591 | 2.966 2.933 3.118
J6679.99/j4472.73 0.857 0.778 0.702 | 0.849 0.775 0.554
j7067.14,7067466/]'4472.73 0.358 0.481 0.713 0.398 0.943 1.525
J7283.36/J4472.73 0.114 0.146 0.197 | 0.118 0.196 0.236
J9466.21/J4472.73 0.020 0.024 0.030 0.020 0.023 0.020
J10832.1,10833.2,10833.3/J4472.73 4.298 5.515 7.895 1291 31.39 40.74
J11972.4/Ja4a72.73 0.045 0.047 0.047 | 0.045 0.044 0.029
J12531.0/J4472.73 0.024 0.029 0.036 | 0.024 0.030 0.032
J12788.5/Ja472.73 0.174 0.152 0.129 0.173 0.143 0.079
J12794.1/J4472.73 0.058 0.051 0.043 | 0.058 0.048 0.026
J12972.0/J4472.73 0.015 0.016 0.015 0.015 0.015 0.009
J15087.8/J4472.73 0.010 0.012 0.014 | 0.010 0.012 0.010
J17007.1/J4472.73 0.066 0.066 0.066 | 0.066 0.066 0.066
J18690.4/J4472.73 0.440 0360 0.295 | 0.429 0.347 0.239
J18702.3/J4472.73 0.146 0.120 0.097 | 0.143 0.113 0.064
J19094.6/J4472.73 0.025 0.025 0.024 | 0.025 0.024 0.018
J19548.4/J4472.73 0.014 0.017 0.021 | 0.014 0.017 0.019
j20586.9/j4472.73 0.629 0.670 0.723 0.758 1.036 0.899
J21126/J4472.73 0.011 0.016 0.025 | 0.012 0.022 0.044

@ Emissivities from Benjamin et al. (1999)

cascade down to the first two singlet excited states: approximately % end up in
1525 'Sy, and approximately 2 in 1s2p 'P{. The 1s2p 'P{ state has allowed de-
cays to the ground state (A = 584.33 A) or to the 1525 'Sy state (A = 2.0587 um),
with branching ratio

A152p 1PP—1s2s1802.0587 um 1.976 x 108s~1
©1.799 x 10951

=1.098 x 1073 . (14.18)
1s2p 1P1°—>ls2 15, 584.33/;

Therefore, 99.9% of the decays of 1s2p'P¢ will be by emission of a 584.33A
photon; under Case B conditions, this photon will either ionize a hydrogen atom or
will be absorbed by a nearby He", exciting it to 1s2p ' P2, which will then undergo
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another decay. The cycle will be repeated until the photon is absorbed by dust, it
produces a hydrogen ionization, or a spontaneous decay to 1s2s occurs.

Transitions leading to 152s 1Sy will be followed by two-photon decay with A =
51.0s~! (Drake 1986) and a total photon energy 20.62 eV; 56% of these two-
photon decays produce a photon with hv > 13.60eV.

Approximately 75% of the recombinations to excited states will be to states with
spin S = 1 — i.e., the triplet states. As seen in Figure 14.3, recombinations to
triplet states of He” will be followed by a rapid cascade down to the lowest triplet
state 152s 3S1. A large fraction of these cascades pass through the 1s2p 3P state,
resulting in emission of the He 110833 A triplet (the components are at 10832.1,
10833.2, 10833.3A), with the strongest observable line> produced by recombina-
tion of He™ to He’.

The 1525 3S; level is metastable — it can decay by spontaneous emission of a sin-
gle 19.82 eV photon, but the transition is highly forbidden, with A, 49, 55, 412 15, =
1.27 x 10~*s~1. Spin-changing collisions with electrons can collisionally excite
1525 381 to 1s52s 1Sy, requiring an energy 20.62 — 19.82 = 0.80eV; at inter-
stellar densities, this will almost always be followed by two-photon decay to the
ground state with A = 51.0s7'; 56% of these decays produce a photon with
hv > 13.60eV. About 10% of the spin-changing collisions will collisionally ex-
cite 1s2p 1P, which immediately decays with emission of a 21.2 eVphoton. The
critical density for triplet-to-singlet conversion is

A
ncrit,e(132s 381) _ 1525 38—1s2 1S (1419)

Q1525 35—1s2s 1S + Q1525 35—1s2p 1P
~1100e Y/ TT95 em ™3 . (14.20)

For ne > Neyit,e (1528 381), nearly all recombinations to the triplet state are colli-
sionally converted to the singlet states before emission of a 625.6A photon can take
place.

Non-spin-changing collisions can excite 1s2s 3S; — 152p 3P§7172 (the energy
required is only 1.14eV), which will be immediately followed by emission of
HeI10833 A. Even at low densities, He 110833 A is a strong emission line, but at
high densities the line strength can be increased by this collisional excitation pro-
cess. For example, Table 14.5 shows that at T' = 10% K, the ratio of J10833/Jaar2.7
increases by a factor of 5.7 as the density is increased from 102 cm—2 to 10* cm 3.
Because it is enhanced by collisional excitation, He 110833 is also temperature-
sensitive: at n. = 104 cm ™3, the ratio J10833/Jaa72.7 increases by a factor of 3.2 as
T varies from 5 x 103 K to 2 x 10* K.

Collisional excitation from the metastable 1s2s 3S; level can also enhance the
intensity of the 7067.1 A and 3889.7 A lines; inspection of Table 14.5 shows that
these lines are indeed enhanced by increased density and increased temperature,
although not to the same degree as 10833 A itself.

2Certain H-ionizing lines emitted in permitted transitions to the ground state, such as He 1584.33 A,
are more powerful, but are unobservable.
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Table 14.6 Selected recombination rate coefficients® arr( cm® s_l) for HI regions
(T < 10*K)

Reactants T=30K T=100K T=10°K

HII+ e  — HI(caseB) 1.44x107' 7.01x107'%2 1.49 x 1072
Hell + e~ — Hel 1.75 x 107 842 x 107'%2  1.00 x 10712
Cll+e —CI 1.77 x 107 8.63x 1072 218 x 10712
Nall + e~ — Nal 144 x 107 6.77x 10712 1.31x 1072
MgIl+e~ — Mgl 2.01 x 107 718 x 107  1.00 x 107*?
AlIl + e~ — All 420x 107" 1.60 x 107 252 x 10712
Sill + e~ — Sil 1.94 x 107 9.39x 10712 2.35x 10712
Pll4+e — PI 3.60 x 107 1.70 x 10711 4.08 x 10712
SII+e~ — SI 159 x 107 746 x 1072 1.75 x 10712
ClII + e~ — CII 735 x 10711 3.02x 107! 553 x 1072
KIl4+e  — KI 292x 107" 1.11x107% 175 x 10712
Call+e  — Cal 2.09x 107 7.07x 1072 890 x 10713
Calll + e~ — Call 7.07x 1071 270 x 1071 4.28 x 10712
Till + e~ — Til 224 x 1071 759x 1072 9.62x 10713
Tilll + e~ — Till 8.06 x 1071 285 x 107 3.90 x 10~1?
Crll4+e  — Crl 238 x 1071 810x107'?  1.03 x 10712
MnlIl+ e~ — Mnl 244 x 1071 833x107'2 1.07x 10712
Fell + e~ — Fel 2.46 x 10711 852 x1071?  1.10 x 10712
Coll+e™ — Col 254 x 1071 977 x 10712 157 x 10712
Nill + e~ — Nil 210x 107" 9.04 x 1072 1.80 x 10712
Znll+ e~ — Znl 2.10 x 107 9.04 x 1071%  1.80 x 10712

¢ From Verner (1999)

14.4 Radiative Recombination: Heavy Elements

Radiative recombination of elements heavier than H or He proceeds similarly, with
the important exception that we do not concern ourselves with the possibility that
photons emitted from recombination to the ground state could be reabsorbed lo-
cally by another atom of the “recombined” species. That is, we assume Case A
conditions when studying the recombination of heavy elements. If recombination
radiation is going to produce ionization, the photons from recombination of H and
He will likely be of much greater importance than photons from recombination of
the heavier elements.

In regions where the gas temperature is < 10% K, the H and He will generally
be predominantly neutral, and most ions that are present will be either singly or
doubly ionized. Table 14.6 provides radiative recombination rates for HII, HeIl,
and ions that can be produced by photoionization by hv < 13.6eV photons, for
elements with solar abundances X/H > 4 x 107%.

In HII regions, higher ionization stages can be produced by photoionization.
Table 14.7 lists radiative recombination rates for ions with ionization potentials
< 100 €V the table is limited to the elements with solar abundances greater than
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or equal to sulfur [(S/H)s = 1.8 x 107°].

Radiative recombination of elements such as O and Ne is accompanied by emis-
sion of characteristic recombination lines — the recombining electrons are captured
into excited states, which then emit a cascade of line radiation. For example, radia-
tive recombination of O I1I sometimes populates the excited state 252p?(P)3d, re-
sulting in O114462.86 A [2s2p?(*P)3p — 2s2p*(*P)3d] and OI114073.79,
4075.13 A [252p?(*P)3s — 252p?(*P)3p] emission, in addition to other lines.

In HII regions and planetary nebulae, these recombination lines will be faint
compared to the recombination lines of H, simply because of the greatly reduced
abundance of the heavy elements compared to hydrogen, but can nevertheless be
measured. The line strengths allow the abundance of the recombining ion stage to
be inferred. Because the radiative recombination cross sections to different excited
states will have different temperature dependence, the ratios of recombination lines
can be used to determine the electron temperature. When the recombining ion
(e.g., OIII) has fine structure splitting of the ground state, the recombination line
strengths will depend on the relative populations of the different fine structure states
of the recombining ion, and the line ratios will therefore also be density dependent.
It is important to choose recombination lines for observation that are unlikely to be
contaminated by emission resulting from starlight excitation in the nebula.

The abundances obtained from recombination lines should, in principle, agree
with the abundances derived from the much stronger collisionally excited lines,
such as [O1II]4959,5007 (to be discussed in §18.5). Interestingly, recombina-
tion lines in the Orion Nebula give abundances that are larger than deduced from
collisionally excited lines of these species, by factors of 100-14£0-02 for OIII,
109-39£0-20 for O 11, 109-39%0-15 for CIII, and 10°-26+0-10 for Ne III (Esteban et al.
2004).

More extreme results are found in some planetary nebulae, with elemental abun-
dances derived from recombination lines exceeding the abundances based on colli-
sionally excited lines by factors ranging from 1.5 to 12 in a sample of 23 Galactic
planetary nebulae (Wesson et al. 2005). The optical recombination lines tend to
give abundance estimates that are significantly higher than those based on colli-
sionally excited lines (e.g., Wesson et al. 2005). The reason for these discrepancies
is uncertain. It has been interpreted as evidence for temperature variations within
the emitting gas (Esteban et al. 2004); the extreme discrepancies seen in some plan-
etary nebulae suggest that they may contain cool ionized gas where recombination
line emission is enhanced and collisionally excited emission is weak. This is a
puzzle that is yet to be resolved.

14.5 Dielectronic Recombination

For an electron that is initially free to be captured to a bound state of an atom or ion,
the electron must lose energy. Radiative recombination is relatively slow because it
is necessary to create a photon to remove this energy as part of the capture process,
and this can take place only during the brief time that the free electron is appreciably
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Table 14.7 Selected Recombination Rate Coefficients at 7 = 10* K

Reactants arr(cm3s™1)  agjer(em3s1) Qdiel / Qrr Reference
HII 4+ e~ — HI(case A) 4.18 x 10~13 0 0 d
HII+ e~ — HI(case B) 2.54 x 10~13 0 0 d
Hell + e~ — HeI(case A) 4.26 x 10~13 <10~2 0 d
Hell + e~ — Hel(case B) 2.72 x 10~13 <1023 0 d
He Il + e~ — He Il 2.19 x 10712 0 0 f
Cll+e —CI 5.48 x 10~13 - - e
Clll4+e —ClI 2.48 x 10~12 6.06 x 10~12 2.44 e,b
CIV+4e™ —CIII 5.12 x 10712 1.31 x 10~ 11 2.56 f.b
NII+e- —NI 3.87 x 10~13 - - e
NIDI+e~ = NII 2.36 x 10~12 2.04 x 10~12 0.86 eb
NIV +e- —NIII 5.23 x 10~12 2.16 x 10~11 4.13 e, b
NV+e = NIV 9.84 x 10~12 1.54 x 10~11 1.56 eb
Oll+e —OI 3.25 x 10~13 - - e
Olll +e~ —»0OII 1.99 x 10—12 1.66 x 10— 12 0.83 e,b
OIV+e —OII 5.76 x 10~12 1.14 x 10~ 11 1.98 e, b
OV+e =01V 1.00 x 10— 11 3.45 x 10~11 3.45 e, b
Nell +e~ —Nel 2.14 x 10~13 - - e
Ne IIl + e~ — Ne II 1.53 x 1012 - - e
NelV +e~ = Nelll 5.82 x 10712 - e
NeV+e~ —NelV 9.84 x 10~12 - - e
Mgll+e~ — Mgl 1.40 x 10~13 7.06 x 10~13 5.04 e c
Mgl + e~ — Mg Il 1.22 x 10~ 12 - - e
Mg IV + e~ — Mg Il 3.50 x 10712 - - e
Sill+e~ —Sil 5.90 x 10~13 4.19 x 10~13 0.71 ,
Silll + e —Sill 1.00 x 10— 12 3.87 x 10~12 3.87 ,
SilV 4 e~ —Silll 3.70 x 10~12 1.47 x 10~11 3.97 e c
SIH4+e —SI 4.10 x 10~13 6.04 x 10~15 0.01 e
SII+e~ —S1I 1.80 x 10~12 - - e
SIV+4+e~ —SII 2.70 x 10—12 - - e
Fell+ e~ —Fel 1.42 x 10~13 5.79 x 10~13 4.07 e a
Felll + e~ — Fe Il 1.02 x 10~12 1.29 x 10~ 17 1.3 x 10~° e
FelV +e~ —Felll 3.32 x 10~12 - - e
FeV+e  —FelV 7.79 x 10712 e

d Osterbrock & Ferland (2006)
e Verner (1999)
f Verner & Ferland (1996)

a Mazzotta et al. (1998)
b Nussbaumer & Storey (1983)
¢ Nussbaumer & Storey (1986)

accelerated by the electric field of the ion.

However, if an ion has at least one bound electron to begin with, then it is pos-
sible to have a capture process where the incoming electron transfers energy to a
bound electron, promoting the bound electron to an excited state, and removing
enough energy from the first electron that it too can be captured in an excited state:
the ion now has two electrons in excited states. As long as the energy has not
been radiated away, the process is reversible: the doubly excited electronic state
is capable of autoionizing. However, either of the electrons can undergo a spon-
taneous radiative decay and remove enough energy from the system that it can no
longer autoionize. Because two electrons are involved, the process is referred to as
dielectronic recombination.

The rate coefficient for dielectronic recombination depends on detailed atomic

physics: the initial cross section for capture to a doubly excited state, and the prob-
abilities per unit time of autoionization and spontaneous radiative decay.
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Dielectronic recombination is important in high-temperature plasmas, where it
often exceeds the radiative recombination rate. At low temperatures, dielectronic
recombination is generally suppressed because of the need for the electron to have
sufficient energy to produce a doubly excited state. Nevertheless, for selected ions
— including recombination of Mg II, C Il — dielectronic recombination is important
at the ~ 10* K temperatures of HII regions.

Dielectronic recombination can also proceed via excitation of fine-structure lev-
els of the target ion, with the recombining electron captured into a high-lying
“Rydberg state” — this channel can be important in low-temperature gas (Bryans
et al. 2009), both in HI regions (with 7' = 102 K) and in molecular clouds (with
T =~ 20K). Examples of species where this could be important include recombi-
nation of CII — C1I, Sill — SiI, and OIII — OII.

The dielectronic recombination process populates specific energy levels, which
then undergo radiative decay, with predicted line ratios that differ from those result-
ing from pure radiative recombination (Nussbaumer & Storey 1983, 1984, 1986).
For example, the CIIT 2296A line in planetary nebulae is produced by dielectronic
recombination of CIV (Storey 1981).

There has been considerable recent work on dielectronic recombination: see Col-
gan et al. (2003), Zatsarinny et al. (2003), Altun et al. (2004), Colgan et al. (2004),
Gu (2004), Mitnik & Badnell (2004), Zatsarinny et al. (2004b,a)

14.6 Dissociative Recombination

When a molecular ion AB™ captures an electron, the electronic wave function
of the resulting molecule AB must of course be different from the wave function
of AB, because an additional electron is present. Because ionization potentials
generally exceed chemical binding energies, the newly recombined molecule will
have enough energy to dissociate, and normally will find itself in an electronic
state where the electronic energy can be reduced by increasing the separation of
the nuclei — i.e., a repulsive state. When this happens, A and B will begin to move
apart, with the nuclear motion accelerating on the vibrational time scale, ~ 10713 s.
The excited state can of course reduce its electronic energy by emitting a photon,
but the Einstein A coefficient for the transition will typically be < 108s~! — the
time scale for radiative decay 1/A ~ 10~%s. Because the vibrational time scale is
only ~ 10~° of the time scale for spontaneous emission, photon emission is highly
improbable, and A and B will fly apart, with the difference between the ionization
energy I 4p and the chemical binding energy of AB appearing as kinetic energy of
Aand B.

The cross section for the molecular ion to capture an electron is similar to the
cross section for an excited ion to be deexcited by a thermal electron — as discussed
in §2.3, the rate coefficient for this process is typically k4 ~ 10~7T, /2 o3 s71,
albeit with significant differences from one reaction to another. Table 14.8 shows

some selected dissociative recombination rates.
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Table 14.8 Dissociative Recombination for Selected Molecular Ions

Reaction ka(cm®s™h) Reference

OH" +e~ - O+H 6.50 x 107875%%°  Le Teuff et al. (2000)
Hom +e” - H+H  1.1x107875, %%  Schneider et al. (1994)
COT+e” = CH+0 3.39x 10777, % Le Teuff et al. (2000)
Hf +e” - Ha+H  1.1x1077757%%%  McCall et al. (2004)
CH  +e” - C+H 238x107 775 %"  Le Teuff et al. (2000)

14.7 Charge Exchange

In a collision between an ion A1 and a neutral B, sometimes the ion can seize one
of the electrons from the neutral: A™ + B — A + B* + AE. The energy release
AFE =1(A) — I(B), where I(A) and I(B) are the ionization potentials for A and
B. (In the case of A, this should be the ionization potential for whatever electronic
state the electron is captured into — this need not be the ground state of A.)

A necessary (but not sufficient) condition is that the reaction either be exother-
mic (AE > 0) or, if endothermic, that the energy required (—AFE) not be large
compared to kT: —AE S kT.

A second necessary condition is that there be “level crossing.” Let V+, g(r)
and V4, g+ () be potential energy functions obtained by solving the Schrédinger
equation for the electrons for the nuclei at fixed separation 7, where V+, 5 is
the energy of the eigenfunction that, for increasing r, evolves adiabatically into

initial energy

V(r,s) ~

x Tu5 Tg ~
Figure 14.4 Diagrams showing the effective potential, as a function of internuclear
separation 74, for the AT 4+ B system and the A + B™ system. Left: The energy
levels cross at » = 7r,; charge exchange will occur in a large fraction of orbiting
encounters as the internuclear separation passes through r,. Right: The energy levels
do not cross, and charge exchange, even though exothermic, will not proceed.
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the incoming state At + B, and V4, g+ is the energy of the eigenfunction that
corresponds to A + B at large separation. In order for charge exchange to oc-
cur, these two potential energy functions must cross, so that the electronic wave
function can make a transition from one state to another when the internuclear sep-
aration is just right. Even though the reaction may be exothermic, level crossing
is not guaranteed: Figure 14.4 shows an example where level crossing does occur,
and another example where it does not. Furthermore, the level crossing must take
place at an energy that is within a few k7" of the energy of the incoming electronic
state AT + B, so that the approaching nuclei will have sufficient kinetic energy
to achieve the required internuclear separation. This condition tends to rule out
charge exchange reactions where the incoming species are both charged, or the
outgoing species are both charged, because the Coulomb repulsion prevents small
internuclear separations to be achieved.

If conditions are favorable, the electron transfer will occur whenever A+ and B
approach within ~ 1078 cm; the rate coefficient will therefore be approximately
equal to that for ion—neutral “orbiting” collisions, with k£ 2 107 cm?s™! (see the
discussion in §2.4).

14.7.1 Important Special Case: O + H < O + Ht

An important example is charge exchange between oxygen and hydrogen, H? 4
OF < H* + 0" Atomic oxygen and hydrogen have almost identical ionization
potentials (Iy = 13.5984 eV, Ig@sp,) = 13.6181 eV, differing by only 0.0197eV.
There are three different fine-structure levels of O1 that could be produced when
an electron is exchanged; we must therefore consider the three separate channels:

H('S1/2) + O (*85),) = HT + O(°Py) + .0197 eV (14.21)
—H" 4+ 0(®Py) 4 .0001 eV (14.22)
—H" 4+ 0(®Py) — .0084¢V . (14.23)

The first two reactions are exothermic, and proceed rapidly; the third is slightly
endothermic. The rate coefficients given by Stancil et al. (1999) are fit by

kO ~1.14 % 10—9T£.400+0.0181nT4 CI'I13 S—l , (1424)
kl ~3.44 x 10—10T£.451+0.0361n Ty Cm3 S—l ; (1425)
k2 ~5.33 x 10710T£.384+0.024 In T4e797K/T Cm3 S71 . (1426)

The fits are accurate to within ~ 10% for 50 < T' < 10* K. By detailed balance, the
rate coefficient for the reverse reaction Ht + O(*P2) — HY(*S; /5) + O+(4S§/2)
is
2 4
9(*81/2)9(*S5)5) g @ ~-0197 eV /KT
g(H)g(*P2)

= g koe 229K/T (14.28)

ko = (14.27)



156 CHAPTER 14

Similarly, the rates for the reactions H + O(*P;) — H+O% and HF +O(3Pg) —
H+ O" are

kip= -k e 1K/T (14.29)

8
3
% ko eTOTK/T (14.30)

k27‘

Consider now a region where the hydrogen is partially ionized. At low densities,
the excited fine-structure levels of O will decay radiatively to populate the ground
state O(®Py) before collisions with H* take place. The oxygen ionization balance
will then be the steady state solution to

n(H)n(O) (ko + k1 + ko) = n(H")n(0%)ko, (14.31)

or

n(0%) _ < kor ) n(H') (14.32)

n(OO) ko + k1 + ko TL(HO)

The excited fine-structure levels are efficiently depopulated by spontaneous decay
for ng < nerit, Where

o A(3P1 —3 P2)
Nerit = (n(H)/nH)klo(H) + (ne/nH>[k’10<M+) + k’lO(e_)]

-~ 2.5 x 10° cm™3 s
= (n(H)/nu) T940 + (ne/nm) (5.6 + 4.179-19)° :

(14.33)

Under most conditions of interest, we will be in the low-density limit nyg < Nerit.

At high densities n > ng,j, collisions will ensure that the OY fine structure
levels 3P 1  are populated according to a thermal distribution. In the low density
limit, the oxygen ionization balance in steady state will then satisfy

n(O*) n(HU) (k0+k1+k2)
= n(H+) []CQT’I’L(OO 3P2)+k‘1rn(00 3P1)—|—k2Tn(OO 3P0)]

5kop -+ 3k ,0~ 228 K/T 4 |, o—326 K/T]

_ + o |
= n(H")n(O0") 5 + 3¢—228K/T 4 —326K/T

(14.35)

The ratio [n(OT)/n(0°)] / [n(HT)/n(H)] is plotted in Figure 14.5 for the low-
and high-density limits.
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Figure 14.5 Dependence of oxygen ionization fraction on hydrogen ionization fraction
due to charge exchange. The low-density limit applies for ng < 10* cm ™3,

At low temperatures, T' S 300 K, ionized oxygen is suppressed by charge trans-
fer reactions with H°. However, for T' 2 103 K, the oxygen ionization fraction
will be close to the hydrogen ionization fraction — this applies in an HII region pro-
vided that the rate of photoionization of O is slow compared to the rate of charge
exchange (ko, + k1, + ko )n(HT).

14.8 Ion Neutralization by Dust Grains

Astrophysical gas is commonly mixed with dust, and an ion AT colliding with a
dust grain may capture an electron from the grain if the ionization potential I(A)
exceeds the “work function” W for the grain material — W is, essentially, the energy
required to ionize the grain material. The rate for this process will depend on the
charge state of the dust grains: positive ions will be repelled by positively charged
grains, but will have large collision rates with negatively charged grains due to
Coulomb focusing. Collision rates with neutral grains will also be enhanced by the
same induced-dipole interaction that leads to large ion-neutral collision rates.

This process has been discussed by Weingartner & Draine (20015), who have
calculated the grain charge distribution for realistic dust models that include a pop-
ulation of very small polycyclic aromatic hydrocarbon (PAH) grains.

The rate per volume for recombination of some ion X T via electron capture from
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Table 14.9 Parameters® for Fit (14.37) to Grain Recombination Rate coefficients
agr (X ™) for Selected ions.

Ion Co 01 CQ 03 04 C5 06

HT 1225 8.074x1076 1378 5.087x102 1.586x10~2 04723 1.102x10-°
Het 5572 3.185x10~7 1.512 5.115x10% 3.903x10~7 04956 5.494x10~7
Ct 4558 6.089x1073 1.128 4.331x10%2 4.845x10~2 0.8120 1.333x10~%
Mgt 2510 8.116x10~8% 1.864 6.170x10* 2.169x10~6 0.9605 7.232x10~°
st 3.064 7.769x1075 1319 1.087x102 3.475x10~1 0.4790 4.689x10~2
Cat  1.636 8.208x10792 2289 1.254x10° 1.349x10~9 1.1506 7.204x10~*

@ From Weingartner & Draine (20015)

grains can be written

%n(X"‘) = —npag (X1, Go/ne, T)n(X "), (14.36)

where «y,, the effective rate coefficient, depends on 7. /Go and T. Weingartner &
Draine (2001b) fit g, With

B 10714Cyem3 st
1 —+ 011/102(1 + OgTC‘l’L/)*C%*CS lnT) ’

g (X, Go/ne, T) (14.37)

where the charge state of the grains is determined by 7" and a dimensionless “charg-
ing parameter”

" GovT/K - (14.38)

ne/cm—3

Here, G is the starlight intensity relative to Habing (1968) [see Eq. (12.6)]. We
will see in Chapter 25 why the grain charge depends on ). Table 14.9 gives the
fit parameters for selected ions, and Figure 14.6 shows the effective rate coefficient
gy for recombination of H*, CT, and S as functions of the charging parameter
1), for three different temperatures.

The importance of grain-assisted recombination is illustrated in Chapter 16 (see
Figure 16.1), where it is found to lead to significant reductions in the ionization in
diffuse clouds. The rate coefficients o, depend on both the physics of grain charg-
ing (see Weingartner & Draine 2001b) and on the assumed abundances of grains
of different sizes. The parameters in Table 14.9 and the rates shown in Figure 14.6
were calculated using a model for Milky Way dust that includes a substantial pop-
ulation of polycyclic aromatic hydrocarbons (PAHs). Most of the recombination
takes place on the smallest grains, as these dominate the total grain surface area,
and in addition are often neutral or even negatively charged. In low metallicity
galaxies, where the dust mass per H is reduced, grain-assisted recombination will
be less important than in the Milky Way.

In dense clouds, changes in the ultraviolet extinction curve indicate that the
abundances of the smallest grains are suppressed, presumably because of coagu-
lation with larger grains. This should reduce the effective rate coefficient for grain-
assisted recombination; the values of . in dense clouds are therefore expected to
be smaller than the values in Fig. 14.6.
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Figure 14.6 Effective rate coefficients c, for grain-assisted recombination of H*,
C*, and ST on dust grains in diffuse clouds, as a function of the grain charging pa-
rameter v, and for three gas temperatures. The values of 1 for nominal CNM and
WNM conditions are shown. ) varies over a large range within a single dark cloud;
one possible value is indicated. Note that the values shown for ag, were calculated for
a model for dust in diffuse clouds; because of grain coagulation, o, in dark clouds is
likely to be smaller than the values shown here.

14.9 Ionization Balance in Collisionally Ionized Gas

Consider hot gas where the ionization is dominated by collisional ionization. The
steady state balance between collisional ionization and radiative recombination is
given by

e (00) (X" ) = ne(o0) (X HDH) (14.39)
Above the threshold energy I, the collisional ionization cross section o; ~ CmaZ(1—

I/E), where C is a constant of order unity (see §13.4). The collisional ionization
rate is given by Eq. (13.11):

kT \ '/
(o) =~ Cma ( ) e I/RT (14.40)

TMe

To estimate the radiative recombination rate, recall that the Milne relation (3.31)
relates the radiative recombination cross section o, to the photoionization cross
section op;:

%(I—l—E)2

on(B) = gu Emec?

opi(hv =1+ E) . (14.41)
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If fpi is the integrated oscillator strength for photoionization from the ground state,
then [° opihdy = (me?/mec)hfyi. If we assume that op,; oc (hv) ™3 (c.f. Eq.
13.3) then

2 2
opi(hv = I) ~ ﬁfpi% . (14.42)

MmecC
With these two estimates, we can show that

(oV)r sfoi L rer
AT’ = —
oty T CRT ’

(14.43)

where o = €?/hc = 1/137.04... is the fine-structure constant. The radiative re-
combination cross section is small because the fine-structure constant oo < 1.

For what temperature 1" will we have equal amounts of the two ionization stages,
n(X ") = n(X+(+1)? This will take place when (ov),, = (0v).;. For this to
be the case, the ratio I /kT must satisfy
I ipr_ C 1

T = dnfy b (14.44)
If C =~ 1and f,; ~ 1/2, this has solution I/kT =~ 10.6. This is a good rule-
of-thumb: Balancing collisional ionization against radiative recombination leads to
a 50/50 balance of ion stages when k7" ~ I/10. If dielectronic recombination is
strong, it can raise the temperature at which 50/50 ion/neutral balance occurs.

If we apply this to hydrogen, for which I/k = 157,800 K, we estimate n(H") =
n(HT) when T' = 15,000 K. This is close to the value found using detailed colli-
sional ionization and radiative recombination rates.

For elements other than hydrogen, dielectronic recombination must be included,
so that the condition for the steady state “collisional ionization equilibrium” is

(o0)einen(X 1) = ((00) 1 + (00)gial) nen(X 9L (14.45)

where it is assumed that photoionization can be neglected. The ion ratios

WX (ov)
n(XT)  (00m + (o0)am (14.46)

depend on temperature 7" but not on the electron density n. (in the low-density limit
where all species are assumed to have radiatively relaxed to the ground electronic
state before collisions).

Solutions for collisional ionization equilibrium have been calculated by many
authors. Figure 14.7 shows results calculated by Mazzotta et al. (1998) for C, O,
Ne, Si, and Fe. Low atomic number species such as C are readily stripped of their
electrons, with fully ionized C VII prevailing for 7' > 1.5 x 10% K. Iron, on the
other hand, is not fully stripped until 7 > 2 x 10® K.
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Chapter Fifteen

Photoionized Gas

Galaxies are powered primarily by the release of nuclear energy in stars, with part
of this energy transferred to the ISM in the form of starlight photons and mechanical
energy in stellar ejecta, including stellar winds and supernova explosions. A T =
35,000 K blackbody — corresponding to stellar type O8 V — emits 32% of its power
in hv > Iy photons, and these photons can ionize a substantial fraction of the
surrounding ISM.

The photoionized gas surrounding a hot, luminous star is referred to as an HII
region. HII regions — the Orion Nebula (Plates 9 and 10) and the Trifid Nebula
(Plate 11) are beautiful examples — are conspicuous in telescopic observations of
the night sky, and are responsible for most of the optical emission lines present
in the spectra of star-forming galaxies. They have gas temperatures in the range
7000 — 15,000 K (depending on the metallicity of the gas and the temperature of
the exciting star). The brightest regions in the all-sky Ho map in Plate 3b are well-
known HII regions, including the Orion Nebula, the Gum Nebula, and the HII
region around the nearby star ¢ Oph.

15.1 HII Regions as Stromgren Spheres

15.1.1 Hydrogen

Because it is the most abundant element, we are primarily concerned with ion-
ization of hydrogen. Following Stromgren (1939), we consider first the idealized
problem of a fully ionized, spherical region of uniform density — now known as a
Stromgren sphere — with the ionization assumed to be maintained by absorption
of the ionizing photons radiated by a central hot star. For the moment, assume
the gas to be pure hydrogen. We seek the steady state solution, where hydrogen
recombination is balanced by photoionization.

Let Qg be the rate of emission of hydrogen-ionizing photons, i.e., hv > Iy =
13.6 eV. The electrons and protons will be undergoing radiative recombination, but
it is assumed that every radiative recombination H™ + e~ — H+ hv is balanced by
a photoionization H + hv — H™* + e~ . Let the ionized hydrogen extend to radius
Rg, and the hydrogen density be ny = n(H™). Equating the rates of photoioniza-
tion and radiative recombination (using the Case B recombination coefficient ap
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discussed in §14.2) gives the steady state condition for ionization balance:

4
Qo = 5 Rso” ap n(H )ne (15.1)

Since n(H™) = n, = ny, we can solve for the Stromgren radius:

1/3
3
Reo= (4%’) (152)
TNH“O0B
=9.77 x 10" Qp/ ny > TP e (15.3)

where Qo149 = Qo/10*s71, ny = ny/10% cm ™3, and we take ap ~ 2.56 x
107137, 4_0'83 em®s71. At fixed density ny, the volume of the Strémgren sphere
is proportional to (g, hence Rgy Qé/ 3. at fixed ionizing input g, the volume
is proportional to ny 2, hence Rgy o ni~2/3. When observed from distance
D > Rgp, the mean emission measure [averaged over the solid angle 7(Rgo/D)?]
is

4
EM = gny*Rs ~ 4.22 x 10' oty 1y TP em ™ pe (15.4)

For stellar temperatures 1" < 50, 000 K, most of the photons with hv > 13.6eV
will have hv < 20eV — let us take 18 eV as the “typical” energy of hv > 13.6eV
photons.! In chapter 13 we saw that atomic hydrogen has a photoionization cross
section o, ; (hv = 18 eV) = 2.95 x 10718 cm?.

The mean free path (mfp) of an 18 eV photon in neutral hydrogen is

-3
mfp = —3.39 x 1017 ( o > cm . (15.5)

n(HO)op.i. n(H)

For the values of Qg appropriate to O stars (see Table 15.1), we see that mfp < Rgq
in neutral gas of density ny; = 1 cm~3. This tells us that the transition from ionized
gas to neutral gas at the boundary of the HII region will occur over a distance that
is small compared to Rgp, and it is therefore reasonable to idealize the boundary
as a discontinous transition from fully ionized to neutral — this was Stromgren’s
insight.

15.1.2 Helium Ionization

Now, what about helium? At 7' =~ 10* K, the Case B radiative recombination rate
for He™ + e~ — He is ~ 1.9 times larger than for hydrogen. Since the abundance
ratio nype/nm ~ 0.096, it follows that in regions where the H is fully ionized and

!For a 35,000 K blackbody, hv > 13.6 €V photons have mean energy (hv); = 17.9¢eV.
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Table 15.1 Radiative Properties of Massive Stars®.

SpTp  M/Mo  Teg(K) logy(Qo/s™") " Q1/Qv° logyo(L/Le)*

03V 58.0 44850 49.64 0.251 5.84
04V 46.9 42860 49.44 0.224 5.67
o5V 38.1 40860 49.22 0.209 5.49

055V 344 39870 49.10 0.204 5.41
o6V 31.0 38870 48.99 0.186 5.32

065V 380 37870 48.88 0.162 5.23
o7V 253 36870 4875 0.135 5.14

075V 229 35870 48.61 0.107 5.05
08V 20.8 34880 48.44 0.072 4.96

085V 188 33880 48.27 0.0347 4.86
09V 17.1 32830 48.06 0.0145 4.77

095V 156 31880 47.88 0.0083 4.68
o3 56.0 44540 49.77 0.234 5.96
O4lll 474 42420 49.64 0.204 5.85
OSHI 404 40310 49.48 0.186 573

05511 374 39250 49.40 0.170 5.67
O6II 345 38190 49.32 0.158 5.61

06.511  32.0 37130 49.23 0.141 5.54
o7 296 36080 49.13 0.129 5.48

07511 275 35020 49.01 0.105 5.42
o8Il 255 33960 48.88 0.072 5.35

O8.5II 237 32900 48.75 0.0417 5.8
o9l 220 31850 48.65 0.0257 521

09511 206 30790 48.42 0.0129 5.15
031 67.5 42230 49.78 0.204 5.99
041 58.5 40420 49.70 0.182 5.93
051 50.7 38610 49.62 0.158 5.87
0551 473 37710 49.58 0.151 5.84
061 44.1 36800 49.52 0.141 5.81
0651 412 35900 49.46 0.132 578
071 38.4 34990 49.41 0.115 5.75
0751 360 34080 4931 0.100 572
08I 337 33180 49.25 0.079 5.68
0851 315 32270 49.19 0.065 5.65
091 29.6 31370 49.11 0.0363 5.61
0951 278 30460 49.00 0.0224 5.57

% After Martins et al. (2005).

® Qo = rate of emission of hv > 13.6 eV photons.
¢ @1 = rate of emission of hv > 24.6 eV photons.
4 L = total electromagnetic luminosity.
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the He is singly ionized, the rate per volume of helium recombinations will be
~ 18% of the hydrogen recombination rate.

Let Q1 be the rate of emission of photons with hv > Iy, = 24.6eV. The ra-
diative cascade following recombination of Het in most cases” produces a photon
that can ionize H (see Figure 14.3). To a first approximation, we can assume that
every stellar photon with hv > 24.6 eV will result in one He ionization and one H
ionization. Then, if @1 < 0.18Q), the He ionization zone will be smaller than the
H ionization zone. If Q1/Qqo > 0.18, then the He will be singly ionized throughout
the region where the H is fully ionized.

From Table 15.1 we see that the hotter O stars — spectral types O6.1 V and earlier,
0O5.311I and earlier, and O41 and earlier — have Q1 /@ < 0.18. For these stars, we
expect helium to be ionized throughout the Stromgren sphere.

We will revisit the question of He ionization in §15.5; a more refined treatment of
the ionizing effects of He recombination photons gives a somewhat lower estimate
for the minimum value of Q1 /Qo required for He to be ionized throughout the HII
region.

15.2 Time Scales

The Stromgren sphere analysis assumes a steady state solution. Is this a reasonable
idealization? What is the time scale for approach to the steady state?

Suppose that we start with a neutral region, and the ionizing source is suddenly
turned on. How long will it take to ionize the region? The total number of ions to
be created is (4/3)7 R3,ny; the time to supply this many ionizations is

o _@3)rRs’nn 1 122x10%y (156)
moniz. — QO aBnH n2 . .

This is the time required for the ionization state of the gas to respond to an increase
in the supply of ionizing photons from the source.

Suppose that the ionizing source suddenly turns off. The ionized region will
recombine on the recombination time scale

1 1.22x 103 yr
apng no

(15.7)

Trec =

Note that the recombination time scale T,¢. iS identical to the ionization time scale

2The only exception is the path involving two-photon decays from 152s 1Sg; 56% of the two-photon
decays from 1Sg will produce a photon with hv > 13.6 eV. For electron densities n. < 4000 cm ™3,
only about 10% of the radiative decays populate the 1s2s 1Sq state; thus about 95% of the decays
produce hydrogen-ionizing photons. The resonance-line photons (e.g., 1s2p 1P‘1’ — 152 1S7) can be
scattered by He® (with a small probability that the 152p level will decay to the 152s 1Sq level that
decays by two-photon emission), but the bottom line is that a large fraction of radiative recombinations
to He® will produce a photon that will ionize H.
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Tioniz.! For densities ng > 0.03 cm ™3, the ionization/recombination time scale is
shorter than the main-sequence lifetime 2 5 Myt for a massive star.

The other relevant time scale is the sound crossing time Tsound. The ionized
region will likely be overpressured relative to its surroundings, in which case it
will expand on the sound crossing time. The isothermal sound speed in ionized
hydrogen is c; = (2kT/my)"/? = 13T,/* kms™"; the time for a pressure wave
to propagate a distance equal to Strémgren radius is therefore
1/3
0,49

2/3
Ty

Rso

S

~ 2.39 x 10° yr

(15.8)

Tsound =

For Qo 49n2 > 1.3 X 1077, we have Tsound > Trec: the ionization responds on
a time scale short compared to the hydrodynamic time. But we also see that for
densities ng < 1cm’3Q(1)’/ 429, the sound-crossing time will be comparable to the
lifetime of an O star.

We will discuss the propagation of ionization fronts and the expansion of HII
regions in Chapter 37.

15.3 Neutral Fraction within an HII Region

The Stromgren sphere approximation assumes the hydrogen to be fully ionized
within the radius Rgg. What, in fact, is the fractional ionization within the HII
region?

Consider a pure hydrogen nebula for simplicity. We use the Case B approxima-
tion (i.e., we neglect direct recombinations to level n = 1). Let us further assume
that the ionizing radiation from the star has a median photon energy hv, and that
0p.i. 1s the photoionization cross section for this median photon energy.

Let Q(r) be the rate at which ionizing photons cross a spherical surface of radius
r. Clearly, Q(0) = Qo, where @ is the rate at which H-ionizing photons are
emitted from the star. (We assume that the radius of the star is negligible compared
to the radius of the HII region.) In a steady state,

r r/Rso
Q(r) = Qo—/ nu’apz’dr(r’)2dr’ = Qo [1 - 3/ m2y2dy] . (15.9)
0 0
where x = n(H')/ng = ne/nu, y = r/Rso, and ny is assumed to be uniform.
At each point, the rate of Case B recombinations per volume must be balanced by
the rate of photoionization per volume:

Dnu(l - @)ops (15.10)

which we rewrite as

z? _ Q(r)nuopiRso  Q(r) TS0
1—z Q) 3y  Q0)3y> ’

(15.11)
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where we define
Tso =NHOp.i. 5o (15.12)

=3360 (Qo.40)"* ng/* . (15.13)

Because 7gg > 1, it follows from (15.11) that 1 — x < 1. The neutral fraction is
small:

l—z=~ ggg;isyz <1 . (15.14)
If we now assume x = 1 in Eq. (15.9), then
Qéz) 1oy =1— (R’"SO)S , (15.15)
and
lx—2x ~ 1;@/33730 . (15.16)

At the center of the HII region, y — 0, and we see that 2 /(1 —x) — oo, orx — 1.
At the boundary of the HII region, y — 1, and we see that 22/(1 — ) — 0, or
x — 0.

What is the “typical” fractional ionization in the HII region? The median frac-
tional ionization x,,, is found at the “half-mass” or ‘“half-volume” radius, vy, =
(1/2)'/% = 0.794. At this point, the neutral fraction

3(0.5)2/3 2 3.78
(1—x,) = 3057z _ =02 (15.17)
05 TS0 TS0

Usually 750 > 1 [see Eq. (15.12)], and the neutral fraction (1—x,,) = 3.78 /150 <
1.

If we solve Egs. (15.9) and (15.11) self-consistently, we would find that Q(r)
does not go to zero at y = 1, but decays exponentially at large radii. It is straight-
forward to integrate Eq. (15.9) numerically to obtain Q(r), but we have neglected
an important physical effect — absorption by dust — which we now bring into the
analysis.

15.4 Dusty HII Regions with Radiation Pressure

Thus far, the discussion has neglected the effects of dust. Dust is important in two
ways: (1) dust will absorb some of the hr > 13.6 eV photons emitted by the star,
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thus reducing the rate of photoionization of hydrogen and reducing the size of the
HII region; and (2) radiation pressure acting on the dust will also affect the density
structure of the HII region.

Petrosian et al. (1972) discussed the first effect — the absorption of ionizing pho-
tons by the dust and resulting reduction in size of the ionized region. Petrosian et al.
(1972) assumed that the density of the ionized gas was uniform, as in the original
treatment by Stromgren (1939).

However, radiation pressure acting on the dust (and gas) in the HII region will
result in nonuniform density, because gradients in the gas pressure will be required
to counteract the effects of radiation pressure. This will result in enhancement of
the ionized gas density near the edge of the HII region, and lowering of the gas
density near the star.

The theory of dusty HII regions, including the effects of dust and radiation pres-
sure, has been discussed by Draine (2010). We follow this treatment here.

Consider a star of luminosity L = L, + L; = L3910%° ergs~!, where L,, and L;
are the luminosities in hv < 13.6eV and hv > 13.6 eV photons, respectively. The
mean energy of the ionizing photons is (hv); = L;/Qo. Ignore He, and assume
the H to be nearly fully ionized, with photoionizations balancing Case B recombi-
nations in the “on-the-spot” approximation. If the gas is in dynamical equilibrium,
then the force per unit volume due to photon absorptions must be balanced by the
gradient of the gas pressure:

Lue™ +L; -
4mric c dr

NHOdust
where ny (r) is the proton density, L;¢(r) is the power in hv > 13.6 eV photons
crossing a sphere of radius r, and og4,st and 7(r) are the UV attenuation cross
section per H nucleon and attenuation optical depth due to dust, here assumed to
be independent of frequency. The functions ¢(r) and 7(r) are determined by

d -1

ﬁ = —aBnH247rr2 — TLHO'd(b 5 (1519)
dr QQ

d

O Cdus (15.20)
dr

where we have assumed the fractional ionization z ~ 1 in Eq. (15.19). The bound-
ary conditions are ¢(0) = 1 and 7(0) = 0. Defining

Arag < 2ckT )3 5 T-66 <18ev>3 s
no= B (2 ) _ 454 % 10 em=3  (15.21)
T Qo \ag(w); Qo9 \ (hv);

Qo (ap(hw)i\? 16 Qo,a0 [ (hv); ?
Ao = ——— ] =247 x10 ’ 15.22
0= Jrap \ 2ekT <1077 | gey ) om0 (1522

we switch to the dimensionless variables y = 7/\g, u = ng/n. The governing
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equations then become

d—y:fl -y (Be T+ ¢) i (15.23)
d 2

d—j f% - % , (15.24)
dr v

W (15.25)

with initial conditions ¢(0) = 1 and 7(0) = 0 and dimensionless parameters

L, L (L/10% ergs™1) (ISeV)
=n 2347 —1, (1526
B L; L; Qo,49 (hv)i ( )
2ckT 18eV o4
= ———— =11.27}% . (15.27
7 (aB<h1/>i> od 4 ( (hv); ) (10*21 cm2) ( )

The parameter 8 depends only on the stellar spectrum. We take 8 = 3 as our
standard value, corresponding to the spectrum of a T3, = 32,000 K blackbody, but
we also consider 5 = 2 (T, = 45,000K) and 8 = 5 (Tp, = 28,000 K); the latter
value may apply to a cluster of O and B stars.

The parameter ~y is proportional to o4, which is proportional to the dust-to-gas
mass ratio, but also depends on the distribution of grain sizes. - also depends on the
gas temperature 7" and on the mean ionizing photon energy (hv);, but these are not
likely to vary much for HII regions around OB stars. Models for dust in the diffuse
interstellar medium (e.g., Weingartner & Draine 2001a) have og ~ 2 x 102! cm?
from 13.6 to ~ 18 eV, then declining to ~ 0.7 x 10~2! ¢m? at 50 eV. Dust within
HII regions has not been well-characterized. We will take v = 10 as a standard
value, but will also consider v = 5 and v = 20. Low-metallicity systems would be
characterized by small values of ~.

The solutions are defined for 0 < ¥ < Ymax, Where ymax is determined by the
boundary condition ¢(ymax) = 0. For each solution u(y), the root-mean-square
density is

3 Ymax 2 1/2
Nrms = Mo [ 3 / dey] : (15.28)
Ymax J0 U

The radius is R = ymaxAo. The fraction of the hv > 13.6eV photons that are
absorbed by H is

3 1/3
fion = < i ) ; Ry = <?@)) y (15.29)

RS() 47m%ms ap

where R is the radius of a dustless Stromgren sphere.

For a given /3 and +, varying the initial conditions on the function u(y) generates
a family of solutions, each with a different value of n,,,5/n¢. The solutions are
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Figure 15.1 Density profiles for static equilibrium H II regions with radiation pressure,
for § = 3, v = 10, and selected values of Qo 497rms. From Draine (2010).

parameterized by 3, v, and a third parameter, which may be taken to be the dust
optical depth along a path with density n,,,s and length Rs:

Tdo = nrmsRsoad =2.10 (Q0,49nrms,3)1/3 T£.280d7—21 . (1530)

Examples of solutions for 5 = 3, = 10 are shown in Figure 15.1. The solution
with 7450 = 0.21 has nearly uniform density, except for a small cavity near the
center, where radiation pressure on the dust has forced the gas away from the star.
As 149 1s increased, the fractional size of the central cavity increases, and as the
central cavity enlarges, the gradient in the gas density in the outer regions becomes
stronger.

The change in the density structure produced by radiation pressure leads to
changes in the fraction of the ionizing photons that are absorbed by dust. Figure
15.2 shows fion, the fraction of the H-ionizing photons that produce photoioniza-
tions (i.e., that escape absorption by dust). Results are shown for v = 10 [i.e.,
Od,—21 = 0.89T[0‘83((h1/)i/18 eV)]. For small 749, the value of fi,, is nearly
the same as was calculated assuming a uniform density HII region (see Fig. 15.2).
However, for 749 2 2, the central cavity results in significantly higher values of
fion compared to what Petrosian et al. (1972) found assuming uniform density.
The center-to-edge optical depth 7(R), shown in Fig. 15.3, is also much lower
than was found assuming uniform density. A significant fraction (e~ ")) of the
non-ionizing radiation from the star escapes absorption within the H II region.
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The emission measure profile

, (15.31)

where b is the transverse distance from the central star, has been computed for
these solutions; examples are shown in Fig. 15.4. For Qo 49Mrms 2 103 cm ™3, the
emissivity profile becomes conspicuously ring-like rather than centrally peaked as
in a uniform density HII region.

Observed H II regions often have central cavities where the density is much lower
than the average value, resulting in a ring-like appearance. The HII region desig-
nated N49 (Watson et al. 2008) is a very nice example of ring-like morphology
seen in free—free emission. However, the actual cavity appears to be larger than
would be expected from radiation pressure alone (Draine 2010). It is likely that
the wind from the central stars contributes to formation of the N49 bubble. Stellar
wind bubbles are discussed in Chapter 38.

1 T T T T rrrT T T T T T TTT T T
I
F Dusty HII Region B
with Radiation Pressure b
0.8
0.6 —
g
Yy
04
02
uniform density N |
O 1 1 lllllll 1 1 lllllll\\\7§"]——
0.1 1 10
Tao

Figure 15.2 fi,, = fraction of hv > 13.6 eV photons that escape absorption by dust,
as a function of the parameter 740 defined in Eq. (15.30). Results are shown for static
equilibrium HII regions with radiation pressure, and also (dashed line) for uniform
density HII regions.
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Figure 15.3 Dust optical depth from center to edge of dusty HII regions, as a function
of 740 defined in Eq. (15.30).

15.5 Ionization of Helium and Other Elements

Because helium is abundant, it strongly affects both the spectrum of emission from
O stars and the ionization structure of HII regions. The He® opacity in stellar
atmospheres causes the emission from B stars and late O-type stars to have very
little emission about the He ionization edge at 24.59eV. Figure 15.5 shows the
fraction of H-ionizing photons that are also capable of ionizing He for stars with
spectral types between B0 and O4.

For low values of Q1/Qy, the radius R(He™) of the region where He will be
ionized will be smaller than the radius R(H') of the HII region. Let y be the
fraction of He-ionizing photons that are absorbed by H rather than He, and let z be
the fraction of the He recombinations to excited levels that produce a photon with
hv > 13.6eV. The number of H* and He™ ions can be estimated by balancing
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Figure 15.4 Emission measure profiles for the HII regions in Fig. 15.1. From Draine
(2010).

recombinations with photoionizations:

N(He™)n, [ap(He) + yais(He)] = (1 —4)Q:1 (15.32)

NH")n.ap(H) = (Qo — Q1) +yQ1
+N(HeM)n, [zap(He) + yas5(He)] ,  (15.33)

which can be combined to obtain

N(He") _ (1 —y)ap(H)(Q1/Qo) . (15.34)

N(H*)  ap(He) +yais(He) — (1 —y)(1 = 2)(Q1/Qo)ap(He)

Both y and z depend on conditions in the HII region. We expect H to be more
highly ionized than He even near the center of the H I region, and therefore y < 0.6
[see Eq. (14.16)]. In an accurate calculation, y would be obtained from the actual
ratio n(He?) /n(H®) using Eq. 14.16. Here we will assume y ~ 0.2 to be a rea-
sonable estimate for the fraction of the hr > 24.6 eV photons that are absorbed by
H rather than He. The fraction z of He Case B recombinations that produce an H-
ionizing photon varies from z =~ 0.96 at low densities n, < ne,crit(HeO 2 381) ~
1100e2/TT9-5 cm =3 to 2 &~ 0.67 at high densities 1, > n cris (He? 228,). Tak-
ing an intermediate value z ~ 0.8, setting 7' = 8000 K and y = 0.2, we obtain
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Figure 15.5 Q1/Qo = ratio of rate of emission of hv > 24.6 eV photons to rate of
emission of hv > 13.6 eV photons, as a function of T, for luminosity classes V, III,
and I (see Table 15.1). Q1/Qo = 0.15 is required for He to be ionized throughout the
H I region, corresponding to Tug = 37000 K.

N(He™) . 068(@1/Qo)
N(H*) ~ 1-0.17(Q1/Qo)

(15.35)

Full ionization of the He is achieved when N (He™)/N(H') = nye/ny = 0.096,
which is attained for Q1/Qo ~ 0.15.

For N (He™)/N(H") < ny/nie, the radius of the He* zone is smaller than the
H™ zone:

R(He") (na1/nnte) (1 = y)es (H)(Q1/Qo) e
RH*Y)  [ap(He) +yois(He) — (1 —y)(1 — 2)(Q1/Qo)ap(He)

(15.36)

Tons that require hv > 24.6 eV for their formation will be present only in the He™
zone. A list of these ions is given in Table 15.2.
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Table 15.2 Abundant Ions in HII Regions®

HII and He I zone® HII and He IT zone®
Element Ton hv (eV)? ‘ Ton hv (eV)?

H HII 13.60 HII 13.60
He Hel 0 Hell 24.59
C CII 11.26 CIII © 24.38
CIV 47.88

N NII 14.53 NIII 29.60
NIV 47.45

(0] (0311 13.62 OIIl 35.12
Ne Nell 21.56 Ne III 40.96
Na (NaInf 5.14 (Naln)f 5.14
Nalll 47.29

Mg Mgl 7.65 Mg 17 15.04

MgIf 15.04

Al AL 18.83 (AITV)f 28.45
Si Silll 16.35 Silv 33.49
Siv)! 45.14

S ST 10.36 SIII 23.33
SIII 23.33 SIV 34.83

Ar Arll 15.76 ArIII 27.63
ArlV 40.74

Ca Calll 11.87 CalV 50.91
Fe FeIll 16.16 FelV 30.65
Ni Nilll 18.17 NilV 35.17

¢ Limited|to elements X with Nx /Ny > 1076,

® Jons that can be created by radiation with 13.60 < hv < 24.59eV.
¢ Tons that can be created by radiation with 24.59 < hr < 54.42¢€V.
4 Photon energy required to create ion.

¢ Tonization potential is just below 24.59 eV.

f Closed shell, with no excited states below 13.6 V.

15.6 Planetary Nebulae

Planetary nebulae are a special class of HII regions, where the ionized gas is a
dense stellar wind that is ionized when the central star evolves quickly from being
a cool red giant to an extremely hot “planetary nebula nucleus.”

There are two ways in which planetary nebulae can differ from classical HII
regions produced by O or BO stars.

o First, the dense gas being ionized is limited to the outflowing wind. A typical
planetary nebula precursor can have a mass loss rate M, ~ 10~* M/ yr for
~ 2000 yr, with a wind velocity v,, ~ 15kms~'. A spherically symmetric
steady outflow with these properties would have a r—2 density profile, but
in fact the density profiles in planetary nebulae are much more complicated,
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with a visually beautiful morphology that often has bipolar symmetry. The
complex morphology of the Helix nebula (see color Plate 13) includes many
dusty cometary filaments.

e Second, the central stars are generally much hotter than O stars, with ef-
fective temperatures 7T} often exceeding 105 K. For example, the hot white
dwarf at the center of the Helix Nebula (NGC 7293) has T, ~ 1.0 x 10°K
(Mendez et al. 1988; Napiwotzki 1999), and the central star in NGC 7027 has
T, ~ 2.2 x 10° K (Zhang et al. 2005). As a result, helium is generally fully
ionized (to He*™), and elements such as C or O can be ionized to high stages
(such as OIV, NelV, or Ne V) that are not present in classical HII regions
ionized by O stars. The harder photons also produce greater photoelectric
heating per photoionization event, and gas temperatures in planetary nebulae
are generally higher (up to ~ 16,000K — see, e.g., Zhang et al. 2004) than in
classical HII regions (e.g., 7,000 to 10,000 K).

15.7% Escape of Lyman o

15.7.1 Escape from the HII Region

The recombining hydrogen in the HII region generates Lyman « radiation. Under
Case B conditions at densities n, < 10% cm ™3, the rate of production of Lyman o
photons is equal to f(2p) fionQo, Where f(2p) = % is the fraction of Case B re-
combinations that populate the 2p level (see §14.2.4). We have seen earlier that the
gas in the HII region is highly ionized, but the Lyman « photons can be resonantly
scattered by the small amount of neutral hydrogen present. This inhibits escape of
the Lyman « photons from the ionized region. We can think of the Lyman o photon
as bouncing around inside the nebula, until it finally escapes or is destroyed.

Scattering of Lyman « radiation is a resonant process, involving absorption and
reemission of the photon. Prior to the scattering, the H atom is in the ground state.
The photon is absorbed, and then reemitted, with the H atom returning to the ground
state. Except for the possibility that the initial and final states may be different
hyperfine levels, the energy of the photon in the center of mass frame of the photon
and H atom is unchanged. However, the H atom producing the scattering will in
general be moving relative to the gas, and the emitted photon will be radiated in
a direction differing from the incident direction; the net result is that the photon
undergoes a shift in frequency. Therefore, a photon involved in a sequence of
scattering events will undergo a random walk in frequency space. At the same time,
it also does a random walk in position space. These two random walks, together,
will tend to take the photon away from the initial frequency, and away from the
initial location.

The initial photon tends to be emitted in the “Doppler core” of the line profile.
As it migrates away from the Doppler core into the wings of the line profile, the
cross section for scattering goes down, and the mean-free-path between scatterings



PHOTOIONIZED GAS 177

goes up. After a sufficient number of scatterings, the photon will have travelled
sufficiently far from its point of emission that we will count it as having “escaped.”

The problem of resonant scattering has been considered by a number of authors,
both numerically (e.g., Bonilha et al. 1979) and analytically (e.g., Neufeld 1990).
Here we present a very simple analysis that captures the essential features. For the
moment, let us consider a dustless H II region.

First, let us consider the diffusion in frequency space. If an H atom moving
with velocity v produces the scattering, then the mean-square frequency shift for
the scattered photon will be ((Av)?) = 2v%(v/c)?, if the direction of the absorbed
photon and emitted photon are uncorrelated with one another,® and with the velocity
vector of the H atom.* Averaging over the velocity distribution, (v?) = %bQ, the
frequency shift Av from each scattering event has

(Av)?) = 1v2(b/e)? . (15.37)

Earlier, we assumed that the direction of propagation of the absorbed photon is
uncorrelated with the vector velocity of the H atom. This is not the case for photons
in the “core” of the line, but it is a good approximation in the “wings,” and it is the
scattering in the wings that concerns us here. Let
v— 1)/
2= v —w)/v (15.38)
b/c
measure the displacement from line center in terms of the Doppler broadening pa-
rameter b. Then, from Eq. (15.37), after IV, scatterings,

(%) =N, +1/2 . (15.39)

The originally “injected” photons tend to be in the Doppler core of the line (with
(%) = %), but after a few scatterings the photons move out to frequencies where
the Voigt profile for the thermal H atoms is approximated by the Lorentzian wings

[see Eq. (6.40)]:

Ow

o(z) =~ P (15.40)
_ Gu /\2Au£ ’y)‘uﬁ o 17 2,92
ow = T T = 259 % 107 en b2, (15.41)
b 1/2
b = —— =1.29T, 15.42
® = 10kms 4 (1542)

3Consider an atom with velocity v. If g, is = the direction of propagation of the absorbed and
emitted photons, then Av = (vp/c)(fs — Ng) - v, (Av)? = (1/0/0)2[n§H = 2ngng| + niH}UQ,
where g v = sV, ng v = fiq-v. The scattering process has (nSHna”> = 0. In the damping wings,
the scattering cross section is nearly independent of v; hence <n§|\> = <n§|\> = % and ((6v)2) =
(v0/0)* (5 + 3)(v2).

4While not true for frequencies in the Doppler core of the line, the scattering cross section in the
damping wings is nearly independent of the random motions of the atoms.
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Now consider the random walk away from the point of emission. In the line wings,
the photon mean-free path is

mfp=Lyz% | (15.43)
1
Lo=——— 15.44

If r is the displacement from the point of emission, we can approximate’

2 1 2
Ci;p = 2(Lo2?)" ~ 212 (NS T 2) . (15.45)
Integration yields
2 1n\* 1
(r?) = ng (NS + 2) -3 - (15.46)

In the case of an HII region, a reasonable criterion for “escape” would be when
(ry? ~ R%,. The number of scatterings required to accomplish this is

3R2,\/?
N, ~ ( 77 . (15.47)

Because the mfpincreases as 22, most of the displacement is accomplished during

the last portion of the scattering sequence, when the photon is relatively far from
line-center. The number of scatterings depends on the ratio

Rso TS0 —2

—x ——(1 =y, w = 33.2b , 15.48

LQ nHapi ( :C )nHU 6 ( )
where we have used Eq. (15.17), and taken op; = 2.95 x 107! cm?, appropriate
for hv = 18¢V. Thus,

N, ~11.8b5*7 . (15.49)

This is a modest number of scatterings, but sufficient to frequency-shift a typical
photon out to 22 & 12, at which point the mfp, evaluated using the neutral fraction
(1 — 2,,), is ~0.37Rso. Note also that when 22 ~ 12, we are (barely) far enough
from line-center for the line profile to be well-approximated by just the damping
wings [see Eq. (6.42)], as has been assumed in Eq. (15.43).

To estimate the effects of dust absorption, we first estimate the total pathlength s
traveled by an escaping photon. We can write

ds
dN,

1
~ Loz% =~ Ly (NS + 2) . (15.50)

5The mean step size = mfp, but the mean (step size)> = 2(mfp)?2.
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Integrating this, we find the pathlength s:

2
1 1N\ 1
s~ Lo l(N + 2) - 4] : (15.51)
Lo N2 _
Ri%z?; S~ 2,100, (15.52)

In order to “escape,” the Lyman o photon needs to escape being absorbed by dust.
The escaping fraction is

fesc = exp(—nygog s) = exp(—2.1bg2/37d0). (15.53)

Dust can therefore suppress the escape of Lyman « photons even in HII regions
with only moderate dust optical depths 7459. However, it must also be noted that
Eq. (15.53) assumes that the Lyman o photon must achieve a displacement ~ Rgg
from the point of emission to escape; in fact, photons that are created near the
edge of the HII region can escape with a smaller displacement (if they happen to
random-walk in the outward direction), and thus (15.53) underestimates the overall
Lyman a escape fraction.

15.7.2 Lyman o Photons in an HI Region

The escape of Lyman o from the H Il region is facilitated by the low neutral fraction
in the HII region, resulting in a relatively large mfp. Now suppose that the photon
enters a surrounding cloud of atomic H. We repeat the preceding analysis, but now
consider a photon to be injected at the center of a slab with total column density
N (H). We will use superscript (HI) to denote the Doppler broadening parameter
characterizing the H1I cloud: 5D = p{) km s~

As before, let z measure the frequency shift Av in units of b0 /. If z is
the coordinate normal to the slab, then the criterion for escape from the slab is that
Az = £0.5N(H%) /ny, or

(r?) ~ 3[0.5N(H) /nu]® . (15.54)

The number of scatterings required is [from Eq. (15.51)]

1 2/3
N~ {3N(H0)U§UHI>} (15.55)
Nm) 1*° ~4/3
~ 4 (HI)
~2.0 % 10 Lozlcm_Q} (b5 ) . (15.56)

The total pathlength s traveled before reaching the cloud boundary is

_ 4/3
1 2 22 em”? N(H) () ~?
s~ 2L0NS ~ 7.4 x 10*“ cm [n(HO) 105 om—2 (b5 )

(15.57)
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The probability of escaping absorption by dust is

N 0 4/3 ,4/3
fesc ~ exp {_740d,21 |:(I—I)2:| (bEHI)) . (]558)

%

1021 cm—

Therefore, we see that for slabs with N(H®)/b{™ > 102 cm~2 and dust abun-
dances characteristic of the Milky Way (04,21 ~ 1), the probability of photon es-
cape is small. Most of the Lyman o photons generated within a typical HI cloud
will, therefore, be absorbed by dust within the cloud

The Lyman « photons that enter from an adjacent HII region (which we imagine
to be surrounded by a spherical shell of HI) begin their random-walk in the H I with
22~ 12(bM /p(HDY2 ~ 102 (for bHD ~ 3kms™'). This is small compared to
N estimated from Eq. (15.55), and, therefore, f.s. will not be substantially reduced
by the fact that the Lyman « photons from the HII region “begin” with a headstart
2% ~ 102: the Lyman « photons from the H1I region will likely be absorbed in the
surrounding HI.

Escape of Lyman « photons from galaxies therefore requires either very low dust
abundances or “breakout” of the ionization front so that, in at least some directions,
the HII is not bounded by dusty HI gas.

15.8 % Ionization by Power-Law Spectra

Although energy release in stellar flares, or radiation-driven shocks in fast stellar
winds, may result in X-ray emission in addition to the thermal emission from the
stellar photosphere, the bulk of the power radiated by normal stars can be approx-
imated by a thermal (blackbody) spectrum. An active galactic nucleus (AGN), on
the other hand, emits a large fraction of its luminosity via synchrotron emission
from a population of relativistic electrons. The resulting spectrum is often approx-
imated by a power-law L, « v~%, with o ~ 1.2. Gas that is irradiated by such
a power-law spectrum is heated and ionized, and the x-ray component of the spec-
trum can produce highly ionized species that are not present in normal H II regions.

The state of gas exposed to a power-law spectrum will depend primarily on the
ratio of photoionization rates (proportional to the energy density u, ) to radiative
and dielectronic recombination rates (proportional to electron density n.). It is
customary to define the dimensionless ionization parameter

1 [ u,dv

ny J,, chv

bg
(where vy = ;;) , (15.59)
which is simply the ratio of the number density of photons with hv > Iy to the
number density of H nuclei. At densities that are low enough that collisional deex-
citation is not important, the steady state temperature and ionization of the gas will
be determined by U, by the shape of the ionizing spectrum (the spectral index «),
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and by the composition of the gas (the abundances of coolants). Note that some au-
thors (e.g., Krolik et al. 1981) use a different definition of “ionization parameter”:

_ u(IH < hv < 1OSIH) (15.60)

p

[1]

where w is the radiation energy density between Iy and 103 I, and p ~ 2.3ngkT

is the gas pressure. The two parameters U and E are directly related. If (hv) =
fIH/h uydv/ fIH/h(uV/hl/)dV is the mean energy of hv > Iy photons, and the

energy above 102 I is negligible, then

= _ nu () (hv)y U
== ar Um? 100eV Ty (15.61)

The equilibrium gas temperature rises monotonically with increasing U. For
10745 S U £ 1072 (or 10735 £ = < 1071), photoionization heats the gas to
1 S Ty S 1.5, but as U is increased further, T rises as the gas becomes highly
ionized, reducing its ability to cool by collisional excitation of bound electrons.
For large values of U or =, T' depends on the spectrum of the ionizing source. For
a standard quasar spectrum, Krolik et al. (1981) found a limiting 7' ~ 1.5 x 108 K
for = 2 10, or U 2 3 x 10*. The ionizing continuum from the quasar can evidently
sustain a 7' 2 108 K plasma, which can pressure-confine higher-density gas that is
heated to T ~ 10* K and accounts for the observed optical and UV emission lines.



Chapter Sixteen

lonization in Predominantly Neutral Regions

In this chapter, we discuss the degree of ionization expected in predominantly neu-
tral interstellar clouds. The abundance of free electrons in the gas determines the
ionization balance of various species (e.g., Cat/Ca%). Collisions with free elec-
trons play a role in determining the charge state for interstellar grains. Electrons
also play a key role in interstellar chemistry and, under some conditions, to cooling
of the gas via collisional excitation.

There are three quite distinct regimes:

e Diffuse HI regions, where the metals are photoionized by starlight. Cosmic
rays create small amounts of H* and He™. The gas may be “cold,” with T' ~
102K (the cold neutral medium or CNM) or “warm,” with T ~ 5000 K
(the warm neutral medium, or WNM).

¢ Diffuse molecular clouds (visual extinction 0.3 < Ay < 2 mag), where most
of the hydrogen is in Hy, and the metals are still predominantly photoionized
by starlight. Cosmic rays produce Hy ™, which leads to the formation of H3+
The cosmic ray ionization rate (cr can be determined through measurements
of the H;r abundance in these clouds. Observations toward the bright star
¢ Per indicate a cosmic ray ionization rate (cgr ~ 1 x 10716571,

e Dark molecular clouds (visual extinction Ay 2 3 mag), where there is insuf-
ficient ultraviolet radiation to photoionize elements such as C and S. Cosmic
rays can maintain only a very small fractional ionization z, = n./nyg ~
1077(10* cm~3 /ny)'/2. The low fractional ionization in dense molecular
clouds has implications for coupling of the magnetic field to the gas and
damping of MHD waves; these will be discussed in later chapters.

16.1 HI Regions: Ionization of Metals

Carbon is the fourth most abundant element, following hydrogen, helium, and oxy-
gen. The abundance of C in the local ISM is approximately equal to the solar value,
~ 2.5 x 107, Of this, approximately 60% appears to be in solid grains, leaving a
gas phase abundance nc/ng ~ 1 x 10~* (see Table 9.5).

With an ionization threshold of 11.26 eV, carbon can be photoionized by starlight
that can penetrate into neutral H1 clouds. Let ¢(C°) be the probability per unit time
of ionization of a carbon atom; this will be primarily due to photoionization by
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starlight but, in principle, also includes photoionization by x rays and collisional
ionization by cosmic rays. Pulsar dispersion measures indicate a mean electron
density (n.) ~ 0.04 cm~3 near the midplane of the disk, and within about 1 kpc of
the Sun (see Fig. 11.2).

Consider the ionization state of carbon in a region with the mean electron den-
sity n. =~ 0.04cm™3. Let nc be the density of C nuclei in the gas phase, with
neutral fraction #(C°®) = n(C)/nc. Under steady state conditions, ionization and
recombination must balance; if the dominant recombination process is radiative
recombination, with rate coefficient .., we have

o (CT)ne [1 — 2(C)] = ¢(C%)z(C°) (16.1)

giving a neutral fraction

o (CH)ne

I(CO) = arr(c+)ne + g(cO)

(16.2)

Inserting ¢(C°) = 2.58 x 107195~ (see Table 13.1) and a,,(CT) = 8.63 x
10712 cm3s7! for T = 100K (see Table 14.6), we find z(C%) = 1.3 x 1073,
According to this estimate, then, ~99.9% of the gas phase carbon is ionized —
photoionization of C is much faster than radiative recombination of C* for the
densities of electrons and ultraviolet photons found in the diffuse ISM. A similar
conclusion is found for other heavy elements with ionization potentials [ < 13eV.

16.1.1 Grain-Assisted Recombination

The process of grain-assisted recombination, discussed in Chapter 14, can under
some circumstances be faster than radiative recombination. Let us examine the
importance of grain recombination for our example of carbon ionization.

We write the grain-assisted recombination rate per volume as nyagn(C*),
where a,,, the effective rate coefficient, depends on the ion (in this case, CH), the
UV intensity &< G [see Eq. (12.6)], the electron density n., and the gas tempera-
ture 7. Using the parameters in Table 14.9 and assuming Gy =~ 1 and 7' = 100 K,
we calculate the charging parameter v ~ 250 and obtain an effective rate coeffi-
cient agy &~ 2.83 x 1071 ¢cm?® s~!. Grain-assisted recombination is faster than ra-
diative recombination by a factor ngag, /nerr ~ 2.5. With grain-assisted recom-
bination included, we would now estimate a larger neutral fraction x(CO) ~ .0045,
but this is still < 1. Therefore, even with grain-assisted recombination included,
99.5% of the gas-phase carbon would be photoionized in our hypothetical region
with n, = 0.04cm ™3 and T = 100 K. Hence we can assume that nearly all of the
carbon and other gas-phase species (e.g., S) with ionization potential < 13.6eV
will be photoionized in diffuse HI regions.

Let n(M™) be the number density of ions of species with ionization potentials
Ix < 13.6eV. Table 9.5 gives estimates for 2y = n(M™)/ny in different types
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of HI gas, with

1.68 x 10™* in the WNM.
Ty R 1.42 x 10*  in the CNM. (16.3)
1.07 x 10~* in diffuse Hs.

16.2 Cool HI Regions: Ionization of Hydrogen

Typical cool HI regions, the so-called cold neutral medium (CNM), may have
a density ng ~ 30cm~> and half-thickness ~ 1pc, giving a column density
N(HI) ~ 10?°cm~2. Starlight will not ionize H or He within an HI region,
because the 13.6 < hr < 54.4 eV ionizing photons cannot penetrate into the cloud
(see Fig. 13.1), but x rays of sufficiently high energy can reach the cloud inte-
rior. A photon with energy hv = 150 eV has an absorption cross section per H of
1.8 x 1072 cm? (mostly due to He); x rays with h > 150 eV can therefore affect
the ionization within the interiors of HI clouds.

Let (cr be the rate of primary ionizations per H atom by either cosmic rays
or x rays, and let ¢, be the average number of secondary ionizations per primary
ionization of H. The extremely rapid rate of photoionization of C and S ensures
that they will be almost fully ionized in diffuse H I, contributing an electron density
~ nyys. In a steady state, the hydrogen ionization fraction z(H") = n(H™) /ny
must obey

Cer (14 ¢s)nm [1 — z(HY)]
= ap(H)ng? [z(HY) + 2(M™1)] 2(HT) + age(H ) ngc(HT) , (16.4)

where o, is the rate coefficient for radiative recombination of Ht, and Ougy 18 the
effective rate coefficient for grain-assisted recombination of H (see §14.8). This
is a quadratic equation for z(H™) with solution

[(B+7+zum)? +46]"° = (B+v+2um)

£(H) = . . a6s)
1+ ¢s

B= CCROE :qu ) (16.6)

75% . (16.7)

The rate coefficient «,, depends on the charge state of the grains, which in turn
depends on the electron density n. (through the “charging parameter” ¢ [defined
in Eq. (14.38)]. We therefore iterate: assume some n. to calculate 1, with this
1 calculate o, with this o, solve Eq. (16.5), with this n. recalculate v, and
iterate to converge on the self-consistent steady state solution for n.. Figure 16.1
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Figure 16.1 Solid lines show fractional ionization x. in the CNM as a function of
cosmic ray ionization rate (cr, for two gas temperatures, 7" = 50 and 100 K (see text).
Dashed-dotted curves show n. calculated if grain-assisted recombination is neglected.
For {cr =~ 1 x 107 *® s determined from observations of diffuse molecular clouds
(see §16.4), the CNM electron density n. ~ 0.010 cm ™3,

Eep=1x10-165"1

shows the electron density in the CNM with nyg ~ 30cm ™3, given by Eq. (16.5).
For a given cosmic ray ionization rate, grain-assisted recombination significantly
lowers the electron density. It is therefore important to include this process to obtain
realistic estimates of the electron density in diffuse HI clouds. If the cosmic ray
ionization rate (cr (1+¢s) S 2x 10710571 the electron density n. < 0.01 cm =3,
At this time, there is considerable uncertainty regarding the ionization rate {cg, but
observations of diffuse molecular clouds (see §16.4) provide some constraints.

16.3 Warm H1I Regions

A considerable fraction of the atomic hydrogen is located in regions of density
ny ~ 0.5 cm ™3 and temperature 7' =~ 5000 K — the so-called warm neutral medium
(WNM). What fractional ionization is expected for such regions?

If there is no local source of x rays, the hydrogen ionization will be primarily
due to cosmic rays, just as for the CNM. Just as in the CNM, photoionization of
elements with ionization potentials I < Iy will contribute electrons, with x5; ~
1.7 x 10~%. Figure 16.2 shows the resulting fractional ionization. For the cosmic
ray ionization rate (cr ~ 1 x 107*6s~! inferred from observations of diffuse
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molecular clouds, about 2% of the hydrogen will be ionized in the WNM. This
conclusion is not appreciably altered when cosmic ray ionization of He is included.

T T L R N | T T T T T T T T

0.05 - WNM (n,=0.5 cm™3 T=5000K) -~

Eeg=1x 101651

0.005 F -

L L L M| L L L Lo

10*17 10*16 10*15
(1+¢,)¢e(s™)

Figure 16.2 Fractional ionization of the WNM as a function of cosmic ray ionization
rate (cr. For (cr ~ 1 x 107%™ (indicated by observations of diffuse molecular
clouds), the WNM electron density n. =~ 0.010 cm ™3,

16.4 Diffuse Molecular Gas

In regions where the hydrogen is molecular, most ionizations produced by cosmic
rays or x rays (including secondary electrons) detach an electron from H to create
H, . If it encounters a free electron, the Ha ™ will dissociatively recombine, Hyt+
e~ — H + H, with a rate coefficient £k ~ 2 x 1078 cm®s~! (see Table 14.8).
Because the electron fraction in molecular gas tends to be low, most of the Hg+
will undergo the fast exothermic ion—molecule reaction:

Hot +Hy = Hi +H |, kg =208x 10" "cm®s™! | (16.8)

followed by dissociative recombination

Hi +e” —Ho+H |, kigo=4.1x1078T, %2 cm?s™! (16.9)
Hf +e” =H+H+H |, kigio=77x10"8T; %% cm3s™! | (16.10)
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or an exchange reaction such as

Hi +O—OHY +Hy , kig11 =840 x 107 em?s™! | (16.11)
Hi +O—=HOt +H |, kig12 =3.60 x 107 em?s™! | (16.12)

followed by, for example,

OH" +e~ - O+H |, kigi3=6.5x10"3T, %0 cm®s71. (16.13)

Rate coefficients k165, k16.9, k16.10, K16.11> K16.12, and k16.13 are from the UMIST
2006 Database for Astrochemistry (Woodall et al. 2007), where the original sources
are given.

In a diffuse region with fractional ionization z, 2 xp; ~ 1.9 X 10~%, destruction
of H will be dominated by Egs. (16.9 and 16.10), and the abundance of H3 will
be given by

n(0{)  2Ccr(l+¢s)

~ (16.14)
n(Hs) (k16.9 + k16.10)nHTe
Thus the cosmic ray ionization rate can be obtained:
N(H])
1+ ¢s) ~ (k k e 16.15
Ccr(1+ ¢s) = (ki6.9 + k16.10)nuT 5N (H) ( )

Consider now the diffuse molecular cloud located on the sightline toward the
bright star ¢ Per. Taking the observed N(H;) = 8 x 103 cm~2 (McCall et al.
2003) and N (Hz) = 5.0 x 1020 cm~2 (Bohlin et al. 1978), and adopting a density
ng ~ 100cm™3 and temperature 7' ~ 60 K (van Dishoeck & Black 1986; Le
Petit et al. 2004) and fractional ionization z, ~ x5y ~ 1.9 x 10™%, we obtain
Cer(l + ¢5) ~ 2.2 x 107651 in the diffuse molecular gas toward ¢ Per. With
¢s ~ 0.67 [see Eq. (13.12)], the primary ionization rate is estimated to be (cr =~
1.3 x 10716571,

This is strong evidence that in at least some interstellar clouds, the cosmic ray
ionization rate (cg ~ 1 x 10716571, Hj detections on 14 diffuse cloud sightlines
lead to (cr estimates in the range (0.5 to 3) x 10716s~1, with an average of
2 x 10716 s~1 (Indriolo et al. 2007). The free electrons in diffuse molecular clouds
come almost entirely from photoionization of C, S, and other gas-phase atoms with
I < Iy, with total abundance z3; ~ 1.1 x 10~* — the molecular ions make only
a very small contribution. For example, the H7 ion has a fractional abundance
N(HF)/2N(Hy) ~ 8 x 1078, and other molecular ions, such as OH™ or HCO™,
have similarly low abundances.
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16.5 Dense Molecular Gas: Dark Clouds

When the visual extinction exceeds Ay &~ 3 mag, ultraviolet starlight is sufficiently
attenuated so that elements like C and S will be predominantly neutral in the gas
phase, and most of the free electrons are the result of cosmic ray ionization. What
fractional ionizations are present within these dark regions? Here we follow the
treatment by McKee (1989).

Under these conditions, cosmic ray ionization will produce Hj ions via
Hy, + CR—Hy," +e , (16.16)
Hom +Ho—HI +H . (16.17)

For fractional ionizations . < 107°, dissociative recombination of the H;‘ ions
will be of secondary importance, and most of the Hj ions will react with atoms or
molecules M (e.g., CO) to form

Hf + M — MHY +H, . (16.18)

The generic molecular ion MH™ (e.g., HCO™) can recombine dissociatively:

MHT +e” - M+H : kigio~c1x107"T, "% em?s™t | (16.19)

or it can capture an electron from a grain:

MHT 4+ grain™ — MH +grain : kg2 , (16.20)

or it can exchange charge with a neutral metal atom such as S:

MHY"+S - MH+ST : kigor ~#1x10%ecm3s™! . (16.21)

The ST will finally be neutralized by capturing an electron from a grain:

St 4+ grain- — S+ grain

St +grain — S+ graint } : k622, (16.22)

where polycyclic aromatic hydrocarbon (PAH) particles are included in the grain
population. If every H2+ that is created leads to formation of MHT™, then the for-
mation rate of Hj should equal the rate of destruction of MH™:

nuCer(l + ¢s) = n(MH") (kig.10ne + kig.20nu + k1g.21ns) . (16.23)
If the net charge contributed by the grains is small, then

ne &~ n(MHY) +n(ST) ~ n(MH") (1 + kl“l"s) . (16.24)
16.22MH
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Figure 16.3 Fractional ionization in a dark cloud, estimated using Eq. (16.25), with
the grain recombination rate coefficients set to kig.20 = kig.2e = 107 cm®s™?!
(see Fig. 14.6). The dashed line is a simple power-law approximation z. =~ 1 X

107%(nu/ em™3)~1/2,

Substituting (16.24) into (16.23), we obtain a quadratic equation for n(MH™) /ny,
from which we obtain

Te. [B% + 4k16.19¢cr (1 + ¢s)/”H]1/2 - B

- , (16.25)
ny 2k16.19
k n
A=ki6.10 <1 + 16'215) , (16.26)
k16.22 nu
ns
B =ki6.20 + k16.21— - (16.27)
nH

The fractional ionization estimated using Eq. (16.25) is shown in Figure 16.3,
where it is seen to vary approximately as 1/,/n, reaching fractional ionizations
of ~ 1077 for nyy ~ 10* cm 3 for an assumed cosmic ray ionization rate (cr ~
1x 10710571

From this, we see that at points deep enough within a dark molecular cloud,
where starlight cannot maintain a high ionization fraction for elements with I, <
I, cosmic rays can maintain only a very low fractional ionization. This has impli-
cations for the magnetohydrodynamics of the magnetized gas.



Chapter Seventeen

Collisional Excitation

Collisional excitation is important in the ISM for two reasons:

1. It puts ions, atoms, and molecules into excited states from which they may
decay radiatively; these radiative losses result in cooling of the gas.

2. It puts species into excited states that can serve as diagnostics of the physical
conditions in the gas. If the level populations can be determined observation-
ally, from either emission lines or absorption lines, we may be able to infer
the density, temperature, or radiation field in the region where the diagnostic
species is located.

Throughout this chapter and the rest of the book, we will be making use of
rate coefficients and transition rates. We will use the notation k;; = (0v);—
for collisional rate coefficients, and A;y = A,;_,s to denote radiative transition
probabilities, where the first subscript in k;; or A; denotes the initial state, and
the second the final state. For energy-level differences, we will set B,y = E,, — E,.

17.1 Two-Level Atom

In some cases, it is sufficient to consider only the ground state and the first excited
state — when attention is limited to these two states, we speak of the “two-level
atom.” Consider first the case where there is no background radiation present, and
the only processes acting are collisional excitation, collisional deexcitation, and
radiative decay. Let the ground state be level 0, and the excited state be level 1.
Let n; be the number density of the species in level j. For collisional excitation by
some species (e.g., electrons) with density n., the population of the excited state
must satisfy

d
— = nenokor = nenikio —niio - (17.1)
The steady state solution (dn /dt = 0) is simply

ny nekor
—_——=—_— 17.2
ng  nekio + Ao (17:2)

The upward rate coefficient kg is given in terms of the downward rate coefficient
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by

koy = ?kw e B0/ s (17.3)
0

where go, g1 are the level degeneracies, and T, is the kinetic temperature of the
gas. In the limit n. — oo, itis easy to see that n1 /ng — (91/90) exp(—FEro/kTgas)-

Now suppose that radiation is present. Let u, be the specific energy density at
frequencies near v = Fjo/h. It is convenient to use instead the dimensionless
(angle- and polarization-averaged) photon occupation number:

CS

?TL,Y = W Uy (174)

Then,

dn

ditl =Ny nckm + ’r_l.Y?Alo — N1 [ncklo —|— (1 + T_l.y) AlO] . (175)
0

The rate of photoabsorption is 7 (g1/go)A10n0, and the rate of stimulated emis-

sion is ., A1gn1 (see Chapter 6). The steady-state solution with radiation present

is

i nekor +74(91/90) Aro (17.6)
no ncklo + (]. =+ ’FL,Y)Alo ) ’

This is the fully general result for a two-level system.
It is instructive to examine Eq. (17.6) in various limits:

e If i, — 0, then we recover our previous result (17.2).

o If n, — 0, then n1/no — (91/90)7/(1 + 7y). If we have a blackbody
radiation field with temperature Tyaq [ie., ny, = 1/(ef10/FTraa — 1)], then

ni/no = (g1/go)e Fro/kTraa,

o If we have a blackbody radiation field with temperature T,,q = Tyas, then
n1/no = (g1/go)e”F1o/*¥Traa independent of the gas density n.! The pho-
tons alone are sufficient to bring the two level system into LTE, and additional
(thermal) collisions have no further effect on the level populations.

17.2 Critical Density ncrit, o

For a collision partner ¢, we define the critical density n..; ., (c) for an excited state
u to be the density for which collisional deexcitation equals radiative deexcitation,
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Table 17.1 Critical Densities for Fine-Structure Excitation in HI Regions

nH,crit(u)
Ee/k  Eu/k Ae T =100K T =5000K
Ton 14 u (X) (K) (pm) (cm™3) (ecm™3)
cu o ?pp, PP, 0 91.21 15774 2.0 x 10° 1.5 x 103
CI 3P 3Py 0 23.60  609.7 620 160
3Py 3Py 23.60 6244 37037 720 150
o1 3P, 3Py 0 22771 63.185 2.5 x 10° 4.9 x 10*

3p, 3Pg 22771 32657 14553 2.3 x 10% 8.4 x 102
Sill  2p° 0 41328 34814 1.0 x 10° 1.1 x 104
Sil 3Py 3p; 0 110.95 129.68 4.8 x 10% 2.7 x 10*
3p, 3Py 11095 321.07 68473 9.9 x 10* 3.5 x 104

including stimulated emission':

Z£<u [1 + (nv)ué] Aue
> t<u Fue(c)

Note that the definition (17.7) applies to multilevel systems, but each excited level
u may have a different critical density. The definition (17.7) is appropriate when
the gas is optically thin, so that the radiated photons can escape. When the emitting
gas is itself optically thick at the emission frequency, we have “radiative-trapping,”
and the criterion for the critical density must be modified (see Chapter 19).

ncrit,u(c) = (17.7)

Note that this definition of nit ,, depends on the intensity of ambient radiation
at frequencies where level u can radiate. For many transitions of interest, we have
(7iy)ue < 1, and this correction is unimportant, but for radio frequency transitions
—e.g., the 21-cm line of atomic hydrogen — it is important to include this correction
for stimulated emission.

Critical densities n.,it for the fine structure levels of CI, CII, O1, Sil, and Sill
are given in Table 17.1.

17.3 Example: HI Spin Temperature

Consider the ground state of the hydrogen atom (electron in the 1s orbital, electron
spin antiparallel to nuclear spin, gg = 1), and the hyperfine excited state (1s orbital,
electron spin and nuclear spin parallel, g1 = 3). The energy level structure is
illustrated in Fig. 17.1.

The energy difference between the excited state (nuclear and electron spins par-
allel, g = 3) and the ground state (nuclear and electron spins antiparallel) is only
FE1o = 5.87 ueV, corresponding to a photon wavelength A = 21.11 cm. The spon-
taneous decay rate is Ajg = 2.884 x 10715571, corresponding to a lifetime of
~ 107 yr.

IThe definition of critical density is not completely standard. Some authors include collisional exci-
tation channels in the denominator of Eq. (17.7).
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g,=3 E;=5.87x107%eV
A,,=R.884x10"15 571
A=21.11cm

by

Figure 17.1 Hyperfine splitting of the 1s level of H.

n Ko,
n.(g,/80)A
n.k,
(1+n7)A10

The rate coefficient for collisional dexcitation of the hyperfine excited state due
to collisions with other H atoms (Allison & Dalgarno 1969; Zygelman 2005) can
be approximated by

po 119 1071070 747020 T2 o3 =1 (20K < T < 300K) (178)
107 2,24 x1071079-2070-0876/T2 o3 g=1 (300K < T < 103K) ~*
We obtain kg; from the principle of detailed balance (3.21):
]{101 = 3]{}10 670'0682 K/T . (179)

What is the value of the photon occupation number 7, in the diffuse ISM?
The radiation field near 21 cm is dominated by the cosmic microwave background
(CMB) plus Galactic synchrotron emission. Including the contribution? from syn-
chrotron radiation, the angle-averaged background near 21 cm corresponds to an
antenna temperature T4 ~ Tcomp + 1.04 K (see Chapter 12), where Tovyp =
2.73 K. Thus

1

= exp(hv/kTg) — 1 (17.10)

_kTa _ 377K

=—r —— = . 17.11
hv 0.0682K b (7.1D

For the present case of a two-level system,

Neris (H) = % (17.12)

=1.7x107*(T/100K) "% em™ (50K < T < 200K). (17.13)

2Near 21 cm, even the CMB is in the Rayleigh-Jeans limit, so the antenna temperature T4 and
brightness temperature T'g are approximately equal.
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where we have taken i, = 55, appropriate for HI in the diffuse interstellar medium.
In the absence of collisions, the CMB plus Galactic synchrotron radiation would
give optically thin HI an excitation temperature T, ~ 3.77 K. If we consider
only collisions with atomic H, we can solve Eq. (17.6) for various gas densi-
ties nyg and temperatures 7'. Figure 17.2 shows the resulting “spin temperature”
Tepin = 0.0682 K/ In(nog1 /n19o) as a function of density ny.

104 FTrTrTorooT T T T TTTTT T T T TTTTT T T T TTTTT T T T TTTTT T T Tr111r1g
E T RPRAARL w w T
r HI spin excitation gas— 0000 K3
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Figure 17.2 HI spin temperature as a function of density ny, including only 21 cm
continuum radiation (with brightness temperature Tp = 3.77K, i.e., n, = 55) and
collisions with H atoms. Lyman « scattering is not included. Filled circles show ncrit
for each curve.

For densities 1 >> ngig, we expect Tipin & Tgas, while for densities n < ngrig,
we expect Ty ~ Tg(v), or 3.77K for the radiation field assumed here. The
results in Fig. 17.2 are consistent with the expected asymptotic behavior, but it is
important to note that one requires 7 >> Ncyi; in order to have T, within, say,
10% of Ty, particularly at high temperatures. The points in Figure 17.2 show
Nerit (Tgas) for each Ty,g; it is apparent that high values of Ty, are achieved only
for n > neyig.

Collisions with protons and electrons can also be important for hyperfine ex-
citation of HI; the rate coefficient for deexcitation by electrons is (Furlanetto &
Furlanetto 2007)

kio(e™) = 2.26 x 1072(T/100K)*Secm®s™ (1 ST $500K),  (17.14)

a factor ~ 10 larger than k1o (H); electrons will, therefore, be of minor importance
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in regions of fractional ionization z. < 0.03, such as the CNM or WNM (see Figs.
16.1 and 16.2).

Resonant scattering of Lyman-a photons can also change the populations of the
hyperfine levels (Wouthuysen 1952; Field 1958).3 Let Py; be the probability per
unit time of a transition from the hyperfine ground state to 2p, followed by spon-
taneous decay from 2p to the hyperfine excited state, and P;q the probability per
time of a transition from the hyperfine excited state to 2p, followed by decay to
the hyperfine ground state. The Lyman « profile depends on the kinetic temper-
ature of the hydrogen atoms that are emitting and scattering the Lyman a.. If the
hydrogen atoms have a Maxwellian velocity distribution, Field (1959) showed that
Pyy ~ 3Pyge-0082K/ Tk wwhere Ty = myuo?, /k, and oy is the one-dimensional
velocity dispersion of the H atoms that are scattering the Lyman « photons. There-
fore, this process acts essentially like a collisional process, except that the tem-
perature 737 characterizing the Lyman « line profile includes a contribution from
turbulent motions, in addition to microscopic thermal motions. Liszt (2001) esti-
mates the Lyman « intensities expected in the warm neutral medium (WNM), and
concludes that collisions and Lyman « together are not fast enough to thermalize
the HI hyperfine transition. As a result, we should expect Tipin < Tgas in the
WNM.

17.4 Example: CII Fine Structure Excitation

The ground electronic state 1522522p 2P° of CII contains two fine-structure lev-
els (see Fig. 17.3), 2P1°/2 and 2P§/2. Will the populations of these two levels be

thermalized in the ISM? Radiative decay of the 2P§’/2 excited fine-structure state
produces a photon with A = 158 um. At this wavelength, the continuum back-
ground in the interstellar medium has n, < 1. In fact, from Figure 12.1, we
estimate n, &~ 107" in the diffuse ISM. Hence, if we are considering regions that
are optically thin in the 158 pym line, we can neglect stimulated emission.

The 2P§/2 fine-structure level can be excited by collisions of 2Plo 5 with elec-
trons, H, He, and (in a molecular cloud) Hs. For electrons, the collision strength is
(Keenan et al. 1986)

QCPYy, 2Py m 2.1, (17.15)

3 The Wouthuysen-Field effect can be understood semiclassically. When a Lyman « photon is ab-
sorbed, the H atom enters a 2p state with its electronic angular momentum L in some direction that is
related to the direction of propagation and polarization of the absorbed photon, but is unrelated to the
orientation of the nuclear or electron spins. During the ~ 10~ s lifetime of the 2Pf /9 OF 2P§’ '/ excited
state, spin-orbit coupling will cause both the electron spin S and orbital angular momentum L to precess
around L + S. When the Lyman « photon is emitted, the electron spin will be in a different direction,
and thus its orientation relative to the nuclear spin will change some fraction of the time. Note that
while the spin-orbit coupling in H is weak, it is not zero: the 0.366 cm ™1 fine-structure splitting be-

tween 2P§’/2 and 2P1°/2 corresponds to an electron precession frequency ~ 8 x 1010 Hz — the ~ 1.6 ns

lifetime of the excited state corresponds to ~ 102 precession periods.
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Figure 17.3 Fine-structure levels of C™.
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Figure 17.4 Excitation of the *Py /5 excited fine-structure level of C™. The background
radiation is assumed to have n, =~ 107° at 158 ym.

so that

kio(e™) ~ 4.53 x 1087 Y/ emBs™1 | (17.16)

while for H atoms (Barinovs et al. 2005):

k1o (H) ~ 7.58 x 10710791281 +0.008TInTe o3 =1 (17.17)
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Thus the critical densities are

ncrit<H) ~3.2 x 103T2—0.1281—0.OO87111T2 Cm—3 , (1718)

Newie(e )~ 53T % em™ (17.19)

Therefore, we see that for both CNM and WNM conditions, the densities are well
below critical, and the CII fine-structure levels will be subthermally excited. It fol-
lows that collisional excitations of CII 2P§’ o will usually be followed by radiative
decays, removing energy from the gas. The [CII] 158 um transition is the principal
cooling transition for the diffuse gas in star-forming galaxies. Plate 3c is an all-sky
map of [CII] 158 um emission from the Galaxy, made by the Far InfraRed Ab-
solute Spectrophotometer (FIRAS) on the COsmic Background Explorer (COBE)
satellite (Fixsen et al. 1999).

The preceding discussion neglects radiative excitation of CII 2P§ oL appropriate
for clouds that are optically thin in the [CII] 158 pm line. When the clouds become
optically thick, the [CII] 158 pm line intensity can increase to the point where self-
absorption makes an important contribution to the excitation of C1I 2P§’ 5 We will
return to the question of excitation under such conditions in Chapter 19.

17.5% Three-Level Atom

If we consider the ground state and two excited states, we refer to this as a “three-
level atom.” The equations for the evolution of the level populations are

d?’lg

o Roong + Riang — (Roo + Ra1) na (17.20)

dm

o Ro1ng + Roing — (Rio + Ri2)n1 (17.21)

where the rates R,y are:

Rig=Cio+ (1 +n4y,10)A10 (17.22)
Roo=Ca0 + (1 +ny20)A20 (17.23)
Ro1 =Co1 + (1 +1ny21)A21 (17.24)
Ro1=(91/90) [Cloewa/kT + n'y,lOAlo} , (17.25)
Ro2 =(g92/90) [C’zoefE”/kT + n7,20A20} , (17.26)
Ri2=1(g2/91) [0216_E21/kT + (92/91)7%,,211421} . (17.27)

The rates C',, for collisional deexcitation are summed over all collision partners c:

Cur =Y nckue(c) (17.28)
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and we assume each colliding species to have a thermal velocity distribution cor-
responding to temperature 7T'. For the three-level system, the solution is tractable:

n1 _ RoiRyo + Roi Ray + Ray Rop
ng  RigR20 + RigR21 + R12Rag

(17.29)

ng _ Ro2Rio + Ro2Ri2 + Ri2Ros

= 17.30
ng  RioRa0 + RioR21 + Ri2Rao ( )

For systems with more than three energy levels, the steady state level populations
are usually found using numerical methods to solve the system of linear equations.

17.6 % Example: Fine Structure Excitation of CI and O1

CI (15%22522p?) and OT (1522522p*) are two important examples of atoms with
triplet (S = 1) ground states (see Fig. 17.5). Using collisional rate coefficients
from Appendix F, we can solve for excitation of these levels. Results for 1y /ng
for CI are shown in Fig. 17.6, and n; /ng for OI are shown in Fig. 17.7. For both
cases, we have assumed a fractional ionization n. /ny = 1073 characteristic of HI
clouds or photodissociation regions.

E,/k (K) j E,/k (K) j
%P, 62.46 g,=0 ——e—2 9P, 326.6 g,=1 ———2
A, =1.70x10-5s"!
Apy=145.53um
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Ap=7.93x 10851
Ao=609.13um
o 0.0&=1— 0 %P,  0.0gy=5— 0

Cl O1

Figure 17.5 Fine-structure levels of CI and O1.

17.7* Measurement of Density and Pressure Using C1

The fine-structure excited states of CI, with energies £ /k = 23.6 K and Ey/k =
62.5 K, can be collisionally populated even at low temperatures, and the level pop-
ulations can be measured using CI’s rich spectrum of ultraviolet absorption lines
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Figure 17.7 Excitation of O1 3Py, source of 63.18 ;zm emission.

(see Appendix E). Because the critical density ng it (see Table 17.1) is higher
than the densities in typical diffuse clouds, the population of the CI fine struc-
ture levels can be used to constrain the density and temperature (Jenkins & Shaya
1979). A recent study by Jenkins & Tripp (2010) used high-quality spectra of UV
absorption lines of CI on 89 sightlines to characterize the distribution of thermal
pressures in diffuse clouds.

For a given gas composition (fractional ionization and Hs fraction), temperature
T, and density, the fractions f; = N(®P;)/N(CI) and fo = N(3P3)/N(CI) of
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the C1 that are in the first and second excited states >P; and 3Py of the ground
electronic state *P can be calculated theoretically (e.g., Fig. 17.6 shows fi/fo).
For a given T, varying the thermal pressure p will generate a track in the fi—fo
plane. Theoretical tracks for 7' = 30K, 80 K, and 300 K are shown in Figure
17.8, with each track generated by varying the pressure from p/k = 10?2 cm =3 K
to 107 cm 3 K.

0.6 F
. = 1x10"em™ -_,+(P’T)=°°
0.5 ]
8Q
0.4 7 T = 300K
T = B0k
N 03 IR 1S

0.0 0.1 0.2 0.3 0.4 0.5
f1

o

6

Figure 17.8 1 and f2 are the fractions of C I that are in the >P; and 3P excited fine
structure states. Solid lines are theoretical tracks for three different temperatures (30 K,
80 K, 300 K), as the pressure is varied from p/k = 102 cm 2 K to 10" cm ™3 K, with
numbers indicating the value of log,,[p/k( cm ™ K)]. Data points are measurements
for different velocity components on 89 sightlines. The area of each dot is proportional
to N(C1I). The white X is the “center of mass” value (f1, f2) = (0.21,0.068). Taken
from Jenkins & Tripp (2010).

Observed values of (fi, f2) are also plotted in Figure 17.8. Typically f; =
0.20 of the C1 is found to be in the 3Py level, and f» =~ 0.07 is in the 3Py level,
although on some sightlines fo can exceed 0.50. Note that the observed values
of (f1, f2) usually fall somewhat above and to the left of the theoretical tracks.
Jenkins & Tripp (2010) interpret this tendency as resulting from superposition of
two components: a dominant component with moderate pressure p plus a small
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amount of high-pressure material.* UV pumping can also populate the excited
fine-structure levels, and Jenkins & Tripp (2010) correct for this in their estimates
for p.
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Figure 17.9 Distribution of thermal pressures measured using C I absorption lines (see
text). Taken from Jenkins & Tripp (2010).

The distribution of pressures found by Jenkins & Tripp (2010) is shown in Fig.
17.9. The observed distribution can be approximated by a log-normal distribution
with a peak at p/k ~ 10357 cm =3 K ~ 3800 cm 2 K.

In many cases it was possible to determine the gas temperature using the Ho
J =1 — 0 rotation temperature T;.¢. The inset in Fig. 17.9 shows the distribution
of p and T}.; there appears to be no correlation between Ty, and p. For the
“typical” p/k =~ 3800 cm 3 K, the H rotation temperatures range from ~ 50 K to
~ 250 K.

Jenkins & Tripp (2010) conclude that interstellar clouds routinely contain a small
amount of gas that is at the same bulk velocity but at a pressure that is much higher
than the average pressure in the cloud — this is the only way that they can explain
the tendency of the data points in Fig. 17.8 to fall above and to the left of the theo-
retical tracks. This is a very surprising result, as there is no obvious explanation for

4Jenkins & Tripp (2010) assume the high-pressure material to have (f1, f2) = (0.38,0.50).
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why a small fraction of the cloud material should be overpressured without being
at a significantly different velocity. It may be conjectured that the overpressured
regions are the result of highly localized intermittent heating, perhaps due to turbu-
lent dissipation, but the situation remains unclear. It is at least conceivable that the
problem could be with the collisional rate coefficients — if, for example, the cur-
rent theoretical rates have too small a value of Cay/C1y, then the true tracks at the
low-pressure end of Fig. 17.8 would have a larger slope, perhaps passing through
the cloud of points near (0.2,0.06) in Fig. 17.8, and removing the need to invoke an
admixture of high pressure material.



Chapter Eighteen

Nebular Diagnostics

The populations of excited states of atoms and ions depend on the local density and
temperature. Therefore, if we can determine the level populations from observa-
tions, we can use atoms and ions as probes of interstellar space. In this chapter, we
focus on ions that allow us to probe the density and temperature of photoionized
gas (“emission nebulae™) in the temperature range 3000 <7 < 3 x 10* K.

To be a useful probe, an atom or ion must be sufficiently abundant to observe,
must have energy levels that are at suitable energies, and must have radiative transi-
tions that allow us to probe these levels, either through emission lines or absorption
lines.

There are two principal types of nebular diagnostics. The first (discussed in
§18.1) uses ions with two excited levels that are both “energetically accessible” at
the temperatures of interest, but with an energy difference between them that is
comparable to k7', so that the populations of these levels are sensitive to the gas
temperature. The level populations are normally observed by their line emission.

The second type of diagnostic (discussed in §§18.2 and 18.3) uses ions with
two or more “energetically accessible” energy levels that are at nearly the same
energy, so that the relative rates for populating these levels by collisions are nearly
independent of temperature. The ratio of the level populations will have one value
in the low-density limit, where every collisional excitation is followed by sponta-
neous radiative decay, and another value in the high-density limit, where the levels
are populated in proportion to their degeneracies. If the relative level populations
in these two limits differ (as, in general, they will), then the relative level popula-
tions (determined from observed emission line ratios) can be used to determine the
density in the emitting region.

The temperature of ionized gas can also be measured using the “Balmer jump”
in the emission spectrum of the recombining hydrogen (§18.4.1), or by observing
emission lines that follow dielectronic recombination (§18.4.2).

Once the temperature of the gas has been determined, abundances of emitting
species can be estimated using the strengths of collisionally excited emission lines
relative to the emission from the ionized hydrogen (§18.5). When fine-structure
emission lines are used, the inferred abundances are quite insensitive to uncertain-
ties in the temperature determination.



204 CHAPTER 18

1S, 61207 g,=1 4
E/k (K)
~ Il
18, 47033 g,=1 4 I o=
© o
g B8
(\g o~
© [\p)
[le)] ©
>~ o
le] m
D, 29169 g,=5 3
D, 22037 g5=5 3
[an} [aV]
ol ©
2 2 g g
g g < 0
n 0
© ©
%P, 188 g,=5 2 P,  441g,=b 2
p 70 &,=3 1 3p 163 g,=3 1
P} 0 8o=1 o P D go=1 0
NII O III

Figure 18.1 Energy levels for temperature diagnostic 2p? ions N II and O III. Transi-
tions are labeled by vacuum wavelength (A).

18.1 Temperature Diagnostics: Collisionally Excited Optical/UV Lines

18.1.1 np? and np* Ions

Atoms or ions with six electrons have 2p? as their lowest configuration: the ground
state term is °P, and the first two excited terms are 'D and !S. If the 'S term is
at a low enough energy (E/k < 70,000 K), so that the rate for collisional exci-
tation in gas with 7" =~ 10% K is not prohibitively slow, and the abundance of the
ion itself is not too low, then the ion can produce observable line emission from
both the 'D and 'S levels. Because these levels are at very different energies, the
relative strengths of the emission lines will be very sensitive to the temperature; the
measured intensity ratio can be used to determine the temperature in the nebula.

Candidate 2p? ions are CI, NII, OIII, FIV, Ne V, and so on. CI is easily pho-
toionized, and will have very low abundance in an HII region. The ionization
potentials of FIV, Ne V, and so on exceed 54.4 eV, and we do not expect such high
ionization stages to be abundant in H I regions excited by main-sequence stars with
effective temperatures kT, < 5eV. This leaves NII and O III as the only 2p? ions
that will be available in normal H1I regions.’

Systems with eight electrons will have 2p* configurations that will also have 'D
and 1S as the first two excited terms. For OI, FII, and NeIll, the 1S term is at
E/k < 70,000 K.

IFIV and Ne V may be present in planetary nebulae and active galactic nuclei, where the ionizing
radiation is harder (with significant power above 54.4 eV).
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Similar considerations for systems with 14 or 16 electrons in HII regions pho-
toionized by main-sequence stars leave PII and S IIT as the only 3p? ions, and C11I,
ArIII, and K1V as the only 3p* ions, that can be used for temperature determination
by comparison of emission lines from the 'D and 'S levels.

Figure 18.1 shows the first two electronic excited terms of the 2p? ions N II and
OIIL. It is easy to calculate what happens in the limit of very low densities, in which
case essentially all of the N II and O III ions will be in the ground state 3Py. Let Cps
and Cy, be the rates for collisional excitation from the ground state to the ' Dy and
1S, excited states. At low densities, every collisional excitation will be followed
by radiative decays returning the ion to the ground state, with branching ratios that
are determined by the Einstein coefficients A,,. For example, after excitation of
level 4, the probability of a 4 — 3 radiative transition is Ay3/(A41 + Ass). Thus
the power radiated per unit volume in the 4 — 3 and 3 — 2 transitions is

P(4 — 3) = E43 [noCo4] ﬁ (18.1)
P(3 = 2) = Esy |10Co3 + 10Cos A43Af v ASQAf o (82
where
Cru = 8.629 x 10787, /2 % e Bue/kT p emBst . (18.3)
Thus, in the limit n, — 0, the emissivity ratio
j4—3)  AuzEs (Asz + Agp)Qoq e~ Fas/FT (18.4)

J(3 — 2) B A32E32 [(A43 + A41)Q()3 + A43904 e—E43/kT]

Therefore, in the low-density limit, the emissivity ratio depends only on the atomic
physics (Aye, Eye, Qy¢) and the gas temperature T'. If the atomic physics is known,
the observed emissivity ratio can be used to determine 7'. The low-density limit
applies when the density is below the critical density for both 'Dy and 'Sy. The
critical densities for N II and O III are given in Table 18.1

The steady-state level populations have been calculated as a function of 7" for N 11
and O I1I, and the ratios of emission lines from the 'S and 'D5 levels are shown in
Figure 18.2. We see that if n, < ng,it for the 1Dy level (nepit = 8 X 10* cm ™3 for
NII, and 6 x 10% cm ™2 for OIII), the line ratio is independent of the density, and
depends only on the temperature. Fortunately, these values of n,;; are high enough
so that these temperature diagnostics are useful in many ionized nebulae (e.g., the
Orion Nebula, with n, =~ 3000 cm—3 — see Chapter 28).

Note that the fine-structure excited states of the ground P term have values of
Nerit that are considerably lower than n,; for 1D, and 1S, levels, because the fine-
structure levels of the ground term have radiative lifetimes that are much longer
than the excited terms.
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Table 18.1 Critical Electron Density nerit (e ™) (cm ™) for Selected np? and np* Tons

nerie(e) at T = 104K

Configuration Ton 3Py 3p, 3Py 1p, 1S
1522522p? CI - 7.37x10°  1.21x10!
NII - 1.67x10% 2.96x102 7.68x10* 1.23x107
ol - 1.74x10%  3.79%x10% 6.40x10° 2.78x107
NeV - 3.19x10° 3.48x105 1.44x10% 9.58x108
1s22522p* Ol  3.11x10% 2.87x10% - 1.62x106  4.04x108
Nelll 3.02x10%* 2.76x106 - 9.47x10%  1.37x108
MgV  4.36x10%  4.75x107 - 1.07x10°  8.07x10°
1522522p%3523p? Sil - 7.72x10%2  1.92x103
SIII - 4.22%x10%  1.31x10* 7.33x10° 1.52x107
ArvV - 1.09x107  1.16x107 3.65x10% 2.49x108
1522522p23523p* SI 1.04x105 1.55x10° - 4.12%x107  1.38x10°
Arlll  2.49x105 2.67x108 - 1.26x107  4.54x108

Table 18.2 Critical Electron Density ncrit(e™) (cm™?) for Selected np® Ions, for
T =10"K

Nerit(e) at T = 10* K
Configuration Ion D2, ’D¢)y 2pe, 2Py
15%25%2p° NI  218x10* 1.19x10* 7.11x107 3.15x107
Ol 4.49x10° 3.31x10° 5.30x10° 1.03x107
NelV 1.40x10° 4.66x10° 4.17x10% 2.79x108

1s225%2p%3s%3p® ST 1.49x10* 1.57x10% 1.49x10° 1.91x10°
ArlV  1.35x10° 1.55x10* 1.06x107 1.81x107

However, when L-S coupling is a good approximation, quantum-mechanical cal-
culations of the collision strengths €2, for different fine-structure levels ¢ within
a single term (e.g., Py 1,2) have Q,¢/Que = ge/ge. When this is true, the col-
lisional rate coefficients for excitation out of the different fine-structure levels will
be nearly the same for the different fine-structure levels, so it does not matter
whether these levels are populated thermally or whether the only level occupied
is the ground state 3Py.

Tons with 14 electrons — STII is an example — have 1522522p53s23p? config-
urations with the same term structure as 1522s22p?, and therefore can be used

for temperature determination in the same way. Figure 18.2 shows how the ratio
[SIII]6313.8/[S1I1]9533.7 serves as a temperature diagnostic.

A fundamental assumption is that the levels producing the observed lines are
populated only by collisional excitation. The 'D, level is at sufficiently high en-
ergy that as the temperature 7" is lowered below ~ 5000 K, the rate of collisional
excitation becomes very small. This means that the line becomes very weak and
difficult to observe; it also means that if the next ionization state (N III, O IV, STV)
has an appreciable abundance, radiative recombination with electrons may make a
significant contribution to population of the !D, level. As a result, the observed
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Figure 18.2 Line ratios that are useful as temperature diagnostics (see text). Curves
are labeled by n. (cm™2). For each ion, the low density limit is shown, as well as
results for higher densities, showing deviations from the low density behavior.
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line ratios may not be suitable for temperature determination when the intensity
I(1D2 — 180) S 10_31(180 — 3PJ).

18.1.2 np3 Ions

Atoms or ions with seven electrons have 1s522s22p? as their lowest configura-
tion: the ground term is 4S§’/2, and the first two excited terms are 2D§/275 /2 and
2Pf’/2}3/2. Candidate ions are NI, OII, FIII, NeIV, and so on. NI will be pho-
toionized in HII regions, leaving O II, FIII, and Ne IV as the 2p3 ions suitable for
observation in HII regions.

Atoms or ions with 15 electrons have 15225%2p®3523p3 as their lowest configu-
ration. Just as for 2p3, the ground term is 4S§/2, and the first two excited terms are
2D§/275/2 and 2Pf/273/2. Candidate ions are PI, SII, ClIII, and ArIV. P is easily
photoionized, leaving STI, CI1III, and ArIV as the 3p3 ions that will be present in
regions with hv > 13.6 eV radiation extending possibly up to 54.4 eV.

The ratio of the intensities of lines emitted by the 2P term to lines from the 2D °©
term is temperature-sensitive. Figure 18.2 shows [O I1](7322+7332)/(3730+3727)
and [SII](6718+6733)/(4070+4077) as functions of temperature. For these two
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Figure 18.3 First five energy levels of the 2p® ion O 11, and the 3p® ions S 1T and Ar V.
Transitions are labeled by wavelength in vacuo.
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Figure 18.4 [OII], [SII], and [ArIV] optical line intensity ratios useful for density
determination. Wavelengths are in vacuo.

ions, the critical density for 2pe s relatively low (see Table 18.2), so that these
T-sensitive line ratios are also sensitive to n, for n, = 300cm~3. Because of
this sensitivity, the np> ions are only useful if n. is known, or is known to be
<102 cm™3.

18.2 Density Diagnostics: Collisionally Excited Optical/UV Lines

Tons with 7 or 15 electrons have 2522p3 and 3s23p? configurations, with energy-
level structures that make them suitable for use as density diagnostics: the ground
state is a singlet *Sy),, and the first excited term is a doublet D), ; , (see Figure
18.3). At low densities, every collisional excitation of either the 2D§/2 or 2D§/2
level will be followed by radiative decay. Therefore, in the low-density limit, the
power radiated in each of the two decay lines from the 2D ° term (the 3729.8 and
3727.1A lines in the case of O1I) is simply proportional to the collision rates. Be-
cause the fine-structure splitting is small (Fy; < F1g, Fo1 < kT), the emissivity
ratio

J2=0) _ Q0 EBn g, per , P20

] _ o 185
Jj(1—=0) Qi Ero Qo (18.5)

—~

At high densities, however, the levels become thermalized, and the emissivity ratio
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becomes

i2—=0) 92— B /KT Ea0Az0 92420
j1—=0) ¢ EigAww 91410

(18.6)

Because the low-density and high-density limits (18.5 and 18.6) will in general
differ, the observed intensity ratio provides information concerning the density: we
can either determine the density, or establish an upper or lower limit. Figure 18.4
shows the density dependence of this emissivity ratio for OII, SII, and ArIV.

The 2D° levels of OII have critical densities of ~ 3300 cm—2 and 4500 cm 3,
and we see from Figure 18.4 that the [O II] line ratio is sensitive to variations in the
density over the range 10% to 4000 cm 3. In the case of S1I, the 2D5"/2 level has
Nerit = 1600 cm ™3, so the line ratios begin to vary with density above ~ 102cm—3
— similar to OII — but the 2D§/2 level has nee = 1.5 x 10*cm™3, so the STI
line ratio continues to be sensitive up to ~ 10* cm™3. Because of larger radiative
transition rates, the ArIV line ratio is density-sensitive over 102 to 10° cm 3.

18.3 Density Diagnostics: Fine-Structure Emission Lines

Tons with triplet ground states — in particular, the 3Py 1 5 terms for np? and np*
configurations — allow density determination from the ratios of mid-infrared and
far-infrared fine-structure lines. Examples are the 2102 ions N II,OIII, and Ne V; the
2p* ion Ne III; and the 3p? ion STIL. If these ions are approximated as three-level
systems (i.e., neglecting population of the fine-structure levels by radiative decay
from higher terms), then in the low-density limit, the emissivity intensity ratio is
simply

](2 — ].) - QQO eiEzl/kT E21
J(1—=0) ~ Qg+ Qe F2/AT By

(18.7)

where we have assumed that A>y < Ay, which is the case because AJ = 2
radiative transitions are strongly suppressed. In the high-density limit, the levels
are thermally populated, and

J2—=1) _ geAnEn o~ E21/kT g2A21 Fay (18.8)
j(l — 0) g1A10E10 g1A10E10 . '

Figure 18.5 shows the fine-structure line ratios calculated for NII, OIII, SIII,
Nelll, Ne V, ArlIl, and ArV (including transitions to and from the 'D and 'S
terms). Because of their long wavelengths, these lines are relatively unaffected
by dust extinction, and therefore n, can be deduced from the observed line ratio,
independent of uncertainties in the reddening.

Collisional deexcitation of these ions is dominated by electron—ion collisions,
with rates that scale as n.€2;; / /T If the collision strengths €2;; were independent
of T, and the electron temperature is sufficiently high that Fs; /kT, < 1, each
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Figure 18.5 Fine-structure line ratios that can be used for density determination (see
text).

line ratio would depend only on n./+v/T,, and the measured line ratio allows one
to infer n./ /T.. However, the collision strengths are not independent of 7', and
E51/kT may also not be negligible (especially for ions with large fine-structure
splitting, e.g., ArV with Es; /k = 1818 K). Therefore the line ratio will depend
on both n./ VT and T, . In Figure 18.6 we show the [S III] line ratios as a function
of ne/ /T, for several different values of the electron temperature T,,. Tommasin
et al. (2008) measured [S III] fine-structure line ratios for a number of AGN. In a
number of cases they obtained [S I11]33.48/[S III]18.7 between 2.2 and 3.5, above
the low-density limit for T = 10* K. Figure 18.6 shows that values as large as 3
can be produced if the emission is coming from regions with 7" < 5000 K. Because
Auger emission allows a single x ray photon to ionize S [—S III (see Figure 13.3), it
is reasonable to suppose that there may be “warm” x-ray-heated regions containing
SIIL
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Figure 18.6 [SII1]33.48 pm/[S 1II]18.71 pm as a function of ne /+/T, for four values
of Te. As the temperature is lowered, the line ratio rises both at low density and at high

density.

18.4x Other Diagnostic Methods

18.4.1 x Temperature from Recombination Continuum: The Balmer Jump

It is possible to determine the temperature from the strengths of the discontinuities
in the recombination continuum relative to the strengths of recombination lines.
The most commonly used discontinuity is the “Balmer jump” at A = 3645.1 A:
BJ = In(ABy,blue) — In(ABJ red), Where Apj biue is chosen to be just blueward
of the jump, and Apj req is chosen to be slightly redward of the jump, and to be
located between H recombination lines. For example, Apj rcqa = 3682.6 A would
fall between the H20 and H21 lines.

The “jump” discontinuity is produced by recombining electrons with zero kinetic
energy, and is therefore proportional to the electron energy distribution at £ = 0,
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and therefore BJ oc EM x T—3/2, where EM is the emission measure.

The strength of a recombination line such as the H11 line (n = 11 — 2 at A =
3769.7 A) is proportional to rates of radiative recombination to levels n > 11. The
effective recombination rate coefficient for emitting H11 will vary approximately as
T—9-8 near the temperatures of interest, and the intensity of the recombination line
I(H11) o EM x T~98. Thus we expect BJ/I(H11) oc T~°%7: the dependence
on 7' is strong enough that this is a useful diagnostic.

Allowance must be made for the contribution from helium: doubly ionized he-
lium recombining to level n = 4 contributes to the observed Balmer jump, and
Hell n = 22 — 4 coincides with H11.

This method has been used to determine the electron temperature in HII regions
and planetary nebulae. In a sample of 23 planetary nebulae, temperatures T, pj
derived from the Balmer jump are generally lower than the temperature 7 [0 111
determined from collisional excitation of [O III] optical lines, with T, j /T cE ~
0.75£0.25 (Wesson et al. 2005). The reason for the discrepancy is unclear; Wesson
et al. (2005) suggest that cool, dense, metal-rich knots may be present in planetary
nebulae.

18.4.2x Temperatures from Dielectronic Recombination

For some ions, it is possible to observe both collisionally excited lines and lines
emitted following dielectronic recombination. For example, electrons colliding
with CIV can produce collisionally excited levels of C 1V, but can also produce ex-
cited levels of CIII by dielectronic recombination. Because the rate coefficients for
collisional excitation and for dielectronic recombination will have different tem-
perature dependences, the ratio of dielectronic lines to collisionally excited lines
will be temperature-sensitive, and therefore useful as a temperature diagnostic. Ex-
amples of useful line ratios are CIII12297/CIV 1549, OII 4705/0O11I] 1665, and
CII 4267/CIII] 1909 (see Fig. 5.4 of Osterbrock & Ferland 2006).

18.4.3 % Densities from the Balmer Decrement

The “Balmer decrement” refers to the sequence of line ratios I(Ha)/I(Hp), 1,
I(H~)/I(HB), I(Hé)/I(HS), and so on. These line ratios are relatively insen-
sitive to the electron temperature, and at low density are independent of density.
Therefore, comparison of the observed line ratios to theoretical line ratios is usu-
ally used to determine the degree of reddening by dust. However, at high densities
the line ratios are affected by collisional effects, with systematic enhancement of
the high-n levels relative to Ho and HG, and these line ratios can therefore be used

to constrain the electron density when n, > 10* cm =3,



214 CHAPTER 18

18.5 Abundance Determination from Collisionally Excited Lines

The abundance of He relative to H is determined from comparison of the strengths
of radiative recombination lines of H and He in regions ionized by stars that are
sufficiently hot (Tog 2 3.9 x 10* K - see Table 15.1) so that the He is ionized
throughout the HII zone.

The abundances relative to H of elements heavier than He can be inferred by
comparing the strengths of emission lines excited by collisions with electrons to
emission resulting from recombination of electrons with HT. We will consider
oxygen as an example; similar considerations apply to other heavy elements.

The abundance of O relative to H can be obtained from the ratio of [O II1]5008
to Hj. In the low-density limit n, < 10* cm™3,

I([O III]5008> nen(O III)k()gEgQAgQ/(A31 + Agg)

= , (18.9)
I(Hp) nen(H)aes, np Enp
where
120
figs = 8.629 x 10787, /2 208 = Fso/kT o3 =1 (18.10)
90

and Eso/k = 29170K. Since aeg s o Ty *®7 for Ty ~ 1 (see Table 14.2), and
Qo3 is approximately independent of 7T, we have

n(OTII) C I([OT11]5008) T[0'37 02:917/T;

n(H*) I(Hp)

, (18.11)

where C'is a known constant. Therefore, if the temperature 7" is known, the abun-
dance n(OIII)/n(H*) can be obtained from the measured line ratio. Unfortu-
nately, the derived abundance is sensitive to the temperature: if 7, ~ 0.8, the
derived abundance in Eq. (18.11) varies as ~ Tf'?’, so that a 10% uncertainty in
T, translates into a 33% uncertainty in the derived abundance. This sensitivity to
the uncertain temperature plagues abundance determinations based on collisionally
excited optical lines.

Fine-structure lines can also be used to determine abundances of ions with fine-
structure splitting of the ground state. [OIII] is a good example: the 3P; — 3Py
and 3P, — 3P, transitions at 88.36 pm and 51.81 um can be used to determine the
O II1 abundance. In the low-density limit n, < 102 cm ™3 (see Fig. 18.5), the emis-
sivity j o nen(O )T ~%5, and is therefore much less sensitive to uncertainties in
the temperature; in fact, the 7% temperature dependence is similar to that of the
H recombination lines. Unfortunately, these far-infrared lines cannot be observed
from the ground. However, they have the advantage of being nearly unaffected
by interstellar extinction; the fine-structure line emission can be compared to free—
free emission observed at radio wavelengths, enabling abundance determinations
that are not compromised by uncertain reddening corrections.

To determine the total abundance, one must sum over all the important ion stages.
In an HII region ionized by a BO star, most of the oxygen will be OII, because
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there will be few photons above the O II — O III ionization threshold of 35.1 eV.
However, in HII regions ionized by hotter stars, or in planetary nebulae, much of
the oxygen may be present as O I11.

18.6 x Abundances from Optical Recombination Lines

Abundance determination from collisionally excited optical or ultraviolet lines re-
quires knowledge of the temperature 7', and we have seen that this is often un-
certain. Optical recombination lines of an ion X " are the result of radiative re-
combination of X+7+1 which will depend on T (and n.) in a way very similar
to radiative recombination of H™, thus allowing straightforward comparison of the
X+l /HY ratio.

Care must be taken to select lines that will not be excited by optical pumping in
the nebula; this can be done, for example, by using lines from levels with different
total spin than the ground electronic state of X+". Another caution is that if the
ground term of the recombining species X " *1 has fine structure, the recombina-
tion spectrum will depend on the relative populations of the different fine-structure
levels, and therefore on n.. Alert to these concerns, observers have used what
appear to be suitable recombination lines for abundance determinations. The re-
sults, however, are surprising. In H II regions, the abundances inferred from optical
recombination lines (ORLs) are moderately higher than had been estimated from
analysis of the collisionally excited lines (CELs). In planetary nebulae, however,
the discrepancy between CEL- and ORL-based abundances estimates can be very
large. The CEL-based estimates tend to be close to solar abundances, whereas the
ORL-based abundances are often much higher, sometimes by factors as large as 10.
The reason for this is not yet understood. Wesson et al. (2005) suggest that plane-
tary nebulae may contain photoionized regions with elevated abundances of heavy
elements; the enhanced cooling would keep them cool so that they do not con-
tribute to the collisionally excited optical line emission, but they would be effective
emitters of recombination radiation.

18.7 % Ionization/Excitation Diagnostics: The BPT Diagram

The optical line emission from star-forming galaxies is usually dominated by emis-
sion lines from HII regions. Some galaxies, however, have strong continuum and
line emission from an active galactic nucleus (AGN). The line emission is thought
to come from gas that is heated and ionized by x rays from the AGN. Even in a
star-forming galaxy with line emission from HII regions, the emission lines from
the AGN may dominate the overall spectrum of the galaxy.

The AGN spectrum normally includes strong emission lines from high-ionization
species like CIV and Ne 'V, which are presumed to be ionized by x rays from the
AGN; these are called Seyfert galaxies, after Seyfert (1943), who discovered that
some galaxies had extremely luminous, point-like nuclei, with emission line widths
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in some cases exceeding 4000 kms ™.

In other cases the nucleus has strong emission lines but primarily from low-
ionization species — these are termed LINERS, for “Low Ionization Nuclear Emis-
sion Region.”

Baldwin, Phillips & Terlevich (1981) pointed out that one could distinguish star-
forming galaxies from galaxies with spectra dominated by active galactic nuclei by
plotting the ratio of [O ITIT]AS008/HS vs. [N II]J\6585/Hc — this is now referred to as
the BPT diagram. Ho, HS3, [NIIJA6585, and [O III]JAS008 have the advantage of
being among the strongest optical emission lines from HII regions. Furthermore,
the line ratios employ pairs of lines with similar wavelengths (5008 and 4863 A;
6585 and 6565 A) so that the line ratios are nearly unaffected by whatever dust
extinction may be present.

From our understanding of HII regions (see Chapter 15), we can predict where
HII regions should fall in the BPT diagram. As seen in Table 15.2, in HII regions
where He is neutral (no photons above 24.6eV), N and O will be essentially 100%
singly ionized throughout the zone where H is ionized. For O stars that are hot
enough to have an appreciable zone where He is ionized, the stellar spectrum will
extend to 54.4 eV (the ionization threshold for He IT) and the N and O in this zone
can be doubly ionized. Because N and O have similar second ionization potentials
(29.6 and 35.1 eV, respectively), to a good approximation HII regions will have
N*/N ~ 07 /0, and N?* /N ~ 0%+ /O. Essentially all of the gas-phase O and N
in the HII region will be either singly or doubly ionized.

If we assume the N abundance to be solar, and the O abundance to be 80% solar
(the other 20% is presumed to be in silicate grains), then for an assumed elec-
tron temperature 7" we can produce a theoretical curve of [O III]S008/HS versus
[N I1]6585/Ha by varying the fraction ¢ = N*2/(NT+N*+2) = 0+2/(0++0?")
of the N and O that is doubly ionized. In the low-density limit,

[OTTTJA5008 0.49440.089In Ty _—2.917/T. no/nu
—— 214 T : nie A S Ve — 18.12
Hp ¢4 ¢ 08xsa7x10-1) (812

[NTIJA6585 0.495+0.040In Ty ,—2.204/Ty N /1w
o A= O ¢ 741 x 105 ) 18

where we have used Egs. (14.8,14.9) for Ha and Hf3, electron collision strengths
for N 1T and O II from Appendix F, and branching ratios Agzs/(As1 + Ass) = 0.745
and 0.748 for O III and N II, respectively.

Figure 18.7a shows theoretical tracks calculated by varying & from O to 1 while
holding 7' fixed. Curves are shown for 7' = 7000, 8000, and 9000 K. The curves
in Fig. 18.7a were calculated for non-LTE excitation of the lowest 5 levels (3P0,172,
Dy, 1So) at ng = 102 cm™3, but it can be verified that the tracks are close to
Egs. (18.12 and 18.13). The critical densities for [N I[]J\6585 and [O III]JA5008 are
8x10% cm ™3 and 6x10° cm~3 (see Table 18.1), hence the theoretical tracks should
be valid for ng < 104 cm—3.

HII regions with near-solar metallicity and densities 10> — 10* cm =2 are ex-

pected to have T' ~ 7000 — 8000 K (see Fig. 27.3), and this is confirmed by obser-
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vations. Hence we expect star-forming galaxies with near-solar metallicity to fall
between the 7000K and 8000K curves in Fig. 18.7.

Fig. 18.7b shows where real galaxies® fall in the BPT diagram. Many of the
spectra are clustered in a well-defined locus lying within the zone

0.60
0.01 — log;, ([N 11]6585/Hp) °

with line ratios characteristic of ordinary H Il regions. Fully 76.6% (93820/122514)
of the galaxies fall on the star-forming galaxy side of (18.14). Because for fixed T,
the theoretical curves depend linearly on N/H and O/H, at first sight the compact-
ness of the distribution seems remarkable, suggesting a narrow range in metallic-
ities. However, there is a thermostatic effect operating: lowering the metal abun-
dance results in increased 7', because the metal lines have to radiate away the heat
deposited by photoionization. The combined power in all the metal lines is essen-
tially proportional to the H ionization rate, thus the combined power in the “metal
lines” is proportional to the recombination lines Ho and HB. Thus if [N II]JA6585
and [OIII]A5008 carry an approximately constant fraction of the total metal line
power, then scaling elemental abundances up or down will have essentially no ef-
fect on [N IIJA6585/Hav and [O IITJAS008/H3. Now the tightness of the distribution
of the “star-forming” points in Fig. 18.7b seems less surprising.

log,, ([0 T11]5008/HB) < 1.10 — (18.14)

The broken curve labeled KO3 in Fig. 18.7b shows the empirical boundary to
the star-forming region obtained by Kauffmann et al. (2003). Eq. (18.14) seems to
provide a somewhat better boundary to the locus of star-forming galaxies.

Some galaxies have [OIII]JAS008/H/S and [N IIJA6584/Hc falling to the right
and above Eq. (18.14). The “Seyfert” region is defined by [N IIJA6585/Ha > 0.6
and [OIIIJA5008/HB > 3. Sources in the Seyfert region have both T > 10* K
(required to have ([N II[J\6585/Ha > 0.6) and relatively high ionization (enhanced
[O III]AS5008/H/3), consistent with heating and ionization by x rays.

The “LINER” region is defined by [N IIJA6585/Ha > 0.6, [O III]AS008/HB <
3. LINERs have 7 > 10*K (required to have ([NIIJA6585/Ha > 0.6) but rela-
tively low ionization ([N II]A6585/Ha > 0.6 but [O III}5008/HS5 < 3). LINERs
appear to be systems where an AGN is emitting hard x rays that only partially ion-
ize nearby gas (Veilleux & Osterbrock 1987). The hard x rays, photoelectrons and
secondary electrons partially ionize the gas, and the photoelectrons and electrons
heat the partially ionized gas to ~ 10* K. While there is some OIII, most of the
oxygen is OI and OII, resulting in relatively weak [O III]JA\5008. This interpreta-
tion is supported by the fact that LINERS have significant [O []A\6302 emission,
with [OIJA6302/Ha > 0.16, whereas [O IJA6302 emission is very weak in HII
region spectra because there is very little neutral oxygen present. LINERS are
nicely separated from HII galaxies in a diagram plotting [O IIIJAS008/HS versus
[O1]A6302/Ha (Ho 2008).

2Data are from SDSS DR7 (Abazajian et al. 2009). Line fluxes were obtained from the MPA-JHU
DR7 release http://www.mpa-garching.mpg.de/SDSS/DR7/raw_data.html. As recommended, formal
line uncertainties were scaled by factors 1.882, 1.566, 2.473, and 2.039 for Hg, [O II[]5008, He, and
[N II]6585. Of the 927552 galaxy spectra in DR7, 122514 have S/N> 5 for all 4 lines.
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Figure 18.7 The so-called “BPT” diagram (Baldwin et al. 1981) showing
[OII]5008/HB vs [N11]6585/Ha. The “reddening vector” shows the displacement
on the plot due to reddening by Milky Way dust with Ay = 10 mag — it is clear that
the BPT diagram is almost completely unaffected by reddening. (a) Solid curves show
emission ratios calculated for gas with solar abundances, for three gas temperatures.
Along each curve the oxygen and nitrogen vary from singly ionized at the bottom, to
doubly ionized at the upper left. (b) Line ratios for 122514 galaxies in SDSS DR7 with
S/N> 5. The curve labeled KO3 is the boundary proposed by Kauffmann et al. (2003)
to separate star-forming galaxies from AGN. Eq. (18.14) shows an improved boundary.
70.0% of the galaxies fall in the star-forming region defined by Eq. 18.14. 12.8% fall
in the AGN region defined by [N I1]6585/Ha > 0.6.



Chapter Nineteen

Radiative Trapping

In many situations of astrophysical interest, there is sufficient gas present so that,
for some species X, a photon emitted in a transition X,, — X, will have a high
probability of being absorbed by another X, somewhere nearby, and, therefore,
a low probability of escaping from the emitting region. This phenomenon — re-
ferred to as radiative trapping — has two effects: (1) it reduces the emission in the
X, — X, photons emerging from the region, and (2) it acts to increase the level
of excitation of species X (relative to what it would be were the emitted photons to
escape freely).

An exact treatment of the effects of radiative trapping is a complex problem of
coupled radiative transfer and excitation — it is nonlocal, because photons emitted
from one point in the cloud affect the level populations at other points. However,
radiative trapping occurs frequently, and it is important to have an approximate
treatment of its effects. The escape probability approximation is a simple way to
take into account the effects of radiative trapping.

19.1 Escape Probability Approximation

Suppose that at some point r in the cloud, the optical depth 7, (i, r) in direction n
and at frequency v is known. We can define the “escape probability” 3, for photons
with frequency v emitted from location r:

By(r)z/ge‘”(f‘” , (19.1)

where the bar indicates averaging over direction fi. Now let (3(r)) represent the
direction-averaged escape probability 3, (r) averaged over the line profile:

(B(r)) =/¢Vﬁy(r)du : (19.2)

where ¢, is the normalized line profile ([ ¢, dv = 1).

Now we make two approximations: First, we will approximate the excitation
in the cloud as uniform. Second, we make the “on-the-spot” approximation: we
assume that if a radiated photon is going to be absorbed, it will be absorbed so
close to the point of emission that we can approximate it as being absorbed at the
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point of emission.! These approximations replace a difficult nonlocal excitation

problem with a much simpler local one!

For simplicity, consider a two-level system, and a single collision partner c.
(Generalization to multiple levels and collision partners is straightforward.) Re-
call that the rate of change of the level populations is given by

dny

dt = (nckéu + n'y?;Au€> Ny — (nckuﬁ + Ay + n'yAuZ) Ny (19.3)

where n., is the photon occupation number.

Since we assume uniform excitation (and, therefore, uniform source function
Ju/ky) within the cloud, the intensity at a point within the cloud is (see §7.4)

I, =1,(0)e™ + B, (Tuxe)(1 —e™™) . (19.4)

From the definitions of n., and 75, it follows that

1—e™™

(negu)/(nuge) — 1

2
0) _ C
, ng):%ygly(o). (19.5)

ny(v) = e +
Now e~ is just the escape probability (3, for a photon traveling in a particular
direction. Replacing e~ — f3,,, averaging over direction, and averaging over the
line profile, we obtain

3y 4 1—(B)

(ny) = (B)ny (egu/rnge) —1 (19.6)

where we have assumed the externally incident intensity I,,(0) to be isotropic and
constant across the line profile.

Substituting () from Eq. (19.6) into (19.3), the equation for the rate of change
of the level populations becomes

dn - Ju | = Nuge
Y — ket — nekuenie — (B) Auetig + 1o 2 (B) Ayen©® 1 — 29t
o Nekoune — Nekyen (B) Ayeny, + 1g m” (B) Auens, g

(19.7)

This is called the escape probability approximation. It is a deceptively simple re-
sult! Recall that we started with an equation that included both photoexcitation and
stimulated emission, including the effects of photons emitted by the cloud material
itself — Eq. (19.7) therefore includes these physical processes. However, Eq. (19.7)
is also the equation that we would write down if

1. There were no internally generated radiation field present

IThis second assumption actually follows from the first: if the excitation is uniform, then it makes
no difference how far an emitted photon travels before it is absorbed.
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2. The cloud were transparent to the external radiation field I,,(0)

3. The actual Einstein A coefficient were replaced by an “effective” value (3) A,p.

If the value of the escape probability (/3) is known, it allows us to write down the
equation that the level populations must satisfy, taking into account all radiative
processes (absorption, spontaneous emission, and stimulated emission), and pho-

tons both originating externally and emitted within the cloud.

Because Eq. (19.7) shows that the rate of change of the level populations is as
though the rate of spontaneous decay is only (3)A,, the critical density for a
level u is the density at which collisional deexcitation is equal to the effective rate

of deexcitation by spontaneous decay is, for a collision partner c,

ZE u <Bu£> Auz
ncrit,u (C) Zz<u kul (C)

(19.8)

19.2 Homogeneous Static Spherical Cloud

The angle-averaged escape probability 3, (r) defined in Eq. (19.1) depends on the
geometry and velocity structure of the region. For the case of a finite cloud, 3, will
depend on position — it will be highest at the cloud boundary, and smallest at the
cloud center. We now define (3)c1ouq to be By averaged over the line profile and
over the cloud volume. For a uniform density spherical cloud,

3

<B>cloud = m

R
/ (B(r)) 4rrdr (19.9)
0

where () in the integrand is defined in Eq. (19.2). Figure 19.1 shows the mass-
averaged escape probability (5)cioua calculated numerically for the case of a ho-
mogeneous spherical cloud, as a function of

Ju Aué/\?)z Ny ge
== nR(1-—-— 19.10
= g aeney negu) (1910

the optical depth at line-center from the center of the cloud to the surface. The gas
is assumed to have a Gaussian velocity distribution (6.31) with one-dimensional
velocity dispersion oy .

As can be seen from Fig. 19.1, a satisfactory approximation is provided by the
simple fitting function

1

clout ~ . ]9.11
(B)cloud 17050 ( )

There is a simple interpretation of (3)couq: it is approximately the fraction of the
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Figure 19.1 Average escape probability (f3)cioua for a homogeneous spherical cloud.
Tp is the line-center optical depth from the center of the cloud to the surface.

cloud mass that is within optical depth ~ % of the cloud surface. Photons emitted
near the surface have a high probability of escape, and photons emitted far below
the surface have a negligible probability of escape; the average escape probability
is, in effect, just the fraction of the emitted photons that are emitted from the surface
layer.

Of course, before we can determine () ¢1oud, We need to know the level popula-
tions n,, and n, so that we can calculate the optical depth:

uAu u
TV:!LJAMU/W (1_”W) ds . (19.12)
ge 8 e Gu

Therefore, in practice this becomes an iterative problem: guess a trial value of (3);
then solve for the level populations n,,, ng; find the new value of (3); and iterate to
find the self-consistent excitation n,,, 1.

19.3 Example: CO J =1-0

The J=1—0rotational line of CO at v = 115 GHz (A=0.260 cm), is a frequently
observed tracer of molecular gas. The J =1 level has A1p = 6.78 x 10=8s~1. Con-
sider a diffuse molecular cloud with ng = 103n3 cm ™3, radius R = 1019 Rqg cmm,
and CO abundance n(CO)/ny ~ 7 x 107° (i.e., about 25% of the carbon is in
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CO).2 If the CO has a Gaussian velocity distribution (6.31), then the attenuation
coefficient

Ny 9o\ A gu LA _(avp)?
L= L RN O AP XYL 19.13
" m( Wgu) T ’ ( )

and the line-center optical depth, from cloud center to edge, is

Ty ge A Gu
e R 1w ge Guy, 19.14
To =Ky R ngR< ngg>87r3/2bgg Y, (19.14)
n(CO)/nu | [n(J =0)] /2kms™" Ny, Ge
=281nsR 1- 298 (1915
13t [ 7x10-5 || n(CO) b e g ) 101

Equation (19.15) requires an estimate of the fraction of the CO that is in the J = 0
and J =1 levels.

19.3.1 CO Partition Function

Let us suppose that the CO rotational excitation is characterized by an excitation
temperature (or “rotation temperature”) T,y.. The fraction of CO in a given rota-
tional level will then be

n(CO, J) (2J + 1)e= BoJ(J+1)/FTexe

n(CO) S, (2] + 1)e Bod(T+D) /b (19.16)

where B is the “rotation constant” [see Eq. (5.3)]. For rotation temperatures of
interest, we can approximate the partition function in the denominator of (19.16)
by

1/2
Z = Z(2J+ 1)e_BoJ(J+1)/kTexc ~ |:1 + (kTexc/BO)21| ) (1917)
J

The approximation is exact in the limits ATy, /Bo — 0 and kTox./Bo > 1, and
is accurate to within £6% for all T,y.. For 2C'°0, By /k = 2.77K, so that

n(CO)/ny (1 — e 553K/ Texc)) 2kms ™
~ 281 . (19.1
7o ~ 281 n3 R”’[ 7% 105 H[H (Toxe/2.77)2]1/72 b (19.18)

For a typical CO rotation temperature 7. ~ 8 K, Eq. (19.18) becomes

] 5]

To ~ 46nsR1g { (19.19)

Thus the CO 1-0 transition is expected to be often quite optically thick.

2The mean visual extinction to the center of this cloud would be Ay = 5n3Rig mag. We will see
in Chapter 29 that Ay ~ 5 is common.
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19.3.2 Critical Density for CO

The rate coefficient for collisional deexcitation of CO(J = 1) by collisions with
H2 is

ko~ 6 x 1071792 ecm® 57! (19.20)

for 10K < T < 250K (Flower & Launay 1985; Flower 2001). In an opti-
cally thin region, the critical density for thermalizing CO would be A1o/k10 =~
110073 °2 cm =3,

For a cloud with nsRi9 ~ 1, b =~ 2kms~ !, and Texe = 8K, Eq. (19.19)
gives 7o & 46, corresponding to a cloud-averaged escape probabilty (510)cloud =
1/(1 + 0.579) =~ 0.04, and the effective critical density — after taking account of
radiative trapping — would be

(B10)A10

Nerit 1, (CO, J=1) = he N 50T, %2em™3 . (19.21)

Therefore, we see that at least the J =1 level of CO is expected to be thermalized
in molecular clouds with ng 2 102 cm™3.

19.4% LVG Approximation: Hubble Flow

Earlier, we considered a static cloud with a uniform Gaussian velocity distribution
functon. Let us now consider the case where a velocity gradient is present, with
point-to-point velocity differences across the flow field that are large compared to
the width of the velocity distribution at a given point. This is called the large
velocity gradient (LVG) approximation. First introduced by Sobolev (1957), it is
often referred to as the Sobolev approximation.

The simplest case to consider is the case of “Hubble flow”: spherical expansion
with velocity proportional to radius, v = (dv/dr)r, where dv/dr is assumed to be
independent of r. The density is assumed to be uniform. We know that all points in
this flow field are equivalent, so we need only consider the escape of photons emit-
ted from r = 0. For a photon propagating radially, the local attenuation coefficient
is

ky(r) =K ¢ {V ) <1 + dirﬂ : (19.22)

where v is the resonant frequency for gas at rest, ¢(x) is the local line profile, with
normalization [ ¢(v)dv = 1, and

U.AU,, C u
K= //{,,dl/ = %/\Z( (”" - ”) . (19.23)
™ ge Gu
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Consider a photon emitted with frequency v from r = 0; as it travels, it appears
increasingly redshifted relative to the local material through which it is traveling.
The optical depth to infinity is

T(v) = /oo drK ¢ {V -1 (1 - dwﬂ . (19.24)
0 dr c
Define
dvr
E=v—1vy—vg—-—. (19.25)
dr c
Then,
KAy : / /
) = /dj ywv—w) , &)= / $(&)de" (19.26)

The escape probability e~" averaged over the line profile is
(B) = / o(v—wp) e TWdy . (19.27)

The integral is easily evaluated by change of variable to dy = ¢(&)d¢:

1 — e TG KAy
= = — . 19.28
(B) - y TIVG ido/dr] ( )

Trve has a simple interpretation: it is the total optical depth across the region for
any frequency in vy [1 &+ (R/c)(dv/dr)).

Uniform spherical expansion is mathematically convenient but may not be the
appropriate velocity field for other flows. For flows with well-defined monotonic
velocity fields — stellar winds and shock waves would be two examples — the radia-
tive transfer problem is purely local: if a photon is able to travel any appreciable
distance, the Doppler shift carries it out of resonance, after which the photon is not
affected by line absorption. Given a velocity field v(r), the optical depth 7, (1) can
be evaluated, and the escape probability () calculated by averaging over direction
n and the local line profile ¢,,.

19.5 Escape Probability for Turbulent Clouds

The LVG approximation is sometimes applied to radiative trapping in turbulent
molecular clouds, but in this case one faces the question of what value to use for the
velocity gradient dv/dr in Eq. (19.28). Rather than use the LVG approximation, it
is more appropriate to use the homogeneous spherical cloud result (19.11) but with
the turbulent velocities included in the one-dimensional velocity dispersion oy .
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A uniform density cloud of mass M = 4.9 x 10®n3 R34 M, has gravitational
self-energy —3G'M?/5R. If magnetic energy is not important, and the cloud is
self-gravitating, the virial theorem yields a mass-weighted one-dimensional veloc-
ity dispersion o, = GM/5R. If the velocities are mostly from fluid motions (i.e.,
turbulence) rather than thermal motions, then all species will have this same veloc-
ity dispersion, corresponding to a broadening parameter

b=1.6n3"Rigkms™" . (19.29)

The optical depth at line-center from center to edge of the cloud will be

W A3, (5 \ Y2 nR3/2 u
o = Ju Ll e 1 Mudt) (19.30)
ge 87 2rG M1/2 ne gu

The luminosity of the cloud in a spectral line is

Lue= / drdmr® g Auehvs(B)etona (19.31)
47 1

~ —R3n,Auchvyy——m— . 19.32

g v el (19.32)

If we now assume 7y > 1 (which we have seen was appropriate for the CO 1-0
transition) and use Eq. (19.30), then the line luminosity per unit mass is

Lu@ 2 2G 1/2 hC ]. ]_
- ~32 — — . 19.33
M " ( 15> Ao ()12 (ehv/FTexe — 1) (1933)

Note that for a given spectral line, the luminosity per unit mass depends on the
cloud density p and on the excitation temperature 7, characterizing the popula-
tion ratio n,, /n, of the upper and lower levels in the transition. More importantly,
the luminosity is independent of the actual abundance of the emitting species, pro-
vided that it is sufficiently large for the transition to have 79 > 1.

If the cloud is larger than our antenna beam, we can relate the antenna tempera-
ture integrated over the J = 1 — 0 line, [ T4(1 — 0)dv = (A\3/2k) [ I,dv, to the
total H column density (averaged over the beam solid angle):

Ny Lk (15 N2 e unr
bl S A v/Mee _ 1) (19.34
[Ta(1—0)dv  4x he (2.8GmH> () (e ) (19.34)

This theoretical estimate for the line luminosity of a cloud is about as good as can
be done for this simple “one-zone” model of a cloud. Real molecular clouds are
inhomogeneous, and the excitation of the emitting molecules will vary considerably
between the lower-density outer layers of the cloud to the denser central regions.
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19.6 CO 1-0 Emission as a Tracer of H, Mass: CO “X-Factor”
Equation (19.34) applies to any optically thick line radiated by a self-gravitating

cloud. The CO 1-0 transition, with A = 0.260 cm, is often used as a tracer of
molecular cloud mass. If we assume N (Hs) = 0.5Ny, Eq. (19.34) becomes

NHy)  1kx/ 15 N s/
Xco = = (= v/kTexe _ 1 19.35
0T [Tydv ~ 87 he (2.8GmH> (nn) (e ) (19.35)
-2
= 1.58 x 10200}/ <e5~5K/Texc _ 1) # . (19.36)

For ng = 10°cm™ and Tex. = 8K, this yields N(Hs)/ [Tadv = 1.56 X
1020 ecm =2/ K km s L.

Recent observational determinations of Xco = N(Hs)/Weo (Where Weo =
[ Tadv integrated over the CO line) find Xco = (1.840.3)x102° cm =2/ Kkms ™"
(Dame et al. 2001), where infrared emission from dust (Schlegel et al. 1998) was
used as a mass tracer. This appears to be the most reliable determination for Xco
in the solar neighborhood. Earlier studies using diffuse galactic y-ray emission
as a mass tracer found similar values of Xco: e.g., Xco = (1.56 £ 0.05) x
102 cm=2/ K km s~! (Hunter et al. 1997). The most recent determination using
~ rays finds Xco = (1.76 4 0.04) x 102°Hy cm—2/( K kms ™) for the Orion A
GMC (Okumura et al. 2009).

Our theoretical value (19.35) for X0 is sensitive to the values adopted for the
cloud density ny; and the CO excitation temperature 7... The fact that the ob-
served values of X0 fall close to Eq. (19.36) suggests that nyy ~ 103 cm ™3 and
Texc = 8 K may be representative of self-gravitating molecular clouds in the local
ISM.

The study by Dame et al. (2001) included ~ 98% of the CO emission at |b| <
32°. Some of this emission presumably comes from clouds that are partially con-
fined by the pressure of the ISM, in which case the the observed value of Xco
would be expected to be smaller than the value of X that is obtained in Eq.
(19.36) if it is assumed that the observed velocity dispersion must be bound by
self-gravity. It must, therefore, be regarded as somewhat fortuitous that the ob-
served X o is numerically close to the value estimated in Eq. (19.36).

The theoretical X factor depends explicitly on both ny; and Tex.. It would,
therefore, not be at all surprising if the value of Xco in other galaxies were to
differ appreciably from the value found for the Milky Way, or if the value of X0
showed cloud-to-cloud or regional variations within the Milky Way.

In addition, real molecular clouds have an outer layer where the hydrogen is
molecular, but where the CO abundance is very low because it is not sufficiently
shielded from dissociating radiation. This gas does not show up in HI21-cm or
CO 1-0 surveys — leading Wolfire et al. (2010) to refer to it as “the dark molecular
gas”’ —but since it does contain dust, it does contribute to the far-infrared emission.
The thickness of this transition layer will depend on the dust abundance, which

will in turn depend on the metallicity of the gas. Wolfire et al. (2010) estimate that
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~ 30% of the molecular mass in a typical Galactic molecular cloud may be in this
envelope.

At constant ng and Ty, this low-CO layer will result in an increase in Xco.
This is in agreement with recent observations indicating that Xco in Local Group
galaxies is of order ~4 x 102° cm~2/Kkms™" (Blitz et al. 2007), with large
variations from one galaxy to another. An indirect estimate of the molecular gas
mass based on modeling the infrared emission from a sample of nearby galaxies
also favored Xco ~ 4 x 102 cm~2/Kkms ™! (Draine et al. 2007).



Chapter Twenty

Optical Pumping

As seen in previous chapters, excited states of molecules, atoms, and ions can be
populated by collisional excitation, and also by radiative recombination of ions
to excited states. Collisional excitation is responsible for emission lines such as
[N11]6550,6585A, while radiative recombination is responsible for Ha6565A.

A third process — optical pumping — can also be important for populating excited
states. “Optical pumping” refers to the process of excitation from a lower level ¢
by absorption of a photon either directly to u, or to a level x that lies above u, but
which can decay to u by spontaneous emission of one or more photons.

The basic idea is extremely simple: The species of interest has some lower level
¢ that can absorb radiation at wavelength A, with probability per unit time (.,
resulting in a transition to level x. Level x then has some probability p, ,, of spon-
taneously emitting one or more photons to arrive in level u.

20.1 UV Pumping by Continuum

Under many circumstances, the radiation responsible for optical pumping forms a
continuum — for example, the emission from an active galactic nucleus (AGN), the
flash from a gamma-ray burst (GRB), starlight, or infrared continuum from dust
grains. The photoexcitation rate is

Cow = m,zm“‘;—jAﬂ : (20.1)

where 7, ¢, is the angle- and polarization-averaged photon occupation number at
wavelength A;, [see eq. (6.12)]. Normally, 7., ¢, < 1, and stimulated emission
from level = can be neglected.

Considering spontaneous decays only, it is straightforward to calculate branching
probabilities

P N (20.2)
Pis Zk<i Aig

where the notation assumes the levels to be indexed in order of increasing energy.
Then the probability per unit time that level x will be populated following pho-
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toexcitation out of level £ can be written

T>u u<i<w u<i<x 1<j<i

(20.3)

where the first term in the square brackets represents direct decays z — wu, the
second term arrivals at u after emitting two photons, and so on. Often the “direct”
term (g, is completely negligible, either because { — w« may be forbidden, or
because the radiation field near wavelengths A, may be weak.

UV pumping by continuum radiation absorbed by atoms or ions can produce
populations in excited states in excess of what would be produced by collisional
excitation (or radiative recombination). One example of this would be excited fine-
structure levels: in NI, for example (see Fig. 6.1), absorption of a 1084.6A photon
by the ground state 3Py excites the 3Dy state; a fraction of the spontaneous decays
then populate the excited fine-structure levels 3P, and 3P, of the ground state.

A more important example is Hy: optical pumping via UV lines is responsible

A
O = NV W OO

<
Il

X1oy

Figure 20.1 Pumping of the v = 1 level of H> via a Lyman-band transition to the
v = 5 level of B'X. The single-photon decay path (labeled “one™) is shown, as well
as sample decay paths involving two and three steps. The rotational substructure of the
vibrational levels is not shown.



OPTICAL PUMPING 231

for much of the vibrationally excited Hy in galaxies. The pumping is primarily via
the strong Lyman-band and Werner-band transitions. Figure 20.1 shows some of
the pathways that can lead to population of the v = 1 level of Hy. This excitation
process will be discussed further in Chapter 31.

20.2x Infrared Pumping: OH

Optical pumping can also be driven by infrared radiation. OH maser emission
present in some regions is thought to be the result of infrared pumping. The maser
emission is the result of population inversions among the A-doubling sublevels of
the ground electronic state of OH. As discussed in §5.1.8, the ground electronic
state of OH has two fine-structure levels, 2II; /2 (the ground state) and 1L, /2- Each
of these fine structure states has two “A-doubling” levels, and each of these is split
into two levels by interaction with the proton magnetic moment. In addition, the
molecule can have rotational angular momentum, resulting in a “rotational ladder”
of states with increasing rotational angular momentum.

Because OH has a large dipole moment (1.67 D), the rotational transitions are

?ll;, ladder OH °I1, , ladder

J=5/2

£
3
@
(o)
ﬂ(j: /
d
g 2
J=5/2 NV —
E
3
=
J=3/2

Figure 20.2 Pumping of the hyperfine levels of OH *II3/5(J = 3/2) via infrared
pumping to J = 1/2, J = 3/2, and J = 5/2 levels of the *II; /> rotational ladder.
Each of the “lines” shown here is actually a multiplet of transitions between hyperfine
levels of the upper and lower rotational level.
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strong. The OH ground state IT35(J = 2) can absorb infrared radiation in groups
of lines near 119 ym, 79 pm, 53 pm, and 35 um. These radiative excitations are
followed by spontaneous decays, which end up repopulating the four sublevels of
14 s2(J= %) Figure 20.2 outlines the pumping transitions and the radiative decay
paths that follow the absorption.

OH masers come in a number of “flavors.” Some OH masers are found in the
photodissociation regions around “ultracompact” HII regions. These are usually
strongest in the 1667 and 1665 MHz “mainline” transitions (see Fig. 5.3). OH
masers present in the dusty outflows from some evolved stars (“OH-IR stars,” see
§38.2) are usually strongest in the 1612 MHz line. Last, very powerful “OH mega-
masers” are seen in a small fraction of galaxies, including both starburst galaxies
and Seyfert 2 galaxies; OH megamasers are usually strongest in the 1667 MHz
line. In some objects, OH maser emission has been seen in transitions involving
rotationally excited levels.

The IR pumping of OH depends on the relative strength of the far-infrared emis-
sion at the four wavelengths (119, 79, 53, 35 m) where absorption from 2II /2 can
take place, and therefore the relative strengths of the different maser lines is ex-
pected to depend on the temperature of the dust emitting the far-infrared radiation
exciting the OH. In addition, the small hyperfine splitting of the far-infrared lines
allows line overlap to occur, depending on the velocity dispersion in the gas; when
the absorption lines become optically thick, the relative importance of different
pumping routes will depend on line overlap, and therefore on the velocity distri-
bution of the OH. Thus object-to-object variations in the infrared spectrum and
velocity dispersion can lead to variations in maser line ratio. In addition, of course,
collisional processes can also affect the level populations.

20.3x UV Pumping by Line Coincidence: Bowen Fluorescence

Because certain ultraviolet lines — such as Lyman « — can be very intense in and
near ionized regions, these lines can also contribute to optical pumping. We have
in fact already considered optical pumping when we discussed the fate of Lyman /3
photons in HII regions — a Lyman 3 photon will almost always be absorbed by an
H atom, “pumping” that H atom to the 3p level. The 3p state has a finite probability
of decaying to 2s, which is in effect “ultraviolet pumping” of H2s. Thus Case B
recombination is a situation where the 2s level is pumped by Lyman £, y, and so
on.

However, H and He resonance-line photons can also pump other species when
there is an accidental coincidence with a resonance line, resulting in emission in
specific longer-wavelength lines as part of the radiative decay cascade from the
UV-pumped level. This mechanism was identified by I. Bowen (1934), who noted
that He II emission could pump O III; another line coincidence allows O III emis-
sion to then pump N IIT (Bowen 1935). Lyman £ radiation can pump O T and Mg Il
(Bowen 1947). The general process is referred to as Bowen fluorescence. In prin-
ciple, there can be Bowen-type fluorescent excitation using photons that are emitted
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303.780

1s Y
He ll

Figure 20.3 Pathway for pumping of O III by Hell Lya, and for pumping N III
by OIIIA374.432 A. Pumping of O III by HeIILyc results in observable Bowen
fluorescence of, e.g., O IIIAA3133.70, 3445.04, 3429.61 A. Pumping of NIII by
O1I11)A374.432 A results in observable Bowen fluorescence of NIII\4641.94A and
NIIIN4098.51A. Energy level diagram is not to scale, and some other possible transi-
tions have been omitted for clarity. Wavelengths are all in vacuo, and in A.

by any species, but, in practice, species other than H and He are simply not abun-
dant enough for their radiation to affect the excitation of other species appreciably.
Hence Bowen fluorescence in astrophysics is limited to excitation by emission lines
from HI, Hel, and He II.

20.3.1 x Bowen Fluorescent Excitation of O IIT and N III

Bowen fluorescence explains a number of observed emission lines of OIII. The
O1II 2p? 3Py — 2p3d 3P$ A = 303.80 A transition happens to coincide with He IT
Lyman a at A = 303.78 A. Absorption of an He IT Lyman o photon excites O III
to the 2p3d 3PS level. This level has probabilities p; = 0.738 of reemitting a
303.80 A photon (which can again be resonantly scattered by He IT) and p, = 0.246
of emitting a 303.62 A photon in a transition to the 3P fine-structure level of the
ground state, which can be reabsorbed by another O III P, repopulating the *P
level. For each excitation of 2p3d 3P, there is a probability p3 = 0.0105 of
radiating a 3133.77 A photon, which then emerges as part of the observable spec-
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trum of the HII region.! Summing over the full radiative cascade is tedious but

straightforward, and provides an explanation for various observed emission lines
of OTII (e.g., A\2837.14, 3133.70, 3429.61, 3445.09 A) that cannot be explained
by collisional excitation.

A fraction of the excitations of O ITI by He Ly« end with emission of a 374.432 A
photon that can be resonantly absorbed by N III 2Py /2, resulting in N IIT Bowen
fluorescence, with emission lines at 4641.94 A and 4098.51 A that would otherwise
not be excited.

Bowen fluorescence of OIII and then NIII is driven by HeIl Lya, produced
by radiative recombination of He?*. Bowen fluorescence of O III and N III is not
important in HII regions excited by O or B stars, as these have very little He?".
However, the central stars of planetary nebulae can be very hot, producing substan-
tial amounts of He2™, and Bowen fluorescence of O III and NIII is observed in
some planetary nebulae.

20.3.2x Bowen Fluorescent Excitation of O I

There is also a wavelength coincidence between HI Lyman 3 1025.72A and
O1I 2p* 3P, — 2p33d3D1°7273 1025.76 A. About 78% of the excitations will be to
012p®3d3DS; this level can of course decay by reemitting a 1025.76 A photon (or
1027.43,1028.16 A photons in transitions to the fine-structure excited states *P;
and 3Py), but 29% of the excitations of O1 2p®>3d 3D decay instead by emission
of a 1.1290 ym photon, followed by an 8448.68 A photon, followed by emission
of a photon in the 1302.17, 1304.86, 1306.03 A triplet. Because there is apprecia-
ble OI present in the partially ionized gas at the edge of an HII region, the O1
1.1290 pm and 8448.68 A lines are observed in HII region spectra.> The predicted
intensity ratio is 7(8448.68 A)/I(1.1290 ym) = (1.1290/.8448) = 1.336. An ob-
served intensity ratio smaller than this value would be an indication of differential
attenuation by dust.

20.3.3% Bowen Fluorescent Excitation of Other Species

Other Bowen-type processes can also occur. Shull (1978) noted a near-coincidence
in wavelength between HI Lyman o 1215.67 A and the Hs Lyman-band 1-2 P(5)
1216.07 A absorption from Hy(v =2, J =5) to B'S} (v =1, .J = 4), which can
potentially modify the Hs level populations in regions where Lyman « is present.
Neufeld (1990) has discussed the transfer of H Lyman « radiation in astrophysi-
cal media, including the effects of resonant absorption and reemission by H, scatter-
ing and absorption by dust, and possibly resonant absorption by Ha(v=2, J=5).

ILines at 3445.05 A and 3429.61 A are also emitted, but are weaker than 3133.77 A.
2The 1302.17, 1304.86, 1306.03 A lines are also present, but are in the vacuum ultraviolet and
hence more difficult to observe.



Chapter Twenty-one

Interstellar Dust: Observed Properties

Dust plays an important role in astrophysics, and the need to characterize and un-
derstand dust is increasingly appreciated. Historically, interstellar dust was first
recognized for its obscuring effects, and the need to correct observed intensities
for attenuation by dust continues today. But with the increasing sensitivity of IR,
FIR, and sub-mm telescopes, dust is increasingly important as a diagnostic, with
its emission spectrum providing an indicator of physical conditions, and its radi-
ated power bearing witness to populations of obscured stars of which we might
otherwise be unaware.

More fundamentally, dust is now understood to play many critical roles in galac-
tic evolution. By sequestering selected elements in the solid grains, and by cat-
alyzing formation of the Hy molecule, dust grains are central to the chemistry of
interstellar gas. Photoelectrons from dust grains can dominate the heating of gas
in regions where ultraviolet starlight is present, and in dense regions the infrared
emission from dust can be an important cooling mechanism. Last, dust grains can
be important in interstellar gas dynamics, communicating radiation pressure from
starlight to the gas, and coupling the magnetic field to the gas in regions of low
fractional ionization.

We begin with a brief review of some of the observational evidence that informs
our study of interstellar dust. Unfortunately, it is not yet possible to bring represen-
tative samples of interstellar dust into the laboratory, and we must rely on remote
observations. Our strongest constraints on interstellar dust come from observations
of its interaction with electromagnetic radiation:

o Wavelength-dependent attenuation (“extinction”) of starlight by absorption

and scattering, now observable at wavelengths as long as 20 ym (“mid-infrared”),

and as short as 0.1 pum (“vacuum ultraviolet”). The extinction includes a
number of spectral features that provide clues to grain composition.

e Polarization-dependent attenuation of starlight, resulting in wavelength-dependent

polarization of light reaching us from reddened stars.
e Scattered light in reflection nebulae.

e Thermal emission from dust, at wavelengths ranging from the sub-mm to
2 pm.

e Small-angle scattering of x rays, resulting in “scattered halos” around x-ray
point sources.
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e Microwave emission from dust, probably from rapidly spinning ultrasmall
grains.

e Luminescence when dust is illuminated by starlight — the so-called extended
red emission.

In addition to these electromagnetic studies, our knowledge of dust is also informed
by other, less direct, evidence:

e Presolar grains preserved in meteorites — a selective but not well-understood
sampling of the interstellar grains that were present in the solar nebula 4.5 Gyr
ago.

e “Depletion” of certain elements from the interstellar gas, with the missing
atoms presumed to be contained in dust grains.

o The observed abundance of H, in the ISM, which can only be understood if
catalysis on dust grains is the dominant formation avenue.

e The temperature of interstellar diffuse HI and Hs, in part a result of heating
by photoelectrons ejected from interstellar grains.

21.1 Interstellar Extinction

Barnard (1907, 1910) was apparently the first to realize that some stars were dimmed
by an “absorbing medium.” This was confirmed by Trumpler (1930), who showed
that the stars in distant open clusters were dimmed by something in addition to
the inverse square law, and concluded that interstellar space in the galactic plane
contained “fine cosmic dust particles of various sizes . . . producing the observed
selective absorption.” Over the succeeding eight decades, we have built on these
pioneering studies, but many aspects of interstellar dust — including its chemical
composition! — remain uncertain. Let us, therefore, begin by reviewing the differ-
ent ways in which nature permits us to study interstellar dust.

Trumpler analyzed the interaction of light with interstellar dust, and this remains
our most direct way to study interstellar dust. Using stars as “standard candles,”
we study the “selective extinction” — or “reddening” — of starlight by the dust. It
is assumed that we know what the spectrum of the star is before reddening by dust
takes place; this is usually accomplished by observation of another star with similar
spectral features in its atmosphere but with negligible obscuration between us and
the star. (This is known as the “pair method”.)

With the assumption that the extinction (= absorption + scattering) goes to zero
at wavelengths A — oo, and including observations of the star at sufficiently long
wavelength where extinction is negligible, one can determine the attenuation of the
starlight by dust as a function of wavelength. Because atomic hydrogen absorbs
strongly for hv > 13.6 €V, it is possible to measure the contribution of dust to the
attenuation of light only at hv < 13.6eV, or A > 912 A. Astronomers customarily
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Figure 21.1 Extinction versus inverse wavelength A~* on a typical sightline in the
local diffuse ISM. The inset shows the extinction at A > 2 ym.

characterize the attenuating effects of dust by the “extinction” Ay at wavelength A.
The extinction Ay — measured in “magnitudes” — is defined by

A
2 —25logy, [FY/F] 21.1)

mag

where F)\ is the observed flux from the star, and Ff\) is the flux that would have been
observed had the only attenuation been from the inverse square law. The extinction
measured in magnitudes is proportional to the optical depth:

A
X — 2 5logyy [e™] = 1.086 T, . (21.2)
mag

21.1.1 The Reddening Law

A typical “extinction curve” — the extinction Ay as a function of wavelength or
frequency — is shown in Figure 21.2, showing the rapid rise in extinction in the
vacuum ultraviolet. Because the extinction increases from red to blue, the light
reaching us from stars will be “reddened” owing to greater attenuation of the blue
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Figure 21.2 Extinction at wavelength ), relative to the extinction in the Cousins
band (I = 8020 A), as a function of inverse wavelength A~ !, for Milky Way regions
characterized by different values of Ry = Av/(Ap — Av) = Av/E(B — V),
where Ap is the extinction at B = 0.44 ym, Ay is the extinction at V' = 0.55 pm,
and the “reddening” E(B — V) = Ap — Ay. The curves shown are from the one-
parameter family of curves f"M()\) parameterized by Ry (see §21.2). Also shown
is the extinction curve toward the star HD210121 (with Ry = 2.1), showing that it
differs from the CCM extinction curve fC°™ for Ry = 2.1. Note the rapid rise in
extinction in the vacuum ultraviolet (A < 0.15 um) for regions with Ry < 4. The
normalization per H nucleon is approximately A7, /Nu ~ 2.9 x 10~ **mag cm? /H.
The silicate absorption feature (see §23.3.2) at 9.7 um and the diffuse interstellar bands
(see §23.3.4) are barely visible.

light. The detailed wavelength dependence of the extinction — the “reddening law”
— is sensitive to the composition and size distribution of the dust particles.

Observed extinction curves vary in shape from one line of sight to another. The
slope of the extinction at visible wavelengths is characterized by the dimensionless
ratio

Ay Ay

b= A BB

(21.3)

where Ap and Ay are the extinctions measured in the B (4405 A) and V (5470 A)
photometric bands, and E(B — V) = Ap — Ay is the “reddening.”

Sightlines through diffuse gas in the Milky Way have Ry ~ 3.1 as an average
value. The extinction A), relative to Ay, is given in Table 21.1 for a number of
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Table 21.1 Extinction for Standard Photometric Bands for Ry = 3.1

Band )\( ,um) A)\/A[c Band )\(um) A)\/A[c
M 4.75 0.0573 1 0.7480 1.125

r 3.80 0.0842 Rc 0.6492 1.419
L 3.45 0.101 Ry 0.6415 1.442
K 2.19 0.212 r 0.6165 1.531
H 1.65 0.315 %4 0.5470 1.805
J 1.22 0.489 g 0.4685 2.238
z 0.893 0.830 B 0.4405 2.396
Iy 0.8655 0.879 U 0.3635 2.813
Ic 0.8020 1.000 U 0.3550 2.867

standard photometric bands for sightlines characterized by Ry = 3.1. The smallest
well-determined value is Ry = 2.1 toward the star HD 210121 (Welty & Fowler
1992); the extinction toward HD 201021 is shown in Fig. 21.2. Sightlines through
dense regions tend to have larger values of Ry ; the sightline toward HD 36982 has
Ry ~ 5.7 (Cardelli et al. 1989; Fitzpatrick 1999).

21.2 Parametric Fits to the Extinction Curve

A very useful parametrization of the extinction curve within the Milky Way was
provided by Cardelli et al. (1989), who showed that the extinction relative to some
reference wavelength A\..s can be well-described as a function of A by a fitting
function

AxJAx.. = [FMON) (21.4)

where f?CM has seven adjustable parameters. At wavelengths 3.5 ym > A\ >
3030 A, the function f£“M()\) depends only on A and the single parameter Ry .

Six parameters are required to describe the UV extinction. Three parameters
specify the strength, central wavelength, and width of the 2175 A “bump” (rela-
tive to Ay/), and three specify the slope and curvature of the continuous extinction
underlying the bump and extending to shorter wavelengths. So-called CCM extinc-
tion curves are obtained using the function f£'“™(\) with suitable choices for the
seven fit parameters.

Cardelli et al. (1989) showed that if the single quantity Ry is known, it is possi-
ble to estimate the values of the other six parameters so that the optical-UV extinc-
tion can be approximated by a one-parameter family of curves:

Ax/Ax.. ~ fFEM(N; Ry) . (21.5)

ref

Fitzpatrick (1999) recommends a slightly modified function f-“M (X, Ry ), which
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has been used to generate the synthetic extinction curves in Fig. 21.2 for Ry = 2.1,
2.5, 3.1, 4.0, and 5.5. The extinction was extended into the infrared following
Draine (1989a).

We will discuss dust grain optics in Chapter 22, but it is clear that if the dust
grains were large compared to the wavelength, we would be in the “geometric
optics” limit, and the extinction cross section would be independent of wavelength,
with Ry = oo. The tendency for the extinction to rise with decreasing A, even at
the shortest ultraviolet wavelengths where we can measure it, tells us that grains
smaller than the wavelength must be making an appreciable contribution to the
extinction at all observed wavelengths, down to A = 0.1 ym. As we will see in the
following, “small” means (approximately) that 2ra/A < 1. Thus interstellar dust
must include a large population of grains with ¢ < .015 pm.

The dust responsible for interstellar extinction appears to be relatively well-
mixed with the gas; the gas and dust go together, with

Ny

———— =58 x 10" Hem *mag ™" 21.
BB V) 5.8 x 10 cm”~ “mag (21.6)

(Bohlin et al. 1978; Rachford et al. 2009). For sightlines with Ry = Ay /E(B —
V') & 3.1, this implies that

Ay 3.1

— _ —22 2171
N—H = 53 x 107 H cm—"mag -1 = 5.3 x 10" “magcm”H . 21.7)

21.3 Polarization by Interstellar Dust

The polarization of starlight was discovered serendipitously in 1949 (Hall 1949;
Hall & Mikesell 1949; Hiltner 1949a,b). When it was realized that the degree
of polarization tended to be larger for stars with greater reddening, and that stars
in a given region of the sky tended to have similar polarization directions, it be-
came obvious that the polarization is produced by the ISM: initially upolarized
light propagating through the ISM becomes linearly polarized as a result of prefer-
ential extinction of one linear polarization mode relative to the other. Figure 21.3
shows the direction of polarization and the strength of polarization for 5453 stars
with galactic latitudes b between —80° and +80°. The large-scale organization of
the polarization vectors can be understood if dust grains are somehow aligned by
the interstellar magnetic field.

The polarization percentage typically peaks near the V band (5500 A), and can
be empirically described by the “Serkowski law” (Serkowski 1973):

P(N) & Prmax exp[— K In?(AAmax)] (21.8)

with Apax & 5500 A and K = 1.15. The peak polarization py,.x is found to fall
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Figure 21.3 Linear polarization of starlight plotted in galactic coordinates, for stars
within 1 kpc, and for all stars in the catalog of Heiles (2000). The length of each line
segment is proportional to the degree of polarization.

within an envelope

E(B-V A
0 < Prmax < 0.09 [()} ~ 0.03 [V] , (21.9)
mag mag

or 0 < py < 0.037y.

The polarization is produced by dust grains that are somehow partially aligned
by the interstellar magnetic field. It appears that the grains are aligned with their
shortest axes tending to be parallel to the magnetic field direction. The largest
values of pmax/E(B — V) are presumed to arise on sightlines where the mag-
netic field is uniform and perpendicular to the line of sight. While the Serkowski
law was originally put forward as an empirical fit to the observed polarization at
0.3pum $ A < 1 pm, it turns out to give a surprisingly good approximation to the
measured linear polarization in the vacuum ultraviolet (Clayton et al. 1992; Wolff
et al. 1997), although there are some sightlines where the Serkowski law underpre-
dicts the UV polarization, and one sightline where the 2175A feature appears to be
weakly polarized.

The mechanism responsible for the grain alignment remains a fascinating puz-
zle (see Chapter 26). Independent of the grain alignment mechanism, however, we

80
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can infer the sizes of the interstellar grains responsible for this polarization by not-
ing that the extinction rises rapidly into the UV. whereas the polarization declines
(Kim & Martin 1995). This can be understood if the grains responsible for the po-
larization have diameters 2a such that @ ~ (Apax/27) & 0.1 um: as one proceeds
into the UV, one moves toward the “geometric optics” limit where both polariza-
tion modes suffer the same extinction, so the polarization goes to zero. Thus we
conclude that:

e The extinction at A =~ 0.55 um has an appreciable contribution from grains
with sizes a ~ 0.1 um. These grains are nonspherical and substantially
aligned.

e The grains with a < 0.05 pum, which dominate the extinction at A < 0.3 pm,
are either spherical (which seems unlikely) or minimally aligned.

21.4 Scattering of Starlight by Interstellar Dust

When an interstellar cloud happens to be unusually near one or more bright stars,
we have a reflection nebula, where we see starlight photons that have been scat-
tered by the dust in the cloud. (The blue nebulosity to the North of the Trifid Nebula
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Figure 21.4 Albedo and scattering asymmetry factor (cos 6) inferred from observa-
tions of the diffuse galactic light, reflection nebulae, and dark clouds.
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in Plate 11 is primarily scattered light.) The spectrum of the light coming from the
cloud surface shows the stellar absorption lines, thus demonstrating that scattering
rather than some emission process is responsible. By comparing the observed scat-
tered intensity with the estimated intensity of the starlight incident on the cloud, it
is possible to infer the albedo w of the dust — the ratio of scattering cross section to
extinction cross section. It is also possible to infer {cos ) for the dust, where 6 is
the scattering angle.

Figure 21.4 shows w and (cos ) for (1) the dust in the general diffuse ISM pro-
ducing the “diffuse galactic light.” (2) dust in individual clouds illuminated by the
general starlight, and (3) dust in clouds that are illuminated by a nearby bright star.
In the optical, the interstellar dust mixture has an albedo w =~ 0.5 — scattering is
about as important as absorption — and the grains are somewhat forward-scattering,
with {cos#) ~ 0.5. Rayleigh scattering by particles small compared to the wave-
length has {cos @) =~ 0, so this tells us that

e The particles dominating the scattering at A ~ 0.6 ym
have a & A\/2m ~ 0.1 pm.

21.5 Size Distribution of Interstellar Dust

Based on observations of ultraviolet extinction, scattering of visible light, and po-
larization of starlight, it is clear that the interstellar grain population must have a
broad size distribution, extending from sizes as small as a ~ 0.01 gm (or even
smaller) to sizes a ~ 0.2 um (or even larger). In fact, we will see that observations
of 3 to 12 um infrared emission require that the size distribution extend down to
grains containing as few as ~ 50 atoms, corresponding to volume-equivalent radii
a=3.5A.

We will discuss the grain size distribution in more detail later; here it is sufficient
to remark that the size distribution has most of the mass in the larger grains, and
most of the surface area in the smaller grains.

21.6 % Purcell Limit: Lower Limit on Dust Volume

Purcell (1969) pointed out that the Kramers-Kronig relations can provide useful
constraints in dust modeling. The Kramers-Kronig relations are general relations
that apply to a “linear response function” (e.g., a dielectric function) which specifies
the response (e.g., the electric polarization) to an applied stress (e.g., the applied
electric field). The only assumptions are that (1) the response is linear, and (2) the
system is causal — the response can depend on the stress applied in the past, but
cannot depend on the future. The Kramers-Kronig relations can be derived from
these very general assumptions [see Landau et al. (1993) for a derivation]. Applied
to the complex dielectric function €(w) = €; + i€o, the Kramers-Kronig relations
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are
2 e xea(x)
aW=1+=P de =22 (21.10)
T Jo 2 —w
2 o0 —1
eQ(W):fwP/ dz% , 21.11)
7 0 w2 —z

where P indicates that the principal value of the integral is to be taken.

Thus the real and imaginary parts of €(w) are not independent — if one is specified
at all frequencies, the other is fully determined.

21.6.1 Grain Volume per Hydrogen Atom

Purcell applied the Kramers-Kronig relations directly to the ISM itself. Let e;gp (w)
be the dielectric function of the ISM. Electromagnetic plane waves E(z,t)
etk —iwt propagate through the ISM, undergoing attenuation by scattering and ab-
sorption. If we consider only the response to electric fields, Maxwell’s equations
require that k2 = ejgpw?c?. The attenuation coefficient for power is

NgrCext (W) = 2 Im(k) = 2we Im (/ersm ) = we Im(egm) (21.12)

where ng, is the number density of dust grains, and Cex (w) is the extinction cross
section of a dust grain. Purcell then used (21.10) with w = 0 to determine the
contribution of dust to the static polarizability ejgm,1(w = 0) of the ISM.! If ng, is
the number density of grains with volume V4, and extinction cross section Cex (),
then

nnggr 1 o0 Ngr
- — 21.1
ny 3m2F(shape, ¢)) /0 dA nu Cext(N) ( 3)

where the dimensionless function F'(shape, €p) is the ratio of the orientationally
averaged static polarizability of grains of specified shape and composed of ma-
terial with dielectric function ¢y divided by the polarizability of an equal-volume
conducting sphere. For spheroids,

_ 60—1 ]- 2
Flafb.e) = =3 {(60 “1)3L, +3 ' (e~ 1)3(1— La)/2+3]"
(21.14)

where L, is a “shape factor,” with L, = 1 for a/b — 0 (pancake), L, = % for a
sphere, and L, — 0 for a/b — oo (needle). Insulating materials have finite ¢, and
€9 = oo for conductors.

The function F' is shown for selected spheroidal shapes in Fig. 21.5. F' de-
pends on shape, but relatively weakly, except for conducting materials and extreme
shapes.

IConsidering only the response of the dust — it is assumed that no free charge is present.
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Figure 21.5 Function F'(a/b, €y) for spheroids, for selected values of the axial ratio
a/b. After Purcell (1969). For 0.5 < a/b < 2 and eg > 4, we have 0.5 < I < 1.2.

The extinction produced by dust is difficult to measure at very long wavelengths
because it is small, and at wavelengths A\ < 912 A because of the strong absorption
by atomic hydrogen, but we do have empirical knowledge of the extinction curve
between 0.1 pm and, say, 30 pm:

30 pm
/ Text gh~ 1.1 x 1072 em®/H (21.15)
0

1 pm NH

Approximately half of this integral is contributed by 0.1 < A < 1 pum, and half by
1 < A < 30 pm. This gives us a lower bound on the volume of grain material per
H nucleon:

Vv

RerVer >37x10727Ftem®/H | (21.16)
nu

or, if the grain material has solid density p,,, a lower bound on the mass of grain
material relative to H mass:

Mg, 1.2 Per
8 >0.0056 | = ) [ —&— 21.17
My (F) <3gcm3> ’ ( )

where the reference density pg, = 3 gcm ™2 is intermediate between the density of
graphite (p = 2.24 g cm~3) and olivine MgFeSiO, (p ~ 3.8 gcm™3).

This lower bound is model-independent, except through the dependence on the
unknown shape factor F'. However, we see from Figure 21.5 that for materials with
€0 > 4, grains with moderate shapes 0.5 < a/b < 2have 0.5 < F' < 1.2. The only
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way to have ' > 1.2 is to have an extreme shape (a/b > 10 or a/b < 0.1) and
a dielectric function ¢y & 10. Note also that we have entirely ignored extinction
at A < 0.1um or A > 30 um; these additional contributions to the integral in
Eq. (21.13) are what make Eq. (21.17) only a lower limit. Thus, if we assume
that F < 1.2, and if interstellar grains have solid densities Per = 3 gcm*3, the
Kramers-Kronig integral implies a grain mass Mg, /My 2 0.0056 x (1.2/F). A
reasonable estimate for /' might be F' ~ 0.8 (see Fig. 21.5), in which case the
Kramers-Kronig argument gives

Ngr Ver

8 >4.6 x 10727 cm®/H | (21.18)
nyg
Mgr P T
—820.0083 [ ——=— ) . 21.19
My (Sgcm—?’) ( )

This lower bound on the grain mass places a strong constraint on grain models.

21.6.2 Asymptotic Behavior at Long Wavelengths

Suppose that Cy; o A7 as A\ — oo. The Kramers-Kronig integral f d\ Ceyy in
Eq. (21.13) would obviously be divergent unless 5 > 1, and if [ is only slightly
larger than 1, then the lower bound we obtained by considering only the A < 30 um
extinction might seriously underestimate the total volume of grain material. It
seems much more likely that 5 = 2, in which case wavelengths A > 30 ym make
only a modest contribution to the integral. We will see in §22.4 that 5 =~ 2 is
expected for simple models of both insulating and conducting materials.

21.7 Infrared Emission

Dust grains are heated by starlight, and cool by radiating in the infrared. Plates 6,
7, and 8 show the 8um emission from PAHs in the Andromeda galaxy, M31, the
starburst galaxy M81, and the Whirlpool galaxy, M51.

An all-sky map of the dust emission at 100 um is shown in Plate 2. The emission
from dust at high galactic latitudes has been studied by a number of satellites.
Figure 21.6 shows the emission spectrum from 800 ym to 3 ym. The 3 to 12 yum
spectrum is estimated from observations of the Galactic plane near [ ~ 45°, if we
assume that the ratio of 3 to 12 ym emission to the 100 pm emission is unchanged
in going from observations of the Galactic plane to high galactic latitudes. The
correlation of the IR emission with HI21-cm emission at high latitudes is used to
estimate the power radiated per H nucleon: 5.0 x 10~ ** ergs~! /H.

Interstellar dust is heated primarily by starlight (as will be discussed in Chap-
ter 24), and the total power radiated requires, therefore, that the absorption cross
section of interstellar dust be such that the power absorbed per H (for the esti-
mated spectrum of the starlight heating the dust) match the observed emission,
5 x 1072*ergs™'H~!. The infrared spectrum provides very strong constraints
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Figure 21.6 Observed infrared emission per H nucleon from dust heated by the av-
erage starlight background in the local Milky Way. Crosses: IRAS (Boulanger &
Perault 1988); squares: COBE-FIRAS (Wright et al. 1991); diamonds: COBE-DIRBE
(Arendt et al. 1998); heavy curve: IRTS (Onaka et al. 1996; Tanaka et al. 1996). The
interpolated dotted line is used to estimate the total power.

on grain models, as the dust must include a component that can account for the
fact that ~ 35% of the radiated power is shortward of 50 ym, including the strong
emission features at ~ 12 ym and 6 — 8 um. Models for interstellar dust that can
reproduce this emission spectrum will be discussed in §24.

21.8 % Luminescence

The energy absorbed by dust grains is primarily reradiated in the mid- and far-IR,
but there is evidence that dust grains also emit light at optical and near-IR wave-
lengths. Studies of reflection nebulae indicate that there is more light emerging
at wavelengths 6000 — 8000 A than can be accounted for by scattering alone, and
this excess is ascribed to luminescence from dust grains following absorption of
shorter-wavelength photons [see the review by Witt & Vijh (2004)]. Luminescence
at 6000 to 8000 A is also termed “extended red emission,” or ERE. Luminescence
in the blue has also been reported (Vijh et al. 2005). Candidate materials to ex-
plain this luminescence must of course reproduce the observed luminescence spec-
trum. The luminescing materials have not yet been conclusively identified. The
blue luminescence may be produced by neutral PAHs (Vijh et al. 2005), and PAH
di-cations (PAH™ ™) may be responsible for the ERE (Witt et al. 2006).



Chapter Twenty-two

Scattering and Absorption by Small Particles

22.1 Cross Sections and Efficiency Factors

A number of different quantities are used to characterize the absorption, scattering,
and emission of electromagnetic radiation by a (nonrotating) dust grain:

o The absorption cross section at wavelength A\, Caps ().
o The scattering cross section C., ().
o The extinction cross section Cey( () = Cabs + Csca.

e The albedo

C@ca C’SC‘EL
= : = 22.1
“ C’abs + Csca Cext ( )
o The differential scattering cross section
dCyea(0)
—_— 22.2
) (22.2)

for incident unpolarized light to be scattered by an angle 6. This is related to
the dimensionless Muller matrix element S;; by

dCsca Sl 1 (0)
dQ k2 ’

(22.3)

where k = 27/

e The mean value of cos 0 for scattered light

1 B dCse,
s0) = 2050 ——2= 27 sin Od6. 224
(cos 0) o /0 cosf—o=2msin do (22.4)
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e The radiation pressure cross section

Cpor(A) = Cabs(A) + (1 — (€08 0))Csca(N) - (22.5)

e The degree of polarization P () for light scattered through an angle 6 (for
incident unpolarized light).

For a given direction of incidence relative to a fixed grain, we would obviously need
two angles (6, ¢) to fully specify the scattering direction. However, for spherical
grains, or for an ensemble of randomly oriented grains, the scattering properties
can be described as a function of a single scattering angle 6.

In some cases, one wants to consider scattering of polarized light. For this case,
it is usual to use the four-element Stokes vector to specify the intensity and state of
polarization of radiation propagating in a particular direction. The ability of a grain
to scatter radiation with incident Stokes vector Vi, to outgoing Stokes vector V.,
is conveniently specified by a 4 x 4 dimensionless scattering matrix S;;, known as
the Muller matrix. [See Bohren & Huffman (1983) or Mishchenko et al. (2000) for
discussions of scattering concepts and terminology.]

It is convenient to normalize the absorption and scattering cross sections Cpsg
and Cj., to some area characterizing the grain. In the case of a spherical grain, it

is natural to use the grain geometric cross section wa?.

For nonspherical grains, some authors choose to normalize using the geomet-
ric cross section as seen from the direction of the incident radiation; other authors
choose to normalize using the average geometric cross section for random orienta-
tions.

Here, we will instead normalize to the geometric cross section of an equal-
solid-volume sphere. For a target with solid volume V' (V' does not include the vol-
ume of any voids, if present), we define efficiency factors Qsca, Qabs and Qext =
Qabs + Qsca by

Cica Cabs 3V \"?
sca = 2 ) Qabs = 721) y  Qeff = < > . (226)
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Here, af is the radius of an equal-volume sphere. This is a natural choice, because
it relates the scattering and absorption cross sections directly to the actual volume
of grain material.

22.2 Dielectric Function and Refractive Index

In order to calculate scattering and absorption of electromagnetic waves by targets,
we need to characterize the response of the target material to the local oscillating
electric and magnetic fields. At submillimeter frequencies and above, real materi-
als have only a negligible response to an applied magnetic field — this is because
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the magnetization of materials is the result of aligned electron spins and electron
orbital currents, and an electron spin (or orbit) can change direction only on time
scales longer than the period for the electron spin (or orbit) to precess in the local
(microscopic) magnetic fields within atoms and solids. These fields are at most
B; S 10kG, and the precession frequencies are wy, ~ upB;/h < 101571, where
up is the Bohr magneton. When a weak applied field oscillates at frequencies
w > 109571, the magnetization of the material cannot respond. As a result, for
frequencies v 2 10 GHz we normally set the magnetic permeability ;1 = 1, and
consider only the material’s response to the oscillating electric field.

The response of material to an applied oscillating electric field £ = Ege™ ™! is
characterized by a complex dielectric function

e(w) =€ +iea . (22.7)

The electrical conductivity o, if any, can be absorbed within the imaginary part of
the dielectric function, with the replacement

dmio

€— e+ (22.8)

The complex refractive index m(w) is related to the complex dielectric function
by m = \/e.

There are two sign conventions for the imaginary part of the dielectric function
or refractive index. If we choose to write oscillating quantities oc e’ T~#* then
Im(e) > 0 and Im(m) > 0 for absorbing, dissipative materials, where a propagat-
ing wave is attenuated. This is the convention that we will use.! In terms of the
refractive index, the wave vector

k=m(w) (22.9)

and, therefore, the electric field

E o eikz—iwt o —Im(m)wz/c (22.10)

and the power in the wave (o< |E|?) decays as exp [—2Im(m)wz/c]. Therefore,
the attenuation coefficient x and attenuation length L,,s = 1/k for the wave are
simply

B c B A
- 2wIm(m)  4nIm(m)

H(w)=21m(m)% s Labs(w) (22.11)

where A = 27¢/w is the wavelength in vacuo.

! Alternatively, if one chooses to write quantities o e*“*=?K'* then Tm(e) < 0 and Im(m) < 0 for
absorbing materials. This sign convention is used, e.g., by van de Hulst (1957).
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22.3 Electric Dipole Limit: Size << A\

We are often interested in situations where the grain is much smaller than the wave-
length of the incident electromagnetic wave. In this situation, the small grain is
subject to an incident applied electric field that is nearly uniform in space. The
electric field inside the grain will be proportional to the applied external electric
field Re (Eoe_i“t). Averaged over one cycle, the rate per volume at which energy
is absorbed within the grain is proportional to wep 3.

The absorption and scattering cross sections can be written

4

Cabs:$lm(a) , (22.12)
8T rw\t, 4

Csca_? (;) |O(| s (22.13)

where « is the electric polarizability of the grain: the electric dipole moment of
the grain P = o/E, where E is the instantaneous applied electric field. Calculating
the polarizability in the limit wa/c — 0 becomes a problem in electrostatics.

22.3.1 Ellipsoids

Analytic solutions are known for ellipsoids (with spheres or spheroids as special
cases). If the electric field is oriented parallel to one of the principal axes j of the
ellipsoid, the polarizability is

|4 e—1
= | — 22.14
Ui T 4 {(e -1)L; + 1} ’ ( )

where L; is called the “shape factor” for E along axis j. For a spheroid with length
2a along the symmetry axis, and diameter 2b perpendicular to the symmetry axis,
the shape factors are given by

1—e2[1 1

L,= “l=m R 1| , for a > b (prolate spheroid), (22.15)
e? 2e 1—c¢
1+e? 1
= —;e {1 - arctan(e)] , for a < b (oblate spheroid), (22.16)

1
Ly=5(1-La) . (22.17)
e=1-(b/a)?| . (22.18)

Needles (a/b — oo) have L, — 0, and pancakes (a/b — 0) have L, — 1. For a
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sphere, L, = L, = 1/3, and

€9 1%
Cope=187—— 2 _* 22.19
b (1 +2)2+€2 A ( )
—11? y2
Clcn = 247 Z - % (22.20)

From Egs. (22.12 and 22.13), we see that Cy,s o< V and Cyea o< V2. Therefore,
in the limit V' — 0, absorption dominates: Cyps > Cgca provided only that the
material itself is absorptive (i.e., e2 > 0). At wavelengths that are long compared
to the particle size, the opacity is simply proportional to the total volume of grain
material, independent of the sizes of the individual particles.

22.4 Limiting Behavior at Long Wavelengths

22.4.1 Insulators

At sufficiently long wavelengths (at frequencies well below the lowest frequency
resonance in the solid), insulators tend to have

€1 — €y = const. (22.21)
e — Aw , (22.22)

where A = const. (with dimensions of time). In this limit, it is easy to see from
Egs. (22.19) and (22.20) that, for a sphere of volume V,

Ac V
2
Cabs — 36w mﬁ s (2223)
(0 —1)*V?
Csca — 247 mﬁ (2224)

Therefore, for insulators, we expect Caps < A2 at long wavelengths. We also see
that if A £ 0, absorption will dominate over scattering as A — 0.
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22.4.2 Conductors

For conductors with conductivity o at zero frequency, the low-frequency limiting
behavior of the dielectric function is?

€1 — €y = const. |, (22.25)
4
e — Aw+ 120 (22.26)
In the long wavelength limit, we then have
dme V
Cope — 262 (22.27)
(1) /\2
V2
Coca — 247r3F . (22.28)

Note that at long wavelengths, C,ps  1/0¢: materials with high conductivities are
weak absorbers. This is because for highly conducting materials, the electric field
is screened from the interior by surface charge.

Note also that, just as in the case of insulators, conducting materials at long
wavelengths have C,ps < A ™2, Therefore, it is rather natural to expect absorption
by interstellar grains to vary as A~ at very long wavelengths.

22.5 Sizes Comparable to Wavelength: Mie Theory

At optical and ultraviolet wavelengths, the dust particles are not necessarily small
compared to the wavelength, and the electric dipole approximation is no longer
applicable. We must find the solution to Maxwell’s equations with an incident
plane wave, for an object of specified size and shape, composed of material with a
specified dielectric function € or refractive index m.

For the special case of a sphere, an elegant analytic solution was found by Mie
(1908) and Debye (1909), and is known as Mie theory. In brief, the electromag-
netic field inside and outside the sphere can be decomposed into spherical harmon-
ics with appropriate radial functions, with coefficients determined by the need to

2 A simple model for a conductor has

2

WET
e(w):1+AEboutld(w)+ P. ,
w(l — iwT)
_ bound (pr)2
e1(w) =14 Ae7”""(w) — T4 (w2’
wgfr

e2(w) = AT (w) + —— L
w [1 + (wT) ]
where AePound jg the contribution from the bound electrons, and the free electrons are characterized
by a plasma frequency wy, and damping time 7.
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Figure 22.1 Absorption efficiency factors QQans for spheres with various refractive
indices m.

give an incident plane wave at infinity and to satisfy the continuity conditions at the
surface of the sphere.> Computer programs to evaluate the Mie theory solution are
widely available.*

The character of the electromagnetic scattering will depend on the dimensionless
ratio a/ )\ and on the dimensionless refractive index m(w). One relevant parameter
will be the phase shift of a wave traveling a distance equal to the grain radius
within the grain, expressed in radians. For nonabsorptive material, this would be
just 2walm — 1|/A. Figures 22.1 to 22.3 show five examples, where we plot the
absorption, scattering, and extinction efficiency factors against this phase shift.

The details depend on the refractive index m, but the general trend is for Qexy to
rise to a value Qext ~ 3 — 5 near |m — 1|2wa/\ ~ 2. For dielectric functions with
small imaginary components [i.e., weakly absorbing material, Im(m) < 1] Qexs
as a function of a/\ shows oscillatory behavior due to interference effects, but the
oscillations are minimal for strongly absorbing materials [Im(m) 2 1].

For (a/\) — oo, all of these examples have Qcxt — 2. This is a general result,
sometimes referred to as “the extinction paradox’:

e For z = 2ma/\ — oo and |m — 1| — oo, the extinction cross section is
equal to exactly twice the geometric cross section.

3The Mie theory solution is effectively a series expansion in powers of x = 27a/\. The series is
convergent, but the number of terms that must be retained is ~ O(z).
“4For example, the program bhmie.f available at http://www.astro.princeton.edu/~draine/scattering html .
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Figure 22.3 Extinction efficiency factors Qext for spheres with various refractive in-
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Ray-tracing arguments would lead us to expect the extinction cross section to be
equal to the geometric cross section, but diffraction around the target leads to addi-
tional small-angle scattering, with the total extinction cross section equal to twice
the geometric cross section.

22.6 % Nonspherical Particles

Mie theory is a powerful and robust computational tool with which one can effi-
ciently calculate scattering and absorption by spheres with a wide range of dielec-
tric constants, for x = 2ra/A S 10%. For z > 10%, cancellation in the alternating
series leads to roundoff errors on machines with 64-bit arithmetic, but for the size
distributions that are present in the ISM, scattering by the dust mixture is usually
dominated by particles with  ~ 1, and particles with z > 1 can generally be
ignored except at x-ray energies.

However, one thing we know for certain about interstellar grains: the observed
polarization of starlight implies that they are not spherical. If the grains are not
spherical, how are we to calculate scattering and absorption cross sections? Ele-
gant analytic treatments do exist for spheroids or infinite cylinders, but for more
general shapes it is necessary to resort to brute force treatments. One approach that
has proven useful is to approximate the actual target (with its particular geometry
and dielectric function) by an array of “point dipoles.” For a target illuminated
by an incident monochromatic electromagnetic wave, each of these dipoles is as-
signed a complex polarizability «(w). Each dipole has an instantaneous dipole
moment P; = «o;E;, where o; is the polarizability tensor for dipole j, and E; is
the electric field at location j due to the incident wave plus all of the other dipoles.
This method, pioneered by Purcell & Pennypacker (1973), is known as the discrete
dipole approximation (DDA) or coupled dipole approximation.’

DDA calculations are CPU-intensive, but many problems of practical interest
can be handled by a desktop computer.® For example, the DDA has been used to
study absorption and scattering by graphite particles (Draine & Malhotra 1993) and
by random agglomerates (Shen et al. 2008).

22.6.1 X-Ray Regime

Figure 22.4 shows the real and imaginary components of the dielectric function
for MgFeSiO4 In the optical and ultraviolet, normal solids have refractive indices
|m — 1| & 0.3. At x-ray energies, however, |m — 1| < 1, and the character of
the scattering changes considerably. The wavelength A = 0.00124(keV /hv) um
is small compared to the sizes a ~ 0.2 pm of the particles containing most of the
grain mass. The result is that the x-ray scattering is very strongly peaked in the

5For more details on the DDA, see the review by Draine & Flatau (1994).
SPublic-domain DDA codes are available, e.g., DDSCAT (http://code.gBogle.com/p/ddscat/).
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Figure 22.4 Dielectric function e for MgFeSiO4 material. Various absorption edges
are labelled in the plot of Im(¢). This dielectric function, and its continuation at lower
energies, will be referred to as “astrosilicate”. From Draine (2003b), reproduced by
permission of the AAS.

forward direction, with a characteristic scattering angle

0~ 2 800" <123V) <0'1”m> . (22.29)
v

Ta a

For spherical grains, the scattering can be calculated using Mie theory. which,
consists of a series expansion where ~ 27a /) terms must be retained in the sums.
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Figure 22.5 Differential scattering cross section for ¢ = 0.1 and 0.2 um silicate
spheres at E = 0.5, 1.0, and 2.0 keV. Solid curve is Mie theory, dots show results cal-
culated using anomalous diffraction theory (ADT). The results are indistinguishable,
showing that ADT provides an excellent approximation. From Draine & Allaf-Akbari
(2006), reproduced by permission of the AAS.

When a/)\ 2 103, roundoff errors may prevent accurate evaluation of the necessary
sums, limiting the practical applicability of Mie theory. However, when Mie theory
becomes impractical, x-ray scattering and absorption by grains can be calculated
using an approximation called “anomalous diffraction theory” (ADT), originally
introduced by van de Hulst (1957) and recently applied by Draine & Allaf-Akbari
(2006). The validity criteria for ADT are very simple:
2
T (22.30)
Im—1]<1 . (22.31)

The first condition ensures that the ray-optics approximation is valid, and the sec-
ond condition ensures that refraction (and reflection) are unimportant when the ray
crosses the grain surface. As can be seen from Fig. 22.5, anomalous diffraction the-
ory provides excellent accuracy within its domain of applicability. One advantage
of ADT is that it can be applied to nonspherical grains.

22.7 Interstellar Grains

Above we have discussed calculational methods for various regimes. We can now
calculate scattering and absorption cross sections for micron- or submicron-sized
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Figure 22.6 Qcxt = Ceoxt/ma’ for a = 0.01, 0.1, 1, and 10 um amorphous silicate
spheres, for wavelengths ranging from A = 10" *um = 1A (hv = 12.4keV) to
A = 10® yum = 1 mm. At short wavelengths, the = 0.01 and 0.10 um grains show
discontinuities in Qext at x-ray absorption edges. In the IR, the a = 0.01,0.1,1 um
grains show prominent silicate absorption features at 9.7 and 18 pm, but these features
are suppressed when a = 10 pym.

grains from x-ray to sub-mm wavelengths. Figure 22.6 shows the extinction effi-
ciency Qext calculated for grains of amorphous silicate (“astrosilicate”) from the
x-ray to the submm, for four different sizes. There are several noteworthy features:

1. Qeoxt shows sharp discontinuities at x-ray absorption edges. The amorphous
silicate material is assumed to have composition MgFeSiO4. Two conspic-
uous edges are the Fe K edge at 1.75 A (7.1keV) and the O K edge at 23 A
(528 eV). Note that the appearance of these edges depends on grain size.
As the grains become larger, scattering makes an appreciable contribution to
Qext, and the long-wavelength side of the O K edge is “filled in” by scatter-
ing.

2. a = 1 um grains are, in effect, optically thick (with Qexy =~ 2) for 0.001 <
A S 2um; for A < 1073 um (hv > 1.24keV), the absorption length ex-
ceeds the grain diameter, and for A > 2 um, the grain is smaller than the
wavelength. Similarly, the @ = 10 pm grain is optically thick for 10™% ym <
A< 10 pm.

3. The silicate absorption features at 9.7 and 18 ym are prominent absorption
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features for the a = 0.01,0.1, 1 um cases shown, but are suppressed in the
a = 10 um example, because the grain is, in effect, optically thick at wave-
lengths on either side of the silicate features.

1
o
0.1 ¢
0.01
[ Astrosilicate :
0.1 B
1
<4
0.1 £\ /
:\\ \\_/ 7N\
0.01
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Figure 22.7 Qex for astrosilicate spheres (upper) and carbonaceous spheres (lower)
for wavelengths ranging from A = 0.1 um to A = 4 pum. The locations of the B
(4405 A) and V (5470 A) bands are shown. Curves are labeled by radius a.

Figure 22.7 shows the behavior of Qext for wavelengths running from the vacuum
ultraviolet into the infrared. The upper panel shows the extinction efficiency factors
Qext for spheres with the “astrosilicate” dielectric function. For the wavelength
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range shown here, there are no spectral features, although small particles do show
a rise in extinction for A < 0.2 um due to the onset of ultraviolet absorption in
silicates. Scattering becomes important for A < 27a (i.e., x = 2wra/A £ 1), and
Qext = 2 for A < 4a.

1,5 T T T T LI || T T T T LI || T T T T LI
......................................................................... 1.38: Rayleigh Scattering B

astrosilicate-

-0.5 e
10-2 0.01 0.1 1
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Figure 22.8 1/Ry = (Cext(B) — Cext(V))/Cexs (V) as a function of radius a
for astrosilicate and carbonaceous spheres (B = 0.44 pum, V = 0.55 um). The
carbonaceous spheres are assumed to be graphitic for ¢ > 0.01 pum, and PAHs
for a < 0.005 pm, with a continuous transition between 0.005 and 0.01 ym. For
a 5 0.02 um, scattering is unimportant, and Ry is determined by the absorptive prop-
erties of the grain material. For a 2 0.12 um, scattering resonances move through the
wavelength range between B and V, and 1/ Ry has oscillatory behavior. The dust in
the diffuse ISM is observed to have Ry =~ 3.1, shown by the dotted line. Ry ~ 3.1
for a ~ 0.08 um or 0.14 pm for graphitic and astrosilicate grains, respectively.

For the adopted optical constants (Draine & Li 2007), the small ¢ < 0.02 um)
carbonaceous particles show a strong absorption feature near 2175 A, closely match-
ing the observed interstellar feature near this wavelength. However, the theoretically-
calculated feature broadens as the grain size increases to 0.03 um, and disappears
for larger grains because the grain becomes optically thick not only at the wave-
length of the resonance, but also at wavelengths above and below the resonance.

As discussed earlier, interstellar extinction curves are often characterized by
Ry = Ay /(A — Ay), and it is of interest to see what value of Ry would ap-
ply to the extinction produced by grains of a single size and composition. Because
Ry is singular when Ag = Ay, it is preferable to instead consider 1/Ry =
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(Ap — Ay) /Ay, which is proportional to the slope of the extinction curve between
V and B. Figure 22.8 shows 1/ Ry versus grain radius for carbonaceous grains and
astrosilicate grains. For very small grains, scattering is negligible compared to ab-
sorption, and the value of Ry in the limit @ — 0 depends on the wavelength depen-
dence of the optical constants — hence the very different limiting values for PAHs
and astrosilicates. As the grain radius is increased, scattering begins to contribute
significantly to the extinction, but we see that neither the silicate nor carbonaceous
particles ever reach the value of 1/Ry = 1/0.726 appropriate to Rayleigh scat-
tering by particles with a polarizability that is wavelength independent. This is
because, for our assumed dielectric functions, when the particles are small enough
to be in the Rayleigh limit, absorption makes an important contribution to the ex-
tinction.

Ry = 3.1is attained by graphitic grains for a ~ 0.08 ym, and by astrosilicate’
grains for a ~ 0.15 ym. Although a broad size distribution is required to match the
full extinction curve, grain models that reproduce the observed extinction should
have the extinction in the visible dominated by grains with a ~ 0.1 pym.

7 Astrosilicate grains also have Ry, =~ 3.1 for a ~ 0.02 um, but such small grains produce much
more extinction in the ultraviolet than in the visible (see Fig. 22.7), implying that they contribute only a
small fraction of the extinction in the visible.



Chapter Twenty-three

Composition of Interstellar Dust

There is ample evidence for the presence of substantial amounts of submicron-sized
dust particles in interstellar space. What is this dust made of? This question has
been difficult to answer.

The preferred approach would be spectroscopy: ideally, we would observe spec-
troscopic features that would uniquely identify the materials, and, furthermore, al-
low us to measure the amounts of each material present. This is the approach that
is followed for atoms, ions, and small molecules, but unfortunately it is difficult to
apply to solid materials because: (1) the optical and UV absorption is largely a con-
tinuum; and (2) the spectral features that do exist are broad, making them difficult
to identify conclusively.

An alternative approach is to ask: What materials could plausibly be present
in the interstellar medium in quantities sufficient to account for the observed ex-
tinction? We have seen in §21.6.1 that a Kramers-Kronig integral over the ob-
served extinction indicates that the total grain mass relative to total hydrogen mass
Maust /My = 0.0083.

In §9.11 we discussed that fact that certain elements appear to be underabundant,
or “depleted,” in the gas phase. In this chapter, we first consider what observed
depletions tell us about the major elemental composition of interstellar dust. Fol-
lowing this, we review candidate materials, including spectroscopic evidence if
any.

23.1 Abundance Constraints

The available evidence indicates that the overall abundances in the ISM are close
to the values in the solar photosphere. Because there is no way to have hydrogen
contribute appreciably to the grain mass [even polyethylene (CHs),, is 86% carbon
by mass], and He and Ne are chemically inert, the only way to have a dust/H mass
ratio of 0.0056 or higher is to build the grains out of the most abundant condensible
elements: C, O, Mg, Si, S, and Fe.

As discussed in §9.11, absorption-line spectroscopy of C, Mg, Si, and Fe in the
gas phase shows that these elements are in fact underabundant in the gas (“de-
pleted”), with about % of the C and 90% or more of Mg, Si, and Fe presumed to
be incorporated in dust grains in the typical diffuse interstellar cloud. Perhaps the
best-studied sightline in the ISM is toward the star { Ophiuchi, a bright 09.5V
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Figure 23.1 Gas-phase abundances (relative to solar) in the diffuse cloud toward
¢ Oph, plotted versus “condensation temperature” Tiona (see text). Data from Morton
(1975), Savage et al. (1992), Cardelli et al. (1993), Federman et al. (1993), Crinklaw
et al. (1994). Solid symbols: major grain constituents C, Mg, Si, Fe. The C abundance
has been calculated assuming f(C11]2325 A) = 1.0 x 10~7 (see text). The apparent
overabundance of S may be due to observational error, but may also arise because of
S1I absorption in the HII region around ¢ Oph.

star only 138 pc away. Absorption-line spectroscopy has allowed the gas-phase
abundances of many of the elements to be measured. These abundances, relative to
solar, are shown for 20 elements in Fig. 23.1.

Table 23.1 gives the gas-phase abundances for 10 major elements. Determination
of the column density of C II (accounting for most of the gas-phase carbon) relies on
knowledge of the oscillator strength of the weak intersystem line C IT]2325 A. Ta-
ble 23.1 gives the gas-phase carbon abundances estimated using f(C1I]2325 A) =
4.78 x 108 from Morton (2003), but also for f(C11]2325 A) = 1.0 x 107, as ap-
pears to be required to reconcile abundances estimated using the 2325 A line (Sofia
et al. 2004) with CII abundances estimated using strong lines (Sofia & Parvathi
2010).

If we assume that the total abundance of each element is equal to the current
best-estimate of the solar abundance, then the difference between solar abundance
and the observed gas-phase abundance will tell us what contribution that element

makes toward the dust mass in the cloud toward ¢ Oph. This inventory is carried
out in Table 23.1.
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Table 23.1 Inferred Elemental Composition of Dust toward (Oph

X  (Nx/Nu)o® Nx gas/Nu Nx,dust/Nu  10°Mx qust/Mnu
(ppm) (ppm) (ppm)

C 295 + 36 135 £ 33 de 160 + 49 1.92+0.59¢
85+ 20 %S 210 + 41 2.52+0.497F

N 74.1+£9.0 78+ 139 —14+16 0

(6] 537 £ 62 295 436 ¢ 242 £ 72 3.87+£1.15

[383] ¢ 154 +£ 8¢ 2.46 +0.13 ¢

Mg 43.7+4.2 494059 39+4 0.94 +0.10

Al 2.84+0.2 0.005 4 0.001 * 2.8+0.2 0.08 £ 0.01

Si 35.5+ 3.0 1.7+£05"% 34+3 0.95 4+ 0.08

S 14.54+1.0 28 +£167 —14+16 0

Ca 2.34+0.2 0.0004 4 0.0001 * 2.24+0.2 0.09 + 0.008

Fe 34.7+ 3.3 0.134+0.019 35+3 1.96 £ 0.17

Ni 1.74+0.2 0.0030 + 0.0002 7 1.74+0.2 0.10 £0.01

Total if f(C11]2325) = 4.78 x 108 (see text) 9.9+£1.3°¢

Total if f(C11]2325) = 1.0 x 107 (see text) 10.5+1.3f

Total if f(CI1]2325) = 1.0 X 10~7, No dust/Nu = 154 ppm (see text) 9.14+0.6°

@ Asplund et al. (2009). 9 Savage et al. (1992).

b Assuming N (H)+2N(Hp) =1021-13%0.03 c;y =2 Morton (1975).

© Assuming No dqust/Nu = 154 ppm.  Cardelli et al. (1994).

d Cardelli et al. (1993). J Federman et al. (1993).

e If f(CII)2325 A) = 4.78 x 10~8 (Morton 2003).  * Crinklaw et al. (1994).
FIf f(C11)2325 A) = 1.00 x 10~7 (see text).

The reported depletion of oxygen from the gas toward ¢ Oph is difficult to un-
derstand, because it is not clear what compounds can account for it (Jenkins 2009;
Whittet 2010). As will be discussed in the following, on a sightline like that to-
ward ¢ Oph, negligible amounts of HoO are present, and gas-phase species such
as CO and OH contain only a small fraction of the O. If we consider silicates with
olivine-like composition Mg, Fes_ . SiO,, we can account for only ~ 4 x (34+3) =
136 + 12 ppm of O in silicates; adding other metal oxides,' the solid-phase oxygen
can be raised to ~ 154 ppm, yet observations seem to indicate that 242 4+ 72 ppm
are missing from the gas on the sightline toward ¢ Oph — some of the oxygen seems
to have gone missing! On the other hand, according to Table 9.5, the typical CNM
cloud appears to have a gas-phase O abundance of ~ 457 ppm,; if the total O abun-
dance is the current solar value of 537 ppm, this corresponds to only ~ 80 ppm of
O in grains — only ~ 60% of the amount that we estimate to be present in the dust.
Thus on these sightlines we seem to have somewhat more oxygen in the gas than
we expect.

At this time, it is simply not clear where all of the oxygen resides. One should
keep in mind the possibility that there may be some error in our estimation of the
oxygen budget in Table 23.1.

If we use the carbon abundances estimated using the lower oscillator strength
f(CI1]2325 A) = 1.0 x 1077 (Sofia & Parvathi 2010), we arrive at My, /My =~

1E.g., if the composition is 34Mg,Fea_;Si04+3Fe203+1.4A1203 + 2.2Ca0+0.85Ni2 O3, with
x =39/34 =1.15.
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0.0091 (see Table 23.1), with ~ 28% of the dust mass contributed by carbon, and
72% by compounds containing Mg, Al, Si, Ca, Fe, Ni and O, presumably mainly
in silicates. If the carbonaceous material has a density p ~ 2.2gcm™2, and the
silicate density is p ~ 3.8 gcm ™3, then the total grain volume per H is Vi ~
4.8 x 10727 cm3/H, with silicates accounting for ~ 60% of V.

The grain volume Vi ~ 4.8 x 10727 cm3/H and grain mass Mgus/ My ~
0.0091 are consistent with Purcell’s Kramers-Kronig argument (§21.6.1), which
obtained [see Eqs. 21.18 and 21.19] Vi 2 4.6 x 10727 cm3 /H and Myust/Mu 2
0.0083. We must remember, however, that the Kramer-Kronig analysis is only a
lower bound, as it neglected the extinction at A < 0.1 gm and A > 30 pm.

Figure 23.1 shows gas-phase abundances, relative to solar abundances, plotted
against the condensation temperature 7,4, the temperature at which 50% of the
element in question would be incorporated into solid material in a gas of solar abun-
dances, at LTE at a pressure p = 102 dyn cm~2 (Lodders 2003). The condensation
temperature indicates whether an element is able to form stable solid compounds in
gas of solar composition. We see that there is a strong tendency for elements with
high T¢onq to be underabundant in the gas phase, presumably because most of the
atoms are instead in solid grains.

With the elements providing the bulk of the grain volume identified, we can limit
consideration to the following possible materials:

o Silicates, e.g., pyroxene composition Mg, Fe;_,SiOs, or olivine composi-
tion MgsaFes_2,Si04 (0 <z < 1)

Oxides of silicon, magnesium, and iron (e.g., SiO2, MgO, Fe30,)

Carbon solids (graphite, amorphous carbon, and diamond)

Hydrocarbons (e.g., polycyclic aromatic hydrocarbons)

Carbides, particularly silicon carbide (SiC)
e Metallic Fe

Other elements (e.g., Ti, Cr) are also present in interstellar grains, but, because of
their low abundances, they contribute only a minor fraction of the grain mass.

23.2 Presolar Grains in Meteorites

Certain meteorites have been found to contain grains whose formation predated
the solar system. For the most part, these grains have been identified by virtue of
anomalous isotopic composition, indicating not only that these grains are presolar,
but also that many of them formed in outflows from stars with anomalous isotopic
composition. The presolar grain abundances vary from meteorite to meteorite, but
are highest in the meteorites that appear to be most primitive (i.e., have under-
gone the least amount of heating) — the meteorite class referred to as carbona-
ceous chondrites. Table 23.2 lists the major types of presolar materials found in
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Table 23.2 Types and Properties of Major Presolar Materials®® Identified in
Meteorites and IDPs.

Material Source Grain Size Abundance®
(pm) (ppm)T
Amorphous silicates Circumstellar 0.2-0.5 20-3600
E‘r’lr;zﬂ;e (%ﬁf‘)‘g‘*) Circumstellar  0.2-0.5 10-1800
Diamond ~0.002 ~ 1400
P3 fraction Not known
HL fraction Circumstellar
Silicon carbide Circumstellar 0.1-20 13-14
Graphite Circumstellar 0.1-10 7-10
Spinel (MgAl204) Circumstellar 0.1-3 1.2
Corundum (Al203) Circumstellar 0.5-3 0.01
Hibonite (CaAl12019) Circumstellar 1-2 0.02

@ Other presolar materials include TiC, MoC, ZrC, RuC, FeC, SisN4, TiO2,
and Fe-Ni metal.

® See Huss & Draine (2007) for details and references therein.

¢ Abundance in fine-grained fraction (= matrix in primitive chondrites).

meteorites. Surprisingly, the principal carbonaceous material by mass consists of
extremely small (~ 20 A) particles of diamond. These “nanodiamonds” make up
fully 0.14% of the mass of the fine-grained matrix material in primitive carbona-
ceous chondrites.

While some of the nanodiamonds are definitely of presolar origin, it is possible
that the bulk of the nanodiamond material might have been produced in the solar
system — the provenance of the nanodiamond material is not yet known.

23.3 Observed Spectral Features of Dust

23.3.1 The 2175 A Feature

The extinction curves in Fig. 21.2 show a conspicuous extinction feature at \=! =
4.6 um™', or A = 2175 A. The feature is well-described by a Drude profile (Eq.
G.9). The central wavelength is nearly identical on all sightlines, but the width
varies significantly from one region to another (Fitzpatrick & Massa 1986).

The strength of this feature implies that the responsible material must be abun-
dant (Draine 1989b): it must be made from H, C, N, O, Mg, Si, S, or Fe. Small
graphite grains would have a strong absorption peak at about this frequency, due to
m — m* electronic excitations in the sp?-bonded carbon sheets (Stecher & Donn
1965; Draine 1989b). Because the carbon skeleton of polycyclic aromatic hydro-
carbon (PAH) molecules resembles a portion of a graphite sheet, such molecules
also tend to have strong electronic transitions at about this frequency. Although al-
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ternatives have been suggested [e.g., OH™ on small silicate grains (Steel & Duley
1987; Bradley et al. 2005)], it seems most likely that the 2175 A feature is due to
some form of sp?-bonded carbon material.

23.3.2 Silicate Features at 9.7 ym and 18 pm

There is a conspicuous infrared absorption feature at 9.7 ym, shown in Fig. 23.2
(and later in Fig. 23.6). Silicate minerals generally have strong absorption reso-
nances due to the Si-O stretching mode near 10 pm, and it seems virtually certain
that the interstellar 9.7 um feature is due to silicates. This conclusion is strength-
ened by the fact that the 10 yum emission feature is seen in the outflows from
oxygen-rich stars (which would be expected to condense silicate dust) but not in
the outflows from carbon-rich stars. The interstellar 9.7 ym feature is seen both
in emission [e.g., in the Trapezium region in Orion (Gillett et al. 19754)] and in
extinction in the interstellar medium (Roche & Aitken 1984). Sightlines within a
few kpc of the Sun have Ay /A7g 7 = 18.5 & 2 (see Table 1 of Draine 2003a), but
sightlines to sources near the Galactic Center have Ay /A7g7 = 9+ 1 (Roche &
Aitken 1985).

Near 18 pum, interstellar dust shows another feature, attributable to the Si-O-Si
bending mode in amorphous silicates.

<C'—'° 3.4um

ANy C—H stretch
<

<t

9.7um
Si—-0 stretch

18um
0-Si-0 bend

2 3 4 5 6 7 8910 20 30
A(um)

Figure 23.2 Infrared extinction curve. The 8 to 13 pum silicate profile is as observed
toward the Galactic Center by Kemper et al. (2004), but with Ay /A9 7 um = 18.5,
as appropriate for sightlines through diffuse gas within a few kpc of the Sun (see Table
1 of Draine 2003a). The 3.4 um C-H stretching feature is indicated.
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23.3.3 The 3.4 um Feature

There is a broad absorption feature at 3.4 pm that is almost certainly due to the C—H
stretching mode in hydrocarbons. Pendleton & Allamandola (2002) concluded that
hydrocarbons with a mixed aromatic (ring) and aliphatic (chain) character provided
a good fit to the observed interstellar absorption, including the 3.35 — 3.53 yum re-
gion. This included hydrocarbon films deposited following laser-ablation of amor-
phous carbon in Ar, followed by exposure to atomic H (Mennella et al. 1999) or
from a weakly ionized plasma produced by laser-ablation of graphite in hydrogen
(Scott & Duley 1996a4; Duley et al. 1998). Pendleton & Allamandola (2002) con-
cluded that the carbonaceous material was ~ 85% aromatic and ~ 15% aliphatic.
However, a separate study by Dartois et al. (2004) concluded that the at most 15%
of the carbon is aromatic. The aromatic/aliphatic ratio remains uncertain.

Somewhat surprisingly, the 3.4 yum C-H feature is found to be weaker (relative
to the overall extinction) in dark clouds than in diffuse clouds (Shenoy et al. 2003),
which has been interpreted as evidence that the C—H bonds responsible for the
3.4 ym feature are destroyed in molecular clouds, perhaps as the result of cosmic
ray irradiation, and regenerated when carbonaceous grains are exposed to atomic
hydrogen in diffuse clouds (Mennella et al. 2003).

23.3.4 Diffuse Interstellar Bands

The three features at 2175 A, 9.7 ym, and 18 ym are by far the strongest features
seen in diffuse interstellar dust. There are, in addition, numerous weaker features
in the optical known as the diffuse interstellar bands or DIBs. These are features
that are too broad (FWHM 2 1 A) to be absorption lines of atoms, ions, or small
molecules. The first DIBs were discovered 88 years ago (Heger 1922), and their
interstellar nature was established 76 years ago (Merrill 1934).

DIBs are present in Fig. 21.2, but appear much more clearly in the expanded
plot in Fig. 23.3, showing the extinction for 1.5 ym~! < A~! < 1.75 um ™!, with
several conspicuous DIBs present, most notably the DIB at 5780 A. The strongest
DIB falls at 4430 A (not shown in Fig. 23.3). Hobbs et al. (2009) report a total of
414 DIBs between 3900 and 8100 A!

It is embarassing that Nature has provided astrophysicists with this wealth of
spectroscopic clues, yet as of this writing not a single one of the DIBs has been
convincingly identified! It seems likely that some of the DIBs may be due to free-
flying large molecules (i.e., ultrasmall dust grains); this hypothesis has received
support from high resolution spectra of the 5797 A feature (see Figure 23.4) show-
ing intrinsic ultrafine structure (Sarre et al. 1995; Kerr et al. 1998). Similar fine
structure is also seen in some other bands (Galazutdinov et al. 2003, 2005), and it
now seems likely that at least a substantial fraction of the DIBs are due to free-flying
molecules, possibly ionized. However, one would expect that a given molecule
would have multiple absorption lines to different vibrational states of the electronic
excited state. In a careful correlation study, McCall et al. (2010) found what ap-
pears to be a nearly perfect correlation between the strengths of DIBs at 6196.0 and
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Figure 23.3 Extinction at wavelength \ (relative to the extinction at Ic = 8020 A)
for 6667 A > A > 5714 A, showing some of the diffuse interstellar bands, based on

the compilation by Jenniskens & Desert (1994).
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Figure 23.4 Fine structure, possibly due to molecular rotation, in the AA5797 A DIB,
on 3 different sightlines. This and similar structure seen in other bands strongly sug-
gests that at least some DIBs arise in large free-flying molecules = ultrasmall dust

grains. From Kerr et al. (1998), reproduced by permission of the AAS.



COMPOSITION OF INTERSTELLAR DUST 271

6613.6A (air wavelengths), suggesting that these may be two absorption features
produced by a single absorber.

23.3.5 Ice Features in Diffuse and Dark Regions

In dark molecular clouds, a number of additional absorption features appear, most
notably a strong band at 3.1 yum which is produced by the O-H stretching mode
in HoO ice. The spectrum of the Becklin-Neugebauer (BN) object in Figure 23.5
shows a very strong HyO absorption feature at 3.1 um, as does the spectrum of Sgr
A* in Figure 23.6.

However, the 3.1 um feature is not seen on sightlines that pass only through
diffuse interstellar clouds, even when the total extinction is large — the sightline
to the B5 hypergiant star Cyg OB2-12 has A7(3.05 um)/A7(9.7 um) < 0.037,
implying that less than 0.4% of the O atoms on this sightline are in H,O (Gillett
et al. 1975b; Knacke et al. 1985; Whittet et al. 1997). We have seen [eq. (21.19)]
that M, /My > 0.0083; it follows that if any H,O is present on this sightline, it
contributes < 0.5% of the grain mass. In the diffuse ISM, ices, if present at all, are
not a significant part of the dust mixture.

Although dust in the diffuse ISM appears to be ice-free, HoO can contribute a
significant fraction of the dust mass in dark clouds. Whittet et al. (1988) found
that in the Taurus dark cloud complex, the strength of the 3.1um feature is approx-
imately given by

0 for Ay < 3.3 mag
ATz~ { 0.093(Ay — 3.3mag) for Ay 2 3.3 mag , 231
which suggests that ice is present only in regions that are shielded from the diffuse
starlight background by Ay 2 1.65 mag. The dust shielding is probably needed to
suppress HoO removal by photodesorption.

When a strong 3.1 ym feature appears in absorption, a number of other ab-
sorption features are also seen, including features due to CO (4.67 um), CHsOH
(3.53 pm), and CO2 (15.2 um). The shape of the 3.1 um H5O feature is indica-
tive of the type of ice and the impurities present in it. The relative strengths of the
various features indicate that HoO is the dominant “ice” species, with NHs, CO,
CH3O0H, and CO- as secondary constituents.

23.4 Silicates

Geologists are familiar with a great variety of silicate minerals, found in the crust
of the Earth, the Moon, and Mars, and in meteorites. In all cases, crystalline silicate
minerals exhibit strong absorption bands near 10 um (stretching of the Si-O bond)
and near 20 um (bending of the O-Si-O structure).

There is unequivocal evidence for substantial amounts of silicate material in the
interstellar medium. On sightlines in the Milky Way with sufficient column den-
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Figure 23.5 Upper panels: spectrum of the BN Object in the Orion Molecular Cloud
OMC-1. Lowe panels: estimated absorption optical depth 7. Strong absorption fea-
tures are seen at 3.1 ym (O-H stretching mode in H20), 4.27 pm (C-O stretch in CO2),
6.02 pm (H-O-H bend in H20), 9.7 um (Si-O stretch in amorphous silicate), 18 um
(O-Si-0 bend in amorphous silicate), with additional weaker absorption features. Nar-
row lines from gas-phase Ho and CO appear in emission. From Gibb et al. (2004),
reproduced by permission of the AAS.

sities, we observe strong absorption with a broad profile, peaking at A = 9.7 um,
with FWHM =~ 2.32 pm (Kemper et al. 2004). Figure 23.5 shows the 2.5-30 ym
spectrum of the Becklin-Neugebauer object (a bright infrared source in the OMC-1
molecular cloud). The spectrum shows strong absorption features due to amor-
phous silicate material at 9.7 ym and 18 ym (as well as additional absorption fea-
tures due to ices). Figure 23.6 shows spectrophotometry for three sources in the
Galactic Center region; in each case, a deep absorption feature with a minimum at
9.7 pm is present, together with a weaker feature with a minimum near 18 pm.
Interstellar dust grains heated by intense radiation fields — for example, the dust
near the Trapezium stars in the Orion Nebula (Gillett et al. 1975a) — exhibit strong
emission near 10 um, with a profile that resembles the absorption profile seen to-
ward the Galactic Center. Hot dust present in outflows from stars with oxygen-
rich atmospheres (with O/C > I) also shows a very similar emission feature near
10 um, whereas this emission feature is not seen in outflows from carbon stars (with
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Figure 23.6 Spectra of the Galactic Center (Sgr A*), and two infrared sources GCS3
and GCS4 located near the Galactic Center. In all cases there is strong absorption in the
9.7 pm silicate feature, with associated weaker absorption in the 18 um feature. There
is also absorption in the 3.1 um feature of H2O ice toward Sgr A*, with weaker ice
absorption seen toward GCS 3. From Kemper et al. (2004), reproduced by permission
of the AAS.

C/O > 1), where the gas-phase chemistry is not expected to allow formation and
growth of silicates.

Identification of silicate material as a major component of interstellar grains
seems incontrovertible, but the specific chemical composition has been difficult to
determine. The observed interstellar absorption is broad and smooth, quite unlike
the highly structured absorption profiles measured for crystalline silicate minerals
in the laboratory. It appears that the interstellar material is amorphous rather than
crystalline. Amorphous silicates with absorption profiles that closely resemble the
observed interstellar profiles can be produced in the laboratory by ion bombard-
ment of initially crystalline material (Kraetschmer & Huffman 1979), formation in
smokes (Day 1979), rapid quenching of a melt (Jaeger et al. 1994), or deposition
following evaporation (Koike & Tsuchiyama 1992; Stephens et al. 1995; Scott &
Duley 1996b).

Based on nondetection of sharp features that would be produced by crystalline
silicates, upper limits can be placed on the fraction of interstellar silicates that are
crystalline. Li & Draine (2001) found that not more than 5% of interstellar Si atoms
could be in crystalline silicates, and more recent work has lowered the upper limit
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on the crystalline fraction to < 2.2% (Kemper et al. 2005).

However, the infrared spectra of some AGB stars (de Vries et al. 2010), as well
as some comets (e.g., Comet Hale-Bopp: Wooden et al. 1999) and disks around
T Tauri stars, (Olofsson et al. 2009) do show fine structure characteristic of crys-
talline silicates. The fine structure indicates that the crystalline material present is
predominantly of an olivine (Mgs, Feo_5,Si0y4) structure, with a magnesium frac-
tion x ~ 0.8.

In crystalline silicates, the Mg/Fe ratio can be diagnosed by well-defined shifts
in spectral features, but determining the Mg/Fe ratio in amorphous silicates is much
more challenging. From the observed interstellar extinction, Kemper et al. (2004)
infer that Mg/(Mg+Fe) ~ 0.5; Min et al. (2007), on the other hand, conclude that
Mg/(Mg+Fe)~0.9 .

The overall strength of the silicate absorption feature requires that a substan-
tial fraction of interstellar silicon atoms reside in amorphous silicate grains. See
Henning (2010) for a recent review of silicates in the ISM and around stars.

23.5 Polycyclic Aromatic Hydrocarbons

The infrared emission spectra of spiral galaxies show conspicuous emission fea-
tures at 3.3, 6.2, 7.7, 8.6, 11.3, and 12.7 um that are attributable to vibrational
transitions in polycyclic aromatic hydrocarbon (PAH) molecules. PAH molecules
are planar structures consisting of carbon atoms organized into hexagonal rings,
with hydrogen atoms attached at the boundary. Figure 23.7 shows the 5 to 15 ym
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Figure 23.7 The 5 to 15 pum spectrum of the reflection nebula NGC 7023 (Cesarsky
et al. 1996).
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Figure 23.8 5.5 to 36.5 um spectra of the central regions of various galaxies.
Various emission lines (e.g., [NeIl]12.81 ym, [NelIlI]15.55 ym, H2S(1)17.04 pm,
[SII]18.71 pm, [Fell]25.99 pum, [STI]33.48 um, and [SiIl]34.82 pm) are visible,
but the spectra are dominated by strong PAH emission features peaking at 6.2, 7.7,
8.6,11.3,12.7, 16.4, and 17 pm. From Smith et al. (2007), reproduced by permission
of the AAS.

spectrum of the bright reflection nebula NGC 7023, showing the features at 6.2, 7.7,
8.6, 11.3, and 12.7 um. Weaker features are also present at 12.0 and 13.55 ym. The
integrated emission from dusty spiral galaxies (see Figure 23.8) shows the same
PAH emission features as seen in NGC 7023 — PAH emission features can account
for as much as 20% of the total infrared luminosity of a star-forming galaxy. A
complex of emission features is present near 17 ym; this complex correlates with
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the 6.2, 7.7, and 11.3 pum features, and is presumed to also be emitted by PAHs.2
The 3.3 pm feature (not shown in Fig. 23.7 or Fig. 23.8) is produced by the
C-H stretching mode in PAHs. The features at 6.2 and 7.7 um are produced by
vibrational modes of the carbon skeleton. The feature at 8.6 um is associated with
in-plane C—H bending modes, and the features at 11.3, 12.0, 12.7, and 13.55 pm are
due to out-of-plane C—H bending modes, of H atoms at “mono,” “duo,” “trio,” or
“quartet” sites, defined by the number of adjacent H atoms. Figure 23.9 shows four
examples of PAHs, with examples of mono, duo, trio, or quartet sites indicated.

\/duo duo—"
H H H H
H H mono\H H
trio H H
coronene \\
c24H12
H
quartet circumcoronene
no C54H15
™\ H
H
anthracene hexabenzocoronene
14 10 C42H15

Figure 23.9 Structure of four PAHs. Examples of singlet, doublet, trio, and quartet H
atoms are indicated.

Interstellar PAHs may not be as perfect as the examples in Fig. 23.9 — for exam-
ple, one or more of the peripheral H atoms may be missing, perhaps replaced by
radicals such as OH or CN, or one of the carbons may be replaced by a nitrogen
(Hudgins et al. 2005).

A neutral PAH can be photoionized by the hv < 13.6eV starlight in diffuse
clouds, creating a PAH™ cation, and large PAHs can be multiply ionized. Collision
of a neutral PAH with a free electron can create a PAH™ anion. The fundamental
vibrational modes — C-H stretching and bending, and vibrational modes of the
carbon skeleton — remain at nearly the same frequency, although the electric dipole
moment of the different modes can be sensitive to the ionization state. For example,
the “solo” C—H out-of-plane bending mode at 11.3 ;sm is much stronger for neutral
PAHs than for PAH ions, while the 7.7 yum vibrational mode of the carbon skeleton
has a much larger electric dipole moment in PAH ions than in neutrals (see Draine
& Li 2007, and references therein).

2Table 1 of Draine & Li (2007) has a list of PAH features found in galaxy spectra.
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The fraction of interstellar carbon that is incorporated into PAH material is un-
certain. Based on the observed strength of the PAH emission features, it appears
that ~ 10-15% of the interstellar carbon resides in PAHs containing fewer than
~ 500 C atoms. For example, the dust model of Draine & Li (2007) has 20 ppm C
in PAHs with 30 to 100 C atoms, and another 20 ppm C in PAHs with 100 to 500
C atoms; together, these account for ~ 14% of the total C abundance in Table 1.4.

The PAH emission features are excited only in PAHs that are sufficiently small
so that absorption of a single optical or UV photon can heat the grainto 7" 2 250 K.
Additional PAH material may be incorporated into larger grains. In principle, this
material could be detected in absorption. The most-easily detected absorption fea-
ture may be the C-C bending mode at 6.2 um. Chiar & Tielens (2001) report an
upper limit on the strength of an interstellar absorption feature at this wavelength
that is slightly below the absorption strength predicted by the PAH model of Draine
& Li (2007).

More information about interstellar PAHs can be found in the review by Tielens
(2008).

23.6 % Graphite

Graphite is the most stable form of carbon (at low pressures), consisting of infinite
parallel sheets of sp?-bonded carbon. A single (infinite) sheet of carbon hexagons
is known as graphene; each carbon atom in graphene has three nearest neighbors,
with a nearest-neighbor distance of 1.421 A. Crystalline graphite consists of regu-
larly stacked graphene sheets, with an interlayer separation of 3.354 A and a density
p = 2.26 gcm 3. The sheets are weakly bound to one another by van der Waals
forces. Carbon in which the graphene sheets are parallel, but not regularly stacked,

is known as turbostratic carbon; densities range from 2.21 — 2.26 g cm 3.

Graphite is a semimetal, with nonzero electrical conductivity even at low tem-
peratures. It is a strongly anisotropic material; the response to applied electric
fields depends on the orientation of the electric field relative to the “basal plane”
(i.e., graphene plane). Stecher & Donn (1965) noted that small, randomly oriented
graphite spheres would be expected to produce strong UV absorption with a profile
very similar to the observed “extinction bump” near 2175 A. This absorption is due
to m — 7* transitions in the graphite. A C atom in the “interior” of a large PAH
molecule is bonded to 3 nearest-neighbor C atoms, just as in graphite. The electron
orbitals of the C atoms in the interior of a large PAH molecule are therefore very
similar to the electron orbitals in graphite, and PAHs therefore also have strong
absorption near 2175 A due to 7 — 7* electronic transitions.

Given the abundance of PAHs required to account for the observed IR emission
features, it now seems possible that the observed interstellar 2175 A extinction fea-
ture may be produced primarily by absorption in PAH molecules, or clusters of
PAHs, rather than particles of graphite.
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23.7 % Diamond

Diamond consists of sp3—bonded carbon atoms, with each carbon bonded to four
equidistant nearest neighbors. As mentioned earlier (see Table 23.2), diamond
nanoparticles are relatively abundant in primitive meteorites. Based on isotopic
anomalies associated with them, we know that some fraction of the nanodiamond
was of presolar origin, and thus was present in the interstellar medium prior to the
formation of the Sun; therefore, some nanodiamond is presumably present in the
ISM today, but its abundance is not known (see Jones & D’Hendecourt 2004).

23.8x Amorphous Carbons, Including Hydrogenated Amorphous Carbon

Graphite and diamond are ideal crystals, but carbonaceous solids are often dis-
ordered mixtures of both sp?- and sp3-bonded carbon, often with hydrogen also
present (see Robertson 2003). Amorphous carbon is a mixture of sp- and sp>-
bonded carbon — one can think of it as a jumble of microcrystallites with more-
or-less random orientations, with the microcrystallites connected haphazardly by
interstitial carbon atoms. Amorphous carbon is not a well-defined material, and
its properties depend on the method of preparation. Densities are typically in the

range 1.8 to 2.1 gcm 3.

Hydrogenated amorphous carbon (HAC) is a class of materials obtained when
sufficient hydrogen is present, with H:C ratios ranging from 0.2:1 to 1.6:1 (Angus
& Hayman 1988). As with amorphous carbon, the properties of HAC depend on the
method of preparation. HAC is a mixture of sp?- and sp>-bonded carbon, giving it
a diamondlike character; the properties of HAC depend on the sp? : sp? ratio. HAC
is a semiconductor, with a bandgap. Jones et al. (1990) discuss the properties of
HAC as a candidate interstellar grain material.

Glassy or vitreous carbon (Cowlard & Lewis 1967), consisting primarily of
sp?-bonded carbon, but without long-range order, is another form of solid carbon
that is generally considered to be distinct from amorphous carbon. The density is
~1.5gcm™3. Vitreous carbon is electrically conducting, with a conductivity sim-
ilar to the conductivity of graphite for conduction in the basal plane. By contrast,
“amorphous” carbon (with a significant sp® fraction) is an insulator.

23.9% Fullerenes

Fullerenes are cage-like carbon molecules, including Cgg, C7¢, C76, and Cgy, where
the carbon is sp?-bonded with 3 near-coplanar nearest neighbors, but where a few
of the hexagons are replaced by pentagons to allow the surface to close upon itself.
Cg0, also known as buckminsterfullerene, is the most stable fullerene. Fullerenes
have been proposed as likely to be present in the ISM (Kroto & Jura 1992).
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Foing & Ehrenfreund (1994) found diffuse interstellar bands at 9577 A and
9632 A that were consistent, within uncertainties, with lab measurements of ab-
sorption by matrix-isolated Cg,, but the identification remains tentative because
of uncertain “matrix shifts” in the lab measurements, and failure to detect associ-
ated features expected near 9366 A and 9419 A (Jenniskens et al. 1997). Foing &
Ehrenfreund (1994) estimated that 0.3-0.9% of interstellar carbon in Cf, would be
required to account for the observed DIBs at 9577 Aand 9632 A.

Sellgren et al. (2010) reported observation of three infrared emission features, at
7.04, 17.4, and 18.9 um, that appear to confirm the presence of neutral Cg in the
reflection nebula NGC 7023. They estimate that 0.1-0.6% of interstellar carbon in
Ceo is required to account for the strength of the emission bands. Cami et al. (2010)
report detection of IR bands of Cgp and Cr7( in a young, carbon-rich, planetary
nebula. In this source they estimate that at least 1.5% of the available carbon is
present in each of the species, although the estimate is quite uncertain.

The detection of Cgg in the reflection nebula NGC 7023 appears to confirm the
presence of fullerenes in the general interstellar medium. The abundances are un-
certain, but current evidence suggests that the fullerene family might contain as
much as 1% of the interstellar carbon. While significant, this would be an order
of magnitude below the estimated abundance of carbon in the PAH population.
Fullerenes altogether probably account for less than 1% of the total dust mass.

23.10 Models for Interstellar Dust

A model for interstellar dust must specify the composition of the dust as well as
the geometry (shape and size) of the dust particles. If the model is to reproduce
the polarization of starlight, at least some of the grains should be nonspherical and
aligned.

From the observational data available to us, it is not yet possible to arrive at a
unique grain model. A class of models that has met with some success assumes the
dust to consist of two materials: (1) amorphous silicate, and (2) carbonaceous ma-
terial. Mathis et al. (1977) showed that models using silicate and graphite spheres
with power-law size distributions dn/da a3 for Amin < & < Gmax [frequently
referred to as the Mathis-Rumpl-Nordsieck, or “MRN,” size distribution] could re-
produce the observed extinction from the near-infrared to the ultraviolet. Draine &
Lee (1984) presented self-consistent dielectric functions for graphite and silicate,
and showed that the graphite-silicate model appeared to be consistent with what
was known about dust opacities in the far-infrared.

With the recognition that PAH particles are an important component, it is nat-
ural to add them to the graphite-silicate model, either as a third component, or as
the small-particle extension of the graphitic material. (This is appropriate because
PAHs are, essentially, graphene fragments with hydrogen attached at the periphery.)
The carbonaceous material is assumed to be PAH-like when the particles are small
(a £ 0.005 m), but when the particles are large (a 2 0.02 um), the carbonaceous
material is approximated by graphite. Grain models based on amorphous silicate,
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graphite, and PAHs have been put forward by a number of authors (Desert et al.
1990; Weingartner & Draine 2001a; Zubko et al. 2004; Gupta et al. 2005; Draine
& Li 2007; Draine & Fraisse 2009). The size distributions should reproduce the
observed extinction curve (see Fig. 21.1), using amounts of grain material that are
consistent with the abundance limits in Table 23.1.

If a suitable shape is assumed (e.g., spheroids with some specified axial ratio),
such models are capable of reproducing both the wavelength-dependent extinction
and the wavelength-dependent polarization of starlight, provided the grains have a
suitable size distribution, and the degree of alignment is allowed to vary with grain
size (Kim & Martin 1995; Draine & Allaf-Akbari 2006; Draine & Fraisse 2009;
Das et al. 2010).

Figure 23.10 shows size distributions found by three independent studies, all
based on silicate, graphite, and PAH material. Weingartner & Draine (2001a, here-
after WDO1) found size distributions that reproduce the observed extinction from
the infrared (4 ym) to the vacuum ultraviolet (0.1 ym). The half-mass grain radius
(50% of the mass in grains with a > ag 5) is ag.5 =~ 0.12 um for both silicate and
carbonaceous grains. The model does a good job of reproducing the observed ex-
tinction (see Figure 23.11), but the assumed mass in dust exceeds estimates based
on elemental abundances and observed depletions. Table 23.3 shows the amounts
of the different elements that the WDO1 model consumes. The WDO1 model ap-
pears to require (231 —186)/186 = 24% more C in dust, and (48 —27) /27 =78%
more Si in dust, than is indicated by observations of the CNM, although the dis-
crepancy is less severe if we use gas phase abundances measured toward ¢ Oph: the
WDO1 model requires only (231-210)/210=10% more C, and (48—34)/34=41%
more Si, than is indicated by observations toward ¢ Oph.

As previously discussed in §23.1, the oxygen abundance is very problematic
(Jenkins 2009; Whittet 2010). The observed variations in the gas phase abundance
of oxygen in diffuse clouds imply that the abundance of oxygen in the solid phase
seemingly varyies from 80 ppm in the CNM to 242 ppm toward ¢ Oph. The prob-
lem is that HoO ice is not present on these diffuse sightlines (see §23.3.5), and the
abundances of Mg, Fe, Si, etc. do not allow silicates or metal oxides to account for

Table 23.3 Abundances of Major Elements in Grains

Model Vear Vi C/HY O/H® Mg/H® Si/HY Fe/H/
(cm3/H) (cm®/H) (ppm)  (ppm)  (ppm)  (ppm)  (ppm)
WD01¢  2.09 x 10727 3.64 x 10~27 231 193 48 48 48
ZDA04> 221 x 10727 271 x 10727 244 144 36 36 36
DF09¢  1.89 x 10727 320 x 10727 209 170 42 42 42
Observed for typical CNM. 186 80 35 27 34
Observed toward ¢ Oph. 9 210 242 39 34 35
@ Weingartner & Draine (2001a). ¢ Nominal composition MgFeSiOy4, density 3.8 gcm 3.
b Zubko et al. (2004). f For CNM, from Table 9.5.
¢ Draine & Fraisse (2009). 9 Toward ¢ Oph, from Table 23.1.

4 Assumed carbon density 2.2 g cm 3.
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Figure 23.10 Size distributions for silicate and carbonaceous grains for dust models
from (a) Weingartner & Draine (2001a), (b) Zubko et al. (2004), and (c) Draine &
Fraisse (2009). The quantity plotted, (47a®/3)dn/dIna is the grain volume per H
per logarithmic interval in a. In each case, tick-marks indicate the “half-mass” radii
for the silicate grains and carbonaceous grains.

the large amount of oxygen that is missing from the gas. One possibility is that the
oxygen is somehow associated with the hydrocarbon material. The large variations
in gas-phase oxygen abundance, in regions where ices are not present, are, at this
time, not understood, and the dust models do not pretend to account for them.

The size distribution of the “BARE-GR-S”’ model of Zubko et al. (2004, herafter
ZDAO04), composed of bare graphite grains, bare silicate grains, and PAHs, differs
significantly from the WDOI size distribution. There is much less mass in grains
with radii @ 2 0.2 um — the half-mass radius is only 0.06 um for carbonaceous
grains, and 0.07 pm for silicate grains. Both numbers are significantly smaller than
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Figure 23.11 Upper: Average observed extinction for Ry = 3.1 (Fitzpatrick 1999)
and extinction curves calculated for the WDOI silicate-carbonaceous model (Wein-
gartner & Draine 2001a) and for the ZDA04 BARE-GR-S silicate-carbonaceous model
(Zubko et al. 2004). The WDO1 model provides considerably more extinction in the
infrared (1 to 4 um) than the ZDA0O4 model (see text). Lower: Separate contributions
of silicate and carbonaceous grains.
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the WDO1 values. The reduced abundance of the larger grains in the ZDA04 model
appears to be the result of different values adopted for the “observed” extinction.
This can be seen in Figure 23.11, showing the “observed” extinction adopted by
WDO1, as well as the extinction calculated for the WDO01 and ZDA04 models.
The WDO1 and ZDA04 models have similar extinction for A < 1 pum, but the
ZDA04 model does not reproduce the “observed” extinction in the infrared, where
the WDO1 model provides substantially more extinction than the ZDA04 model.
The extra extinction in the infrared in the WDO1 model is provided by additional
mass in (¢ & 0.2 um) grains, which appears to be required in order to reproduce
the adopted “observed” extinction in the infrared.

It is sometimes suggested that nonspherical grains might be able to account for
the observed extinction using less mass. Draine & Fraisse (2009, hereafter DF09)
used grain models with spheroidal graphite and silicate grains to reproduce both
the observed extinction and polarization. The resulting size distributions for one
of their models is shown in Figure 23.10, and the elemental abundances consumed
are given in Table 23.3. The DF09 model uses (209 — 186)/186 = 12% more C
than is estimated to be available, well within the uncertainties, but overconsumes
Si by 55%, which is a large enough discrepancy to be worrisome. It may indi-
cate that there is a problem with the grain model, or it may indicate that the actual
extinction/H in the infrared may not be as large as the “observed” value that was
adopted to constrain the WDO1 and DF09 dust models. Measuring both IR extinc-
tion and the totaly hydrogen column density is difficult, and further study of the
absolute extinction in the infrared would be very valuable. It is also possible that
the interstellar Si abundance may be larger than the current estimate for the Solar
abundance of Si.

23.10.1 Radiation Pressure Cross Sections

The radiation pressure cross section per H nucleon is

Orad.pr.(V) = Taps(V) + (1 — (c08 0))0scalv) (23.2)

where 0,15 and oy, are absorption and scattering cross sections per H, and 6 is
the scattering angle. For a spectrum L, , the spectrum-averaged radiation pressure
cross section per H is

_ deLuUrad.pr.(V)
<Urad.pr.> = deLV

(23.3)

Figure 23.12 shows the spectrum-averaged radiation-pressure cross section calcu-
lated for the WDO1 and ZDAO4 dust models, for blackbody spectra L,, as a func-
tion of the blackbody temperature 7T'.,4. Results are shown both for the WDO1
model and for the ZDA04 model; note that the results are very similar.

For low values of the blackbody temperature, the radiation pressure cross section
is small, but it rises to a peak value ~2 x 10~2* cm?/H for blackbody tempera-
tures ~ 5000 K. As we move to higher temperatures, (0raq.pr.) declines for two
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Figure 23.12 Planck-averaged radiation pressure cross section per H (0yad.pr.) for
the WDO1 dust model and the ZDA04 BARE-GR-S dust model, as a function of the
blackbody temperature T'yaq. Dashed lines show (orad.pr.) averaged over only the
hv < 13.6 eV portion of the spectrum, as would be appropriate in neutral gas. Also
indicated is the value (orad.pr.) = 2.80 X 10722 cmz/H calculated for the ISRF of
Mathis et al. (1983). For comparison, 1.20r is shown, where or is the Thompson
Cross section.
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reasons: the scattering is increasingly in the forward direction ({cos§) — 1), and
the absorption cross section begins to decline for high photon energies.

The interstellar radiation field is contributed by stars of many different temper-
atures, with the stellar radiation filtered through differing amounts of interstellar
dust. The radiation pressure cross section appropriate to the spectrum of the inter-
stellar radiation field in the solar neighborhood (taken from Mathis et al. 1983) is
found to be

Orad.pr.)isRF = 2.80 x 107 cm?*H™! | (23.4)
P

with nearly the same value found for the WDO1 and ZDAO04 size distributions. This
value is the same as for a ~ 6000 K blackbody.

The radiation pressure cross section appropriate to fully ionized gas with He/H=0.1
is also shown in Figure 23.12. It is apparent that for the dust abundance of the local
Milky Way, radiation pressure on dust dominates over free-electron scattering for a
broad range of radiation fields.



Chapter Twenty-four

Temperatures of Interstellar Grains

The “temperature” of a dust grain is a measure of the internal energy L, present
in vibrational modes and possibly also in low-lying electronic excitations. If the
dust grain has internal energy F, the temperature 7' can be taken to be the thermo-
dynamic temperature for which the expectation value (Ein )7 = E. For very small
internal energies Ei,, the concept of “temperature” becomes problematic, but this
is only an issue when Ej,; becomes comparable to the energy of the first excited
state of the grain.! Such low degrees of excitation are rarely of interest. Therefore,
we will find it convenient to specify the energy content of a grain by its temperature
T.

Energy can be added or removed from the grain by absorption or emission of
photons, or by inelastic collisions with atoms or molecules from the gas.? In diffuse
regions, where ample starlight is present, grain heating is dominated by absorption
of starlight photons; however, in dense dark clouds, grain heating can be dominated
by inelastic collisions.

The dust grains responsible for the bulk of the observed extinction at optical
wavelengths — grains with radii @ & 0.03 um — can be considered “classical.”
These grains are macroscopic — absorption or emission of single quanta do not
appreciably change the total energy in vibrational or elecronic excitations — and
their temperatures are discussed in §24.1.

The grain population also includes ultrasmall particles, ranging down to large
molecules, where quantum effects are important (this includes the “spinning” dust
grains responsible for microwave emission). Heating and cooling of these ultra-
small grains is the subject of §24.2.

24.1 Heating and Cooling of “Classical”’ Dust Grains

24.1.1 Radiative Heating

When an optical or ultraviolet photon is absorbed by a grain, an electron is raised
into an excited electronic state. If the electron is sufficiently energetic, it may be
able to escape from the solid as a “photoelectron.” In rare cases, the grain will

IThe assignment of a nominal “temperature” to grains in very low states of excitation is discussed
by Draine & Li (2001).

2Grain—grain collisions will also heat grains, but are too infrequent to contribute significantly to the
infrared emission.
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Figure 24.1 Absorption efficiency Qans(A) divided by grain radius a for spheres of

amorphous silicate (left) and graphite (right). Also shown are power-laws that provide
a reasonable approximation to the opacity for A 2 20 ym.

“luminesce”: the excited state will decay radiatively, emitting a photon of energy
less than or equal to the energy of the absorbed photon.? In most solids or large
molecules, however, the electronically excited state will deexcite nonradiatively,
with the energy going into many vibrational modes — i.e., heat.

Ignoring the small fraction of energy appearing as luminescence or photoelec-
trons, the rate of heating of the grain by absorption of radiation can be written

<‘Z]f>abs _ / “;‘Vl” % ¢ X hv X Qups(v)Ta® | 24.1)

Here, u, dv/hv is the number density of photons with frequencies in [v, v + dv];
the photons move at the speed of light ¢ and carry energy hv; and the grain has

absorption cross section Qap,s(v)ma?.

Figure 24.1 shows Qaps(A)/a (which is proportional to the absorption cross sec-
tion per unit volume) for graphite and silicate spheres with radii a = 0.01, 0.1, and

3Luminescence is referred to as “fluorescence” when it occurs promptly, and “phosphorescence”
when it involves slow decay from a metastable level.
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Figure 24.2 Absorption efficiency (Qabs)isrr averaged over the ISRF spectrum of
Mathis et al. (1983) for spheres of amorphous silicate and aromatic carbonaceous ma-
terial (graphite/PAH), as a function of radius a.

1 pm. It is convenient to define a spectrum-averaged absorption cross section:

dv Uy Qapbs(V
<Qabs>* = % ,  Ux = /dV Uxy (24.2)
so that the radiative heating rate is simply
dE
<> = (Quaps)sTa UsC . (24.3)
dt abs

We use the subscript * because starlight is often the dominant source of radiation
heating the dust. Figure 24.2 shows (Qans )« as a function of radius a for graphite
and silicate grains, and the spectrum of the interstellar radiation field (ISRF) from
Mathis et al. (1983) (see Chapter 12). The numerical results in Fig. 24.2 can be
approximated by

(Q)1srF ~0.18(a/0.1 um)*®  for silicate,0.01 S a $ 1 pum , (24.4)

~0.8(a/0.1 um)?® | for graphite, 0.005 < a < 0.15 yum . (24.5)

The starlight energy density u, = 1.05 x 10712U erg cm ™3, where U = 1 for the
ISRF estimated by Mathis et al. (1983) (see Table 12.1).
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24.1.2 Collisional Heating

Consider a neutral, spherical grain of radius a, at rest in a gas with temperature
Tgas. The net rate of collisional heating by the gas can be written

dE KT s \ M/
(dt> —Y (M) 7a® X @; X 2%(Tyus — Tias) .+ (24.6)
gas i

Ty

where the sum is over different gas species ¢ (H, He, Hy, e~, HT, ...).* The
term (8%Tas/mm;)'/? is the mean speed of species i. The mean kinetic energy
of thermal particles colliding with a surface is 2kTg,s — larger than the mean ki-
netic energy %kTgaS in the gas because the more energetic particles collide more
frequently.

The net rate of energy transfer vanishes if T,.s = Tqust. The accommodation
coefficient 0 < o; < 1 measures the degree of inelasticity for collisions of particle
1 with the solid surface. Perfectly elastic collisions would have a; = 0, whereas if
impinging particles “stick” to the surface for more than ~ 10~!2 s, the accommo-
dation coefficient «; = 1. The value of «; for H, He, and H» incident on interstellar
grain materials depends on T, and on the (uncertain) composition and roughness
of the grain surface (and on the grain temperature). At this time, our ignorance
of the surface physics is considerable, and it is usual to assume simply that for
Tgas < 10* K, oy; will be less than 1 but of order unity —say, a; ~ 0.5.

In atomic H, the ratio of collisional heating to radiative heating is

(dE/dt)gas ny (8KT /mmn )/ *2aukT

= 1. 24.
(dE/dt)abs <Qabs>*u*c % 05 ( 7)

~38x107% ay ( nm ) Tyas 3/2 (248)

N U (Qapbs)x \30cm—3/ \ 102K ’ '

where the factor 1.05 allows for He with n(He)/ny = 0.1.

We see, then, that for CNM conditions (Table 1.3), collisional heating is < 10~°
of radiative heating, and can be ignored. Collisional heating can, however, be im-
portant within dark clouds, where the high gas density and very low intensity of
optical or UV radiation make collisional heating competitive.

24.1.3 Radiative Cooling

Grains lose energy by infrared emission, at a rate

E
(‘iﬁ) = / dv 47 B, (Ty)Caps (V) = 476> (Qaps)1,0Ty (24.9)

4The contribution of ions or electrons to the heating is modified by the effects of electrostatic focusing
or repulsion. In the case of a neutral grain, the collision rate and heating rate are modified by polarization
effects. In the case of a charged grain, ions and electrons are subject to either Coulomb focusing or
repulsion. See Draine & Sutin (1987) for further details.
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Figure 24.3 Planck-averaged absorption efficiency divided by grain radius as a func-
tion of grain temperature 7" for spheres of amorphous silicate (left) and graphite/PAH
(right).

where o is the Stefan-Boltzmann constant, and the Planck-averaged emission ef-
ficiency is defined by

[ dvB,(T)Qaps(v)

$)T = 24.10
<Qab >T f dVB,/ (T) ( )

If Q.ps(v) can be approximated as a power-law in frequency,
Qabs(V) = Qo (/1) = Qo (A No) ™", (24.11)

then the Planck average can be obtained analytically:
B
15 kT

=—I4 4 — 24.12
Q=S e (1) @412

where I'(z) and () are the usual gamma function and Riemann ¢-function, re-
spectively. From Fig. 24.1, we see that

-2
Qaps ~ 1.4 x 1073 (0 1aum> (100Aum> , silicate, A 2 20 um, (24.13)

\ —2
~1.0x 1073 (O la m) (100 m) , graphite, A & 30 pm. (24.14)
o 7
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The Planck averages are then®

(Qaps)T ~ 1.3 x 107%(a/0.1 pm)(T/K)? (silicate) (24.15)

~8x 107 "(a/0.1 um)(T/K)? (graphite). (24.16)

These are plotted in Fig. 24.3, and are seen to agree very well at T < 102 K with
the Planck averages calculated using the actual Q.ps (V).

24.1.4 Steady State Grain Temperature

We can now determine the steady state grain temperature 7Ty by requiring that
cooling balance heating:

4710* (Qaps) 1. 0Tk = Ta? (Qans) 1y € (24.17)

where (Qaps)« 18 the grain absorption cross section averaged over the spectrum of
the radiation (usually starlight) heating the grain (see Eq. 24.2), with energy density
Uy If Qans = Qo(\/Xo) 7 in the infrared, the solution is

T, = <h”0)5/ o { Qus)ec 1V s 41
” k 60T'(4 + B)C(4 4 B)Qoo i S

If we assume the spectrum of the ISRF, and the absorption properties of silicate and
graphite, then

Ty~ 16.4 (a/0.1 pum) "YUV K | silicate, 0.01 S a < 1pm (24.19)

~22.3(a/0.1m) /P UYSK | graphite,0.005 S a < 0.15 um (24.20)

for U < 10%. Figure 24.4 shows that the above approximations agree very well
with numerical results for the steady-state grain temperature.

24.2 Heating and Cooling of Ultrasmall Dust Grains: Temperature Spikes

Above we evaluated the steady-state temperature 7Ty at which the time-averaged
power radiated by the grain is equal to the time-averaged rate of heating the grain.
When the grain is at this temperature, the vibrational energy content of the grain is

TSS
Evin(Tss) = c(T)dr (24.21)
0

ST(6) = 5! = 120 and ¢(6) = 1.0173
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Figure 24.4 Equilibrium temperature for astrosilicate and carbonaceous grains heated
by starlight with the spectrum of the local radiation field, and intensity U times the
local intensity. Also shown are the power-laws T' = 16.4U/% K and T = 22.3U 1/6
for a = 0.1 ym from Egs. (24.19 and 24.20).

where C(T) is the heat capacity of the grain at temperature T'. If Ei,(Tys) S
(hv)abs, where (hv)ans is the mean energy per absorbed photon, then individual
photon absorptions will cause pronounced upward jumps in the grain tempera-
ture. It will also be the case that substantial radiative cooling of the grain will
take place between photon absorptions. As the result, the grain temperature 7" will
be a strongly fluctuating quantity, with large excursions above and below 7.

Figure 24.5 shows the temperature histories of five graphitic grains over the span
of 10°s (~ 1 day). For the grain sizes shown here, Q.ps(A\) x a, so that Cyps o
a®, and the starlight photon absorption rate oc a’U ~ 1 x 107U (a/10 A)3 s 1.
Because the time to cool below ~ 5 K is only ~ 10% s — independent of grain size
for a < 200 A — a small grain can cool to a very low temperature between photon
absorptions, as seen for a < 50 A for U = 1. When a photon absorption does
take place, the small heat capacity of the grain results in a high peak temperature.
It is clear that one cannot speak of a representative grain temperature under these
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Figure 24.5 Temperature versus time during 10° s (~ 1 day) for ﬁve carbonaceous
grains in two radiation fields: the local starlight intensity (U = 1; left panel) and 10?
times the local starlight intensity (U = 10?; right panel). The importance of quantized
stochastic heating is evident for the smaller sizes.

conditions — one must instead use a temperature distribution function. As the grain
size is increased, however, photon absorption events occur more frequently, the
temperature rise at each event is reduced by the increased heat capacity, and the
temperature varies over only a small range, as seen for the a = 200 A grain in
Figure 24.5.

To calculate the emission from small, stochastically heated grains, one requires
the probability distribution function dP/dT, where P(T) is the probability that
the grain will have temperature less than or equal to 7. The temperature distribu-
tion function dP/dT will depend on grain size a, composition, and the intensity
(and spectrum) of the radiation illuminating the grains. While dP/dT can be ob-
tained from a Monte Carlo simulation of 7'(¢) (Draine & Anderson 1985), it is far
more efficient to solve directly for the discretized steady state distribution function
(Guhathakurta & Draine 1989; Draine & Li 2001).

Figure 24.6 shows temperature distribution functions calculated for graphite/PAH
dust grains of selected radii, exposed to the ISRF of Mathis et al. (1983). We see
that dP/dT for a grain with a = 10 A extends to 7' = 400 K — this is the tempera-
ture that this grain will be heated to when it absorbs a single photon with energy just
below the Lyman limit cutoff at 13.6 eV. While the probability of finding the grain
at T' > 100K is very small, nevertheless most of the energy radiated by the grain
is radiated while it is at temperatures above 100 K — the typical absorbed photon
raises the grain temperature to 7' 2 200 K, and the grain must radiate away most
of this heat before the temperature drops to 100 K. Grains such as these radiate
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Figure 24.6 Temperature distribution function dP/dInT for seven carbonaceous
grains in ISRF with U = 1. Curves are labeled by grain radius a. For the a = 10
and 20 A curves, the dot indicates the first excited state, and P(0) is the fraction in the
ground state.

strongly in the PAH features at 7.7, 8.6, and 11.3 pm.

It should also be noted that d P/dT shown for the a = 10 A grain does not extend
below ~ 23 K. This is because this “temperature” corresponds the grain having a
single vibrational quantum in the lowest vibrational mode.

For U = 1 and radii ¢ = 50 A, dP/dT has a well-defined peak, and the distri-
bution becomes narrower as a is increased. Note that for ¢ = 316 A, dP/dInT
peaks at 22 K, close to Tys = 23 K predicted by Eq. (24.20).

24.3 Infrared Emission from Grains

In a typical spiral galaxy, perhaps % of the energy radiated by stars is absorbed

by dust grains, and reemitted in the infrared. The spectrum of this emission is
determined by the temperatures and composition of the dust grains.

Ultimately, infrared emission is a quantum process — a radiative transition be-
tween an upper and lower energy level of the grain. However, it has been shown
(Draine & Li 2001) that a “thermal” approach provides an excellent approxima-
tion — the power per unit frequency radiated by a grain containing energy FE,, is
approximated as P, = 47 B, (T)Caps(v), where T is the temperature for which
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Figure 24.7 Infrared emission spectrum for model with silicate and graphite/PAH
grains in ISRF intensity scale factor U from 0.1 to 10* (U = 1 is the local ISRF).
Spectra are scaled to give power per H nucleon per unit U, calculated using the model
of Draine & Li (2007).

(Eint)T = E,. Therefore, the emissivity of a population of grains can be written
=Y [ da

where (dn;/da)da is the number density of grains of type ¢ with radii in [a, a+da].

dn; dp g
o /dT <dT)i7aC’abs(u,z,a)By(T) , (24.22)

Calculation of j,, therefore, requires a grain model to provide the size distribu-
tions dn;/da for each composition 4, the absorption cross sections Caps(V; 4, a),
and the temperature distribution functions (dP/dT); ,. For large grains, the tem-
perature distribution function is sufficiently narrow that it may be approximated
by a delta function dP/dT — §(T — Tys), where Ty is the steady-state temper-
ature for which the time-averaged cooling equals the time-averaged heating, but
for a < 0.01 pm, one should use a realistic temperature distribution dP/dT rather
than a delta-function.

Model infrared emission spectra have been calculated by Draine & Li (2007)
for a grain model that consists of carbonaceous grains and amorphous silicate
grains, with size distributions that reproduce the average interstellar extinction
curve. Spectra for this grain model are shown in Fig. 24.7. The spectra are nor-
malized by U. We see that the power per logarithmic interval has a peak in the far-
infrared that corresponds to emission from “large” grains with more-or-less steady
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temperatures Ty =~ 20U/9 K. As expected, this peak shifts toward shorter wave-
lengths as U is increased and the grains become warmer. The long wavelength peak
in AIy occurs at Apcak = 140U /6 ;ym, consistent with the expected variation of
Taust o< U/ from Eqgs. (24.19 and 24.20).

There are additional peaks at shorter wavelengths that are due to vibrational
modes of PAH grains (see §23.5); these features account for ~ 25% of the total
power, but (when normalized by the total power) these features hardly change as
the radiation intensity is changed. The PAH emission occurs following single-
photon heating of very small grains. Increasing U causes the “temperature spikes”
to occur more frequently, but even for U = 10%, grains with a < 10 A are able to
cool thoroughly during the time between photon absorptions, losing all of the ab-
sorbed photon energy before the next absorption takes place. Therefore, the PAH
features each contain a nearly constant fraction of the total energy radiated.

Figure 24.7 shows emission spectra for dust heated by different starlight inten-
sities U. A star-forming galaxy will contain regions with a wide range of starlight
intensities, and a weighted sum over U is appropriate, although at this time we lack
an a-priori understanding of what distribution function over U is appropriate. Us-
ing simple distribution functions, model spectra can be obtained that appear to be
consistent with the observed spectra for star-forming galaxies (Draine et al. 2007).

24.4 Collisionally Heated Dust

In an ionized gas, the ratio of collisional heating to radiative heating by starlight is

(dB/d)eon _ 2nekT  ye (8T /7m.)"/?
(dE/dt)* - Ux <Qabs>* C ’

(24.23)

where the factor 7. allows for Coulomb focusing/repulsion of the electrons, as
well as for the possibility that only a fraction of the kinetic energy of the impact-
ing electron may be converted to heat. Normally, the thermal pressure 2n kT is
comparable to the starlight energy density u,, and collisional heating is negligible
because the electron thermal speed (8kT./mm,)'/? is small compared to c. How-
ever, in a hot dense plasma, collisional heating can dominate — an example is the
shock-heated gas produced by the interaction between the ejecta from SN 87a and
the preexisting equatorial ring. Dwek et al. (2010) show that the IR emission be-
tween days 6000 and 8000 was dominated by ~ 180 K silicate dust, heated by a
plasma with n, ~ 3 x 10*cm™3 and T' ~ 5 x 10% K. Collisionally heated dust
is also seen in the supernova remnant Cas A (Arendt et al. 1999; Rho et al. 2008),
where n, ~ 400cm > and T' ~ 4 x 10% K in the shocked knots.

Stochastic heating can be important for small grains, because a single electron
impact may deposit ~ 2kT, ~ 700(7./4 x 10° K) eV of heat.



Chapter Twenty-five

Grain Physics: Charging and Sputtering

25.1 Collisional Charging

Consider a spherical dust grain of radius a and charge Zg,e. If we assume that an
approaching “projectile” with charge Z,,je does not perturb the charge distribu-
tion on the grain, then we can approximate the interaction potential as a monopole
interaction:

2
ZprOngre

V(r) = Sl

(25.1)

Let the projectile have initial kinetic energy F/, and impact parameter b, and suppose
the distance of closest approach is r,i,. Angular momentum is conserved, so that
the speed at closest approach is (2F/myroj)'/2b/rmin; energy conservation then
requires

Tmin Tmin

2 2
E=<b>E+Zng‘“°Je . (25.2)

Consider projectiles with energy E: they will collide with the grain surface if, and
only if, iy < a. By setting i, = a, we can solve Eq. (25.2) for the maximum
impact parameter by, (E), and obtain the collision cross section

Zngproj€2:|

E) = 7b?
o(E)=m uE

(E) = ma? [1 — (25.3)

The rate at which projectiles collide with the grain in a thermal gas is obtained by
integrating over the Maxwellian distribution of energies, [see Eq. (2.5)]:

dN e
(dt> = Nproj / o(E)vfg dE (25.4)
proj Emin
skT \'?
= 7Ta/2npr0j (w) F(Zproj ¢) , (25.5)
_ Zge? [ l-2z) ifz<0 ,
¢: W s F(Jj) = { =% if = >0 . (25.6)

The function F' defined in Eq. (25.6) is the amount by which Coulomb focusing
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changes the collision rate relative to the rate for an uncharged grain. Consider now
a plasma. Let n. be the electron density, and n; be the density of ions with charge
Z;e. An initially uncharged grain will collide more frequently with electrons than
with ions, and will acquire negative charge until the rate of collisions with ions
balances the rate of collisions with electrons. The condition for this is

~1/2

Zingsim; 2(1 = Zig) = nesem; 2 (25.7)

where s; and s, are the “sticking” coefficients for ions and electrons. For a hydro-
gen plasma, if we assume s. = s;, this becomes

(1—¢)e ?=11836.1 . (25.8)

This transcendental equation has solution ¢ = —2.504: the grain will charge to a
potential U = —2.504kT /e = —2.16T4V. The grain charge is

Ty =~ = —2.504—5 = ~150

_ Ua akT
e

Ty . 25.
0.1,um> * 25.9)

Charge quantization will be important when a7 < 102 ym K.

When the grain is neutral, an approaching electron or ion will polarize the grain,
attracting the projectile to the grain. This can significantly enhance the charging
rate for neutral grains (Draine & Sutin 1987) and is especially important for very
small grains, which may have an appreciable probability of being neutral.

25.2 Photoelectric Emission

When an energetic photon is absorbed in the grain, it may excite an electron to
a sufficiently high energy so that the electron may escape from the grain, Such
an ejected electron is referred to as a “photoelectron.” The “photoelectric yield”
Y,e(hv, a,U) is just the probability that absorption of a photon of energy hv will
result in a photoelectron; Y will depend on the photon energy, the composition of
the grain, the grain size a, and the potential U to which the grain is already charged.
The rate at which photoelectrons are ejected is

dN UyC o
<dt>pe = /dl/ﬁﬂ'a Qabsch . (2510)

Photoelectric emission from solids can be measured in the laboratory, but is dif-
ficult to calculate theoretically because it involves calculating the probability that
an excited electron will travel from the point of photon absorption and across the
grain surface without losing too much of its initial kinetic energy along the way.
In the case of photoelectric emission from small grains, there are three additional
complications:
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Figure 25.1 Photoelectric yield Y for uncharged carbonaceous grains for selected radii,
as a function of photon energy. For sufficiently small grains, Y can exceed unity
because of secondary electron emission for hv 2 14 eV, and Auger electron emission
for hv > 291eV. From Weingartner et al. (2006), reproduced by permission of the
AAS.

1. Even if the grain is initially neutral, an escaping photoelectron leaves behind

a positively charged grain; after traversing the grain surface, an electron must
overcome a Coulomb potential in order to escape to infinity. This causes
the “ionization potential” for very small grains to be larger than the “work
function” for the bulk solid.

. An electron outside a solid polarizes the nearby solid material, inducing a

positive charge density that produces an attractive potential. In the case of
a small grain, this “image charge” effect is modified relative to that for bulk
material. This alters the potential that an electron has to overcome in order
to escape to infinity.

. When the grain is small compared to the photon absorption length L, [see

Eq. (22.11)], photon absorption events will, in general, be closer to the sur-
face than in a bulk sample. Therefore, the probability of being able to travel
to the surface without energy loss is increased, resulting in an increase in the
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photoelectric yield Y.

The bottom line is that we have only approximate estimates for Y, (hv, a,U) for
small particles of likely interstellar grain materials. Weingartner et al. (2006) have
recently estimated photoelectric yields for silicate grains and carbonaceous grains.

25.3 Grain Charging in the Diffuse ISM

In the diffuse ISM, the density of UV photons is comparable to the electron density,
but photons move at the speed of light, much faster than the electrons. If Qs is
of order unity, the photon absorption rate will be large compared to the rate at
which electrons collide with the grain. Therefore, if Y}, is not small, photoelectric
charging can drive the grain to a positive potential. As the grain becomes positively
charged, Y, declines, because some electrons that would have been able to escape
from a neutral grain do not have enough energy to overcome the potential from
a positively charged grain. Furthermore, Coulomb focusing increases the rate at
which electrons collide with the grain. The resulting grain potential U will satisfy
the equation

8kT 1/2 Uy, C
;8 (ﬂ'm ) F(eU/kT) +/du (E> QabsYpe(hv,a,U) =

%

1/2
TeSe (8kT) F(—eU/KT). (25.11)
TMe
where F' is defined in Eq. (25.6). This equation can be solved for U, and the grain
charge Z,, = Ua can be calculated. In Eq. (25.11), the grain charge has been
treated as continuous. If the resulting | Z4| > 1, this is a good approximation,
but if |Z,,| < 10, then charge quantization will be important, and it is necessary
to solve for the charge distribution function f(Zs;a). This can then be used to
calculate charge-dependent processes, such as the Lorentz force on a moving grain.

Figure 25.2 shows the charge distribution function f(Z,,) for selected grain sizes
for conditions corresponding to the CNM. Charge quantization is important for
a S 200A.

The time-averaged electrostatic potential (U) as a function of grain size is shown
in Fig. 25.3 for grains exposed to the average starlight background in CNM, WNM,
and WIM conditions. For our current best estimates of grain photoelectric yields,
it appears that the ultraviolet radiation in the average starlight background is able
to drive grains with radii @ 2 0.01 pm to positive potentials.

25.4% Secondary Electron Emission

Because infrared emission is so effective at cooling grains, they can remain cool
even in very hot (e.g., T 2 10° K) plasma, for the plasma densities that are found
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Figure 25.2 Charge distribution function for carbonaceous grains and silicate grains
of selected radii in the diffuse ISM with the MMPS83 interstellar radiation field (Mathis
etal. 1983). The grain radius and mean charge (Z) is given in each panel. After Draine
(2004).

in the interstellar or intergalactic medium. However, just as energetic electrons
can collisionally ionize an atom, they can also eject bound electrons from a solid
grain. This process is called secondary electron emission. Secondary emission
yields have been estimated by Draine & Salpeter (1979). For selected energies and
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Figure 25.3 Time-averaged potential U as a function of grain size for silicate and car-
bonaceous grains for 3 different environments: CNM, WNM, and WIM. Also shown
are potentials for Z = 41; away from the (shaded) region bounded by these two
curves, charge quantization is of secondary importance.

grain sizes, the secondary electron yield can exceed the sticking coefficient for the
incident electron, so that the net effect of electron collisions is to cause the grain to
become positive, even in the absence of photoelectric emission!

25.5% Electron Field Emission

When bombarded by energetic electrons, the grain potential may be driven to large
negative values, resulting in a large electric field at the grain surface. If the electric
field exceeds ~ 107 Vem ™!, electrons begin to be ejected from the grain via a
quantum-mechanical tunneling process — this is known as electron field emission.
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25.6 % Ion Field Emission and Coulomb Explosions

If collisions with hot plasma or x-ray irradiation drive the grain to sufficiently large
positive potential, the electric field at the grain surface can become large enough
so that one of two things will happen. If the grain is structurally weak, then the
Coulomb repulsion between the positive charge on different parts of the grain may
result in a Coulomb explosion, where the grain fragments into two or more parts.
If, however, the mechanical strength of the grain is comparable to the strengths of
ideal materials, the situation is different: before the electric field is strong enough
to fracture the grain, individual ions will begin to be emitted from the surface,
carrying away positive charge. This process is known as ion field emission. The
electric field has to approach 3 x 108 V cm ™! for ion field emission to occur.

Grains near gamma-ray bursts are exposed to very high x-ray fluxes, which can
lead to either ion field emission (Waxman & Draine 2000) or Coulomb explosions
(Fruchter et al. 2001). Current uncertainties concerning the structure of interstellar
grains leave both possibilities open.

25.7 Sputtering in Hot Gas

If the gas temperature is sufficiently high, then impinging atoms or ions can erode
the grain, one atom at a time, through a process known as sputtering. The sput-
tering yield Y;,.(E), depends on the impact energy E of the projectile ion, on
the composition of the target, and also on the mass and charge of the impacting
ion. It is not yet possible to calculate Yy, (E) reliably from first principles, but
experiments have been carried out for various materials, and formulae have been
found that approximately reproduce the measured yields and that allow us to esti-
mate yields for projectile-target combinations that have not yet been studied — see
Draine (1995) for a review.

In high-temperature gas, sputtering rates can be rapid. For a stationary grain, the
thermal sputtering rate is just

2B\ /? ZieU
dt an/ dEfE( ) ( E)Ysput(E—ZieU)7

(25.12)

where fg is the energy distribution function [Eq. (2.5)], the sum is over projectile
species i (e.g., H, Het ™), the (1 — Z;eU/E) term is the Coulomb focusing factor,
the sputtering yield is evaluated using the kinetic energy at impact, and E,;, =
max (0, Z;eU). If the grain is moving relative to the gas, as in shocked gas, the
sputtering rate is calculated using the velocity distribution as seen by the grain
(Draine & Salpeter 1979).

Figure 25.4 shows thermal sputtering rates estimated for graphite and silicate
grains. For 10° < T < 10° K the calculated sputtering rates for graphite, silicate,
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Figure 25.4 Thermal sputtering rates (Draine & Salpeter 1979). For 10° < T <
10° K all three refractory materials (iron, silicate, graphite) have (1/nu)|da/dt| =
107 2em® Ayr~?

or iron grains can be approximated by

da 1x107% / ng 1
PO _ - 25.13
dt 1+757 (cm—3> pmyr = (25.13)
corresponding to a grain lifetime
a _37 (a/0.1 ym)
= —— 1 x10° [1 + T3] ————%yr . 25.14
T Taga < P T (s 19

Thus, in a supernova remnant with ng ~ lem 3 and T 2 1, a grain with initial
radius a = 0.1 um could survive for ~10° yr. In the x-ray emitting gas of the
Coma cluster, with T ~ 9.6 x 107 K (kT ~ 8.25keV) and njy = 2.9 x 1073 cm—3
(Hughes et al. 1988; Herbig et al. 1995), a 0.1m dust grain would have a lifetime
T ~ 3 x 107 yr, short compared to the cluster age.



Chapter Twenty-six

Grain Dynamics

The motion and rotation of interstellar grains is determined by the forces and
torques that act upon them. Grain motion is important because it can result in
separation of dust from gas, because rapid motions can lead to grain destruction,
and because the moving grains may help couple the neutral gas to the magnetic
field in regions where the fractional ionization is low.

26.1 Translational Motion

26.1.1 Gas Drag

A grain moving relative to gas or plasma is subject to drag forces. If the grain is
spherical, and if the colliding atoms or ions are assumed to either stick or undergo
specular reflection, the drag force is given by (Spitzer 1962; Baines et al. 1965;
Draine & Salpeter 1979)

Fdrag:m?kT{Zni [Go(si) + 279 ln(A/zi)Gz(s»]} , (26.)

%

Go(s) = (s +1- 412) erf(s) + % (s + 215> e (26.2)
91 , 1/2
3\f <1 + o > , (26.3)
£ 2
Go(s) = ef8§5> —sA (26.4)
S
S BT (26.5)
o=eU/kT (26.6)
si= (ma?/2kT)"* (26.7)
3 [(kT\'?
A= <M> . (26.8)

The approximation (26.3) is accurate to within 1%, and (26.5) to within 10%; both
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are exact in the limits s — 0 and s — oco. The sums over ¢ run over the atomic
and ionic species in the gas, with masses m; and charges z;e. U = zgaine/a is
the electrostatic potential at the grain surface. The electron contribution to Fyyag
is generally negligible. Note that the “Coulomb drag” term o ¢?In A G can be
large if s < 1and ¢?In A > 1.

Let 7as be the time for a stationary grain to collide with its own mass M, of gas.
In gas with n(H) /ng = 1, n(He) /ng = 0.1:

(4/3)pa’
= 26.9
™ ma?nyg(8mukT /7)1 /2 x 1.2 (26.9)
= 30cm—3 _
—1.45 x 10° <3gc’;n—3> as (E) Ty, Py, (26.10)
where
a a
5= = . 26.11
5= 10%5em 0.1 um ( )
In the absence of other forces, the slowing-down time, or drag time, is
My,
Tirag = ng v, (26.12)
rag
In neutral gas, for subsonic motion (sg < 1):
3
Tdrag = ZTM (26.13)
30cm3 _

In diffuse clouds, gas drag is able to decelerate grains on relatively short time scales
of only ~ 10° yr.

26.1.2 Lorentz Force

Grains with a velocity component transverse to the local magnetic field B will
experience a Lorentz force if they have a nonzero charge, as is often the case. We
write

Q

B . 26.15
e (26.15)

FB:MgYQTXQB (I)B

A grain charged to a potential U = @ /a will orbit around the magnetic field with a
period

27 Mg, c p Volt 5uG
= —or 8T _ 4y — % ) =) === . (26.1
=2y =i =00 (5t ) s (7)) () om0
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26.1.3 Radiation Pressure and Recoil Forces

The interstellar radiation field is, in general, quite anisotropic. The radiation pres-
sure force on a grain is

Fraa = (Qpr)Ta* Attyaq (26.17)

where Atpaq = Fret/c, Fhet is the net (vector) radiative flux, and (Qp;) is Qpr(A)
averaged over the spectrum of Fj.;. Radiation pressure can drive grains through
the gas with appreciable velocities.

In addition to the direct force due to absorption or redirection of photon mo-
menta, anisotropic radiation fields can result in large forces on dust grains if there
is preferential ejection of either atoms or electrons from the “illuminated” side of
the grain. The recoil from ejected electrons or atoms can be large, resulting in a
large time-averaged force (Weingartner & Draine 2001c).

26.1.4 Poynting-Robertson Effect

Consider a particle in a circular orbit with radius R and velocity v}, around a
star with luminosity L,. Because of aberration of starlight, in the instantaneous
rest frame of the orbiting particle, the radiative flux from the star has a component
BL /4w R? in the direction antiparallel to the motion of the grain, where 8 = vo,1,/c.
This radiation therefore acts to reduce the orbital angular momentum J of the par-
ticle. This is called the Poynting-Robertson effect; the torque

dJ L. ,
YY) -0, , 26.18
(dt )PR 547rR26<Qp Jma”R ( )

leads to orbital decay on a time scale that depends on the grain size:

J 167 pac? R?
Ton — — -/ 26.19
TRT —(dJ/dter T 3 (Qur)iLa 2619

2
—83x107yr [ —L (i) R L Lo 620
3gem™3 ) \em/ \ AU/ (Qpe)s Ly’

where (Qpr), is the radiation pressure efficiency factor averaged over the stel-
lar spectrum. The mean photon energy for a blackbody of temperature 7 is ~
3kT,, and we expect Qpy ~ 1 for x = 2ma/A 2 1. Thus (Qp)« ~ 1 for
a 2 (1/2m)he/3kT, =~ 0.15 um x (5000 K /7). Poynting-Robertson drag can
lead to orbital decay on < Gyr time scales for particles up to ~ 10 cm in size.
Micron-sized particles have very short orbital lifetimes near stars.

26.1.5 Radiation-Pressure-Driven Drift

If an anisotropic radiation field is present, it will cause grain drift. If a magnetic
field is present, we must distinguish between motions parallel and perpendicular to
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Figure 26.1 Drift velocity for silicate grains, as a function of grain size, in two envi-
ronments, cold neutral medium (CNM) and warm neutral medium (WNM), showing
drift velocity calculated for radiation pressure only (dotted-dashed curve), and includ-
ing force from photoelectric emission and photodesorption (solid curves). The mini-
mum in vy at a = 350 A occurs because for this size photodesorption occurs primarily
on the “far” side of the grain, so that the photodesorption recoil force acts opposite
to the radiation pressure force. From Weingartner & Draine (2001c¢), reproduced by
permission of the AAS.

B: drift perpendicular to B is strongly suppressed if wpTarag > 1. Figure 26.1
shows estimated drift speeds for silicate grains, as a function of grain size, for the
case where the magnetic field is parallel to the direction of starlight anisotropy. The
starlight intensity and anisotropy are appropriate for the solar neighborhood.

26.2 Rotational Motion

A spherical dust grain with rotational kinetic energy E,oi = %kTrot will have
rotation frequency

w_ 1 (45 kTrot>1/2 (26.21)

or 27 \ 87 pad

Toor \/? /0.1 um\ >/?
_ 4 rot 1
=4.6 x 10 Hz (1OOK> ( " ) . (26.22)
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For grain sizes ~ 0.1 pm, this rotation rate is not extreme. A point on the equator
—1_—3/2
has a speed wa =~ 2.9cms™"a_;'".

If, however, we consider very small grains, the rotation rates can be extreme:

w Tror \/? £0.001 pm\ */?
Y _29cH bl . 26.2
or = G Z(lOOK) a (26.23)

The observed infrared emission from interstellar grains requires a large population
of PAH particles with very small heat capacities, so that single-photon heating can
raise them to high vibrational temperatures. (See the size distribution shown in
Fig. 23.10.) If these particles have rotational temperatures T}, ~ 102K, and if
they have electric dipole moments, they will generate detectable levels of electric
dipole radiation.

26.2.1 Suprathermal Rotation of Large Grains

The rotational dynamics of dust grains is rich in physics. For many years it was
assumed that the rotational excitation of “classical” grains would be dominated by
random collisions with gas atoms, and that this would result in “Brownian rotation”
with T.ot = Tgas. However, Purcell (1979) pointed out that because the ISM is not
in LTE, interstellar grains will act as “heat engines,” and can achieve “suprather-
mal” rotation rates with T;o; > Tgas. There are at least four processes that can
drive rapid rotation:

1. Formation of Hy on the grain surface, followed immediately by impulsive
ejection of the newly formed Hy (Purcell 1979).

2. Emission of photoelectrons from grains exposed to UV radiation (Purcell
1979).

3. Irregular grain surfaces, together with Tgas # Tgrain (Purcell 1979).

4. Radiative torques due to absorption and scattering of (possibly anisotropic)
starlight by irregular grains (Draine & Weingartner 1996).

Each of these processes results in a systematic torque on the grain. The first three
torques are fixed in “body-coordinates,” and the fourth would also be fixed in body
coordinates if the starlight were isotropic. Such torques, because they are system-
atic, can drive suprathermal rotation. However, the effects of the first three of these
torques can be suppressed by the phenomenon of “thermal flipping” (see below).

When achieved, suprathermal rotation is not rapid enough to disrupt the grain
(unless the grain is extremely fragile), but can have very important consequences
for our understanding of the process of grain alignment with the interstellar mag-
netic field.
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Figure 26.2 Dust-correlated microwave emission, expressed as microwave intensity
per unit column density of hydrogen. The curve labeled DL9S is a theoretical esti-
mate of rotational emission (Draine & Lazarian 1998a,b). Also shown are the low-
frequency tail of the thermal emission from larger grains, and possible contributions
of synchrotron and free—free emission toward L1622. The solid curve is the sum of
all components. Observational data from Kogut et al. (1996), Leitch et al. (1997), de
Oliveira-Costa et al. (1997, 1998, 1999, 2000), and Finkbeiner et al. (2002).

26.2.2 Rotation of Small Grains: Microwave Emission

The systematic torques identified above are not sufficient to drive grains with a <
0.05 pm to suprathermal rotation rates, because of thermal fluctuation within the
grain that cause the grain to change its orientation at constant angular momentum —
a phenomenon referred to as “thermal flipping” — resulting in what has been termed
“thermal trapping” (Lazarian & Draine 1999b).

The rotational dynamics of the smallest grains a < 0.001 ym, is complex. Pro-
cesses that have important effects on the angular momentum of a very small grain
include

1.
2.

Random collisions with neutral gas atoms.

Collisions of neutral or negatively charged grains with positive ions, where
the colliding ion can hit the grain with a substantial angular momentum.

Fluctuating electric fields due to passing ions acting on the permanent electric
dipole moment of the grain.
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4. Angular momentum deposition by absorbed starlight photons.
5. Angular momentum loss to radiated infrared photons.

6. Angular momentum loss in electric dipole radiation from the spinning grain.

The balance among these processes depends on the grain size and upon the local
environmental conditions (Draine & Lazarian 1998b). The net result is that the
smallest grains generally tend to have rotational distribution functions that are ac-
tually somewhat subthermal, with Tt < Tgas. Nevertheless, the rotation rates are
large enough so that the electric dipole radiation from the smallest grains in the in-
terstellar grain mixture appears to be able to account for what has been referred to as
the “anomalous” microwave emission associated with interstellar dust. Figure 26.2
shows the emission spectrum predicted by Draine & Lazarian (1998a,b), together
with some of the early observational determinations. A number of subsequent pa-
pers have confirmed the existence of dust-correlated microwave emission from dust
in our Galaxy with intensity and spectrum consistent with the spinning dust model
(see, e.g., Finkbeiner 2004; Finkbeiner et al. 2004; Watson et al. 2005; Fernandez-
Cerezo et al. 2006; Davies et al. 2006; Bonaldi et al. 2007; Miville-Deschénes et al.
2008; Casassus et al. 2008; Dickinson et al. 2009; Dobler et al. 2009; Scaife et al.
2009). Microwave emission from spinning dust in the nearby galaxy NGC 6946
has also been reported (Murphy et al. 2010). Recent studies (Ali-Haimoud et al.
2009; Hoang et al. 2010) have improved the theoretical treatment of the rotational
excitation process.

26.3% Alignment of Interstellar Dust

Interstellar grains are observed to be systematically aligned with their short axis
(i.e., the axis of largest moment of inertia) tending to be parallel to the local mag-
netic field. How this comes about has not yet been worked out in detail, but we
think that we have identified the important elements of the dynamical story.

Interstellar grain alignment actually involves two separate alignment problems:
(1) alignment of the grain angular momentum J with the magnetic field By, and (2)
alignment of the nonspherical body of the grain with the grain angular momentum.

A theory of grain alignment must account for the observed alignment of grains
as a function of grain size: grains with sizes a & 0.1 um are observed to be sub-
stantially aligned, a < 0.05 pum grains are not appreciably aligned.

26.3.1 Precession of J around B

The shortest time scale in the rotational dynamics of the grain is just the rotation
period itself — a time that can range from milliseconds to less than a nanosecond. In
astrophysical problems, it is always reasonable to average over the grain rotation.
A spinning grain will in general have a magnetic moment parallel (or antipar-
allel) to the instantaneous angular velocity. This can arise from two independent
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effects. If the grain has a net charge () # O (with the net charge tending to reside
on the grain surface), grain rotation implies an electric current that will generate a
magnetic dipole field (Martin 1971). For a spherical grain, with uniform surface
charge density Q/4ma? = U/4ma, rotation will result in a magnetic moment

B Qa’w
3

(26.24)

In the presence of a static magnetic field, this will cause the angular momentum J
to precess around B with a precession frequency

) o [3gcm™3 U B _
QO =—UB=17x10"% 71 26.25
7 8 . ( p ) <V01t> <5uG> ° (20:29)

The precession period, 27 /€y, = 10yr, is relatively short.

In fact, however, a spinning grain is expected to have a much larger magnetic mo-
ment arising from the Barnett effect — a spinning body will spontaneously mag-
netize with a magnetization that is proportional to the rotation rate. This occurs
because the unpaired electrons — which in a nonrotating body would be evenly di-
vided between spin-up and spin-down — preferentially occupy the spin state with
spin angular momentum parallel to the angular velocity, resulting in a net magne-
tization that is antiparallel to the angular velocity. The role of the Barnett effect in
grain dynamics was pointed out by Dolginov & Mytrophanov (1976).

The rotationally induced magnetic moment y is proportional to w and to the
zero-frequency magnetic susceptibility x(0) of the grain material:

= —x(0)V— | (26.26)

where pp is the Bohr magneton, and g ~ 2 is the gyromagnetic ratio. Normal
paramagnetism in interstellar grains is expected to result in

x(0) ~ 1074 (Q;K> . (26.27)
gr

The precession period of a spherical grain in a static magnetic field will then be

2 2nlw  4wguppa’
TBarnett — = =
QB /,LBO 5FLX(O)BO

a2 ) 107*] /5uG
~0.8aZ 5 <3gcm_3> l:X(O):| < By ) yr o (26.29)

This is a very short precession period — whatever population of partially aligned
grains is present, the properties should be averaged over the precession cone for
each grain.

(26.28)
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The rapid precession resulting from the Barnett effect has another important dy-
namical consequence: if the direction of the magnetic field éo changes slowly (on
time scales longer than the precession period Tparnett), the projection of the an-
gular momentum along the magnetic field will be an adiabatic invariant, and the
precessing grains will maintain a constant “cone angle” €5, where 0p is the
instantaneous angle between the grain angular momentum J and the ambient mag-
netic field B.

Hydromagnetic waves will usually change the field direction only on time scales
longer than Tparmett; €ven C-type shock waves (to be discussed in Chapter 36)
may change the magnetic field direction only on time scales longer than 7g,;nett-
Aligned grains will, therefore, remain aligned with the local magnetic field in the
presence of MHD waves and weak shock waves.

26.3.2 Alignment of the Grain Body with J

The moment of inertia tensor of the grain has three eigenvalues, I; > I, > Is.
Let a1, a9, and a3 be unit vectors along the three principal axes of the grain. If the
grain has fixed angular momentum J, the rotational kinetic energy is minimized
when a; || J, with value E,o; = J2/2I;. For the simple case of an oblate spheroid,
with I; > Iy = I, the rotational kinetic energy is

2 2
J J2(I — o) 20

Bup = 20 + = sin? |
°t T o, oL,

(26.30)
where 6 is the angle between J and 1. If J is not aligned with one of the principal
axes of the grain, then the grain will “tumble,” and several different mechanisms
will lead to dissipation of the rotational kinetic energy, causing § — 0; the lost
rotational kinetic energy appears as heat, i.e., an increase in the vibrational en-
ergy of the grain. The fluctuation—dissipation theorem, however, requires that the
rotational kinetic energy can also be increased by exchange of energy from the
vibrational modes to the rotational modes. Thus the grain alignment will not be
perfect. However, if the rotation is suprathermal (J 2 /Iy > kT), then

LET I

02 ) e
(sin” ) — I

<1, (26.31)

assuming that the grain is appreciably nonspherical (; is appreciably larger than
I5). This is one important consequence of suprathermal rotation: excellent align-
ment between J and a; is rapidly achieved by internal dissipation within the grain.
Dissipation processes include viscoelastic damping, damping associated with the
Barnett effect acting on the electrons, and damping associated with the Barnett
effect acting on the nuclear spin system (Lazarian & Draine 1999a).

26.3.3 Alignment of J with B

The angle 05 ; measures the alignment of the angular momentum with B, and the
major challenge of grain alignment is to explain why this (cos? ;) < 1/3. Davis
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& Greenstein (1951) showed that ordinary paramagnetic dissipation within a grain
spinning in a static magnetic field produces a torque acting to reduce the component
of the angular momentum perpendicular to B, leaving the component parallel to B
unchanged. In grain “body coordinates,” the grain material sees a magnetic field
with a rotating component, and the material tries to become magnetized in response
to this field. Because the magnetization is varying, there will be dissipation, with
rotational kinetic energy converted to heat. The rate of dissipation is proportional
to Im[x(w)]. In the absence of other torques acting to change 6, one can show
that the angle 6 ; decays, with

tan O (t) = tan 6, (0) e /™G (26.32)
_ 2pa? _ Im[y(w)]
1071381 /5uG\?
—1.5x 10° 2 P . (26.34
™G 5x10%aZy <3gcm3> {K(w) ] ( By ) yr . (26.34)

For normal paramagnetic materials,

18K
K ~ 10—13( )s, (26.35)
T,

(Jones & Spitzer 1967; Draine 1996); K ~ 10~ '3 s therefore appears to be a rea-
sonable estimate that would apply to carbonaceous materials as well as amorphous
silicate material. We see that for these materials, in the absence of other torques
that could change 65 5, the Davis-Greenstein alignment process would bring about
grain alignment on a time scale Tpg &~ 1.5 x 10%a? ; yr. This time is short com-
pared to the lifetimes of interstellar dust or interstellar clouds, but unfortunately
random collisions with gas atoms will also act to change 6 ;. If the angular mo-
mentum J is purely thermal [i.e., J? =~ %I kT, then random collisions with gas

atoms will act to change the direction of J on the time scale 7, for the grain
to collide with its own mass of gas [see Eq. (26.9)]. If grains were indeed rotat-
ing thermally, and the Davis-Greenstein alignment mechanism operated, then we
would expect the degree of grain alignment to be an increasing function of the
ratio Tps/Tpg a~'; we would not expect alignment of ¢ & 0.1 um grains be-
cause these have 75 /7pg S 0.1, but we would expect alignment of J with B for
a 5 0.01 um grains. However, the opposite is observed: large grains tend to be
aligned, while the small grains are not! Obviously, there must be more to the story.

Purcell (1979) pointed out the importance of suprathermal rotation (see §26.2.1).
If systematic torques that are fixed in body coordinates act to give the grain .J? >
%I kT, then the time scale for random collisions with gas atoms to change the direc-

tion of .J is increased by a factor ~ J2 /IKT. Note that the time scale Tpg does not
depend on the grain rotation rate if ' = constant (as is expected to be a good ap-
proximation), and therefore suprathermal rotation supresses the disalignment from
random collisions without affecting the Davis-Greenstein alignment rate, and we
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therefore expect grains that rotate suprathermally to become aligned on time scales
of a few Myr.

The difficulty here is that the systematic torques identified by Purcell — Hs for-
mation on the grain surface, photoelectric emission, and variations in accomodation
coefficient over the grain surface — are all sensitive to the surface properties of the
grain, and these appear likely to change on time scales < 7pg, as the result of
accretion or desorption of species from the grain, or sticking of a small grain to the
surface of a large grain. If the grain surface properties change, then the systematic
torques will change in a random way. This may lead to “spin down” of the grain
to a state with low angular momentum. During the time that the grain has very low
angular momentum state — known as a “crossover event” — the direction of J can
be very easily changed by random collisions with gas atoms. If the only system-
atic torques are the three identified by Purcell, then it seems likely that crossovers
would be frequent, and only minimal grain alignment would take place. Further-
more, the process of thermal flipping (Lazarian & Draine 1999b) appears able to
prevent a < 1 um grains from ever achieving suprathermal rotation: at constant
J, the grain flips rapidly from one “flip state” to the other. Since the three torques
identified by Purcell are essentially fixed in body coordinates, if the grain spends
50% of the time in each flip state, then in inertial coordinates the time-average
torque is zero. For systematic torques that are fixed in grain coordinates, thermal
flipping appears to be rapid enough to suppress suprathermal rotation for grain radii
a S 1 pm (Lazarian & Draine 19995).

Radiative torques appear to save the day: if the starlight background is anisotropic
(as is generally the case) then the starlight torque does not average to zero if the
grain spends 50% of the time in each of the two flip states. The radiative torque
alone can drive the grain to suprathermal rotation — provided that the radiative
torque is sufficiently strong. In the “electric dipole” limit, the radiative torque goes
to zero: for the radiative torque to be appreciable, the grain must be large enough
that its response to an incident electric field cannot be simply approximated as an
induced electric dipole. This requires a & A/27. Because the starlight background
has a characteristic wavelength A ~ 0.5 um (determined by the typical temper-
atures of the stars that dominate the diffuse starlight background), the radiative
torque is only strong for grains that have a & A/27 =& 0.1 um. This is won-
derful — we appear to have identified the reason why large grains are aligned, but
small grains are not: Large grains are driven to suprathermal rotation by radiative
torques, but small grains do not achieve suprathermal rotation, and are subject to
rapid disalignment by collisions with gas atoms.

This would already be sufficient to establish radiative torques as a central part
of the grain alignment story, but it turns out they have an even more direct effect:
when an anisotropic radiation field is present, radiative torques can change the di-
rection of J as well as its magnitude. The dynamics are complex, but it appears
that radiative torques can often bring an irregular grain into alignment with B on
the gas-drag time scale 73y < Tpg (Draine & Weingartner 1997; Weingartner &
Draine 2003; Hoang & Lazarian 2009).



Chapter Twenty-seven

Heating and Cooling of H Il Regions

Hot stars photoionize the gas around them; the photoionized gas is referred to as
an HII region, because the hydrogen is predominantly ionized. We discussed the
ionization conditions in HII regions in Chapter 15, but in that discussion we pre-
supposed that the temperature was T' ~ 10* K. In Chapter 18, we discussed nebular
diagnostics that allow us to determine the gas temperature from observations.

Here, we discuss the physical processes that actually regulate the temperature in
HII regions. The dominant heating process is photoionization: ionizing photons
have energies larger than the ionization threshold, and the resulting photoelectron
will have nonzero kinetic energy, adding to the thermal energy of the gas. At the
same time, recombination processes (primarily radiative recombination) are remov-
ing electrons from the plasma, along with the kinetic energy that they possessed
just before the recombination event, and thermal energy is also lost when electron
collisions excite ions from lower to higher energy levels, followed by emission of
photons. The temperature of the gas is determined by a balance between the heating
and cooling processes.

27.1 Heating by Photoionization

Consider photoelectric absorption creating a photoelectron with kinetic energy K I:

X4 hy - Xt L e+ KE . (27.1)

If oppe (v) is the photoionization cross section for X+ in its ground electronic state,
the probability per unit time for photoionization is [see Eq. (13.5)]

Uy

(Xt = / Ope(V)C [—} dv (27.2)
Yo hv

where huy is the threshold energy for photoionization from the ground state. Each

photoionization event injects a photoelectron with kinetic energy (hv — hig) into

the plasma; the heating rate per unit volume from this process is

[pe =n(X) /00 Ope(V)C [Z—y

vo

} (hv — hwg) dv . (27.3)

14



316 CHAPTER 27

The mean photoelectron energy is

+ry Fpe
e = e 79
which will depend on the spectrum w,, of the photons responsible for the photoion-
ization.

To gain an understanding of what we expect for £, in the photoionized nebula
around a hot star, let us suppose first of all that the radiation leaving the star can be
approximated by a blackbody spectrum with color temperature 7, and define the
dimensionless ratio

=

pe (27.5)

(4 T,

o

We anticipate that v will be of order unity, but we need to calculate it.

Near the star, the effects of absorption on the radiation field will be negligible;
the stellar radiation will be attenuated by the inverse-square law, but will have the
same shape: u,, < B, (T.). Here, we will have v = v, where

f:: [Bu(T:)/hv] ope(v) (hv — hig)dy
S IBu(Te) [ hv) ope(v)dv

Yo

YokT, = (27.6)

1okT, is the photoelectron energy weighted by (B, /hv)ope(v). For the important
case of photoionization of H, we know from the discussion of Stromgren spheres
that essentially all of the photons with hv > hiyy = Iy will produce a photoioniza-
tion somewhere in the H Il region. We can obtain the average photoelectron energy

S [B(T2) /hw) (hv — hg )
[ [Bu(T.) /hv) dv

(U)KT, = 27.7)
Values of 1y and (1) are given in Table 27.1 for selected values of T,.. The im-
portant thing to note is that both ¢y and (1) are of order unity over a broad range
of T.. This is because the values of 7. in the table are all small compared to
Iy /k = 157,800 K, so the dominant behavior in the integrands is the rapid falloff
in B, with increasing v.

The heating rate I',. in Eq. (27.3) depends on the abundance n(X*") of the
species that is being photoionized. If the HII region is in photoionization equilib-
rium, then the condition

CXTN(XTT) = anen(XTHY) | (27.8)
(where « is the rate coefficient for recombination X T"t1 4+ ¢~ — X *7) can be
used to obtain the local heating rate:

[pe = ane n(X T kT, . (27.9)
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Equation (27.9) simply states that 'y, the rate per unit volume of injection of
photoelectron energy rate, is equal to the recombination rate per unit volume times
the mean photoelectron energy Fp,. = 1kT,. The advantage of writing it this way
is that in an HII region, the dominant element, H, will be nearly fully ionized,
n(HT) = ny, so that the rate of heating due to photoionization of H is

Tpe(H = HY) ~ ap ngne vkT, . (27.10)

It should be kept in mind that real stellar spectra are not blackbodies, but it
is reasonable to use the stellar effective temperature in place of 7T,.. A precision
calculation of . using a model atmosphere will give numerical values of Fp, that
differ slightly from kT, even for a pure hydrogen nebula. Real nebulae of course
have He, and if the star is hot enough to photoionize He, many of the photons with
hv > 24.6 eV will be absorbed by He rather than H. Furthermore, the calculation
of Ey. for hydrogen should include the photoionizations of H by He recombination
radiation. Last, real nebulae dust are dusty, and the dust grains will absorb some of
the ionizing photons. However, for normal HII regions these complications result
in only minor numerical corrections to the rate of photoelectric heating.

27.2 Other Heating Processes

In “normal” HII regions [with Ts9 & 10% — see Eq. (15.12)], heating of the gas
is dominated by photoionization of H and He. However, other heating processes
can sometimes make important contributions to the heating, and we briefly review
them here.

27.2.1 Photoelectric Emission from Dust

Photoelectric absorption by dust grains can produce energetic photoelectrons. These
can be important under two circumstances: (1) when the radiation field in the HII
region has lots of UV photons with 10 < hv < 13.6eV, unable to ionize H, but
able to ionize a dust grain; and (2) when the parameter 749 & 1, so that an ap-
preciable fraction of the h > 13.6 eV photons are absorbed by dust rather than
H.

Table 27.1 Mean Photoelectron Energy Epe/kT.

T.(K) 8000 16000 32000 64000

o 0959 0922 0864 0.775
(W) 1101 1.199 1380 1.655

From Spitzer (1978).
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Calculating the photoelectric heating by the dust requires determination of the
dust charging, because the photoelectric yield is suppressed if a dust grain is driven
to a large positive potential by the photoelectric emission process itself, and those
photoelectrons that do escape to infinity lose part of their initial kinetic energy in
overcoming the attractive Coulomb potential.

The contribution of photoelectric emission from dust grains to the heating of
photoionized gas has been examined in several recent papers. It can be important
in planetary nebulae (Dopita & Sutherland 2000; Stasiiiska & Szczerba 2001), in
the diffuse “warm ionized medium” (WIM) (Weingartner & Draine 2001d), and
perhaps even in intergalactic Lyman « clouds (Inoue & Kamaya 2010).

27.2.2% Cosmic Rays

Cosmic rays can heat the gas by two processes: (1) interaction with bound electrons
resulting in ejection of an energetic secondary electron; and (2) transfer of kinetic
energy to free electrons by elastic scattering. An H atom exposed to the cosmic ray
background will have a probability per unit time (cg of being ionized by a passing
cosmic ray. These cosmic rays will also transfer energy to the electron plasma at a
rate that can be written (Goldsmith et al. 1969)

I'cr = Ane(er (27.11)

where the coefficient A depends weakly on the energy spectrum of the cosmic
rays, with A = 5.6 x 10719 erg for 2 MeV protons, or A = 3.8 x 10710 erg for
2 GeV protons. Note that for fixed cosmic ray flux (i.e., fixed {cr), the heating
rate I'cr o< ne, whereas ', o ng Plasma drag may therefore make a significant
contribution to the overall heating in low-density HII regions, but is likely to be
negligible in high-density regions.

27.2.3x Damping of MHD Waves

In inhomogeneous (clumpy) HII regions, pressure gradients will drive gas flows,
which may excite MHD waves, in some cases even shock waves. Shock waves
will directly heat the gas, and other MHD waves will in general be damped, with
conversion of the wave energy into heat. Suppose that the plasma contains waves
with energy density Auyave, that the wave propagates at speed vyave, and that
Lgamp is the damping length for the wave. The heating rate due to wave dissipation
would then be

[ yave = (Auwave)vwave/Ldamp (27.12)
Au v pc

~8.9 x 10”2 nyT ( Wave)( wave )( ) ergs~ ! (27.13

HEa 2nHkT‘ 10 km S_1 Ldamp & ( )

The factor (Auyaye)/2nukT is the ratio of the wave pressure to the gas pressure,
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and is expected to be smaller than unity. The wave speed vy,ave Will not significantly
exceed the thermal sound speed ~ 10km s ™! for T ~ 10* K.

27.3 Cooling Processes

Earlier, we considered various heating mechanisms — processes that add to the
translational kinetic energy of the particles in the gas. Now, we consider processes
that remove thermal kinetic energy from the gas.

In a time-dependent flow, calculating the thermal evolution of the gas requires
careful accounting for changing numbers of particles if molecules are forming or
being dissociated, or if electrons are recombining with ions, or being liberated by
ionization processes. If, however, the gas is in a steady state, with the number of
free particles constant, discussing the heating and cooling is much more straightfor-
ward. Here we will consider the balance between heating and cooling processes in
a plasma that is in ionization equilibrium, where every ionization event is balanced
by a recombination event.

27.3.1 Recombination Radiation

Every time an electron recombines with an ion, the plasma loses the kinetic energy
of the recombining electron: the rate per unit volume at which thermal energy is
lost is

Ay = apnen(HY) (E,) (27.14)

where ap is the rate coefficient for Case B radiative recombination (see Chapter
14), and (E,,) is the mean kinetic energy of the recombining electrons.

Suppose that we approximate the cross section for radiative recombination by a
power-law:

o (E) = 00(E/Ep)” . (27.15)
The rate coefficient is then
(ov) = ( 2:;:T)3/2 /0 - 4rv*dv e BT gy (27.16)
_ (i’:’i)m - (g)wr(uy) (27.17)
x TVH/?

where I is the usual gamma function.
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Consider now recombination of the most important ion, H™. The rate coeffi-
cients a4 and ap (see Fig. 14.1) are not actually power-laws in 7', and therefore
the recombination cross sections o,,(E) are not strictly power-laws in E. Nev-
ertheless, we can obtain an effective power-law index by taking the logarithmic
derivative of the rate coefficient:

1 dln(ov)
-—= — 27.1
TS T Tt (27.18)
The fits (14.5 and 14.6) to a4 and ap give
ya=—1.2130 — 0.0230In(T4/Z?) , (27.19)
v =—1.3163 — 0.0416 In(T,/Z?) , (27.20)

for the effective values of the exponent vy for Case A and Case B recombination.

For the power-law dependence from Eq. (27.15), the mean kinetic energy per
recombining electron is

(Bu) = [v?dve E/FT oy E _I'3+7)
T [v2dveE/MTgy  T(2+17)

KT = (2+ y)kT . (27.21)

Thus, the mean energy per recombining electron is

(Ev)a=[0.787 — 0.0230 In(Ty/Z°)] kT, (27.22)
(Ev)p = [0.684 — 0.0416 In(Ty/Z%)] kT . (27.23)

for Case A and Case B, respectively. The recombining electrons are, on average,
less energetic than the mean electron kinetic energy of 1.5k7", for the simple reason
that the cross section for radiative recombination is larger for low energy electrons.

27.3.2 Free—Free Emission

Free electrons scattering off free ions produce free—free emission with power per
unit volume given by Eq. (10.12). In a pure H plasma near 10* K the free—free
emission energy per recombining electron is (using Eqs. 10.10 and 14.6)

Ag
— = 0547103 kT . 27.24
nen(H)ap 4 ( )
Thus, for Ty ~ 1, radiative recombination and free—free emission together cause
the plasma to lose (0.68 +0.54)kT = 1.22kT of kinetic energy per Case-B recom-
bination.
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Figure 27.1 (a) Photoelectric heating function I'p. and radiative cooling function A as
functions of gas temperature 7" in an HII region with Orion-like abundances and den-
sity ngr = 4000 cm ™~ 2. Heating and cooling balance at T’ = 8050 K. (b) Contributions

of individual lines to Ae.

27.3.3 Collisionally Excited Line Radiation

In an HII region, most of the hydrogen will be ionized. Even if some He or He™
is present, the energy of the first excited state is so far above the ground state that
the rate for collisional excitation is negligible. However, if heavy elements such as
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oxygen are present, there may be ions — such as O I, O II, or O III — with energy lev-
els that can be collisionally excited by electrons with kinetic energies of just a few
eV. If the collisional excitation is followed by a collisional deexcitation, the kinetic
energy of the gas will be unchanged. If the only excitation process is collisional
(i.e., optical pumping and recombination to excited states are both negligible), the
rate of energy loss by the gas by collisional excitation is just

Nee = D) n(X,i) Y Ay(E; - E) (27.25)
X i

i<i

where the sum is over species X and excited states 7. Collisionally excited emission
lines have been discussed in Chapter 18. In Eq. (27.25), we sum over all line
emission that results from collisional excitation.

27.4 Thermal Equilibrium

The gas will stabilize at a temperature where heating balances the total cooling:
Ipe = A = Ace+Awr + Ag. Figure 27.1 shows the T-dependence of ', and A(T')
for gas with composition (~ solar), density (ng = 4000 cm™3), and ionization
balance similar to that in the Orion Nebula HII region, assuming heating by a
T = 3.5 x 10*K blackbody. If we have identified all the heating and cooling
processes and evaluated them accurately, it appears that the gas temperature should
be T' ~ 8050 K.

Table 27.2 Principal Collisionally Excited Cooling Lines in H II Regions

ion lines

NII 65854, 6550 A

Ooll 37304, 3727 A

OINl  88.36 um, 51.81 um, 5008 A, 4960 A
Nell 12.81 pm

STI 6733 A, 6718 A

SII  33.48 um, 18.71 um, 9071 A, 9533 A

For abundances that are similar to solar abundances, and ionizations similar to
those in the Orion Nebula, Table 27.2 lists some of the stronger collisionally excited
lines. Some of these are fine-structure transitions, appearing in the mid- and far-
infrared, and some are transitions from electronic excited states, with lines in the
near-infrared through ultraviolet.

The equilibrium temperature is obviously sensitive to the abundance of the coolant
species — lowering the abundances will cause the steady state temperature to in-
crease. As seen in Figure 27.2, if we reduce the abundances of elements beyond
helium by a factor of 10, as might be appropriate in a low-metallicity galaxy, the
thermal equilibrium temperature rises to ~ 15,600 K. Conversely, if we raise the
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Figure 27.2 (a) Photoelectric heating function I'p. and radiative cooling function A as
functions of temperature 7" in an HII region with abundances that are (a) only 10%, or
(b) enhanced by a factor of 3 relative to the Orion Nebula. A density ng = 4000 cm ™3
is assumed. Thermal equilibrium occurs for 1" ~ 15600 K and ~ 5400 K for the two

cases.

heavy-element abundances by a factor of 3, as might be appropriate in the cen-
tral regions of a mature spiral galaxy, the HII region temperature drops to just

~ 5400 K.
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Figure 27.3 Cooling function A(T") for different densities ny. The gas is assumed
to have Orion-like abundances and ionization conditions. As the gas density is var-
ied from 102 cm ™3 to 10° cm ™3, the equilibrium temperature varies from 6600 K to
9050 K, because of collisional deexcitation of excited states.

For a given ionizing star and gaseous abundances, the HII region temperature
will also be sensitive to the gas density. When the density exceeds the critical
density of some of the cooling levels, the cooling will be suppressed, and the
equilibrium temperature will rise. Figure 27.3 shows how, at fixed Orion Nebula-
like abundances and ionization balance, the cooling function A(T") /nyn. responds

to changes in the density. As the density is increased from ny = 102cm™3
to ng = 10° cm™3, the thermal equilibrium temperature shifts from 6600 K to
9050 K.

27.5 Emission Spectrum of an HII Region

When the gas is near thermal equilibrium, the principal cooling lines are shown in
Fig. 27.1(b), and listed in Table 27.2.

The optical spectrum of an HII region is dominated by the major hydrogen re-
combination lines (H o 6565 A, H 34863 A, H~ 4342 A), and collisionally excited
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lines of [S11]6733,6718 A, [N11]6585,6550 A, and [0 11]3727,3730 A. If there is
an appreciable He' ionization zone, then there will also be He recombination
lines (He 15877 A, He 14473 A, and He 13890 A are the strongest) as well as strong
[0 111]4960,5008 A.

In the near-infrared, the [SII1]9071,9533 A doublet is usually strong. If there
is an He™ ionization zone, the Hel1.083 um triplet will be very strong. The
Paschen o 1.876 um recombination line is also strong, but does not fall in an at-
mospheric window.

The fine-structure lines are major coolants, principally [Nell]12.81 pum,
[SI]18.71 pm, [OII]51.81 pm, and [S I1]33.48 pm. [NeII]12.81 pum can be ob-
served from the ground through an atmospheric window, but the other fine structure
lines require observations from above the atmosphere.

The [O III] and [S III] lines will be suppressed in H II regions around cooler stars,
where the oxygen and sulfur will be mainly singly ionized.

27.6 Observed Temperatures in HII Regions

As discussed in Chapter 18, observed emission line ratios can be used to measure
the actual temperatures in H II regions. The most useful species for this purpose are
[OIII], [N II], and [S III] (see Fig. 18.2). The gas temperature can also be estimated
from the spectrum of the recombination continuum (see §18.4.1).

Because the ionization structure and the radiation field in an HII region are not
uniform, the temperature in the HII region is expected to also vary radially. Dif-
ferent ions will measure the temperature in different regions. Therefore, we do
not expect temperatures estimated from different diagnostics to be in perfect agree-
ment.

Osterbrock & Ferland (2006) compare temperature determinations in HII re-
gions and planetary nebulae. When more than one estimator is used for a single
nebula, differences are typically at the 10% level, which seems satisfactory. The
estimated temperatures at different locations in the Orion Nebula are in the 8000
to 10,000 K range (Baldwin et al. 1991), only slightly higher than 7' = 8050 K de-
termined from Figure 27.1. At the densities of the Orion Nebula, it seems unlikely
that heating by cosmic rays or wave dissipation could be significant, but dust photo-
electric heating might not be negligible, helping to bring the theoretical temperature
closer to the observed values.

In summary, both theory and observation tell us that the photoionized gas in
HII regions and planetary nebulae should be heated to temperatures 7' ~ 6000 to
15,000 K, depending on the metallicity, the density of the gas, and the spectrum of
the radiation from the star.



Chapter Twenty-eight

The Orion H Il Region

The Orion Nebula (=M 42 =NGC 1976) is the brightest HII region in our sky — not
because it is an especially luminous HII region, but simply because it happens to
be the nearest dense HII region, at a distance of only ~ 414 + 7 pc (Menten et al.
2007). Its proximity has allowed studies at relatively high spatial resolution, so that
the Orion Nebula now informs much of our understanding of HII regions. O’Dell
(2001) has a nice review of M 42. Plates 9 and 10 show the Orion Nebula at optical
wavelengths.

28.1 Trapezium Stars

The Orion HII region contains a cluster of stars referred to as the Orion Nebula
Cluster, or ONC. With a core radius of ~ 0.2 pc and a central stellar density ~
2 x 10* stars pc—2, the ONC contains ~ 2300 stars within a radius 2.06 pc, with a
total stellar mass ~ 1800 M, formed within the past ~ 2 x 106 yr (Hillenbrand &
Hartmann 1998). The median stellar mass in the ONC is probably ~ 0.3 M.

The four brightest members at the center of the ONC form the the #' Ori “Trapez-
ium” system — see Table 28.1. The most massive star, §! Ori C, of spectral type
O7V (Stahl et al. 2008), produces ~ 80% of the H-ionizing photons. #! Ori C
is ~10” (0.02pc) S of the center of the ONC. The second most massive star,
6! Ori D, of spectral type 09.5V, contributes ~ 15% of the ionization. The radia-
tive properties of the O stars are from Table 15.1. Those for the B stars are from
Smith et al. (2002).

The O9V star 62 Ori is located 135" SE of §' Ori C. Although not located in the

Table 28.1 Trapezium Stars and 62 Ori

Star Spectral Type  Tes (K)  L(10° Lg)  Qo(10*¥s71)

6 Ori C o7V 36,900 1.4 5.6
6* Ori D 09.5V 31,880 0.48 0.76
#' Ori A B0.5V 28,100 0.4 0.10
6* Ori B B3V 17,900 0.017 —
62 Ori o9V 32,830 0.59 1.15

Total 2.9 7.6
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brightest part of M 42, 62 Ori contributes to ionization of the lower density portion
of the HII region.

28.2 Distribution of Ionized Gas

The Trapezium stars ionize the hydrogen around them, maintaining an H II region.
The HII region was presumably initially surrounded (and contained) by molecular
gas. The combination of ionizing radiation and the overpressure of the ionized gas
resulted in expansion of the HII region, and development of a “blister” geometry
(Israel 1978). The high-pressure ionized gas was eventually able to break out of
the blister. Once it has broken out of the confining molecular gas, the ionized gas
is able to exhaust into the lower density interstellar medium, in what is termed a
“champagne flow” (Tenorio-Tagle 1979). As a result, the HII region does not have
the simple geometry of an idealized Stromgren sphere. The actual geometry is best
visualized by maps of the free—free continuum emission at radio frequencies, unaf-
fected by foreground dust. Figure 28.1 shows an image of the free—free emission
from the central region of M 42.

The geometry is obviously not a simple uniform-density sphere, but the princi-
pal ionizing source, #1 Ori C, is near the center of the emission, and most of the
emission is coming from a region with an angular diameter of about 4’, or a diam-
eter ~ 0.5 pc. The peak emission measure, averaged over a 43" beam, is EM =
5 x 10% em ™3 pc (Felli et al. 1993). If the line-of-sight path through the ionized gas
is ~ 0.5 pc, the rms electron density along this path is (n2)'/? ~ 3200 cm 3.

The electron density and temperature in the HII region can be determined us-
ing [SII]6718/6733 and other line ratios. Esteban et al. (2004) estimate n, ~
8900 = 200 cm 2 for the region with the highest surface brightness (~ 20" SW of
' Ori C). The temperature is found to be T, ~ 10000 & 400 K from emission lines
of NII, SII, and O1II, and 7T, ~ 8320+ 40 K from emission lines of O III, S III, and
ArIII. Radio observations of the H64« recombination line give an average temper-
ature T, = (8300 + 200) K (Wilson et al. 1997).

The total H recombination rate can be estimated from the total free—free radia-
tion, or from extinction-corrected observations of H recombination lines. Observa-
tions of Ho integrated over a 16’ x 16 area have been used to estimate a total H
recombination rate of 8.2 x 10® s~! (Wen & O’Dell 1995) (corrected for a distance
D = 414 pc). This is slightly above the estimated total rate Qg ~ 7.6 x 108571
of emission of hv > 13.6 eV photons by the Trapezium stars plus 62 Ori (see Table
28.1), but well within the uncertainties of the estimate for ().

Given that the estimate for @)y does not exceed the recombination rate derived
from the observed He, it appears that the fraction of the hv > 13.6 eV photons
emitted by 6, Ori C, 61 Ori D, and 65 Ori that produce photoionizations is fion = 1.

What is expected? 6, Ori has Qg 49 = 0.64, and the HII region has n,ms ~
3200 cm 3. From Egq. (15.30), a static HII region with Qg 497rms ~ 2000 cm ™3
would have 749 ~ 2.604,_21. If 04_21 ~ 1, then from Fig. 15.2, we estimate
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fion &= 0.45, whereas observations indicate that fi,,, ~ 1. This suggests that
perhaps the stellar ionizing output ()¢ may have been underestimated, or perhaps
o4 in the ionized gas is significantly smaller than 1 x 10~2* cm?H L.

28.3 Orion Bar

A conspicuous feature in optical images of the Orion HII region (see Plate 10) is
the bright bar-like feature running NE to SW, passing ~ 110" SE of the Trapezium.
This feature shows up as a local maximum just interior to a conspicuous disconti-
nuity in the free—free radio emission (see Fig. 28.1). For a point on the Orion Bar,
Pogge et al. (1992) found n, ~ 3000 cm ™3 from [SII]6718/6733, significantly
lower than 7, 2~ 9000 cm 3 in the bright area 30" SW of #* Ori C.

The Orion Bar is a photoionization/photodissociation front viewed nearly edge-
on. Infrared spectroscopy of the Orion Bar shows strong emission in vibration—
rotation transitions of Hs just outside the ionized gas (van der Werf et al. 1996;
Allers et al. 2005). The zone with strong Hy line emission is ~ 5’ thick, corre-
sponding to a projected thickness Ar ~ 3x 106 cm. Outside the region with strong
H, emision, there is an extended region of molecular gas seenin CO J =1 — 0.

While the Orion Bar stands out, it is important to realize that a photodissociation
region (PDR - see §31.7) is present at all points where the ionized gas abuts the
molecular material that partially surrounds the HII region — the PDR extends to
the E, NE, and N of the Trapezium and, in fact, also behind the central portion of
the HII region. The Orion Bar is conspicuous as a result of the geometric accident
that our line of sight happens to be approximately tangential to the PDR, leading to
enhanced observed intensities.

Wen & O’Dell (1995) have constructed a three-dimensional model of the Orion
Nebula. In their model, the distance from 6! Ori C to the Orion Bar ionization
front is ~ 7.8 x 10'® cm. The region of highest surface brightness, ~ 30" SW of
6 Ori C, corresponds to a point where the ionization front along the “back” of the
H I region is located only 3.6 x 107 cm from 6! Ori C: the nebula is brighter there
because the flux of ionizing photons is ~ (7.8/3.6)% a2 4.7 times higher than at the
Bar.

28.4 Gas Kinematics

The gas in the brightest part of M 42 has a thermal pressure p/k ~ 1.6x108 cm 3 K;
this is ~ 10*-° times greater than the typical pressures in the diffuse ISM. The HII
region is able to “vent” into the diffuse ISM as though it were a near-vacuum, with
flow speeds approaching or exceeding the isothermal sound speed (kT'/u)'/? =

11.4T41/2 km s~ in the ionized gas.

The dense molecular gas adjacent to M 42 has a heliocentric radial velocity of
(vomc)r = +28km s~!. H64a observations (Wilson et al. 1997) of the ionized
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Figure 28.1 Maps of M42 at A = 20cm, with HPBW ~ 6.2, from Felli et al.
(1993). The Orion Bar ionization front is ~ 110" SE of §'Ori C, with a projected
separation of 0.22pc = 6.8 x 10'” cm. The lower map is an expanded view of the
brightest region, with only the brightest contours shown.
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gas show a radial velocity v, = 18.4kms ™! at the radio brightness peak. Thus,
relative to the molecular cloud, the ionized gas is streaming foward us, with (v —
vomc)r = —10km s~1. At a location 80" SW of #' Ori C, the ionized gas has
(v —vomc)r = —14km s~1. It seems likely that the gas flow has a component
in the plane of the sky, so that |[v — vomc| &~ 20km s~1 of order 1.5-2 times
the isothermal sound speed ~ 11kms ™" in the ionized gas. This Mach ~ 2 flow
is approximately what is expected for an HII region that is “venting” into a low-
pressure surrounding medium.

28.5 PIGS, Proplyds, and Shadows

High-resolution imaging of the Orion Nebula reveals a number of curious small-
scale structures:

o Herbig-Haro objects: These are small emission regions located near the end
of high velocity jet-like outflows from young stellar objects. The H-H object
is thought to be shocked gas where the material in the jet is stopped by the
ambient medium.

e Proplyds: Proplyd (from “Protoplanetary disk) refers to a young stellar
object with a dusty gaseous disk. A number of these are found exposed to
the ultraviolet radiation in the HII region. They can be seen in silhouette
against the bright background from the HII region, but some show evidence
of luminosity from a star at the center of the disk. Such objects were actu-
ally first detected in radio continuum maps made with the Very Large Array
(VLA) interferometer. These maps revealed about 25 ultracompact sources
of free—free emission within 30" of §* Ori C, with apparent sizes ~ 10*° cm
(~0.15"), which Garay et al. (1987) interpreted as partially ionized globules
(PIGs). The PIGs appear to be protoplanetary disks undergoing photoioniza-
tion and “photoevaporation” resulting from being illuminated by the ionizing
radiation from 6! Ori C. This interpretation was confirmed by optical imag-
ing with Hubble Space Telescope (O’Dell et al. 1993), as can be seen in Plate
11.

o Radiation Shadows: These are shadows cast by the proplyds. Because the
bulk of the ionizing radiation is coming from a single star, 0! Ori C, the pro-
plyd casts a shadow. The shadowed region will still be exposed to a diffuse
ionizing background, produced by recombination to the H ground state, but
this radiation is much “softer” than the emission from hot star, and not able
to ionize O II — O III, which requires hv > 35.1eV. As a result, the gas
in the shadow does not radiate in [OIII]5008. These shadows can be seen as
linear dark features in a map of [OIII]5008/Ha (O’Dell et al. 2009).



Chapter Twenty-nine

H | Clouds: Observations

Approximately 60% of the gas in the Milky Way is in HI regions — regions where
the hydrogen is predominantly atomic.! The HI can be surveyed using the 21-cm
line (in emission or absorption), by measuring absorption lines in the spectra of
stars, and by observing infrared emission from dust that is mixed with the HI. The
magnetic field in the clouds can be visualized through the starlight polarization
produced by aligned dust grains, and in some cases the line-of-sight component of
the magnetic field can be measured using the Zeeman effect in H L.

29.1 21-cm Line Observations

Except for directions and radial velocities where the 21-cm line becomes optically
thick, observations of 21-cm emission directly measure the total column density
of HI. Plate 3a is an all-sky map of the 21-cm line emission. If a background ra-
dio source is available, observations of the 21-cm line in absorption can be used
to determine the HI spin temperature Typ;,, which is normally close to the kinetic
temperature (see §8.3 and §17.3). The spin temperature is a function of position,
and therefore of the radial velocity of the gas. Some observers report radial ve-
locities in a heliocentric coordinate frame where the Sun is at rest, but sometimes
the radial velocity is measured relative to a hypothetical Local Standard of Rest
(LSR).2

Figure 29.1 shows the emission and absorption profiles measured toward the
quasar 3C48, and the derived velocity distribution dN/dv. The most recent emission—
absorption surveys (Heiles & Troland 2003) support the idea that, in the solar neigh-
borhood (i.e., within ~ 500 pc of the Sun), interstellar HI is found primarily in two
distinct phases: the cold neutral medium (CNM) and the warm neutral medium
(WNM). About 40% of the HI (by mass) is in the CNM, with a median spin tem-
perature T' ~ 70 K. The remaining 60% of the HI is in the WNM phase, which
appears to have a volume filling factor fywnw ~ 50% near the disk midplane.

! Approximately 23% of the hydrogen is ionized, and ~ 17% is in molecular clouds (see Table 1.2).

2The LSR is defined to be the velocity of a closed orbit around the Galactic Center passing through
the location of the Sun (Binney & Merrifield 1998). Unfortunately, the motion of the LSR is not yet
well-determined, and authors are not always clear on what they assume. Some authors (e.g., Allen
1973) take the LSR to be such that velocity of the Sun relative to the LSR is (vp)rsr = 19.7km s 1
toward (£,b) = (57°,22°). A more recent estimate (Binney & Merrifield 1998) has (vp)Lsgr =
13.4kms ™! toward (¢, b) = (27.5°,32.6°).
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Figure 29.1 Left panels: Observed HI emission (off the quasar 3C48) and absorption
(toward 3C48, at £ =134°, b= —28.7°). Lower right: spin temperature Tspin (v) as a
function of LSR velocity. Tick marks labeled 0, 1, 2, and 4 on abscissa of left panels
show the LSR velocity expected for gas at a distance of 0,1,2,4 kpc (for an assumed
Galactic rotation curve). Upper right: dN (H 1) /dv for different assumptions regarding
the relative (foreground/background) locations of cold absorbing gas and warm gas
seen only in emission. From Dickey et al. (1978).

The Sun is, fortuitously, very near the midplane of the disk. If the disk were
plane-parallel, then toward galactic latitude b we would expect the HI column
density to vary as N(HI,b) = N(HI,b = 0)/sin|b| = Nycsc|b|. Figure 29.2
shows that there are appreciable deviations from the plane-parallel ideal, but a
reasonable estimate for the half-thickness of the HI disk at the solar circle is
No ~ 3 x 102 cm 2.

Because warm H1 absorbs very weakly, for some of the WNM material it is only
possible to determine a lower bound on Ty, . Figure 29.2 shows the distribution of
spin temperatures found by Dickey et al. (1978). Heiles & Troland (2003) conclude
that > 48% of the WNM has 500 < Ty, < 5000 K — as we will see in §30.4, at
these temperatures the gas is expected to be thermally unstable.

29.2 Distribution of the HI

Differential rotation of gas in the Galactic disk means that — except for the direc-
tions £ = 0 or / = 180° — regions at different distances from the Sun will have
different radial velocities (see, e.g., Binney & Merrifield 1998). Therefore, for an
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Figure 29.2 Left: N(HI) versus csc|b] = 1/sin|b|. The dashed line 2.9 x
10%° csc |b| cm ™2 shows the average relation from a southern survey (Radhakrishnan
et al. 1972). Right: Distribution of Tspin for gas at high (10 directions), intermediate
(8 directions), and low (9 directions) galactic latitudes. Gas with only a lower bound
on Typin constitutes 54% of the emission at |b] > 45°, and 26% at 25° < |b| < 45°.
After Dickey et al. (1978).

assumed Galactic rotation curve, the measured 21-cm intensity vs. radial velocity
can be used to map out the 3-dimensional distribution of HI in the Galaxy.
Because the gas in fact has noncircular motions, the inferred distance is uncer-
tain; in addition, for the inner galaxy (90° < ¢ < —90° and R < 8.5kpc) there
are distance ambiguities, where two different distances correspond to the same ra-
dial velocity. Nevertheless, maps of the distribution of HI gas within the Milky
Way have been produced (see, e.g., Fig. 9 of Nakanishi & Sofue 2003). The radial
distribution of HI derived by Nakanishi & Sofue (2003) is shown in Figure 29.3.

29.3 Zeeman Effect

For the weak (~5uG) B fields in the diffuse ISM, the Zeeman effect (see §4.7) re-
sults in a very small frequency shift between the left- and right-circularly polarized
21-cm emission. The frequency shift is proportional to B)|, the magnetic field com-
ponent along the emission direction. The frequency shift is small compared to the
line widths, even for narrow 21-cm lines, but the systematic shift can be obtained
from the difference of the left- and right-circularly polarized spectra. In regions
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Figure 29.3 Radial distribution of HI from Nakanishi & Sofue (2003). At R 2
11 kpc, the HI surface density declines exponentially. Also shown is the radial distri-
bution of HII from Figure 11.4

with simple line profiles, it is possible to measure this frequency shift and thereby
determine B),.

The number of Zeeman measurements using HI is very limited, because the
observations are difficult. Some selected results are given here:

Diffuse HI clouds studied in absorption against background extragalactic
radio sources have a median B ~ 6.0 + 1.8 uG (Heiles & Crutcher 2005).
The implied magnetic pressure is large: B?/87k ~ 1.0 x 10*ecm—3 K -
several times larger than the gas pressure nT’ ~ 3000 cm 3 K.

The HI gas surrounding the Orion A GMC (see Chapter 32) has B =
+10 4G (+ means B points away from the observer). (Heiles & Troland
1982)

The magnetic fields in five shell-like structures [including the North Celestial
Pole Loop, the North Polar Spur loop (= “Loop I”’), and the shell around
the Eridanus superbubble] were found to be strong, with (|B)[) ~ 6.4 uG
(Heiles 1989). The total fields are expected to be larger, on average, by a
factor 2, so that we estimate |B| ~ 13 uG in these shells. Each HI shell is
thought to be compressed gas behind expanding shock waves, with the cavity
inside the shell (largely devoid of HI) pressurized by multiple supernova



H I CLOUDS: OBSERVATIONS 335

explosions. The compression of the HI in the shells appears to be limited by
the magnetic pressure.

29.4 Optical and UV Absorption Line Studies

The HI gas can also be studied using absorption lines. Lyman « observations mea-
sure N(HI) directly. OI is a reliable tracer of the HI because (1) most of the
oxygen remains in the gas phase, and (2) both O and HT are the dominant ioniza-
tion states (and in partially ionized gas, the O I/O 1l ratio is nearly the same as the
HI/HII ratio — see Fig. 14.5). Other species, such as Nal or Call are useful for
studying the kinematics of the HI, but do not provide accurate information on the
total amount of HI.

Measurement of the fine-structure excitation of species such as CI and CII can
be used to constrain the density and temperature in the HI. An extensive study of
C1 excitation in the CNM (see §17.7) found nT ~ 2800 cm 3 K (Jenkins & Tripp
2010). For the median T4, ~ 70K found above, this implies nyg ~ 35 cm 3.

29.5 Infrared Emission

Because the HI gas is dusty, dust can be used a tracer of the ISM. The dust can be
detected via reddening and polarization of starlight. It can also be detected through
infrared emission. At high galactic latitudes, the dust is heated by diffuse starlight,

Figure 29.4 100 pm intensity measured by DIRBE, after subtraction of zodiacal emis-
sion, plotted against N (HT) obtained from 21-cm observations. Left: The north eclip-
tic pole region (¢ ~ 124°, b ~ 27°). Right: The region with |b| > 25° and ecliptic
latitude |3] > 25° covered by the Bell Laboratories HI survey. The best-fit linear
relationship is shown in each case; data above and to the right of the short lines inter-
secting the fitted lines were not used in the fit. From Arendt et al. (1998), reproduced
by permission of the AAS.
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and the dust temperatures are expected to be similar from one diffuse region to
another. If the dust to gas ratio is constant, and the dust temperature is uniform,
then the infrared emission will be proportional to the 21-cm emission.

The Diffuse Infrared Background Experiment (DIRBE) on the Cosmic Back-
ground Explorer (COBE) satellite made an all-sky map of the 100-pm sky bright-
ness. Figure 29.4 shows the 100-pm intensity, after subtraction of zodiacal emis-
sion, versus 21-cm column density, toward high-latitude regions. It is clear that
the 100-pm emission and 21-cm emission are highly correlated. The good corre-
lation tells us that (1) dust and gas are well-mixed, and (2) the starlight heating
the dust must be fairly uniform. In the right-hand panel there are points with sub-
stantial (~30%) excess 100-um emission relative to HI — these are likely to be
diffuse regions where a significant amount of Hs is present, with the dust in the Ho
contributing to the 100-ym emission.



Chapter Thirty

H | Clouds: Heating and Cooling

Most of the interstellar gas in the Milky Way is neutral, and ~ 78% of the neutral
hydrogen is atomic, or HI. What temperatures do we expect HI gas to be at in a
galaxy like the Milky Way? Here, we discuss the heating and cooling processes,
and the equilibrium temperature where heating and cooling can balance. We will
find that, under some circumstances, more than one equilibrium solution is possi-
ble. This leads to a model where the HI in the interstellar medium can be thought
of as two distinct “phases,” in pressure equilibrium.

30.1 Heating: Starlight, Cosmic Rays, X Rays, and MHD Waves

Possible mechanisms for heating HI regions include

e Ionization by cosmic rays

e Photoionization of H and He by x rays

e Photoionization of dust grains by starlight UV

e Photoionization of C, Mg, Si, Fe, etc. by starlight UV

e Heating by shock waves and other MHD phenomena

The observed spectrum of cosmic rays was discussed in §13.5, where we saw
that the primary ionization rate for an H atom is (cr = 7 x 1078571, with a
substantially larger rate being allowed by uncertainties regarding the flux of cosmic
rays below 1 GeV/nucleon. In §16.4, we saw that observations of H; appear to
indicate a cosmic ray ionization rate (cr ~ (0.5 — 3) x 107651 in diffuse
molecular gas.

As discussed in §13.5, each “primary” ionization by a cosmic ray creates a “sec-
ondary” electron with mean kinetic energy ~ 35eV. Some of this kinetic energy
will go into secondary ionization and excitation of bound states of H, Hs, and He
that will then deexcite radiatively, but a fraction of the secondary electron energy
will ultimately end up as thermal kinetic energy. The heating efficiency depends
upon the fractional ionization. If the ionization is high, then the primary electron
has a high probability of losing its energy by long-range Coulomb scattering off
free electrons, and ~ 100% of the initial kinetic energy will be converted to heat.
However, when the gas is neutral, a fraction of the primary electron energy goes
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into secondary ionizations or excitation of bound states. In the limit where the ion-
ization fraction x — 0, the fraction of the energy going into heat is ~ 0.2. The
heat per primary ionization in partially ionized atomic gas has been calculated by
Dalgarno & McCray (1972). Their numerical results can be approximated by

X 1/2 n
Ep~6.5eV +26.4eV [ —c L we=le 30.1
g eV abac <xe—|—0.07> * 0.1

The heating rate due to cosmic ray ionization is then

Tern ™ [n(H) + n(He”)] (crEn (30.2)

1/2
103 % 10-2ny T8 (_Ser V14 g06 (T 303
03 x 10" ny S 10-16g-1 +4.06 T, +0.07 o( )

where we have taken the cosmic ray ionization cross section for He to be similar to
H. Cosmic rays also interact with free electrons. The heating rate is

Pcre ~ ACcr7e (30.4)

where the coefficient A depends weakly on the CR energy (Goldsmith et al. 1969)
with A ~ 4.6 x 10719 erg if the ionization is dominated by ~ 50 MeV protons,
as appears likely if the primary ionization rate is as large as ~ 10716 s~1 (see Fig.
13.5).

X rays emitted by compact objects or hot interstellar plasma can impinge on neu-
tral regions. Photoelectrons produced by x-ray ionization of H will have energies
E = hv —13.6 €V, and, per primary ionization, secondary ionizations and heating
are greater than for cosmic ray ionization. The photoabsorption cross section per
H nucleon for a 0.4 keV x ray is ~4 x 10722 cm?, with H, He, and the combined
heavy elements (C, O, Ne, Mg, Si) each contributing about % of the total. Thus, a
0.4 keV x ray can penetrate a column Ny ~ 2.5 x 102! cm~2. Higher energies are
more penetrating, but lower energy x rays will only be able to heat the surface layer
of a neutral cloud.

From Fig. 12.1, we see that the local x-ray background can be approximated by
vu, ~ 1 x 10718 (hv/400eV)? ergcm =3 for (0.4 — 1) keV. The hv > 0.4keV
x-ray background contributes some ionization and heating, but at a level well below
the effects of cosmic ray ionization. X rays will be an important source of heating
only in clouds that happen to be close to strong sources of S 200 eV x rays.

30.2 Photoelectric Heating by Dust

Photoelectrons emitted by dust grains dominate the heating of diffuse HI in the
Milky Way. The work function for graphite is 4.50 = 0.05eV (e.g., Moos et al.
2001), and, therefore, large neutral carbonaceous grains can in principle be pho-
toionized by photons with energies down to ~ 4.5 eV. Similarly, the work function
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for lunar surface material has been measured to be 5.0 eV (Feuerbacher et al. 1972).
However, near threshold are small, and we expect photoelectric heating by dust to
be dominated by photons with hv 2 8eV.

For an order-of-magnitude estimate of the photoelectric heating rate due to dust,
let n(8 — 13.6 V) be the number density of 8 < hv < 13.6 eV photons; let (ops)
be the total dust photoabsorption cross section per H nucleon, averaged over the 8
to 13.6 eV spectrum; let (Y') be the photoelectric yield averaged over the spectrum
of 8 to 13.6 eV photons absorbed by the interstellar grain mixture; let (E,e) be the
mean kinetic energy of escaping photoelectrons; and let (E..) be the mean kinetic
energy of electrons captured from the plasma by grains. Then,

Ipe ~1.4% 10—26% n(8—13.6eV) (Tabs) @ ((Epe) —(Ec))
ng ' s [3x10=3cm=3| 10~21cm? 0.1 leV

. (30.5)

For the nominal values of (Y') and ((E,e) — (E.)) appearing in Eq. (30.5), com-
parison with Eq. (30.3) shows that photoelectric heating from dust may be an order
of magnitude larger than the cosmic ray heating rate, Eq. (30.3), even for cosmic
ray ionization rates (cr ~ 10716 s~!, Photoelectrons from dust grains appear to
be the dominant heating mechanism in the diffuse neutral ISM.

Grain charging was discussed in Chapter 25. To model the charging of grains
in the ISM or IGM, it is necessary to estimate the photoelectric yield and distribu-
tion of photoelectron kinetic energies as a function of grain size, grain charge, and
photon energy, for photon energies extending from the ultraviolet to x rays (Wein-
gartner et al. 2006). With this in hand, one must next determine the probability
distribution f(Z) for the grain charge, again as a function of grain size and com-
position. Then, one can evaluate ', /ng as a function of n., T' and the spectrum
of the incident radiation field. In diffuse neutral gas, only hv < 13.6 eV photons
need be considered.

Because the photoelectric heating power per volume is proportional to the dust
density, the starlight intensity, and a function that depends on the grain charge, we
may write

Ipe = nu Go x g(Go/ne, Te) (30.6)

where G is a measure of the starlight intensity. The function g(Go/n.,T.) de-
pends on G /n. and T, because the grain charge depends on these two quantities;
g also depends on the composition and size distribution of the grains.

Because small grains account for most of the UV absorption to begin with, and
because photoelectric yields Y (a, hv) are enhanced for small grains, I',e is domi-
nated by photoelectrons from very small grains, including the PAHs.

30.3 Cooling: [CII] 158 pum, [O I] 63 pum, and Other Lines

An example of the “cooling function” A for predominantly neutral gas, as a func-
tion of temperature, is shown in Figure 30.1 for abundances appropriate to diffuse
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Figure 30.1 Cooling rate for neutral HI gas at temperatures 10 S 7' < 2 x 10K
for two fractional ionizations. For T < 10* K, the cooling is dominated by two fine
structure lines: [CII]158 pm and [O1]63 pm.
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HTI in the Milky Way, and for two different fractional ionizations: z. = 0.017
(WNM conditions) and z, = 4 x 10~* (CNM conditions). For 10 < T < 10*K,
the [CII]158 pum fine structure line is a major coolant. The [O 1163 um fine struc-
ture line is important for 7' 2 100 K. Lyman « cooling dominates only at T 2
1 x 10*K.

The critical densities for [CII]158 um and [O1]63 yum are ~4 x 10% cm 2 and
~10% cm™3, respectively (see Table 17.1), implying that collisional deexcitation
of these levels is unimportant in the diffuse ISM of the Milky Way. Thus, for
fixed composition (and ionization fraction x.), the cooling power per volume A
nu? x M(T), where the cooling rate coefficient A depends only on 7.

30.4 Two “Phases” for HI in the ISM

A thermal equilibrium must have heating and cooling balanced, i.e., T' = A(T).
If we vary the H nucleon density ny;, we can find the thermal equilibrium as a
function of ny. We include cosmic ray ionization of the H, and we take the oxy-
gen ionization to be coupled to the hydrogen ionization by charge exchange, as
discussed in §14.7.1.

The resulting steady state temperatures T, are plotted versus ng in Figure
30.2(a), with Teq (ny) seen to be a monotonically decreasing function of ny.

Now we ask the question: if we fix the pressure p = nkT, what will be the
temperature 7" where heating and cooling balance? Figure 30.2(b) shows 1" versus
pressure p. At low pressures, heating balances cooling at T' ~ 6000 K — these are
warm neutral medium (WNM) conditions. At high pressures, heating and cool-
ing balance for T' ~ 100 K — these are cold neutral medium (CNM) conditions.
However, there is an intermediate pressure range where, for a given pressure, there
are three possible solutions. The upper and lower solutions are stable — if the gas
temperature is perturbed away from the equilibrium, it will return to it. However,
the intermediate solution is thermally unstable — if T is perturbed upward, the gas
will warm up to the stable WNM solution, and if 7" is perturbed downward, it will
cool to the stable CNM branch. Thus, for our current best estimates of cosmic
ray ionization, photoelectric heating, and cooling processes in the diffuse ISM, we
conclude that an ISM that is in thermal equilibrium and dynamic equilibrium (uni-
form pressure) would have diffuse atomic gas in two distinct phases, provided the
pressure p falls in the range 3175 < p/k < 4425 cm ™3 K.

This “two-phase” model of the ISM was first developed by Field et al. (1969).
Because their model did not include photoelectric heating by dust, they required a
cosmic ray ionization rate (cr ~ 4 x 10716s7! to sustain a two-phase medium
at pressure p/k < 1800 cm 3 K. After the importance of photoelectric heating by
dust was recognized, the two-phase model was revisited a number of times (e.g.,
Draine 1978; Wolfire et al. 1995, 2003) with differing assumptions regarding grain
photoelectric heating, grain-assisted recombination, inelastic collision cross sec-
tions for cooling processes, and abundances of coolants (particularly C*). The
steady-state temperaure and ionization equilibria shown in Figure 30.2 were calcu-
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Figure 30.2 (a) Steady state temperature 7" as a function of density n, for gas heated
by cosmic rays and photoelectric heating by dust grains. Two lines of constant nyl’
are shown. (b) Steady state temperature 7" as a function of thermal pressure p. For
3200 S p/k S 4400 cm ™ K there are three possible equilibria — a high-T WNM
solution, a low-71" CNM solution, and an intermediate temperature equilibrium that is
thermally unstable.
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lated using the dust photoelectric heating of Weingartner & Draine (2001d), with
PAHs containing ~25% of the interstellar carbon (60 ppm of C per H, out of a
total ~ 250 ppm); with grain-assisted recombination of H* following Weingartner
& Draine (2001b); with a gas-phase carbon abundance C/H = 1.0 x 10~* (Sofia
& Parvathi 2010); and for cosmic ray ionization rate {(cr = 1 X 10716g=1 ag
indicated by observations of H?{ in diffuse molecular clouds (see §16.4).

30.5 Emission Spectrum of an HI Cloud

According to the preceding discussion, we may expect that much of the HI gas
in the Milky Way has density and temperature characteristic of the WNM or CNM
solutions for p/k ~ 3800 cm 3 K. In Table 30.1 we list the emission per H nucleon
from each phase. Note that the 100 ym emission from dust is the same for the two

Table 30.1 Conditions at Stable Thermal Equilibria for p/k = 3800 cm™* K

CNM WNM
T(K) 160. 5512
nu(cm™?3) 21.5 0.626
ne(cm™3) 0.00925 0.0116
Ne/NH 0.00043 0.0185
n(H")/nu 0.000272 0.0167
47vj, (dust, 100 pm) /nm (1070 ergs™'H™)  240. 240.
47§ /nm (107 ergs™'H™'):  [CII]158 um 2.85 0.385
[01]63.2 um 2.00 1.05
[0T1]145 pm 0.119 0.0875
[01]6302 A — 0.0317
[Si11]34.8 um 0.0341 0.0474
[ST1)6733 A — 0.100
[STT)6718 A — 0.148
[Fe1l)5.34 ym — 0.0216

[FeI1]26.0 pm 0.00101 0.00904

phases, as the dust is heated by the same radiation field. The line emission varies
considerably between the two phases. For the CNM solution at T = 160 K, the
strongest coolant is [CII]158 um, but for the WNM solution at 7' = 5512 K, the
strongest coolant is [O1]63.2 um. Note that the 7" = 160 K temperature of the
CNM solution is above the median spin temperature 7' ~ 70 K found in 21-cm
studies, but the distribution of spin temperatures in Figure 29.2 shows that it is
not uncommon to have temperatures in the 100 to 200 K range. At T = 160K,
[01]63.2 pum emission is providing 40% of the total cooling. It is also of interest to
note that the total line cooling power per H is lower for the WNM solution than for
the CNM solution — this is because positive charging of dust grains in the WNM is
lowering the dust photoelectric heating rate per H.



Chapter Thirty-one

Molecular Hydrogen

31.1 Gas-Phase Formation of H,

When two free H atoms, both in the ground electronic state, approach one another,
by symmetry there is no electric dipole moment. As a result, there is no electric
dipole radiation that could remove energy from the system and leave the two H
atoms in a bound state. Electric quadrupole transitions are possible, but the rates are
very low. Thus the rate coefficient for H+H — Hs+hv is so small that this reaction
can be ignored in astrochemistry. The three-body reaction SH — Hy + H + KE
can occur, with the third body carrying off the energy released when Hs is formed,
but the rate for this three-body reaction is negligible at interstellar or intergalactic
densities.!

The dominant channel for H, formation in the gas phase begins by formation of
H~ by radiative association:

H+e = H +hv , ks1~19x1071067967cm?s71, (31.1)

followed by formation of Hy by associative detachment:
H +H—>Hy(v,J)+e +KE , k3io~13x10%cm’®s™!  (31.2)

(Le Teuff et al. 2000); this is an exothermic ion—molecule reaction.

The rate for formation of Hs by associative detachment is proportional to the
density of H™, which tends to be very low in diffuse regions because formation of
H™ by radiative association is slow and destruction of H™ is rapid. In addition to
the Hy-forming reaction (31.2), H™ can also be destroyed by reaction with protons:
(Moseley et al. 1970)

H +H"SH+H |, kys~69x10 7T, ?em®s™'  (31.3)

or other positive ions (Dalgarno & McCray 1972):

H + Mt SH+M |, kya~4x1077T, 2ems™ , (31.4)

! At the high densities of a protostar or protoplanetary disk, 3H — Ha + H is able to convert H to
Ho, but at interstellar or intergalactic densities, three-body reactions are extremely slow.
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or by photodetachment:

H +hw —H+e , (15~24x10"Gos™* (31.5)

in the interstellar radiation field (Le Teuff et al. 2000). In the diffuse ISM, where
n(H') ~ 0.01cm ™3, most of the H™ that is formed by (31.2) is destroyed by
photodetachment, resulting in a very low formation rate for Hs.

In the absence of dust (e.g., in the early universe), H- + H — Hy + e~ is the
dominant channel for forming Hs. Glover et al. (2006) discuss uncertainties in the
rate coefficients for destruction of H™.

31.2 Grain Catalysis of H,

The dominant process for Ho formation in the Milky Way and other galaxies is
via grain catalysis, a process first discussed by Gould & Salpeter (1963) and Hol-
lenbach & Salpeter (1971). The idea is that a first H atom arrives at a grain and
becomes bound to the grain surface. Initially, the binding may be weak enough that
the H atom is able to diffuse (i.e., random-walk) some distance on the grain surface,
until it happens to arrive at a site where it is bound strongly enough that it becomes
“trapped” — thermal fluctuations at the low temperature (T, ~ 20 K) of the grain
are unable to free it for further exploration of the grain surface. Subsequent H atoms
arrive at random locations on the grain surface and undergo their own random walks
until they also become trapped, but eventually one of the newly arrived H atoms en-
counters a previously bound H atom before itself becoming trapped. When the two
H atoms encounter one another, they react to form Hs. The energy released when
two free H atoms react to form Hy in the ground state is AE = 4.5eV. This energy
is large enough to overcome the forces that were binding the two H atoms to the
grain, and the Hy molecule is ejected from the grain surface.
Let
1 dng,

Yo =X 01 X 1072 em?H = — [ da Ta (31.6)
nH da

be the total grain geometric cross section per H nucleon. The observed UV extinc-
tion reaches values 7(A = 0.1 ym) ~ 2 x 1072! cm?/H. This suggests that the
grain population has

YRl . (31.7)

This is a lower bound: ¥ _5; could conceivably be much larger than the lower
bound (31.7) if a large population of very small a < 50 A grains is present. All
grain models that reproduce the interstellar extinction have ¥_o; > 1; models
that include PAHs to also explain the observed IR emission have ¥_o; & 5, with
AY. 51 ~ 0.5 coming from the @ 2 0.01 ym grains.
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Suppose that a fraction €g, of the H atoms that collide with a grain in the ISM
depart from the grain as Hy — this fraction may be a function of both grain size a
and composition. The rate for H, formation via grain catalysis would then be

<d"(H2)> = Rynun(H) | (31.8)
it ),

where the effective “rate coefficient” Ry, is given by

1/ 8kT \'/?
Rgy = 3 <7TmH> (€ar)Zgr (31.9)

the leading factor of % is because two H atoms are required to form Hs, and

1 Ay
(€ar) = Z—/da gj Ta%€g(a) (31.10)
gr

is the formation efficiency averaged over the grain surface area. Numerically,

T O\ /2
-17 .3 —1
Ry =73 x107 " "cm”s <IOOK> (€gr)X_21 - (31.11)
Jura (1975) used ultraviolet spectroscopy of diffuse clouds to determine that g, ~
3 x 10717 em? s~ in gas with T ~ 70 K, which is consistent with Eq. (31.11) if
(egr>2_21 = 0.5. The silicate-graphite-PAH grain model of Weingartner & Draine
(2001a) has X_»; ~ 6.0; thus for this grain model, the observed 2., would appear
to indicate (egy) ~ 0.08. This average could be the result of a very low value of €,
for the PAHs, which dominate the surface area, and €5, < 0.5 for the a 2 0.01 pm
“classical” silicate and carbonaceous grains.

31.3 Photodissociation of Hy

Photodissociation (He + hv — H + H + KFE) is the principal process destroy-
ing interstellar Hy in galaxies. The first step in Hy photodissociation is absorp-
tion of a resonance line photon, raising the Hy from an initial level X (v, J) of the
ground electronic state X 'Xf to a level B(v,J) or C(v,J) of the first and sec-
ond electronic excited states, B and C'II,. The original photoexcitation is
via a permitted absorption line, and therefore the newly excited level B(v’, J') or
C(v', J') is guaranteed to have electric dipole-allowed decay channels. In general,
the excited level B(v', J') or C(v’, J’) is most likely to decay to vibrationally ex-
cited bound levels X (v”, J”) of the ground electronic state, and such decays occur
~ 85% of the time. Sometimes, however, spontaneous decay of the excited level
B(v', J') will be to the vibrational continuum of the ground electronic state: the
H, molecule will fly apart in ~ 10714, separating into two free H atoms. Each
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Table 31.1 Photoexcitation and Photodissociation Rates® for Unshielded Ho

level ¢ Cphotoexc,Z/X b Cdiss,l/x <pdiss>£
(v,J) (107"s™hH (10" MsTh

(0,0) 3.08 4.13 0.134
0,1) 3.09 4.20 0.136
0,2) 3.13 4.23 0.135
(0,3) 3.15 4.57 0.145
0,4) 3.21 4.94 0.154
0,5) 3.26 5.05 0.155

¢ From Draine & Bertoldi (1996).

b — —14 -3
X = (Vu,,)moo/:/(él x 107" ergem ™)

electronically excited level u has some probability pgiss ., Of spontaneous decay to
the vibrational continuum.

The probability per unit time of photoexcitation of Ho from lower level ¢ to upper
level u is given by

7762

Coosu = feruXpu (Ux)ew - (31.12)

mec2h
There are many transitions out of a given lower vibration-rotation level £. The total
rate of photoexcitation out of ¢ is

Cphotoexc,é = Z Cé—m (31.13)

and the photodissociation rate is obtained by summing over all of the photoexci-
tation channels, each multiplied by the probability pgiss ., that the upper level will
decay to the vibrational continuum:

Caiss.t = Y CeosuPdiss,u (31.14)

The dissociation probability averaged over the photoexcitation channels is just

Cdiss,é

(Pdiss)e = (31.15)

Cphotoexc,@

In the absence of shielding from the interstellar radiation field, the rates for pho-
toexcitation and photodissociation of Hy in various (v, J) levels are given in Table
31.1. Note that the unshielded rates (photoexc,e and Cdiss,¢ are nearly independent
of the level . The ultraviolet radiation field was taken to be

A
,=xx (4x1071 -3 ( ) 31.16
vy X ( ergcm ) 1000 & ( )

over the 1100-912A wavelength range where Hy absorbs UV in a neutral region.
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Near 1000A the spectrum (31.16) has a color temperature of 29000K, correspond-
ing to a BO star. Because Hy only absorbs strongly over a limited range of wave-
lengths, the photodissociation rates depend mainly on the intensity near 1000A
measured by

(VUV)IOOOIQ (31 17)
4 x 10~ ergem—3 '

X =

and are insensitive to modest variations in the spectral slope. The scaling factor
x = 1 for the Habing (1968) radiation field, x = 1.71 for the ISRF of Draine
(1978), and x = 1.23 for the ISRF of Mathis et al. (1983). Thus in the local
diffuse neutral ISM the Hy photodissociation rate (giss = (Pdiss)Cphotoexc = 4 X
107 ys =5 x 107 st

The steady state abundance of Ho will be determined by a balance between for-
mation on grains and photodissociation, resulting in a very low steady state abun-
dance:

Cdissn(HZ) = Rgran(H) ) (3118)

n(Hy)  Rgn(H) (31.19)
ny Cdiss .

_ n(H) R 5x10~ st
~1.8%x107° £ (312
8> 10 (30 cm—3 )(3><1017 cm3 Sl>< Cdiss (31.20)

In the absence of self-shielding, diffuse H I clouds will contain only trace amounts
of H2.

31.4 Self-Shielding

Self-shielding refers to the phenomenon where the photoexcitation transitions be-
come optically thick, so that the molecule in question is “shielded” from starlight
by other molecules. The Hs molecule is an important example of self-shielding.
Suppose that the ultraviolet radiation is coming from a single direction, and that
the gas between the point of interest and the illuminating stars has column den-
sity N[Hz(v, J)] in the different rotation-vibration levels of Ha. If we ignore the
possibility that two different lines may accidentally overlap, then the rate of pho-
toexcitation from level £ = X(v, J) to level u = B(v', J") or C(v', J') is

Cu) d(W)\)gu
= 1.21
Cphotoexc,@%u (hC/A)Zu ng (3 )
Acuy AWy,
= 31.22
(hc/)‘>éu ng ’ ( )

where Wy, [see Eq. (9.3)] is the dimensionless equivalent width in the line £ — wu.
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In the optically thin limit, dW¢, /dN; — (7e?/mcc?) fouMew. Therefore, relative
to the optically thin value, the photoexcitation rate for a specific transition ¢ —
is reduced by the self-shielding factor:

AW, /AN,
shie u = 1 5 31.23
f hield,¢ (7T62/m602)f£u>\£u < ( )

where u) is the radiation energy density per unit wavelength in the absence of Hy
line absorption. Self-shielding occurs on a line-by-line basis, with stronger self-
shielding (i.e., smaller fspicia,ey,) for the stronger lines (large oscillator strengths
few) from levels with large populations V.

The photodissociation rate for H in level £ is reduced by self-shielding:
_ e A3 31.24
Ciss ¢ = oh Zu:feu 2u U fshield eu - (31.24)

The photodissociation rate per Hs is obtained by averaging (31.24) over the popu-
lated levels. A reasonably accurate approximation is given by (Draine & Bertoldi
1996):

Cdiss ~ Cdiss,Ofshieldﬂisse_ﬁooo ) (3]25)
0.965 0.035 _
Jshield, diss & 1+ 2/b3)? + 0+ 2)05 exp [*8.5 x 1074(1 + z)O'S] , (31.26)
N(H b
r= (Hy) , by = —— (31.27)

5x 104 cm—2

where (qiss,0 1S the photodissociation rate in the absence of dust extinction or self-
shielding, and 74,1000 is the optical depth for attenuation of the radiation field by
dust at 1000 A.

31.5% Excitation of Vibration and Rotation by UV Pumping

Photoexcitation to some level B(v', J') or C(v’, J') will be followed, within a few
nanoseconds, by spontaneous decay to some level X(v”, J”) of the ground elec-
tronic state. Every excited level B(v’, J') can decay into a number of different
rotation-vibration levels. The B(v =2, J = 1) state, for example, has a probabil-
ity p = 0.959 of decaying to a vibrationally excited level of the ground electronic
state. As a result, UV pumping of Hy populates the vibrationally excited levels
of the ground electronic state. At low densities, these vibrationally excited levels
will spontaneously decay to lower vibrational levels via electric quadrupole transi-
tions, usually with Av=—1. This “radiative cascade” populates many lower levels,
finally reaching the ground vibrational level.
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Table 31.2 Einstein A Coefficients and Critical Densities for Ho(v=0, J)

atT = 70K
J Ajg-—2? Merit, i Nerit,Hy ©
(s™h) (em™®)  (em™®)
2 294x1071  1.5x10® 4.1 x 10*
3 476x107°  1.2x10* 9.2x10°
4 276x107° 6.8x10* 2.0 x10*

5 983x107% 1.1x10° 3.4x10°

% Wolniewicz et al. (1998)
b Forrey et al. (1997)
¢ Le Bourlot et al. (1999)

In the low density limit, the radiative cascade process is completely determined
by the Einstein A coefficients, and an electronically excited level u has some prob-
ability g(u;v’, J') of populating level X (v/, J’) in the course of the radiative cas-
cade. In the absence of collisions, the population of level X (v, J) can, therefore,
be calculated from

N('U, J)Atot (’Ua J) = Z N[ Z Cpumpl*)\JQ(u; v, J) 9 (3128)
0 u

where Aot (v, J) is the total spontaneous decay rate from level (v, J).

31.6 %« Rotational Level Populations

The vibrationally excited levels have radiative lifetimes of only ~ 10° s, and colli-
sional deexcitation by collisions with H, Hs, or He is unlikely at densities ny <
10% cm 3. In the ground vibrational state, however, the lifetimes of the lowest rota-
tional levels are long enough that collisional effects can play a role in depopulating
the lowest J levels. The Einstein A coefficients and critical densities for a few of
the rotationally excited levels of Hy are given in Table 31.2. The populations of the
lowest J levels are, therefore, sensitive to the density ny and temperature 1" of the
gas.

The pumping rate is of course affected by self-shielding, so we cannot discuss the
rotational excitation of the Hy, without specifying (1) the ultraviolet intensity in the
absence of self-shielding and (2) the amount of H, between the point of interest and
the ultraviolet source. We must specify not only the total column N (Hs) providing
the self-shielding, but also the amount in each rotational level. For illustration,
the Hy providing the shielding is assumed to have a thermal rotational distribution,
with T,o¢ = 100 K. Figure 31.1 shows the relative rotational level populations for
Hs exposed to the MRN radiation field but shielded by various column densities
N(Hy).
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Figure 31.1 Rotational excitation of Hy in diffuse clouds, for various N(Hz). Also
shown is the rotational excitation of Hy in diffuse clouds falling on sightlines to the
AGNs 3C273 and NGC 7469 (Gillmon et al. 2006).

This plot shows several interesting features:

For low levels of self-shielding [V (Hz) < 10® cm 2] the rotational distri-
bution function for J > 2 is relatively insensitive to the gas temperature —
the rotational excitation for J > 2 is the result of UV pumping.

The rotational levels J > 3 have relative populations that can be approxi-
mately characterized by rotational temperature T,y ~ 400 K, but this has
nothing to do with the actual kinetic temperature of the gas: it is entirely the
result of the branching ratios in the vibration-rotation “cascade” that popu-
lates the high J levels.

As the shielding column density N(Hs) increases, the UV pumping rates
decline, and the fraction of Hs in levels J > 3 declines.

For N(Hz) 2 108 cm~2, the UV pumping rates are small enough so as to
not appreciably raise the abundance of J = 2, and the relative populations
of levels J = 0 and J = 2 can be used as a thermometer to estimate the gas
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temperature:

T~ 510K
85 In [5N(0,0)/N(0,2)]

(31.29)

e The ratio of J =1 to J =0 tends to be larger than the thermal equilibrium
value. This is because the larger statistical weight of the J = 1 level leads
to N(J=1) > N(J =0), resulting in more effective self-shielding and a
reduced photodissociation rate for J = 1.

When a sufficiently bright ultraviolet source is located behind a gas cloud, the Ho
rotational-level populations can be determined by the usual techniques of absorp-
tion line spectroscopy. Figure 31.1 shows the degree of rotational excitation in two
Milky Way gas clouds, using absorption lines in the spectra of background AGNss.

For the two examples shown, the rotational excitation is larger than what was
expected for the actual column densities. In part, this is because the observations
sum over all the Hs, some of which is closer to the cloud surface, less self-shielded,
and therefore more strongly pumped. In the following, we will consider models
where we take into account the variation in the pumping rate with distance from
the cloud surface.

31.7 % Structure of a Photodissociation Region

Stars are formed out of molecular gas, and when a massive star forms, it may
strongly irradiate the remaining molecular clouds with ultraviolet radiation, re-
sulting in photodissociation and photoionization. The photoionized gas, heated
to ~ 10* K, will be overpressured, which will drive a compressive wave (possibly
a shock wave) in the molecular cloud, and will also cause the ionized gas to try to
flow toward lower-pressure regions nearby.

The interface between the HII region and the dense molecular cloud is called a
photodissociation region, or PDR. It will be bounded by an ionization front — the
surface where the hydrogen is 50% ionized — and will contain a photodissociation
front — the surface where the hydrogen is 50% atomic and 50% molecular (by
mass). If we adopt a frame of reference in which the photodissociation front is at
rest, then the molecular gas will flow toward the photodissociation front where it
is dissociated, after which the atomic gas flows away from the photodissociation
front toward the ionization front. The structure of a PDR at the interface between
an HII region and a dense molecular cloud is illustrated in Fig. 31.2.

If the flow velocities are sufficiently small, the ionization, chemistry, and heating
and cooling may all be considered to be in steady state balance. In particular, Ho
formation and destruction must locally balance, as in Eq. (31.18). Diffuse molec-
ular clouds have a qualtitatively similar structure, although they may lack both the
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Figure 31.2 Structure of a PDR at the interface between an HII region and a dense
molecular cloud.

hottest and the coolest regions shown in Fig. 31.2, depending on whether they are
bounded by photoionized gas, on the one hand, and how thick they are, on the other.

Fig. 31.3 shows the profile of a model plane-parallel cloud with an HI/H; tran-
sition. For simplicity, the cloud is assumed to be illuminated from one side by
unidirectional radiation with the energy density and spectrum of the interstellar ra-
diation field. The gas is assumed to be at uniform pressure p/k = 3000 cm 3 K,
with a cosmic ray ionization rate (cr = 2 x 10716 s~1 and standard dust properties
for attenuation of starlight, photoelectric heating, and formation of H,. The gas is
further assumed to be in thermal and chemical equilibrium at each point, with heat-
ing = cooling, ionization = recombination, and Hs destruction = formation. As the
radiation field entering from the left is attenuated by dust, the gas makes a transition
from the warm (WNM) phase to the cool (CNM) phase.

The H, abundance in the WNM is very low, < 1076, The steady state H,
abundance rises as one enters the CNM phase, as a result of both the increased
gas density (promoting Hy formation), and growing self-shielding (lowering the
photodissociation rate). The zone where the gas is more than 50% atomic has
Nu = 3.9 x 102 cm~2, and a dust column with E(B — V) = 0.066 mag, Ay =
3.1E(B — V) = 0.2 mag. The Hs in the cloud is undergoing UV pumping, which
results in destruction of the Hy ~ 15% of the time; the remaining ~ 85% of the UV
excitations create a population of rotationally excited Hs in the cloud.
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Figure 31.3 Profile of the HI/Hj transition in a diffuse molecular cloud, for an as-
sumed pressure p/k = 3000cm 2 K. The dotted lines delimit the surface layer of
cool gas where more than 50% of the hydrogen is HI.

Ultraviolet spectroscopy of extragalactic sources frequently shows absorption
lines from Hs in diffuse gas in the Galaxy. This diffuse Hy will usually be ex-
cited by an ultraviolet radiation field resembling the local ISRF, and hence we ex-
pect rotationally excited Hy to be present in these clouds due to the effects of UV
pumping. Figure 31.4 shows the column densities in the J = 2, 3,4, 5 rotational
levels of the ground vibrational state, plotted against the total Ho column density.
The solid curves are adapted from the model cloud in Fig. 31.3, where we show
the integrated columns of (2/ cos ) x N(Hz, J) versus (2/ cos ) x N (Ha, total)
integrated from the WNM to a point within the cloud to simulate clouds of varying
total thicknesses. The factor of 2 allows for the fact that a cloud will have two
surfaces; the factor of 1/ cos @ allows for inclination of the plane-parallel cloud
relative to the sightline to the AGN. The curves shown are for cos = 0 and 0.5.
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Figure 31.4 Solid curve: Hz column densities N (J) for rotational levels J = 2,3,4,5
for diffuse clouds of varying total thickness, for the pressure and UV illumination as-
sumed in Fig. 31.3. N(H) is the total Hy column density through the cloud. Also
shown are N (J) in diffuse clouds observed toward various AGNs (Wakker 2006; Gill-
mon et al. 2006). The observed column densities of excited Ho are significantly higher
than predicted by the UV pumping model.

Also shown are column densities measured for a number of AGN sightlines
(Wakker 2006; Gillmon et al. 2006). For N (Ha, total) < 10'7 cm ™2, the observed
column densities of rotationally excited Hy appear to be in agreement with the UV
pumping model, whereas clouds with N(Hy) = 10*® cm~2 almost always show
more rotationally excited Hy than predicted by the UV pumping model. In cloud
after cloud, the amount of Hy in the J = 3 level is an order of magnitude larger
than predicted by UV pumping alone.

The reason for this discrepancy is unknown; one possibility is that a large frac-
tion of diffuse clouds contain small regions with high gas temperatures 7' 2 500 K
where the rotational levels J = 3,4,5 can be collisionally excited. This inter-
pretation requires some mechanism to heat the gas locally; MHD shock waves or
intermittent decay of strong turbulence are two possibilities.
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31.8 Dense PDRs

In star-forming galaxies, an appreciable fraction (~ 10%) of the total luminosity of
the galaxy is reprocessed through dense PDRs at the interface between molecular
clouds and HII regions. Here, energy originally radiated by hot stars is absorbed
by molecules and dust grains in the PDR, and reradiated at longer wavelengths as
IR emission from dust and PAHs, and line emission from atoms and molecules in
the gas. Part of the starlight energy goes into changing the physical state of the gas
from cold and molecular to hot, photodissociated, and possibly photoionized if an
ionization front is present.

The Orion Bar (see §28.2) is an example of a dense PDR. Moving outward from
' Ori C, it includes a high pressure layer of photoionized gas, an ionization front,
a photodissociation zone where the hydrogen is neutral but primarily atomic, and a
photodissociation front. Tielens et al. (1993) provide a nice overview of the Orion
Bar.

The overall physics and chemistry of PDRs is complex — see the review by Hol-
lenbach & Tielens (1999). There are a number of outstanding issues, such as
whether clumpiness of the gas is of major importance, how the dust population
evolves as the photodissociation and photoionization fronts approach and pass by,
and the processes, such as photoelectric heating, responsible for heating the gas
in the PDR. For example, Allers et al. (2005) discuss the heating of the gas and
evidence for evolution of the grain properties in the Orion Bar PDR.



Chapter Thirty-two

Molecular Clouds: Observations

32.1 Taxonomy and Astronomy

Molecular gas is abundant in star-forming galaxies like ours, and occurs over a very
wide range of densities. Individual clouds are separated into categories based on
a their optical appearance: diffuse, translucent, or dark, depending on the visual
extinction Ay through the cloud, as shown in Table 32.1.

Table 32.1 Cloud Categories

Category Ay (mag) Examples

Diffuse Molecular Cloud S ¢ Oph cloud, Ay =0.84°
Translucent Cloud 1to5 HD 24534 cloud, Ay =1.56 b
Dark Cloud 5t0 20 B68°, B335¢

Infrared Dark Cloud IRDC) 20to & 100 IRDC G028.53-00.25 ©

¢ van Dishoeck & Black (1986). d Doty et al. (2010).

® Rachford et al. (2002). ¢ Rathborne et al. (2010).

¢ Lai et al. (2003).

Diffuse and translucent clouds have sufficient ultraviolet radiation to keep gas-
phase carbon mainly photoionized throughout the cloud. Such clouds are usually
pressure-confined, although self-gravity may be significant in some cases. The
typical dark cloud has Ay ~ 10mag, and is self-gravitating. Some dark clouds
contain dense regions that are extremely opaque, with Ay, 2 20 mag. In some
cases, dark clouds with Ay 2 102 mag are observed; these infrared dark clouds
(IRDCs) are opaque even at 8 ym, and can be seen in silhouette against a back-
ground of diffuse 8 m emission from PAHs in the ISM (see Plate 15).

The terminology in Table 32.1 describes the total surface density of the cloud,
in terms of the visual extinction Ay, through the cloud. Because molecular clouds
do not form a one-parameter family, terminology has developed to describe other
characteristics of the clouds. Unfortunately, the terminology has not been standard-
ized, and different investigators may use the terms “clump” and “core” differently.
We follow the usage outlined by Bergin & Tafalla (2007).

The giant molecular cloud (GMC) and dark cloud categories are distinguished
mainly by total mass. Groups of distinct clouds are referred to as cloud com-
plexes. Structures within a cloud (self-gravitating entities) are described as clumps.
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Table 32.2 Terminology for Cloud Complexes and Their Components

Categories Size Ny Mass Linewidth Ay Examples

(o) (em™3)  (Mp) (kms™ ! (mag)
GMC Complex 25 —200 50 —300 10°—1068 4—17 3—10 MI17, W3, W5l
Dark Cloud Complex 4 —25 102 —10% 102 —10*% 1.5—5 4 — 12 Taurus, Sco-Oph
GMC 2-20 10%—10* 102—-10%3 2—9 9—25 Orion A, Orion B
Dark Cloud 03—-6 102-10* 5-500 04—2 3-—15 B5,B227
Star-forming Clump 0.2 —2 10* —10° 10—-10% 05—3 4—90 OMC-1,2,3,4
Core 0.02—0.4 10* —10% 0.3—-10%2 0.3—2 30—200 B335, L1535

Clumps may or may not be forming stars; in the former case they are termed star-
forming clumps. Cores are density peaks within star-forming clumps that will
form a single star or a binary star. Table 32.2 gives representative properties for the
different categories.

Molecular clouds are sometimes found in isolation, but in many cases molecular
clouds are grouped together into complexes. Since large clouds generally have
substructure, the distinction between “cloud” and “cloud complex” is somewhat
arbitrary. Delineation of structure in cloud complexes is guided by the intensities
and radial velocities of molecular lines (e.g., CO J = 1—0) as well as maps of
thermal emission from dust at submm wavelengths. Table 32.2 provides a guide to
the terminology.

Much of the molecular mass is found in large clouds known as “giant molecular
clouds” (GMCs), with masses ranging from ~ 103 M to ~2 x 10° M. These
have reasonably well-defined boundaries, but the molecular gas within them has
considerable substructure.

A GMC complex is a gravitationally bound group of GMCs (and smaller clouds)
with a total mass 2 10°3 M. The largest GMC complexes have masses ~ 6 x
108 M.

The nearest example of a GMC complex is the Orion Molecular Cloud (OMC)
complex, with a total mass M =~ 3 x 105 M, located ~ 414 pc from the Sun. A
map of the distribution of molecular gas in the OMC complex is shown in Figure
32.1. There are six GMCs shown on the map, three of which (Orion A, Orion B,
and Northern Filament) form the Orion GMC complex; the other three GMCs on
the map have different radial velocities and are thought to be background objects.

For the currently favored distance d =414 pc, the Orion A, Orion B, and North-
ern Filament GMCs have virial masses 1.2x10° M, 0.6x10° M, and 0.8x10° M,
if magnetic fields are neglected. If magnetic fields are dynamically important, as
appears to be the case, the virial mass estimates will increase by a factor of up to
~ 2. The GMCs are embedded within a lower density HI envelope, with a total HI
mass ~ 6 x 10% M. The Orion A GMC, the most massive of the three GMCs in
the Orion complex, hosts the famous Orion Nebula (M42 = NGC1976) HII region
(see Chapter 28). Plates 13 and 14 show the Orion Nebula; the dust around it is
made visible both by scattering light and by obscuring some parts of both M 42 and
M43.
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Figure 32.1 Schematic diagram showing the boundaries of molecular clouds in the
Orion region. There are three GMCs forming the Orion GMC complex: Orion A,
Orion B, and the Northern Filament, with virial masses ~ 1.2x10° Mg, 0.6x10° M,
and 0.8 x 10° M,. The Orion A and Orion B clouds have similar radial velocities and
may be connected. The Orion Nebula is associated with the Orion A cloud. The NGC
2149 cloud, the Southern Filament, and Mon R2 are thought to be background features
not associated with Orion A or Orion B. For clarity, the NGC 2149 cloud is shown 8°
south of its actual location. The shaded arc is Barnard’s Loop, seen in Ho (and visible
in Plate 3b). After Maddalena et al. (1986).

Each of the GMCs in Orion contains a number of clumps. In projection, the
Orion A cloud is ~20pc x 75 pc. About 50% of the total mass of Orion A is in
the Orion A Ridge, a ~ 3 pc x 32 pc filament of enhanced density running along
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Figure 32.2 Locations of prominent molecular clouds along the Milky Way. From
Dame et al. (2001), reproduced by permission of the AAS.

the long axis of the cloud. There are a number of density peaks, or clumps, along
this filament. The most massive is OMC-1 (~ 103 M) centered behind the Orion
HII region. OMC-2 and OMC-3, with masses ~ 102 Mg, are located ~ 1.7 pc and
2.8 pc N of OMC-1, and OMC+4 is located ~ 1.4 pc S of OMC-1.

OMC-1 appears to be the site of the most vigorous current star formation in the
Orion A molecular cloud, containing within it a cluster of young stars with total
luminosity L ~ 10° L. The most luminous sources in OMC-1 are the Becklin-
Neugebauer object, a B3-B4 star (8-12 M, L ~ 2500 — 10* L), and Source I,
a heavily obscured star or protostar with L ~ 5x 10* L,. Source I appears to be
responsible for a spectacular high velocity outflow in OMC-1, expanding radially
outward, and visible in line emission from vibrationally excited Hs, rotationally
excited OH, and high-J CO. Genzel & Stutzki (1989) give an excellent review of
the molecular gas and star-formation in the Orion GMC complex.

Figure 32.2 shows the location of prominent molecular clouds projected onto
the sky, and Fig. 32.3 shows the distribution of molecular clouds within 1 kpc
of the Sun, projected onto the disk. The nearest molecular clouds are the Taurus
Molecular Cloud complex, at a distance of ~ 140 pc, and the R Cor A, p Oph, and
Lupus clouds, at D ~ 150, 165, and 170 pc, respectively. The Taurus, Lupus, and
p Oph clouds each have M ~ 3x10* M the R Cor A cloud is considerably less
massive, with M ~ 3 x 103 M.

CO line surveys can detect GMCs at large distances, allowing the total number in
the Galaxy to be estimated. Excluding the molecular material within a few hundred
pc of the Galactic Center, the overall mass distribution of GMCs in the Milky Way
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reproduced by permission of the AAS

can be approximated by a power-law

dNgwmc

Mgme\ 3
— - ~ N, | ——= for 10° Mo < M, M, 2.1
d1n MGMC u ( Mu ) or 10 ® ~N amMmc < u (3 )
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with M, ~ 6 x 106 Mg, N, = 63, and o =~ 0.6 (Williams & McKee 1997). For
the distribution (32.1), most of the mass is in the most massive GMCs: ~ 80% of
the molecular mass is in GMCs with M > 10° M.

Plate 8 shows the distribution of GMCs and GMC complexes in the face-on spiral
galaxy M51, with numerous GMC complexes with masses M > 107 M, (Koda
et al. 2009).

32.2 Star Counts

Molecular clouds were originally discovered by star counts: Herschel (1785) no-
ticed that there were patches along the Milky Way where very few stars were seen.
Herschel incorrectly attributed this to a real absence of stars; we now understand
that the apparent deficiency of stars is the result of obscuration by dusty clouds.
Star counts using background stars continue to be a good way to study the structure
of these regions. Because the visual obscuration can be very large, studies of dark
clouds using star counts are now usually done in the J, H, or K bands (e.g., the
study of the Pipe Nebula by Lombardi et al. 2006).

32.3 Molecular Radio Lines

The most common way to study molecular gas is through molecular line emission,
and the primary line used is the J = 1 — O transition of CO. This transition is
often optically thick, but, as discussed in §19.6, the CO 1-0 luminosity of a cloud
is approximately proportional to the total mass.

Velocity-resolved mapping of CO 1-0 together with an assumed rotation curve
and an adopted value of the “CO to Hy conversion factor” Xco have been used
to infer the surface density of Hy over the Milky Way disk (Nakanishi & Sofue
2006). The Hy surface density shown in Figure 32.4 was obtained for the value of
Xco = 1.8 x 102°Hy cm~2/ Kkms™! recommended by Dame et al. (2001). It
is important to keep in mind that the value of X is quite uncertain (see Chapter
19).

Table 32.3 gives the total masses of HI and Hs in the Milky Way from the anal-
ysis of Nakanishi & Sofue (2003, 2006). Molecular gas accounts for ~ 22% of the

Table 32.3 Mass of HI and Hs in the Milky Way

Phase M(10° M)
Total HII (not including He) 1.1
Total HI (not including He) 2.9
Total Hs (not including He) 0.84

Total HII, HI and H2 (not including He) 4.8




MOLECULAR CLOUDS: OBSERVATIONS 363

L B s e B S S B

30 | M(HH+HI+H2+HG):6.7X109 M, |

I M(HI):2.9X109M® 1

I M(HH):I.lXIOQM@ 1

I M(Hz):8.4><108 M, 1

g‘\ 20 - -

Q 4

Q,

= HII+HI+H, l
s 5. exp[—(R-12kpc)/3.5kpc]

10 -

25

R(kpc)

Figure 32.4 Gas surface densities X as a function of galactocentric radius R. The
Sun is assumed to be at R = 8.5kpc. Ha: Surface density of Ho estimated from
CO 1-0 observations (Nakanishi & Sofue 2006). HII: Surface density of H II derived
from pulsar dispersion measures (Cordes & Lazio 2003) (see Fig. 11.4). HI: Surface
density of HI from 21-cm studies (Nakanishi & Sofue 2003). HII+ HI+ Ha: Total
gas surface density. Beyond ~11 kpc, the total gas surface density (dominated by HI)
declines approximately exponentially, with a ~3.5 kpc scale length.

mass of the ISM in the Milky Way, contributing a mass M (Hz) ~ 8.4 x 108 M.
For comparison, the total molecular gas mass of M31 is ~ 3.6 x 10% M, (Nieten
et al. 2006, using Xco = 1.9 x 102°Hy cm~2/ Kkms™") — about 40% of the
molecular mass in the Milky Way.

32.4 FIR Emission from Dust

The CO 1-0 line is the classic tracer of molecular gas, but the observed line in-
tensity is usually limited by radiative trapping effects, and estimation of the total
molecular mass requires adoption of a value for the Xco factor relating CO J =
1— 0 luminosity to Ho mass. As we have seen previously (§19.6), the actual value
of Xco should, in principle, depend both on cloud density and on the excitation
temperature of the CO. Cloud mass estimates based on the CO 1-0 luminosity must
therefore be treated with caution.

We would like an independent way to estimate masses of molecular clouds. One
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way is through the far-infrared and submillimeter continuum emission from dust
grains. Except in dark clouds where grains acquire ice mantles, measured deple-
tions of elements like C, Mg, Si, and Fe from the gas show that HI clouds and Ho
clouds have very similar dust/gas mass ratios. At wavelengths A\ & 300 um, this
emission is generally optically thin, so that radiative transfer corrections are un-
necessary, and the dust mass Maust = F, D?/k, B, (Tqust), where k,, is the dust
opacity (absorption cross section per unit mass of dust) at frequency v, and B, (T)
is the blackbody function. From the shape of the emission spectrum, or our general
expectations regarding dust temperatures, we can usually estimate 7,5 to within
a factor 1.3 (say). If we are in the Rayleigh-Jeans limit, B, (T") o« T', then the main
uncertainty is the value of the dust opacity x,,. If the dust were identical to that in
H 1 clouds, then we could use «, determined from observations of the HI “cirrus,”
which has been reasonably well-determined from comparisons of sub-mm emis-
sion and HI 21-cm emission. However, the dust in molecular clouds could differ
in composition from dust in diffuse clouds, and, in principle, x, might also depend
on the temperature of the dust. Nevertheless, in practice, sub-mm observations are
a good way to estimate the total mass of dust present in a molecular cloud.

32.5 ~rays
There are four principal channels for production of + rays by the ISM:

CRp+p — CRp+p+7°,
70 — 2y (pion decay), (32.2)
CRe+p — CRe+p+7y (bremsstrahlung), (32.3)

CMB
CRe + { FIR from dust — CRe+7 (inverse Compton), (32.4)
starlight

et +e” — 2y or 3y (e"e” annmihilation), (32.5)

where CRp is a cosmic ray proton (or He nucleus), and CRe is a cosmic ray elec-
tron. The first two channels arise from cosmic rays colliding with interstellar gas.
If the density of cosmic ray nuclei and electrons is assumed to be spatially uniform,
then the y-ray intensity from a given direction will have a component proportional
to the mass surface density | pdr. By calibrating on HI clouds where we can de-
termine [ pdr from 21-cm observations, we use the observed ~-ray intensity to
determine the mass surface density [ pdr of a molecular cloud. This relies on the
assumption that the cosmic ray density inside the molecular cloud is the same as in
diffuse regions.

Comparing cloud surface densities inferred from £ > 70 MeV ~v-ray images
with HI 21-cm and CO 1-0 images, Bloemen et al. (1986) estimated Xco =



MOLECULAR CLOUDS: OBSERVATIONS 365

2.8 x 10*°Hy em~2/(Kkms™'). Subsequent work using 1-30 MeV data from
COMPTEL gave Xco = (1.26 & 0.3) x 10*°Hy cm~2/(Kkms ™ ') (Strong et al.
1994), but the result from the higher-energy data may be more reliable as the cos-
mic rays required to produce it have higher penetrating power. Observations with
the Fermi Gamma-Ray Space Telescope of E > 100 MeV + rays from the Orion
molecular cloud have recently been used to estimate Xco = (1.76 + 0.04) x
102°Hy cm=2 /(K kms™!) for the Orion A GMC, and Xco = (1.27 + 0.06) x
102°Hy cm~2/( K kms™!) for the Orion B GMC (Okumura et al. 2009). The value
of X¢o for Orion A agrees well with Xco = (1.840.3)x102°Hy cm—2/( K kms ™)
determined using infrared emission from dust as the mass tracer (Dame et al. 2001).
The discrepancy between the values of X¢o for Orion A and Orion B is very puz-
zling.

32.6 % Compact, Ultracompact, and Hypercompact HII Regions

Most of the gas and dust in a GMC is relatively cold. However, most GMCs have
already had some star formation prior to the time when we observe them. The
most conspicuous sites of recent star formation will be those where one or more
massive (M 2 30M) O-type or B-type stars have recently formed. The ionizing
photons from an O-type or early B-type star will create an HII region, which will
initially be very small because the gas is dense and dusty. In order of decreasing
density, HII regions in dense clouds are termed hypercompact (n. = 10% cm™3),
ultracompact (10° — 10° cm—3), or compact (10* — 10° cm™3).

These objects were first discovered as compact sources of free—free radio emis-
sion, but are very bright in the far-infrared and mid infrared, and are now easily
detected as bright infrared sources.

From the theory of dusty H Il regions (see §15.4), it is clear that if the dust to gas
ratio is anything like “normal,” then an ultracompact or hypercompact HII region
is expected to be strongly affected by radiation pressure, and should exhibit a shell-
like morphology if it is static. In dense HII regions, we expect the dust to absorb a
significant fraction of the ionizing radiation, as well as a substantial fraction of the
recombination radiation, particularly Lyman « [see Eq. (15.53)]. Because dense
HII regions are small, the radiation intensities are high and the dust can be quite
warm. Thus, these regions stand out as sources that are bright at 24 ym or even
10 pm.

If the stellar source of ionizing radiation is stationary relative to the gas, then the
time scale for expansion of a hypercompact or ultracompact H Il region is very short
— of order the radius of the dusty Strémgren sphere divided by the ~15kms™*
sound speed — and we would expect these objects to be relatively rare. The observed
numbers of these sources is, however, larger than expected, and it is thought that
this is likely to be due to motion of the star relative to the gas: in the direction of
motion of the star, the HII region ceases to expand when the expansion velocity
of the gas is equal to the velocity of the star relative to the gas. In this scenario,
the ionized gas should have a “cometary” appearance: flattened on the leading
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edge of the HII region, with a “tail” trailing behind the star. This morphology is
sometimes seen. Alternatively, some of the ultracompact HII regions appear to be
cases where a disk or other dense structure near the star is gradually being ablated
by photoionization, providing a reservoir of gas to replace the gas removed by the
expanding ionized outflow. If a disk is involved, the outflows may be bipolar. A
nice review of ultracompact HII regions is provided by Hoare et al. (2007).

32.7% IR Point Sources

Low-mass stars are much more numerous than the massive stars that power HII
regions. Because of the dust that is present, stellar sources will produce IR nebulae
with characteristic sizes

s 103 cm™3

R~ (naogust) * ~ 2 x 108 ———— cm, (32.6)
nyg

for a dust attenuation cross section (at optical/UV wavelengths) oqust =~ 5 X
10722 cm?/H. In high density regions (ng = 10* cm™?), the resulting IR neb-
ulae will be small, and may appear point-like depending on the distance and the
angular resolution of the telescope.

32.8x Masers

OH and H50O masers are frequently found near the boundaries of compact and
ultracompact H1II regions. In a survey of ultracompact HII regions, 67% had H,O
masers and 70% had NHs masers located outside the ionized region. HoCO and
CH3OH masers are also frequently seen.

The physical conditions in the masing regions remain poorly understood. In
some cases, the pumping can result from the infrared emission from dust; in other
cases, the population inversions are thought to results from collisional excitation
in warm gas. In all cases, the maser emission should peak along maximum-gain
paths, where projected velocity gradients are minimum.

32.9 Size-Linewidth Relation in Molecular Clouds

Larson (1981) noted that observations of molecular clouds in spectral lines of
CO, H5CO, NH3, OH, and other species, were broadly consistent with a size—
linewidth relation, where a density peak of characteristic size L tends to have a
three-dimensional velocity dispersion given by

oy~ 110 L) kms™" | y~0.38 for0.1< Lye S 10% (32.7)
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where L = L. pc is the maximum projected dimension of the density peak. Lar-
son noted that the power-law index v ~ 0.38 was curiously close to the index %
found by Kolmogorov (¢, o L'/?) for a turbulent cascade in an incompressible
fluid. It therefore is tempting to refer to the observed fluid motions as “turbulence,”
although in reality the motions are some combination of thermal motions, rotation,
MHD waves, and turbulence.

The power-law index v ~ 0.38 found by Larson has been questioned. A study of
273 molecular clouds (Solomon et al. 1987) found o, &~ (1.040.1) L3500 kms ™",
somewhat steeper than Larson’s result. A recent study by Heyer & Brunt (2004)
found o, &~ (0.96 £ 0.17)L32940-07 km s~!, again somewhat steeper than Lar-
son’s original result. The following discussion will leave ~ as a variable, but, for
illustration, will evaluate expressions assuming Larson’s result v ~ 0.38. The
reader should keep in mind that the power-law approach is only an approximate
representation of complicated data. Note that the various studies do agree that
Oy R 1kms ! when L = 1 pc.

For scales L 2 0.02 pc, o, from Eq. (32.7) exceeds the isothermal sound speed
(KT/pu)'/? ~ 0.23(T/15K)"/2kms™" in the cold gas — the fluid motions are
supersonic. Extending the studies to scales as small as 0.01 pc, the linewidth o,
appears to go to a constant ~ 0.2km s ™! for very small clumps, L < 0.02 pc: the
linewidths are nearly thermal, with only a small contribution from rotation, waves,
or turbulence (e.g., Goodman et al. 1998).

The density peaks are generally self-gravitating. If we assume them to be in
approximate virial equilibrium, and consider only the kinetic energy associated
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Figure 32.5 The three-dimensional internal velocity dispersion ¢ versus maximum
linear dimension L of the density peak. The dashed line is given by Eq. (32.7). From
Larson (1981).
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with fluid motions (i.e., we neglect magntic fields and external pressure) we can
estimate the clump mass using the virial theorem (see §35.5). For a uniform density
sphere with diameter L, virial equilibrium requires (02) = 6GM /5L, and we can
therefore estimate the clump mass

503L 2y+1 1.76
M =~ ~230L50" Me  — 230L,.° Mg (32.8)
the characteristic density
ng ~ 1.3 x 10 L2 ?em™  — 1.3 x 10'L; > em™ | (32.9)

and the characteristic column density

Nu =nuL =4.0 x 10%2L7 "em™  — 4.0 x 102L; 0 em™ . (32.10)

If v < 0.5, smaller clouds tend to be darker, whereas for v = 0.5, small clouds
and large clouds would all have the same Nt;. We recall that for the dust in diffuse
clouds, Ay /Ny = 1.87 x 10%! cm?, and we would have

Ay ~ 21127 mag — 21L; 2" mag. (32.11)

The dust in dense clouds differs from that in the diffuse ISM, and Ay /Ny could be
either larger or smaller than in the diffuse ISM, but this gives a reasonable estimate
of the visual extinction through the cloud.

According to Egs. (32.9 and 32.11), if v ~ 0.38, then a GMC complex with
L ~ 50pc would have M =~ 2 x 10° M, mean density (ng) ~ 100cm~ and
(Ay) =~ 8 mag, whereas a core with diameter L = 0.1 pc would have M =~ 4 M,
ng ~ 2 x 10° cm 3, and Ay ~ 40 mag.

The scaling relation (32.7) for o, is only an approximate description of observed
trends, and individual regions may deviate from it by factors of two, but the overall
trend does generally describe the molecular structures in the nearby Milky Way.

Expressing these same relations with density as the independent variable, we
obtain (again, using Larson’s relation with v = 0.38)

Lpe = (n3/13)Y/=2 — 7.94n308 | (32.12)
0y = 1.1(n3/13)7/ =D kms~? — 24303 kms™! | (32.13)
M = 230(n3/13)2*V/ =2 pro 58940 ng M2 My, (32.14)

Ay = 21(n3/13)> D/ =2 mag 51303 mag | (32.15)
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Figure 32.6 |By| versus ny from 137 Zeeman measurements (69 HI, 54 OH, and 14
CN) with 1 o uncertainties, from Crutcher et al. (2010) (original data from Crutcher
1999; Heiles & Troland 2004; Troland & Crutcher 2008; Falgarone et al. 2008). The
solid line [Egs. (32.16), (32.17)] is the median total magnetic field strength Bo.5 as
a function of ny from the Bayesian analysis by Crutcher et al. (2010), with By.s

ng® % for ng > 300 cm 3.

where 13 = ny /(103 cm™2), and the relations on the extreme right are for Larson’s
value v = 0.38.

Note that Ay in Eq. (32.15) is only weakly dependent of ng. As already noted
above, if v in Larson’s relation is increased to ~ 0.5 (as advocated by Solomon
et al. (1987) and Heyer & Brunt (2004)), the virial analysis above gives Ay
nJ. Observationally, many self-gravitating molecular clouds — from individual dark
clouds to GMC complexes — tend to have Ay ~ 10 mag. There is, however,
an observed tendency for smaller structures to have higher Ay, consistent with
exponent v < 0.5. For this reason, we will retain Larson’s value v = 0.38 in the
discussion below.

32.10 Magnetic Fields in Molecular Clouds

The virial estimate for the mass in Eq. (32.8) assumes that the cloud is supported by
turbulence alone. However, there is strong evidence showing that magnetic fields
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are dynamically important in molecular clouds. In HI gas the line-of-sight compo-
nent B of the magnetic field can be measured using the Zeeman effect on the 21-
cm line. The Zeeman effect on the OH A-doubling lines (1.665, 1.667, 1.720 GHz)
or on the CN 1 — 0 rotational transition (113 GHz) can be used to measure the
line-of-sight component B)| of the magnetic field in molecular clouds.

Crutcher et al. (2010) collected Zeeman measurements of B for 66 HI clouds
and 72 molecular clouds, with density estimates for each case; the data are shown
in Figure 32.6. Crutcher et al. (2010) show that near any given density nyj, the
distribution of the measured | B)|| requires that there be a distribution of magnetic
field strengths. For clouds with density ng = 10*n, cm ™3, Crutcher et al. (2010)
deduce a median field strength

Bos =~ 5uG for ny < 0.03 (32.16)
~ 491955 uG for 0.03 < ny4 . (32.17)

Thus, for ny 2 0.03, the median magnetic field strength estimated by Crutcher
et al. (2010) implies a median Alfvén speed

(va)o.s ~ 0.90nS° km s71 for ny = 0.03; (32.18)

with v4 exceeding this value ~ 50% of the time.

The ratio of the magnetic energy density B2/8 to the kinetic energy density
1po? is simply (va/o,)?, where o, is the 3-dimensional velocity dispersion. The
dynamical importance of the magnetic field can, therefore, be seen by comparing
v4 to o, from Eq. (32.13):

(UA)O.5

N4 )0~15+v/(2*27)
Oy

z085<—7

3 — 0.75n946 (32.19)

where the n$4¢ dependence is for y = 0.38.!

If v4 is comparable to o, it follows that the energy in the magnetic field is com-
parable to the turbulent kinetic energy, and the magnetic field is contributing sig-
nificantly to supporting the cloud against self-gravity. Given the observed strength
of the magnetic field for ny & 10* cm =3, what we have been referring to as “tur-
bulence” should instead be thought of as MHD waves. If the magnetic field energy
is comparable to the kinetic energy, it also follows that Eq. (32.8) underestimates
the mass for L,. < 5, affecting the derived scaling relations Egs. (32.9 — 32.15)
for L, S 5, o0rng 2 1.6. However, if the magnetic and kinetic energy are compa-
rable, then the cloud mass estimate is increased by only a factor ~ v/2, which will
not lead to any qualitative changes in the discussion.

An independent way to estimate the magnetic field strength is to use observations
of aligned dust grains — either through maps of the polarization of background stars
seen through the cloud, or maps of the polarization of the far-infrared or sub-mm

I'The scaling exponent y ~ 0.5 favored by some authors would give (v )0.5/0v &~ 0.72n9-65.
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emission from dust in the cloud. For example, Houde et al. (2004) used polarized
350 pm emission from dust to map the dust distribution and trace the magnetic field
in the Orion A cloud.

If the magnetic field were weak, then the turbulence in the cloud would result in
dispersion in directions of polarization over the map; if the dispersion is small, this
indicates that the magnetic field is strong enough to resist substantial distortion by
the turbulence. This is known as the Chandrasekhar-Fermi (CF) method to esti-
mate the strength of the magnetic field. Crutcher (2004) applied the CF method to
clouds with Ny ranging from 10214 cm ™2 to 1024 cm~2, finding that the magnetic
energy is comparable to the turbulent kinetic energy for Ny = 1026 cm=2, or
Ay 2 2 mag. Novak et al. (2009) have applied the CF method to two GMCs, again
finding that the magnetic energy must be at least as large as the turbulent kinetic
energy.

The CF method is based on variations in the direction of linear polarization
across the surface of the cloud. However, the relatively large (several %) linear
polarization of the submillimeter thermal emission from dust (Novak et al. 2009,
and references therein) requires the field to be coherent along the line of sight.
The observed polarization, of course, requires that the grains must be fairly well-
aligned by the local magnetic field at each point.> The large observed polarization
implies that the transverse component of the magnetic field is relatively uniform
in direction along the line of sight, since if the magnetic field were “tangled,” the
net polarization measured along a sightline would be small, even if the grains are
well-aligned with the local magnetic field.

In summary, all of the evidence points to the presence of dynamically important

magnetic fields in molecular cloud clumps with ng 2 3000 cm 3.

32.11 Energy Dissipation in Molecular Clouds

As we have seen, the fluid motions in molecular clouds are supersonic for L 2
0.02 pc, and strongly supersonic for L & 1pc. If the magnetic field were not
present, and the observed velocity dispersion were due to “random” motions of
fluid elements, one would expect strong shocks to develop on a time scale

Teross & Loy = 9 x 10°LYP yr . (32.20)
For shock speeds of a few km s~! and the densities of molecular clouds, the
shocked gas would cool quickly, and much of the original kinetic energy would
be radiated away. Unless there is an additional energy source to inject energy into
the turbulent motions, clumps and cores would be expected to dissipate their kinetic

energy and to collapse on time scales given by Eq. (32.20). This would result in
what would appear to be unacceptably short lifetimes for molecular clouds.

2Lacking a quantitative understanding of the grain alignment mechanism, we are not yet able to
determine the field strength from the local alignment.
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One possibility is that once the first protostars form in a cloud, outflows from
them inject enough kinetic energy to sustain the “turbulence.” Another possibility
is that the time scale for dissipation of the “turbulent” kinetic energy is in fact
much longer than given by Eq. (32.20). The strong magnetic field implies that the
fluid motions are subalfvénic, and the time scale for the waves to damp could be
considerably longer than suggested by Eq. (32.20). While this conjecture seems
in many ways attractive, numerical simulations appear to find rapid dissipation of
MHD turbulence (see Stone et al. 1998, and references therein).

The actual rate of dissipation of kinetic energy in molecular clouds remains un-
clear. Perhaps the rapid dissipation in MHD simulations is an artifact of assump-
tions regarding the turbulent spectrum or magnetic field geometry. Alternatively,
Elmegreen (2007) argues that dense molecular clouds do collapse rapidly, once
they are assembled — this can be seen from the fact that giant molecular clouds in
MS51 appear to form stars very rapidly after they are assembled in spiral arms. In
addition, the small spread of ages of stars in dense clusters suggests that most of
the star formation is over in ~ 3 Myr (although this could be in part because star
formation near O stars is suppressed as soon as they begin to shine).

We recall the hierarchical structure of molecular clouds (see Table 32.1): GMCs
have sizes 3 < L,c < 20. A GMC consists of a low-density molecular envelope
and denser “cores.” The cores have sizes 0.3 < L. < 3. Upon entering a spiral
arm density wave, the GMCs grow by accretion and the cores appear to begin
forming stars on approximately the turbulent “crossing time” given by Eq. (32.20).
OB associations form, and disperse some, but not all, of the GMC envelope. Some
fraction of the molecular gas in the GMC envelope survives and travels through the
interarm region, eventually reaching the next spiral arm.

The nearby face-on spiral galaxy M51 (see Plates 10-12) has been mapped at
many wavelengths. Sensitive interferometric observations in CO 1-0 using the
CARMA array, together with single-dish observations using the Nobeyama 45-m
telescope, reveal the detailed distribution of CO 1-0 emission in M51, allowing
individual GMC:s to be identified (Koda et al. 2009) — see Plate 8. With the usual
assumption of a constant CO “X-factor,” the CO 1-0 map shows the distribution of
molecular mass.

Combining the CO map with a high-resolution 21-cm map, Koda et al. (2009)
show that the molecular fraction does not appear to change as the gas moves from
spiral arm to interarm region: the majority of the molecular gas remains molecular
from arm entry, star formation in the arm, and travel through the interarm region
to the next spiral arm. Evidently, most of the molecular mass survives the star
formation processes that are concentrated in the spiral arms.



Chapter Thirty-three

Molecular Clouds: Chemistry and lonization

In the Milky Way, about 22% of the interstellar gas is in molecular clouds, where
the bulk of the hydrogen is in Hy molecules. As discussed in Chapter 31, in the
Milky Way, H, is formed primarily by dust grain catalysis. Destruction of Hs is
primarily due to photodissociation, but self-shielding results in very low photodis-
sociation rates in the central regions of molecular clouds.

Once the Hy has been formed, other chemistry can follow. Most of the gas will
be neutral, but, because of the presence of cosmic rays, there will always be some
ions present in the gas. In the outer layers of molecular clouds, there may also
be sufficient ultraviolet radiation to photoionize species with ionization potentials
I <13.6€V.

There are five types of reactions that can be important:

1. Photoionization: AB + hv — ABT +e™.
Many molecules (but not Hs) can be photoionized by photons with hr <
13.6eV present in the ISRF in HI or diffuse Hy clouds. The ionization
threshold for Hy is 15.43 eV, hence H, will not be photoionized even in HI
regions. For molecules with ionization threshold < 13 eV, photoionization
rates in the ISRF are typically in the range 10711-1079 571,

2. Photodissociation: AB + hv — AB* — A+ B.
For some molecules (including the important species Hy and CO), photoex-
citation leading to dissociation occurs via lines rather than continuum. This
allows such species either to self-shield (Hs being the prime example), or to
be partially shielded if there is accidental overlap between important absorp-
tion lines with strong lines of Ho, which will be self-shielded. This is the
case with CO.

3. Neutral-neutral exchange reactions: AB + C — AC + B.

Most species in molecular clouds are neutral, and neutral-neutral collisions
are, therefore, frequent. However, even when a neutral-neutral reaction is
exothermic, there will often (although not always) be an energy barrier that
must be overcome for the reaction to proceed: even though the reaction is
exothermic, the ABC “complex” must pass through intermediate states that
may have higher energy than the initial AB+C'. For example, the exothermic
reaction

OH+H — O+Hy, kszq = 1.5x107 272871950/ T2 o3 g=1 - (33.1)
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(for 300 < T/ K < 2500; Woodall et al. 2007) has an energy barrier AE /k =
1950 K, which causes the reaction to be negligibly slow at 7 < 102 K. On
the other hand, the neutral-neutral reaction responsible for CO formation,

C+OH — CO+H , ksgo=1x10"Pcm3s71 | (33.2)

(10K < T < 300K; Woodall et al. 2007) does not have any significant
energy barrier, and can proceed at the low temperatures of molecular clouds.

. Ion-neutral exchange reactions: AB* + C — ACT + B.

Ion—neutral reactions are very important in interstellar chemistry, for two
reasons: (1) exothermic reactions generally lack energy barriers, allowing
the reaction to proceed rapidly even at low temperature, and (2) the induced-
dipole interaction results in ion—neutral rate coefficients that are relatively

large, of order ~ 2 X 1079 cm3 s~ 1.

. Radiative association reactions:

k
A+BZ(AB* 5 AB+ o (33.3)
ka

The reaction first creates an excited complex AB*. The complex will fly
apart in one vibrational period, ~ 1014, unless a photon is emitted first;
it can be thought of as having a probability per unit time kg ~ 10451 of
spontaneously dissociating. If AB has an apreciable electric dipole moment
(i.e., is not homonuclear), the probability per unit time that AB* will emit a
photon in an electronic transition is k, = 10%s~1. Thus, a fraction k, / (ke +
kq) of the AB* complexes formed will result in formation of stable AB. The
effective rate coefficient for radiative association will be

keky

kra =
kd + kr

(33.4)

For ion—neutral reactions, orbiting collisions (see §2.4) provide a rate coeffi-

cient for “complex formation” k¢ ~ 102 cm®s~!, and hence the rate coef-

ficient for radiative association will be ky, ~ 10717 cm?s~!. For example,

formation of CH™ by radiative association

CT+H— CHT +hv , kgss =~ 4.46 % 10_17T2_1/2e_0‘229T2_2/3 em® st
(33.5)

(Barinovs & van Hemert 2006, for 5K < T < 102 K), with k335 = 3.5 x
1077 cm3s tat T = 100 K.
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Table 33.1 Photodissociation and Photoionization Rates for Selected Species

Reaction Rates (s~ 1)@ pud Reference
Ay =0 Ay =0.5° Ay =1¢ Ay =3¢
Hs + hv — 2H 42(-11) g g g — DB96
CH+hv —-C+H 8.6(-10) 2.2(-10) 39(-11) 1.2(-13) 730 RI1
CH* + hv — C+HT 2.5(-10) 2.2(-11) 1.6(-12)  2.2(-18) 180 R91
Ca + hv — 2C 1.5(-10) 240 vD88
CN+hy - C+N 1.1(-9)  9.7(-11) 7.0(-12) 7.5(-18) 11000 R91
CO+hyr—C+0O 2.6(-10) h h h - V09
OH+hyr - O+ H 3.5(-10) 6.3(-11) 8.9(-12) 6.1(-15) 510 R91
H20 + hv - H+ OH 5.9(-10) 1.1(-10) L7(-11)  1.2(-14) 970 RI1
HCN + hv — H+ CN 1.3(-9)  1.8(-10) 2.1(-11)  2.1(-15) 3100 R91
HCO + hv - CO+H 1.1(-9) 420 vD88
H>CO + hv — Ha 4+ CO 1.4(-9)  3.0(-10) 44(-11) 2.7(-14) 2700 R91
O2+hvr —-0+4+0 6.9(-10) 1.4(-10) 2.1(-11)  9.4(-15) 750 R91
CH+ hv — CHT + e~ 7.6(-10) 0 vDS88
OH + hv — OHT + e~ 1.6(-12) 0 Wo7
H20 + hv — HoOF + e~ 3.3(-11) 0 vDS88
Co + hv — C72+ +e” 1.5(-10) 2.2(-11) 2.6(-12) 4.1(-16) 0 R91
ON + hv — CNT 4 e~ 01 0
CO + hv — COt e~ 07 0
OH + hv — OHt + e~ 1.6(-12) 0 W07
H20 + hv — HoOF + e~ 3.3¢-11) 0 vD88
HCN + hv — HCNt +e=  0F 0
HCO + hv — HCOt + e~ 5.6(-10) 7.7(-11) 8.4(-12) 5.3(-16) 1170 R91
H2CO + hv — HoCO' + e~ 4.7(-10) - vD88
O2 + hv — O;‘ +e” 5.6(-11) 4.6(-12) 3.1(-13)  2.2(-19) 120 R91
@ X x 10Y is written X (Y) ] =14.1eV
® For ISRF of Draine (1978). JI=14.01eV.
¢ At center of slab with Ay = 1 mag. kT1=13.65eV.
4 10% of way through slab with Ay = 10 mag. DB96=Draine & Bertoldi (1996).
€ 30% of way through slab with Ay = 10 mag. R91=Roberge et al. (1991).
f Al = parCer due to cosmic rays (see text). vD88=van Dishoeck (1988).
9 Self-shielding is important. V09=Visser et al. (2009).

P Line shielding by Ho and self-shielding are important. ‘WO07=Woodall et al. (2007).

33.1 Photoionization and Photodissociation of Molecules

The general ultraviolet background provided by starlight is lethal to small molecules,
with either photodisociation or photoionization occuring rapidly. Rates for pho-
todissociation and photoionization of selected species are given in Table 33.1. In
the diffuse interstellar radiation field, small molecules have photodissociation rates
that range from ~4 x 10~ s7! (e.g., Hy) to ~ 107?571 (e.g., CN and H,CO).
In clouds, the ultraviolet radiation is attenuated by dust, and the photodissocia-
tion rates are reduced. The rate depends on the overall column density through
the cloud, and the location within the cloud. For some of the species in Table
33.1, Roberge et al. (1991) have carried out radiative transfer calculations using
realistic dust properties for clouds with plane-parallel geometry, with each surface
illuminated by the average ISRF (over 27 sr). Rates in Table 33.1 are given in the
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unattenuated ISRF, at the center of a diffuse molecular cloud with total Ay ~ 1,
and at points in a cloud of total thickness Ay = 10 (typical of GMCs, as seen in
§32.9). In GMCs, the photodissociation rate at a “depth” Ay ~ 3 can be reduced
by factors of ~ 103 — 10°, rendering unimportant photodissociation by photons
originating outside the cloud.

This does not, however, mean that photodissociation and photoionization are
unimportant within dark clouds. Cosmic rays penetrating the cloud not only ionize
Hs and He, they also cause electronic excitation of Hy by two processes. First, the
electric field of passing cosmic rays can excite electrons to bound states (e.g., the
133+ and 11, states of Hz) followed by spontaneous emission of an ultraviolet pho-
ton. Second, the secondary electrons produced by cosmic ray ionization events can
themselves excite electronic states of Ho. Together, these two processes result in
generation of Hy Lyman- and Werner-band UV photons with a rate that is propor-
tional to the CR ionization rate (Prasad & Tarafdar 1983). These photons will either
be absorbed by dust or by a permitted transition of an atom or molecule present
in the medium. Let the total cosmic ray ionization rate per volume be (crny.
For a given molecule M, the increase to the photoionization or photodissociation
rate contributed by cosmic-ray-generated Lyman- and Werner-band photons can be
written ACy; = pypCcor- The coefficients pys given in Table 33.1 are based on
Woodall et al. (2007).!

The cosmic ray ionization rate was discussed in §13.5, with observations point-
ing to a cosmic ray primary ionization rate (cr ~ (0.5 —3) x 10716 s~ in diffuse
molecular clouds. The interiors of dark clouds may be partially shielded from
low-energy cosmic rays, but it now appears reasonable to consider that (cr ~
10716 s~! may prevail in at least some dark clouds. The photodissociation rate for
HCN, for example, would then be ~3 x 1073 s~! for Ay 2 2.

33.2x Ion-Molecule Chemistry in Cold Gas

Molecular gas is usually (although not always) quite cold, with 7" < 100 K. If Ho
is already present, and ultraviolet radiation is present, then the chemical network is
dominated by ion—molecule reactions because they are fast (k ~ 107 cm3s71),
even at low temperatures.

33.2.1 %< Formation of CO

As an example, let us look at the part of the chemical network that is important
for formation of the abundant and important CO molecule. In diffuse molecular
clouds, most of the gas-phase carbon is in the form of CT, and most of the H is in
the form of Hs. CO is formed primarily by the sequence of reactions: (rates from

IThe pys values from Woodall et al. (2007) have been multiplied by a factor 2, because our (R is
the CR ionization rate per H, while their ¢ is the CR ionization rate per Ha.
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Woodall et al. (2007))

CT+Hy — CHf +hv , kzz6=>50x10"17,%2em3s™ (33.6)
CH+H (25%) em’
CHy +e” =< C+Hy  (12%) p,kszr=1.24 x 10757, 20 —— (33.7)
C+H+H (63%) S
CH+0 — CO+H kszs=66x10""emds™!, (33.8)
CO+hv = C+0 kszg=23x10"""s"1 x fipie1a(CO) (33.9)
C+hy = Ct+e kszi0=26x10"10s"1 | (33.10)

The first step, radiative association, is slow but steadily produces the radical CH2+ s
which then reacts rapidly with electrons, producing CH about 25% of the time. The
CH;r produced in (33.6) can also be removed by photodissociation or reaction with
Hs, (rates from Woodall et al. 2007):

CH+H'T (1/3)
CHf +hv — { CH"+H (1/3) , k3311 =1.38 x 10719571, (33.11)
Ct +H, (1/3)

CHf +Hy — CHJ +H , kszi2=1.60x10"cm’®s™! . (33.12)

For densities typical of diffuse molecular gas (n, ~ 0.01 cm ™3, n(Hz) ~ 30 cm~3),
photodestruction of CH;r is of secondary importance compared to dissociative re-
combination (33.7) or reaction with Hs (33.12), the two channels that dominate the
destruction of CHy .

The CH produced by dissociative recombination of CHy can then react with O
to produce CO via reaction (33.8), but it is also susceptible to photoionization and
photodissociation (see Table 33.1):

CH" 4 e~ (47%)

CH+hv — {C—l—H (53%)

}k33.13 =1.62x10"s71.(33.13)

These are the chemical pathways that appear to account for production of CO in
diffuse clouds where the carbon is primarily in the form of C*. Aside from the
initial production of Hs via grain catalysis, it is assumed that all other reactions
resulting in formation of CO take place in the gas phase. Whether this is actually
the case is uncertain. For example, one could imagine that C and O atoms might
stick to silicate grains and react to form CO, with the CO molecules returned to the
gas phase either by the energy released in formation of CO, or by photodesorption.
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33.2.2% Formation of OH

Another important species is OH. In a diffuse Hs cloud, OH is formed primarily by
the reaction sequence: (rates from Woodall et al. 2007)

O+H -OH" +H , k3314 =840x 107 %cm?®s™, (33.14)
OH" + Hy - HyOT +H |, k3315 =1.01 x 107 em?®s71, (33.15)

OH+H (20%) ,
HyOF +e” =< O+ Hy (9%) p k3z.16 = 4.30 x 107" cm3s™ 1, (33.16)
O+H+H (711%)

HoOT+Hy - H30T +H |, kszi7 = 6.40 x 1070 cm3s71, (33.17)

O+H+H (1%
OH+H, (14%
OH+H+H (60%
H,O+H  (25%

)
3
HyOF e — g kgs 18 = T.48 % 10*7T50-5%.(33.18)
)

The OH formed by reactions (33.16) and (33.18) is destroyed primarily by pho-
todissociation (Table 33.1):

OH+hv—O+H |, kszi9=3.50x10"10g71 | (33.19)

The reaction chain is initiated by HZ, which is generated by cosmic ray ionization
of Ho + CR — Hy ' + ¢~ followed rapidly by Hy™+Hy — H;r + H; as discussed
in §16.4. Diffuse molecular clouds appear to have n(HZ ) /ng ~ 5x 10~8 (Indriolo
et al. 2007).

33.2.3% Formation of H,O

In a dense molecular cloud, shielded from external ultraviolet radiation, the ion-
ization is produced by cosmic rays. Gas-phase production of HoO is mainly by
the reaction sequence (33.14 to 33.18), where ~ 25% of the dissociative recombi-
nations of H3OF produce HoO. For an assumed n(H7) ~ 1 x 107° cm™3, this
sequence of gas-phase reactions would convert the gas-phase O to HoO on time
scales (1 x 1072 x 8.4 x 10710)~1 ~ 4 x 10° yr, yielding n(H20)/ng ~ 1074

The problem is that observations indicate very low gas-phase abundances of
H20, n(H20)/nu S 3 x 1078 (Snell et al. 2000), far below the predicted abun-
dance of H3O. The solution appears to be that the gas-phase H5O is removed by
freeze-out on grains, producing HoO ice mantles which can contain a substantial
fraction of the total oxygen. Hollenbach et al. (2009) model this in detail, including
the role of CO, and desorption of frozen CO and H,O by ultraviolet radiation and
cosmic rays.
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33.3% The CH' Problem

The first interstellar molecules to be identified were CH (Swings & Rosenfeld
1937), CN (McKellar 1940), and CH™ (Douglas & Herzberg 1941) because these
three species have resonance lines at optical wavelengths. As modern models of
chemistry in diffuse molecular clouds were developed, it was found that the ob-
served abundances of CH and CN were in general agreement with what was ex-
pected from steady state chemistry in diffuse molecular clouds. However, this is
emphatically not the case for CH™. In molecular gas with 7' < 102 K, the principal
channels for producing CH™ would be radiative association C* +H — CHT + hv
(Eq. 33.5) or photoionization of CH (Eq. 33.13).

Once formed, CH™ is rapidly destroyed by

CH'" +hv—-C+HT (see Table 33.1) , (33.20)
CHY"+e —-C+H k3zo1 = 2.38 x 107 7Ty **2 em3s™1 (33.21)

CH"+H—C" +H, ksz.00 = 7.50 x 10710 em3s71 | (33.22)
CHT +Hy, —CHJ +H ksgo3 =1.20 x 1072 ecm3s1 . (33.23)

In diffuse HI or Hs, the CH™ lifetime is short, < 10%s. If radiative association
were the dominant source of CH™, the abundance of CH™ would be very low.

The abundance of CH™ varies from sightline to sightline, but is typically two or
more orders of magnitude larger than the predictions of steady-state chemistry in
cool, quiescent molecular clouds (Dalgarno 1976).

The most likely explanation is that CH™ is formed in diffuse molecular regions
that have been temporarily heated to high enough temperatures so that the endother-
mic reaction

Ct+Hy+040eV—-CH" +H . (33.24)

can take place. For this reaction to proceed rapidly, the gas must have T 2 10 K
to overcome the 0.40eV energy barrier. The mechanism responsible for heating
the regions where CH' formation takes place remains uncertain. The hot zone
could be the postshock gas behind a shock wave that is propagating through the
molecular cloud. Single-fluid shock models (Elitzur & Watson 1978) succeeded
in producing CH™ but produced OH in excess of observations, but models based
on two-fluid MHD shocks (see §36.6) with shock speeds in the range 7 km s
v, < 12kms™! may be able to reproduce the observed CHT column densities
(102 em=2 < N(CH') < 10'3° cm~2) without violating other observational
constraints (Draine & Katz 1986a,b; Draine 1986; Pineau des Forets et al. 1986).

If the observed CH™ is produced by MHD shocks, the frequency with which
CH™ is detected requires that a sightline traversing £(B — V) = 1 mag of red-
dening would be expected to intersect one shock front with vs & 8 km s~* (Draine
& Katz 1986b). This shock frequency is, in fact, approximately what is expected
based on the observed motions of interstellar gas, thus supporting the hypothesis
that interstellar CH™ is produced mainly in shocks.
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However, there are clear kinematic expectations for the shock models: they re-
quire that sightlines with CH™ should have two distinct velocity components — one
representing the preshock gas, and one the postshock gas. The CH™ should be
at a velocity close to that of the postshock gas, but slightly displaced. Whether
the observed kinematics are consistent with the shock models is not yet clear, and
alternative explanations for CH™ have been sought.

It is known that dissipation of turbulence in a fluid does not take place uniformly:
“intermittency” refers to the phenomenon of the dissipation at any instant being
concentrated in a small fraction of the volume of the fluid. It has been suggested
(Godard et al. 2009) that intermittency in turbulent interstellar clouds creates small
regions where turbulent dissipation is able to raise the gas temperature to 2 103 K,
allowing the endothermic reaction (33.24) to generate CH™.

Dissipation of turbulence in low-fractional-ionization molecular gas is compli-
cated by the decoupling of the ion and neutral fluids on small scales (i.e., ambipolar
diffusion), and the resulting ion—neutral “friction” may cause the turbulent dissipa-
tion to be spread out over a large enough volume that it cannot raise the gas tem-
perature to the 7 2 10% K required to drive CH™ production. As of yet, there
have not been three-dimensional numerical simulations of turbulent dissipation in
magnetized molecular gas that would be capable of revealing the proposed levels
of intermittency — this question remains unresolved.



Chapter Thirty-four

Physical Processes in Hot Gas

Within the Galaxy, hot (T' 2 10° K) gas is produced by fast stellar winds, and by
blastwaves from novae and supernovae. Beyond the Galaxy, much of the inter-
galactic medium is thought to be at ~ 10K temperatures, and enormous masses
of very hot (10" — 108 K) plasma are present in galaxy clusters. In some cases, the
gas is detected via absorption lines of highly ionized species, such as O VI; in some
cases, X-ray emission is observable.

In Chapter 25, we discussed the physics of dust grains immersed in hot gas. Here,
we discuss gas-phase processes that affect the temperature of the gas: radiative
cooling, thermal conduction, and electron—ion energy equipartition.

34.1 Radiative Cooling

Collisional excitation of ions in low-density plasma results in radiative cooling. The
emitted power depends on the ionization state, and the plasma is often assumed to
be in collisional ionization equilibrium, or CIE. CIE assumes that the plasma is in
a steady state, and that collisional ionization, charge exchange, radiative recombi-
nation, and dielectronic recombination are the only processes altering the ionization
balance, in which case the ionization fractions for each element depend only on the
gas temperature, with no dependence on the gas density.

At temperatures T > 10* K, ionization of hydrogen provides enough free elec-
trons so that collisional excitation of atoms or ions is dominated by electron colli-
sions. At low densities, every collisional excitation is followed by a radiative decay,
and the rate of removal of thermal energy per unit volume can therefore be written

A=neng X feonl(T) , (34.1)

where the radiative cooling function f.,,(T) = A/npun. is a function of temper-
ature and of the elemental abundances relative to hydrogen.

At high densities, radiative cooling can be suppressed by collisional deexcita-
tion, and f.oo Will then depend on density ny, in addition to 7' and elemental
abundances. Finally, if ionizing radiation is present, the ionization balance may
depart from CIE, and the radiative cooling function A/n.ny will also depend on
the spectrum and intensity of the ionizing radiation.

The cooling function A /n.ny for T > 10* K has been calculated by a number of
groups over the years (e.g., Boehringer & Hensler 1989; Schmutzler & Tscharnuter
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1993; Sutherland & Dopita 1993; Landi & Landini 1999; Smith et al. 2008; Dere
et al. 2009; Schure et al. 2009). While the calculated cooling rates are in approx-
imate agreement with one another, with some differences attributable to different
adopted elemental abundances, there appear to also be significant differences in the
adopted atomic physics. For example, near 10° K the cooling function of Schure
et al. (2009) is a factor ~ 2.5 higher than the cooling function of Dere et al. (2009).

Figure 34.1 shows the radiative cooling function A/npn,. for plasma with so-
lar abundances, based on calculations with the CHIANTI atomic database (Dere
et al. 2009), kindly calculated for ny; = 1cm ™3 by K. Dere (2009, private com-
munication). At temperatures T < 107 K, the cooling is dominated by colli-
sional excitation of bound electrons. At high temperatures, the ions are fully
stripped of electrons, and bremsstrahlung (i.e., free—free) cooling dominates, with
A/neny oc TO. The cooling function for solar abundances can be approximated
by

A/nenn~1.1 x 107 2T, %Tergem®s™! | for 10° < T < 1073 K, (34.2)

A/nenyg ~2.3 X 10_24T60'5 ergem®s™t, forT > 103K . (34.3)

These two power-law fits are shown in Fig. 34.1.

In some cases (e.g., supernova ejecta), the plasma may have unusual abundance
patterns, but in most applications the abundances of elements beyond He can be as-
sumed to scale up and down together. Figure 34.2 shows radiative cooling functions
for metallicities ranging from zero (H and He only) to twice solar.

Before using a rate coefficient for radiative cooling such as that shown in Figure
34.1, it is important to recognize its limitations:

e CIE requires that photoionization be unimportant.

o CIE requires that the plasma had time to attain collisional ionization equi-
librium. If the gas has been suddenly shock-heated, time is required for
collisional ionization to raise the ionization level to CIE. If the gas is cool-
ing, the cooling rate should be slow enough that recombination processes are
able to keep the ionization from lagging too far behind the ionization state
corresponding to CIE.

e Figure 34.3 shows the contribution to the cooling from each of the 10 most
important elements: H, He, C, N, O, Ne, Mg, Si, S, and Fe. For 10°8 <
T < 1072 K, radiative cooling is dominated by Mg, Si, and Fe — elements
that in cold gas are normally depleted by factors of 5 or more. If these el-
ements are underabundant in the plasma, the radiative cooling function will
be suppressed. An accurate treatment of radiative cooling requires following
the changing abundances in the gas phase as dust grains undergo sputtering
inT 2 10° K plasma (see Fig. 25.4).

e In real problems, heating and cooling may be sufficiently rapid so that the
ionization state of the gas lags behind CIE. This is particularly likely if the
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Figure 34.3 Solid line: radiative cooling function A/neny from Fig. 34.1, with con-

tributions from selected elements shown.

gas has just been shock-heated, resulting in a sudden increase in the kinetic
temperature of the gas, but can also be true when the gas is cooling rapidly,
e.g., at 1042 < T < 10°4 K, where the radiative cooling function peaks.

In these cases, the actual radiative cooling rate can be slower than CIE (when
the gas is cooling faster than it can recombine, so that heavy elements have
fewer bound electrons than they would in CIE), or faster than CIE (when
the gas temperature has been suddenly increased, so that heavy elements are
under-ionized). Underionization of elements such as Mg, Si, or Fe can also
be an issue when atoms are being sputtered off of dust grains, since they are

expected to enter the hot gas as neutral atoms.

34.2 Radiative Cooling Time

If the plasma cools at constant volume, the cooling time is given by Eq. (35.34).
The cooling time is shown in Fig. 34.4 for metallicities ranging from 0 to 3 times
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Figure 34.4 ngtcool,isochoric for isochoric cooling with the cooling function from Fig.
34.1, for different metal abundances relative to solar. The dashed line is the approxi-
mation (34.4) for Z ~ Zz and 10° K < T < 10"3 K.

solar. The cooling time for solar abundance plasma can be approximated by

11X 10°T¢ Tyt

Tcool,isochoric ~

Tem? for IPK ST <1073 K . (34.4)
ny/ cm

34.3% Thermal Conduction

In the absence of magnetic fields, a fully ionized H-He plasma has a “classical”
thermal conductivity (Spitzer 1962):

]{37/2T65/2

Fetass(T) A2 0.87—— ¢
mi/Qe‘1 InA

(34.5)

where In A ~ 30 is the usual Coulomb logarithm, given by Eq. (2.17), and the
numerical factor 0.87 includes the effects of the electric field that normally accom-
panies a temperature gradient in a uniform-pressure plasma (Spitzer 1962).
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If a magnetic field is present, as is normally the case in the ISM, the thermal
conductivity becomes a tensor. In a coordinate frame where x || B, the ther-
mal conductivity tensor is diagonal, with diagonal elements ([, 51,1 ), where
K|| = Kclass The ratio x| /x| ~ 1/(wpBteon)?, where wp = eB/m.cis the electron
gyrofrequency, and %,y is the mean collision time. For normal interstellar con-
ditions, wpltcon > 1, hence k1 < k|, and we need consider only the heat flow
resulting from the component of VT along the local magnetic field direction.

When the temperature gradient becomes very large, the heat conduction “sat-
urates,” with the heat flux approaching a value g ~ 5p(kT/p)3/? (Cowie &
McKee 1977). For finite VT, the heat flux can be written

~ KJCIaSSVT : BB

34.6
14+or ’ ( )

where b = B/|B| is a unit vector parallel to the magnetic field, and the “saturation
parameter”

S| VT - b
o = Hclaw'v b| (347)
Gsat
k2T |VT - b
= 253 —— 4.
53 ngetlnA (348)

T VT - b em=3Y / 30
- 0. 2. 4.
059 (107K) <107Kpcl> ( N ) (lnA> (34.9)

34.4x Cloud Evaporation in Hot Gas

Consider now a cold spherical cloud, with temperature 7. and radius R, sur-
rounded by very hot gas, with temperature 7}, > T... Suppose that T}, 2 10° K, so
that the rate coefficient for radiative cooling (see Fig. 34.1) is relatively low. What
is the temperature profile near the cloud?

Let us first neglect radiative losses. Further assume that there is negligible heat
flow into the cold cloud itself. Then, at each radius, the inward thermal conduction
must be balanced by outward advective transport of heat. For a steady constant-
pressure outward flow, mass conservation and energy conservation give

5MET o dT
=—A4Amr‘k—
20 dr

(34.10)

where M is the rate of mass flow out of the cloud. If we assume a thermal conduc-
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tivity & = rp,(T/T},)°/2, then one finds

2/5
T=T, (1 - RC) , (34.11)
T
. 167uR
M= % x R.T? . (34.12)

What about cooling? The temperature just outside the cloud surface must pass
through 7' ~ 10° K where the cooling function peaks (see Fig. 34.1). There
are two limiting cases: (1) the small temperature gradient regime, where thermal
conduction is small and cannot balance radiative cooling from the region where
T ~ 10° K; and (2) the evaporative regime where radiative cooling is negligible,
and there is an “evaporative flow” away from the cloud.

Cowie & McKee (1977) defined a “global saturation parameter’:

(2/25)kp T, Th \° [ cm=3 pc
= VR (04 — 34.13
70 on(KTh /)32 R, 0 107K N, h R, ( )

and found three regimes:

o9 S 0.027 : cooling flow onto the cloud, (34.14)
0027 S o9 S1 : classical evaporation flow, (34.15)
15 op : saturated evaporation flow. (34.16)

If we are in the regime 0.03 < o < 1 where the classical evaporation mass loss
rate (34.12) applies, the cloud lifetime against evaporation is

L BM 75 x 23 (nm)e R2me” ¢! In A
Y oN 8 x 0.87 (kT},)25

R 2 T —2.5
51 x 10t yr | e ) (Be h . (34.18
SR (30 cm~3 pc 107K ( )

Therefore, if the classical thermal conductivity applies, small (R, < 1 pc) clouds
will be thermally evaporated by hot (7T}, 2 107 K) gas in a few x 104 yr.

(34.17)

34.5% Conduction Fronts

Earlier, we discussed a spherical cloud in an infinite medium. Other geometries
yield different behavior. Consider a planar cold cloud brought suddenly into contact
with an infinite region of hot gas. At t = 0, the temperature profile is a step
function. The conduction front then begins to heat some of the cold gas, bringing
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it to intermediate temperatures. As long as the front is thin, radiative losses are
negligible compared to the heat flux into the intermediate temperature zone, and
the continuing heat flux causes this intermediate temperature zone to grow. As
the conduction front thickens and temperature gradients drop, the radiative losses
increase, the conductive flux decreases, and the front approaches an asymptotic
solution where evaporation ceases and thermal conduction is balanced by radiative
losses.

If T}, 2 10° K, then the conduction front will contain ions such as CIV, SiIV,
NV, S VI, and O VI, which have strong ultraviolet absorption lines that can be used
as diagnostics. Borkowski et al. (1990) carried out simulations of planar conduc-
tion fronts including magnetic fields. The O VI abundance, for example, rises to
N(OVI) =~ 10'3 cm~2 on a time scale of ~ 10° yr if B = 0 or if B is perpendic-
ular to the interface. If a magnetic field is present and inclined to the normal, the
conduction front becomes thinner, and the ionic column densities are reduced.



Chapter Thirty-five

Fluid Dynamics

The interstellar medium is a fluid, and we need to understand how this fluid moves
in response to pressure gradients within it, gravitational forces, and electromagnetic
stresses. This chapter will develop the basic equations of motion for magnetized,
conducting fluids.

As a conceptual aid, it is helpful to consider the dynamics of a fluid element —
a small region of the fluid bounded by a closed surface S. The region is assumed
to be large compared to the mean free path of the particles making up the fluid,
but small compared to the length scales over which the fluid properties vary. The
surface S is assumed to move with the fluid: the velocity of the surface at each
point on the surface is equal to the local fluid velocity, so that there is no motion of
fluid across the surface. Therefore, the mass within the fluid element is conserved.
The fluid is decribed by

p(r,t) =mass density, (35.1)
v(r,t) = velocity, (35.2)
p(r,t) = pressure. (35.3)

We will want to evaluate the rate of change of variables associated with the moving
fluid element. This is provided by the convective derivative

Z =" 4v.V . (35.4)

Df/Dt =0f/0t + (v - V)f is the rate of change of a local variable f (e.g., p or
T that would be measured by an observer moving with the fluid.

35.1 Mass Conservation

Let Q(t) be the comoving volume of our fluid element. The mass of fluid in the
comoving volume is constant: p{2 = constant, so that

D DQ D
0=

Dt(p) Py TR =0 (35.5)

but
DQ

E:/v-dS:/(V~v)dQ—>QV-v : (35.6)
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Substitution into (35.5) gives Dp/Dt = —pV - v, or

ap B
5t V-(pv)=0 . (35.7)

35.2 Conservation of Momentum: MHD Navier-Stokes Equation

Let Q(t) be the volume of the moving fluid element, and let F be the total force
applied to the matter in this fluid element by the rest of the universe. Then Newton’s
law ma = F can be written

D
(pQ)EV = Fpressure +Fem + Fgrav + Fviscosity ’ (35-8)

where the terms on the right-hand side are, respectively, the force exerted on the
fluid element by (1) the pressure of the surrounding fluid, (2) the electromagnetic
field, (3) the gravitational field, and (4) viscous stresses. We will now examine each
of these in turn.

Let the surface element dS be a vector pointing in the outward direction from the
closed surface S. The pressure of the external fluid pushes inward at each point on
the surface, and the net pressure force on the fluid element is

Fpressure:/(*p dS) (35.9)

:/—Vp dQ) (by Gauss’s theorem) — —Q Vp . (35.10)

We will assume the fluid element to have zero net charge, in which case there is
no net force exerted by whatever E field may be present. However, there may be
an electric current density J in the fluid element, in which case there is a force per
volume (1/¢)J x B:

J J
FEM:/dexBHQ—xB : (35.11)
C C

Writing the force in this way requires that J be known. It is convenient to eliminate
J using Maxwell’s equation

10D
VXB_—J—&—fa— . (35.12)
c Ot

For the moment, let us assume the fluid to have infinite electrical conductivity. Then
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in the fluid frame, finite J implies E — 0 and D — 0, and

J=SvxB |, (35.13)
4
Q
Fruv = E(v x B) x B (35.14)
Qf 1_ ,
= |--VB?*4+ (B-V)B| , (35.15)
47 2

where we have used the vector identity (V x B) x B = [(B- V)B — $VB?].

For future reference, let us reverse Gauss’s theorem and write the force Fgy as
an integral over the surface S bounding the volume: Using V - B = 0, one can

show that!
B, B, B,B;
FEMi:_/dSi I 7 +/de L (35.16)
’ 8 47

where summation over repeated indices is implied in (35.16). Thus, the magnetic
field can be thought of as exerting forces on the boundaries of a fluid element.

Let @4y (1, t) be the gravitational potential. The gravitational force is just

Fgav = (pQ)(=V®gray) . (35.17)

Last, we turn to viscous stresses. These are, in general, described by the viscous
stress tensor o, (r,t), defined so that the viscous force on the fluid element is

(Fviscous)i = /Uijdsj 3 (3518)
a 9
= [ 5—0;;dQ (by Gauss’s theorem), (35.19)
&vj
— Qia- ; (35.20)
833j E ’

with summation over the repeated index j in Egs. (35.18 to 35.20) again implied.
This result is for a general stress tensor ;5. The viscous stress tensor depends on
gradients of the velocity field. If the “bulk” viscosity coefficient is assumed to be
zero, the viscous stress tensor o;; = —n[0v; /Oxj+0v; /0x;—(2/3)d;;V-v], where
7 is the viscosity coefficient. We will usually neglect viscous stresses, but they
become very important when fluid variables (e.g., velocity) change appreciably
over length scales comparable to the mean-free-path of the fluid particles, as is
often the case in shock waves.

We now note that each of the force expressions is proportional to €2, so we can
divide by €2 to obtain the general equation of momentum conservation:

D B? 1 9
7‘, = -V (p + ) + — (B . V) B - pV(I)grav + )21870'” . (3521)
J

'Making use of [(B - V)B — (1/2)VB?]; = (B;0/0x;)B; — (1/2)(0/0xz;)B;B; =
(0/8xj)B;Bj — (1/2)(8/0x;)B; B;, where we have used (0/0x;)B; = 0.
2If B = 0 and V®grav = 0, this is called the Navier-Stokes equation.
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We will usually neglect the viscous term on the right-hand side, but we include it
here to show how viscous effects are treated.

35.3 Heating and Cooling

The preceding equations involve unknown fields v, p, and p. Thus far, we have
equations for the rate-of-change v of and p; we now need one for p. Let U(¢)
be the “internal energy” of the fluid element 2. This includes the kinetic energy
in random motions of the particles, the energy in internal degrees of freedom of
the molecules (rotation, and vibration) and “chemical energy.” The pressure itself
arises only from the kinetic energy in random translational motions, and we will
need to know the relationship between U and the gas pressure.

Recall that we use the convective derivative D /Dt for the rate of change when
moving with the fluid element. The first law of thermodynamics is simply

DU = —pDQ+DQ . (35.22)

p DS is the work done on the rest of the fluid when our fluid element expands by
an amount D). D@ is the energy added to the fluid element by the rest of the
universe by processes other than compressive work:

D

?CE =4+QI' — QA+ QV - (kVT) . (35.23)
Here, T is the rate/volume of deposition of thermal energy by processes such as
photoionization, photoelectron emission from dust grains, etc., plus heating by vis-
cous dissipation; A is the rate/volume of energy removal by radiation; and —xVT’
is the conductive heat flux.

Let N = nf) be the number of free particles in €2, and let f be the number of
effective degrees of freedom per free particle. A monatomic gas has f = 3 (only
translational degrees of freedom); a diatomic gas at temperatures high enough to
excite rotation but not vibration has f = 3 4+ 2 = 5. The internal thermal energy is
Uthermal = N fkT'/2. If the chemical state of the gas does not change (N = const,
f = const), then

DU=D (J;NkT) : (35.24)

DQ (ankT>:— kTﬁQ+(F MNQ+QV - (kVT) , (3525
+

an;T) QD—(nkT) (T —A)Q+QV - (kVT) ,(35.26)

DT (L' —A)+ V- (kVT) + (D/Dt)(nkT)
Dt (f + 2)nk/2

(35.27)
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Note that Eq. (35.27) for the time evolution of the temperature depends not only on
the cooling but also on the time-dependence of the pressure.

Isobaric cooling: If the pressure remains constant, Eq. (35.27) becomes

DT (T —A)+V-(xVT)

br _ ORI (35.28)
- - A()5—;2)vn.k(l€VT) for a monatomic gas.  (35.29)

The numerator is the rate/volume of removal of heat, and the denominator (f +
2)nk/2 in Eq. (35.28) is just the heat capacity per unit volume for heating or cool-
ing at constant pressure.

Isochoric cooling: If the density n remains constant, then Eq. (35.27) becomes

DT (T—-A)+V-(kVT)
Dt (f/2)nk (35.30)
— (I — A()S/Z)nk(HVT) for a monatomic gas. (35.31)

The cooling time 7, for a fluid element is defined to be the characteristic time
for the temperature to decrease if I' = 0 and there is no thermal conduction:

T
Tcool =
|DT'/ Dt|r—o,xv1=0

(35.32)

. (f +2)nkT . 5nkT
2A 2A

for isobaric cooling (nkT = const), (35.33)

fnkT o 3nkT
2A 2A

for isochoric cooling (n= const), (35.34)

where n is the number density of free particles (molecules + atoms + ions + elec-
trons), and the number of degrees of freedom per particle f = 3 if no molecules
are present.

The radiative cooling time depends on the density, temperature, and composi-
tion of the gas. 7coo1 is evaluated for 10* < T < 10°K in Fig. 34.4, for metal
abundances Z ranging from Z = 0to Z = 37,

35.4 Electrodynamics in a Conducting Fluid: Flux-Freezing

The fluid state is characterized by two vector fields, v(r,t) and B(r,t), and two
scalar fields, p(r,¢) and T'(r,¢). Thus far, we have obtained expressions for the
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time derivatives of p (35.7), v (35.21), and T" (35.27). We now consider evolution
of the magnetic field B.

Any astrophysical fluid will have some nonzero electrical conductivity o, defined
so that the electric current

J=0E . (35.35)

In general, magnetic fields will be present and o will be a tensor, but for purposes
of this discussion we will treat o as a scalar. The electric field E’ in Eq. (35.35) is
the field that would be measured by an observer moving with the fluid:

1
E'=E+ vxB (35.36)

where v is the fluid velocity. Thus
1

E-? _lysB | (35.37)
g C

We now use one of Maxwell’s equations:
10B
c Ot

and use another of Maxwell’s equations to replace J by (¢/4m)VxB—(1/47)0D /0t
to obtain

g

1
:—Vsz—Vx<J—Cv><B> , (35.38)

0B c? c oD
Now, V x (V x B) = V (V- B) — V?B. With V - B = 0, we obtain
0B 2 _,

where we have dropped the term (c¢/470)V x 0D /0t.?

Suppose now that we draw a closed loop L in the fluid, and assume that the loop
L moves with the fluid. Let ®(t) be the magnetic flux through the loop:

d)(t)z/dS~B : (35.41)

where the integral is over a surface S bounded by the loop L. The rate of change
of ® comes from (1) changes in B, and (2) motion of the loop:

P OB
E_/dS~§+?{B-(vde) (35.42)
=/ds-%—?+7{dL~(va) : (35.43)

3(c/4wa)V x 0D/t is smaller than (c2 /4mwo) V2B by a factor (v/c)?.
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where we have used the vector identity B - (v x dL) = dL - (B x v). Now use
Stokes’s theorem to convert the integral over the loop to a surface integral:

dd OB
Ef/ds‘§+/dS~VX(BXV) (35.44)
:/dS~ {8; +V x (B x v)] (35.45)

C2
x/dS-—VzB ; (35.46)

4o

where we have used Eq. (35.40) to go from (35.45) to (35.46). Thus, we see that in
the limit of infinite conductivity ¢ — oo, we have d®/dt = 0: the flux ® through
the loop is a conserved quantity. By assumption, the loop moves with the fluid; the
constancy of the flux is exactly what we would have if every magnetic field line
were “frozen” into the fluid. Equation (35.40) with ¢ — oo therefore describes
“flux-freezing.”

The conductivity is, of course, finite. The time scale for magnetic field decay is
B B - dnoL?

docay = ~ = . A7
Tdeeay S (OB 0t qeeny  (¢2/An0)(B]L2) 2 (35.47)

For a fully ionized hydrogen plasma, the electrical conductivity is

KT)3/2 T \*?
(kTP :4.6><10981< ) (30), (35.48)

~ 0.59 — e
7 2m 21 A 100K InA

where the “Coulomb logarithm” In A is given by Eq. (2.17). The time scale for
magnetic field decay is

AroL? N T \*?/ 30 L\
Tdecay — 672 ~ 5 x 10 yr (100:[(> (m) (Mj) . (3549)

In ionized gas, such magnetic field decay due to finite conductivity (referred to as
“Ohmic” decay) might possibly be of importance on very short length scales (L <
AU), but for L 2 102 AU ~ 103 pc, Tdecay €Xceeds the age of the Universe!

35.5% Virial Theorem

In this section, we present a global dynamical condition that must be satisfied for
an inviscid fluid. The virial theorem is a powerful mathematical result, based on
the equation of momentum conservation:

0 B? 1
P (v -V + 8t> v=-V (p + 87r) + E(B -V)B — pV®qav . (35.50)
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We consider a system bounded by a closed surface S. The surface S is assumed
to move with the local fluid velocity v, so that there is no mass flow across the
surface: the mass within S is conserved. The pressure p and magnetic field B
are not required to vanish at .S, but we will assume that the material exterior to S
contributes negligibly to the gravitational acceleration V®g,,,. Define the quantity

Iz/dw?p : (35.51)

I has the same dimensions as a moment of inertia. The virial theorem (see Ap-
pendix J for the derivation) states that

1.
-1 = 2EKE + 311 + Emag + Egrav

2
B? 1
—?{ds-r(p+8>+47r%dS-B(r~B) : (35.52)
02 B2
Fxg = /dvp—, = /de, Prnag = /dV—, (35.53)
By = ZZ Gmam; _ —/dV /dV plr)p(ra) (35.54)
g = |r1—r]\ ry—r 2|

where the factor of % in Eq. (35.54) allows for the fact that each pair appears twice
in the double sum. If the pressure and magnetic field have uniform values py and
By at the bounding surface S, then the surface integrals can be evaluated, and the
virial theorem becomes

1.
51 = 2EKE + 3(1_[ - HO) + (Ernag - Emag,O) + Egrav ) (3555)
B3
Iy = poV Emag,O = 87‘/ , (35.56)
T

where V' is the enclosed volume. The usual application of the virial theorem is to
systems that are in a steady state, with time-average (I) = 0. Then,

0 = 2(Exg) + 3(I — o) + (Emag — Fumag.o) + (Fgrav) - (35.57)
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Shock Waves

A shock wave is defined here to be a pressure-driven disturbance propagating faster
than the signal speed for compressive waves, resulting in an irreversible change
(i.e., an increase in entropy). The literature on shock waves is vast (e.g., Landau
& Lifshitz 2006; Zeldovich & Raizer 1968; Whitham 1974) with a review of in-
terstellar shock waves by Draine & McKee (1993). This chapter will focus on the
basic equations applicable to shocks, and will mention the different types of shocks
that arise in different astrophysical settings — adiabatic shocks; radiative shocks;
collisionless shocks; C-, C*-, and J-type two-fluid shocks.

We will speak of shock fronts — the shock front is the transition zone where the
fluid properties (e.g., density) change from preshock values to postshock values.

36.1 Sources of Interstellar Shocks

Shocks are common in the ISM, occuring in a number of different circumstances,
for example:

e Stellar explosions — novae and supernovae — drive shocks into the ISM.

o The gas in fast stellar winds is eventually decelerated when it “runs into” the
ISM; the deceleration involves passage of the wind material through a shock
front.

e Expanding HII regions can drive shock waves into surrounding neutral gas.

e In spiral galaxies, the gas in the interstellar medium is accelerated by gravity
as it enters a spiral arm, and may pass through a shock transition involving
deceleration (relative to the spiral arm) and compression.

o The ISM in a star-forming galaxy is “stirred up” by injection of energy from
stars (HII regions, stellar winds, supernovae) and clouds moving supersoni-
cally will sometimes collide, driving shock waves into both of the colliding
clouds.
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36.2 Jump Conditions: Rankine-Hugoniot Relations

The sharp change in fluid properties (density, velocity, pressure) in a shock transi-
tion is called a jump. Our goal in this section is to obtain a set of jump conditions
that relate the preshock and postshock state of the fluid. The jump conditions are
often referred to as Rankine-Hugoniot relations, after 19th century physicists Rank-
ine and Hugoniot.

36.2.1 Conservation of Mass

Shock waves are intrinsically transient phenomena, but it is often useful to approx-
imate real time-dependent shocks by steady (time-independent) shocks. When this
is the case, it is advantageous to adopt a frame of reference that is moving with the
shock: we call this the shock frame.

In the shock frame, the shock structure appears to be stationary, although the fluid
itself is moving; in the shock frame, a steady shock has 9/9t = 0 for all variables.
It is further advantageous if we can approximate the shock front as plane-parallel;
then, if X is the direction normal to the shock, we have 9/0y = 9/0z = 0. With

these conditions, the equation of mass conservation dp/dt = —V - (pv) reduces to
0
0=——(pvz) , 36.1
5y PUe) (36.1)

which is readily integrated from x1 to z2 to obtain

(pvg); = (pvz)y - (36.2)

36.2.2 Conservation of Momentum

The equation for momentum conservation, including viscous stresses, is a vector
equation, Eq. (35.21). For a steady, plane-parallel shock, the x component of the
equation reduces to

O, ) B2 1,9 0 9
y— = —— — — B, —DB; — p7—Psrav vx > (363
P ox oz <p+ ) T oz Cs T g7 363

which can be written (making use of pv, = const) in terms of the divergence of a
conserved momentum flux

B2 + B? -
(B, ¥ B,) —w) = P (36.4)

9 w2 +p+
oz \Pl=TP 8t ox

with a “source term” on the right-hand side. We now integrate across the shock
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transition. The viscous stress tensor o, is large only in a narrow transition layer;
we choose a preshock location x; and postshock location x- just outside this shock
transition layer, so that (0,,)1 ~ 0, (044)2 & 0. We further assume that x; and x2
are sufficiently close together so that we can neglect the integral over p0®gyay /0.
The equation of momentum conservation then becomes

B? + B? B2 + B?
pvg +p+ —— = pfug +p+ vz . (36.5)
8 ) 8 )

36.2.3 Conservation of Energy

We now consider energy conservation. To calculate all of the mechanical work
done on the fluid element (including viscous stresses), it is convenient to calculate
what is happening at the surface, since the pressure force acts across the surface,
and we have seen in Eq. (35.16) that the electromagnetic forces can also be eval-
uated as acting at the surface. The work per unit time done by the force acting at
each point is obtained by taking the dot product of the force vector with the velocity
at that point. The rate at which work is being done on the fluid element by external
forces is therefore

dE B;B;
(%), s (o= 5) + fasn (5w
/dV AP (36.6)
P 7.8xl grav - .

In addition to the mechanical power, there is a net heating rate per volume (I" —
A) plus heat conduction across the surface. These all add up to change the total
energy in the comoving fluid element. Using Gauss’s theorem to convert the surface
integrals to volume integrals, we can now evaluate the rate of change of the sum of
bulk kinetic energy, internal energy, and magnetic energy in the fluid element:

D B? 9 B? B;B;
Di va + QU 4+ Q— ] ani [—pvq; — g + Ui + ;05
0
— Qpv; — oz, Porav + UL — A) —QV - (=&VT) . (36.7)

Equation (36.7) is fully general. If we now set /0y = 0/0z = 0/0t = 0, it
simplifies to

o, (B + B2) B,Byv, ByB.v,
7 ipvmv +Uvy + pvg + o Vg — i an

dT
k= 4+ pU2Pgrav| =1 — A . (36.8)
dx

— Ujajx —
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We now integrate this from preshock point 1 to postshock point 2, where we again
assume that 1 and 2 are sufficiently far from the shock transition that (0,;)1 ~
(0jz)2 = 0. We also assume that 1 and 2 are sufficiently close together that
ff(l“ — A)dz = 0, and (Pgrav,2 — Pgrav,1) ~ 0. We further assume that the
internal energy per unit volume is proportional to the thermal pressure:

(36.9)

where v = ¢, /¢, = (f + 2)/f is the ratio of specific heat at constant pressure to
specific heat at constant volume. For a monatomic gas or plasma, v = 5/3.

The energy jump condition is then

pv*  p (By+B2)  (ByB+B.B:)  dT'| _
I gt ° im T o
2 2 2
pv P (B, + B?) (ByB.+B.B,) T
P : - — kL 361
{[ 2 +(71)]U“E+ gr " An T (36.10)

36.2.4 Conservation of Magnetic Flux

In addition to mass, momentum, and energy conservation, we have one more con-
straint from Maxwell’s equations and the assumption of infinite electrical conduc-
tivity: Eq. (35.40) gives

%—]?:VX(va) . (36.11)
With §/0t = 0/8y = 0/0z = 0 the y and z components of this equation give

_% (UxBy - UyBac) , (36.12)
0
7% (vz

0=

0= B, —v.B.) . (36.13)

36.2.5 Jump Conditions

The preceding equations are general for plane-parallel steady shocks. We now
specialize to the case B, = 0 (purely transverse magnetic field) and kVT = 0
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(negligible thermal conductivity), and we choose a frame where v, = v, = 0 in
the preshock gas (if B, = 0, the postshock gas will then also have v, = v, = 0),
and B, = 0. The conservation laws for mass, momentum, energy, and magnetic
flux can then be rewritten

p1u1 = paug (36.14)
B? B2
p1ul +p1+ =L = poul +po+ == (36.15)
8 8
3 2 3 2
P1uy v ui B pouy v up By
= 36.16
5 +7_1U1p1+ e 5 +7_1U2p2+ 8 ( )
U1B1 = UQBQ , (3617)

where u = v, and B = B,. We assume that p;, u;, p1 and B are given. We
have four equations in four unknowns: ps, us, p2, and Bs. The trivial solution
(p2 = p1,u2 = uq, p2 = p1, and By = By) always exists, but what is the condition
for a second physical solution to exist? Define vy = wuq, and let z = p2/p; be
the compression ratio. From mass conservation, we have us = v,/x, and flux
conservation gives By = xB;. The momentum and energy equations become

B2 V2 B2
pro2+p+ k=P g Pl (36.18)
8 x 8
1 45 v i 1 pv? Y pevs  B?
o oy, = 2P Zlpr . (36.19
gf1ls T TPt s = 5Ty F Ty T T g vt G619

Now we have two equations in two unknowns: compression x and postshock pres-
sure ps. If we solve the first for ps, and substitute into the second, we obtain a
cubic equation for x. Remembering that x = 1 must be a solution, we can factor
out (z — 1) to reduce this to a quadratic. The solution for the compression ratio x
is
r = 20+1) , (36.20)
D+ \/D2 +4(y+1)(2 - )M,

D=(y—1)+2M 7 +yM* |
M= _ ,
Vpi/m
MAE v

S
By /\/Ampy
The condition for a compressive (i.e., x > 1) solution to exist is that

wr, B

Vg > Vips =
p1 Ampr

, (36.21)
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where the magnetosonic speed V.5 is the speed of small-amplitude compressive
waves propagating perpendicular to B. For a shock wave to exist, it must propagate
faster than small-amplitude compressive waves in the preshock medium.

With the compression factor z from Eq. (36.20), one can immediately obtain
the postshock velocity vo = v,/x and density po = xp;. The pressure py can be
obtained from Eq. (36.18), and the temperature T5 = poyt/ p2k, where p is the mass
per particle.

When M = v, /Vips > 1, the shock is termed a strong shock; the strong shock
jump conditions are

1
e= 5 Y ey =53, (36.22)
p1 v—1
1 1
Uy — z_'_lvszzvs fory=5/3 (36.23)
20y =i 3 g
T — for v =5/3 . (36.24)

(v+12 k 16 k

For a strong shock, the postshock temperature 75 depends on both the shock speed
and the molecular weight. Including helium (with nye/ng = 0.1):

1.4my

W= 11 - 1.273my for neutral HI, (36.25)
p=— 5 = 0.609my for fully ionized gas. (36.26)

For a strong shock, the postshock temperature is

2
Ty~ S p? = 2890K< K ) ( Us ) (36.27)

16 1.273my 10kms™!

2
M Vs
=1.38x 107K . (36.28
x (0-609mH> <1000kms—1) ( )

36.2.6 Postshock Cooling and “Isothermal” Shocks

We have used the conservation laws to obtain the immediate postshock compression
and temperature. Suppose now that the hot gas cools by emitting radiation, cooling
until it reaches a temperature 75 = T3. A shock where the postshock gas cools to
the initial temperature T} is sometimes referred to as an isothermal shock. This is
misleading — the gas temperature does not remain constant.
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Figure 36.1 Structure of a nonmagnetic radiative shock. The fluid is assumed to have
~ = 5/3, and the shock has Mach number M = 4.

Energy has been removed, so energy conservation equations do not apply, but
mass, momentum, and magnetic flux remain conserved. Thus set T3 = T}, p3 =
T3p1; momentum conservation gives

B2 ’U2 32
p1vl +p1+ 8—; = p; = 4 x3pr + 8—;x§ . (36.29)
3

The nonmagnetic case (B; = 0) gives a quadratic equation for x3, with one trivial
root (z3 = 1) and the nontrivial root

2
wq = M2 =P (36.30)

1SO
D1

where the “isothermal Mach number” Mjg, is the ratio of the shock speed v, to the

isothermal sound speed \/p1/p1.
Now consider the more general case where By # 0. Equation (36.29) now gives
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a cubic equation for x3; one root is x3 = 1, the other physical root is

1 w2 1 e
=vVoM, |1 1424 4 36.31
v \[ 4 + 8Mi < + Miio) ‘| 2 Mi?so ( )
V2My  for M2, > M3 > 1
N . (36.32)
M2, for Ma > M2, > 1

The structure of a single-fluid nonmagnetic shock is shown in Figure 36.1.

36.3 Cooling Time and Cooling Length

For a steady shock, the peak temperature occurs immediately behind the shock
front. If the shock has been propagating long enough, the shocked gas is able to
cool radiatively, resulting in further compression of the gas. The cooling behind
the shock is approximately isobaric, so the cooling time for this gas is given by Eq.
(35.33). For a strong shock in ionized gas, with pa ~ 4p;, and temperature given
by Eq. (36.28), the time t.01 for a just-shocked fluid element scales as 1/ny o
where ng o is the preshock density. Figure 36.2a shows ny gtcoo1 as a function of
shock speed. We see that shocks with v, < 100 km s™1 cool very rapidly, but the
gas behind a high-velocity shock takes very long to cool.

For 80 < vs < 1200kms ™!, the cooling time can be approximated by (see Fig.
36.2a)

cm ™3 v 34
teool &= 7000 < > ( = > yro. (36.33)

TH,0 100 kms ™t

The cooling length — the spatial extent of the radiative zone in Fig. 36.1 — is
Leool = (Vs/4)teool X 1/np,0. The column density of material in the radiative
zone NH cool = (41H,0)Leool = NMH,0Vsteool depends on v, but not the preshock
density ny 0. The cooling column density Ny ¢o01 is shown as a function of shock
speed in Fig. 36.2b.

36.4% Collisionless Shocks

In the discussion thus far, we have assumed that viscous dissipation is capable
of effecting the shock transition, dissipating much of the initial kinetic energy and
converting it to heat. In collisional shocks this is accomplished by elastic scattering
of molecules, atoms, or ions, and the shock transition has a thickness that is of order
the mean free path against 90° scattering. From Chapter 2, the mean free path
(mfp) in ionized gas at the immediate postshock temperature T = (3/16)uv?/k



SHOCK WAVES 405

(N)g toom (cm™3yr)

T T F T 1

108 - . ]

g 10 E

107 1022 3 E

: ~10%1 & E

6 L b E §

10 3 £ F 1

3 S [ ]

-31020 E i

I |

105 | = f ]

F 1019 E

7000(v,/102 km /s)3+ | E 5.56x10'7(v,/102 km/s)“f

Lot 80<v,<1200km/s | 1o 80 <v, <1200km/s ]

(a) ] 1017} (b) -

108 Ll N | N E vl N | N
30 100 300 1000 3000 30 100 300 1000 3000

v, (km s71) v, (km s71)

Figure 36.2 (a) nu,otcool as a function of shock speed v, for shocks propagating into
HII, for the cooling function shown in Fig. 34.1. Strong shock jump conditions (for
~ = 5/3) are assumed. nu,o is the preshock density, and tco01 is the isobaric cooling
time for the immediate postshock gas. The cooling function A(7T') is taken from Fig.
34.1. Curves are labeled by the metallicity relative to solar Z/Zg. (b) The cooling
column density Ny, cool = NH,0Vstcool-

and immediate postshock density n = 4n; is

3ol
mfp:'l}ltdeﬂ = m (3634)
v Y/ em?
=24 x 10" cm (1031{5 1) ( ) , (36.35)
ms Ne

where we have evaluated the mfpfor a proton with E = (3/2)kT,. For shock
speeds vy & 103 km s™', the mean free path against collisional scattering is very
long, yet we see evidence of relatively well-defined shock transitions in young
supernova remnants, and in interplanetary space.

The shock transition requires that the particle velocities be isotropized (in the
postshock frame), but this can be done by large-scale electric and magnetic fields
resulting from collective motions in the plasma. Shocks where the deflection of
ions is accomplished by collective effects are referred to as collisionless shocks.
The collective motions that generate the large-scale electric and magnetic fields are
excited by instabilities driven by the streaming of the undeflected ions and electrons
through previously decelerated plasma. If the preshock plasma is already magne-
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tized, then the already-present magnetic field is available to deflect streaming ions
and electrons. Instabilities in collisionless shocks can substantially amplify the
magnetic field, beyond the factor of ~ 4 compression that would result in a plane-
parallel strong shock with flux-freezing (Bell 2004). Even if no magnetic field is
initially present, the Weibel instability (Weibel 1959) is able to generate magnetic
fields in strong collisionless shocks.

36.5x Electron Temperature

The existence of collisionless shocks is established by observations, showing that
the bulk kinetic energy of the preshock flow is substantially converted to kinetic
energy in random motions. Elastic scattering processes will relatively quickly
isotropize the velocity distribution functions. Scattering of ions by ions, and elec-
trons by electrons, will cause the ions and electrons to each relax to Maxwellian
velocity distributions.

Almost all of the kinetic energy is originally in the ions. Isotropization of the
velocity distribution function would result in initial ion and electron temperatures
with T; /T, ~ (m,/m.) = 1836. Coulomb scattering will cause the electrons to
be heated on an equilibration time scale

Ti — Te my
Tequil = ~
W= AT =T /dt T me

T, 3/2 cm ™3 25
10 e
1.4 x10"s (106K) ( e > <1nA> .(36.37)

The long time scale for electron—ion temperature equilibration prevents the elec-
trons from equilibrating with the ions just behind fast shock waves in young super-
nova remnants, or following shock-heating of the intergalactic medium in galaxy
clusters.

X taen (e by p) (36.36)

%

When the electrons are much colder than the ions, there may be collective insta-
bilities that will raise the electron temperature up to some fraction (e.g., ~ 1/10) of
the ion temperature, but the final electron-ion temperature equilibration appears to
take place via elastic scattering.

36.6 % Two-Fluid MHD Shocks in Low Fractional Ionization Gas

Earlier we discussed the jump conditions in ordinary shock waves, where some
process — either collisional viscosity or some collective instability — decelerates
and heats the inflowing preshock gas. This applies to fast shocks, or to shocks in
ionized gas.

Much of the ISM has an appreciable magnetic pressure but low fractional ion-
ization (see Chapter 16). In HI clouds (the “CNM”), the fractional ionization
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Te =~ 3 x 107 (see Fig. 16.1). In diffuse molecular clouds, ultraviolet radi-
ation maintains ionization of species such as CT, and the fractional ionization
x, ~ 1.5 x 1074, In dark clouds, the fractional ionization is much lower, with
x, ~ 1077 in a region with density ny ~ 10* cm—2 (see Fig. 16.3).

The gas can be thought of as two distinct fluids coexisting in space: a neutral fluid
consisting of atoms and molecules, and a plasma, consisting of the ions, electrons,
and magnetic field. When the fractional ionization is sufficiently low, a neutral par-
ticle will undergo many scatterings by other neutrals before it is scattered by an ion,
so the neutrals act like a fluid with a Maxwellian velocity distribution. The long
range of the Coulomb interaction means that the ions or electrons may undergo
many Coulomb scatterings off other ions or electrons before interacting with a neu-
tral — so the ions and electrons act like a separate fluid, although the mass mismatch
between ions and electrons means that energy exchange between ions and electrons
is slow, so that the electron and ion velocity distributions can be characterized by
separate temperatures, T; and 7.. Hence, it makes sense to speak of the neutrals
and ions as distinct fluids, weakly coupled to one another via ion—neutral collisions.

Because the fractional ionization is low, even a modest magnetic field strength
can imply a large value for the magnetosonic speed for compressive waves in the

plasma:
B ./ Bo \ /102cm—3 104\ /2
! (36.38)
VaTp; 5uG ny ; ’ '

where we have assumed a mass per ion m; ~ 12myj. If the shock speed vs < Vips,
then compressive waves in the plasma can propagate upstream ahead of the shock,
producing compression in the plasma before it arrives at the shock transition in the
neutral gas.

‘/;ms
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The neutral particles are not directly affected by the magnetic field, but the
charged particles experience Lorentz forces when they move perpendicularly to
the magnetic field. This means that when the magnetic field is strong enough to
be dynamically important, it can only affect the neutral gas via ion—neutral scat-
tering. But when the fractional ionization is low, the collisional coupling between
neutrals and ions is weak. This leads to an interesting new type of shock structure
— two-fluid MHD shocks.

To understand the structure of two-fluid MHD shocks, it is helpful to think about
a sequence of two-fluid shocks, starting from a shock where the magnetic field is
very weak, and considering the effect of gradually increasing the magnetic field
strength — see Figure 36.3. In the upper panel, the magnetic field is assumed to be
dynamically weak, but to be large enough that Vi,,s > vs. The compressive waves
propagating upstream in the plasma ahead of the shock are damped by ion—neutral
friction since the neutral gas is not participating in the compression. This results
in a magnetic precursor of finite extent. We can estimate the extent L of the
magnetic precursor by simply looking at the equation of motion for the ions:

Dv; B> (B-V)B
Dt —Vpi - v87r + 47

Pi + nnni<av>inﬂ(vn - Vi) ) (3639)
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Figure 36.3 Sequence of two-fluid shocks, with different values of preshock magnetic
field strength By. As the magnetic field strength By is increased, the magnetic pre-
cursor extends further ahead of the viscous subshock (the discontinuity in the neutral
velocity), and produces more deceleration of the neutrals. For large enough By, the
neutrals are decelerated entirely by the magnetic precursor, and the shock becomes
C-type.

where we now have a source term on the right-hand side, representing the rate
per volume at which the ion momentum is changed as a result of collisions with
neutrals. For plane-parallel, steady flows this becomes (using V - B = 0)

dv;, d d B?
Uiz 71 = *T T Tﬁ nlly in nx — Uiz 9 36.40
Pi0. - xp =3 + npni(ov)ipp(v Vig:) ( )

where (i, = mym;/(m, +m;) is the reduced mass in collisions between neutrals
of mass m,, and ions of mass m;. Because p; and p; are small, Eq. (36.40) requires
approximate balance between the two dominant terms, and we can solve for the
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length scale L:
% (?j) ~ NN (00) int(Vng — Viz) (36.41)
(2815:(22 ~ nH(gme)@@m%% , (36.42)
L~ oYho (M tmi) 1 (36.43)
Us m; nio{oV)in
1 x 10 em ( k;AS(Jl)Q <10 kzs_l) (0.01n c(r)n?’) , (36.44)

where v 40 is the Alfven speed in the preshock medium, and n;y is the number
density of ions (= number density of electrons) in the preshock medium.

If the magnetic field is weak (v, is small), the magnetic precursor does not
extend very far upstream and the neutral gas, with its much greater inertia, is hardly
affected by the ion—neutral collisions taking place in the very short precursor (see
Fig. 36.3a). The deceleration and heating in the overall shock is almost entirely
due to the viscous stresses arising in a transition layer that we term the viscous
subshock, with thickness of order the mean free path for a neutral atom against
elastic scattering by another neutral. Two-fluid shocks where a viscous “jump” is
present are referred to as J-type shocks (Draine 1980).

If the preshock magnetic field strength is increased, the precursor extends far-
ther (see Fig. 36.3b). The zone within which ion—neutral collisions are occuring
is enlarged, and the amount of momentum removed from the streaming neutrals
becomes appreciable, causing the flow velocity of the neutrals to decline notice-
ably before the neutrals reach the viscous shock transition. In addition to reducing
the momentum (and bulk kinetic energy) of the preshock neutral flow, frictional
heating by ion—neutral scattering also heats the neutral gas. Because of these two
effects, the viscous subshock is weakened, with a reduced compression ratio, but
the shock is still J-type.

As the magnetic field strength is further increased (Fig. 36.3c), the magnetic pre-
cursor extends further, the momentum transfer and frictional heating in the mag-
netic precursor region increases, and the strength of the viscous subshock further
decreases. If the magnetic field is increased sufficiently (Fig. 36.3d), the viscous
subshock entirely disappears, and we have an entirely new type of shock — referred
to as a C-type shock (Draine 1980) — where all of the momentum transfer and
dissipation take place as the result of ion—neutral streaming.

For a shock to be C-type, the neutral flow must remain supersonic throughout. If
the magnetic field is strong enough (i.e., the preshock Alfvén number v, /vag is low
enough), this can be accomplished even without radiative cooling. However, even
when the Alfvén number is large, the distributed heating by ion—neutral scattering
may be countered by local radiative cooling, and it is often possible for radiative
cooling to keep the neutral fluid cool enough that it remains supersonic.
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Figure 36.4 Structure of J-type, C*-type, and C-type 2-fluid MHD shocks (see text).
In C-type shocks the neutral flow remains supersonic throughout. In J-type shocks the
neutral flow makes a supersonic to subsonic transition via a viscous subshock, and as
it cools it passes smoothly through a sonic point to become supersonic downstream. In
C*-type shocks, the neutral flow passes smoothly through two sonic points as it first
heats up from ion-neutral friction, and then cools down.

For fixed preshock conditions (ng, T', By, ne), low-speed shocks will be C-
type, but as the shock speed increases, heating of the neutral flow will make it
subsonic. If we assume that radiative cooling in the postshock region will cause
the downstream neutral flow to be supersonic, then we see that the neutral flow
must have a supersonic—subsonic transition at one point in the flow, followed by
a subsonic—supersonic transition further downstream (see Fig. 36.4). In J-type
shocks, the supersonic—subsonic transition is accomplished by a viscous sub-
shock, but it is also possible for the transition to take place smoothly, without a
viscous subshock. Such a shock is termed C*-type (Chernoff 1987; Roberge &
Draine 1990).

Single-fluid shocks dissipate most of the ordered kinetic energy in a narrow vis-
cous transition, with the heating taking place too rapidly for cooling to affect the
peak temperature reached. In two-fluid shocks, on the other hand, much of the en-
ergy dissipation is continuous rather than impulsive, and radiative cooling is able
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to keep the gas cool even when the shock velocity is quite high.

The Orion Molecular Cloud shows strong infrared emission in vibration—rotation
lines of Ho, with line profiles indicating that some of the emitting Hy is moving at
> 30kms™'. Models of single-fluid shocks propagating into Ho gas showed that
the Ho will be fully dissociated if the shock speed exceeds ~ 24 km s~ (Kwan
1977), but two-fluid MHD shocks can have minimal Hy dissociation and strong
H, line emission for shock speeds as large as ~40kms™" (Chernoff et al. 1982;
Draine & Roberge 1982).

Because radiative cooling is effective, especially in molecular gas where the ro-
tational lines of Hy are strong coolants, shocks in interstellar HI clouds and molec-
ular clouds are expected to be often C-type or C*-type. Shocks are expected to
be common: Draine & Katz (1986b) estimated that a sightline traversing a path
through one or more clouds with total E(B — V') = 1 mag would be expected to
intersect one shock wave with vy > 8kms ™", and argued that C-type shocks in in-
terstellar clouds could account for the observed abundance of the enigmatic species
CH™ via the endothermic reaction Ct + Hy — CH™ + H (see §33.3).



Chapter Thirty-seven

* lonization/Dissociation Fronts

Chapter 15 discussed the sizes of Stromgren spheres, assuming them to be static,
with a stationary boundary separating the ionized from the neutral gas. This bound-
ary is known as an ionization front, or I-front. I-fronts are common in the inter-
stellar medium. The Orion Bar in Plate 10 is an example of an I-front, there are
I-fronts bounding the bright Ho emission in the Trifid Nebula (Plate 11), and there
are I-fronts at the surfaces of the many neutral cometary filaments in the Helix
Nebula (Plate 13).

In general, an I-front is not stationary relative to the gas. This chapter discusses
the gas dynamics that is associated with moving I-fronts.

Stars are formed by gravitational collapse in cold, dense molecular gas. Mas-
sive stars reach the main sequence quickly, and begin emitting hard ultraviolet
radiation while still surrounded by dense molecular gas. The molecules in the
nearby gas are photodissociated, and the gas is photoionized. The photodissocia-
tion/photoionization process increases the number of free particles (Hy — 2H —
2H™* + 2e7) and raises the gas temperature to ~ 10* K; the thermal pressure there-
fore increases by a factor ~ 103, and this high-pressure gas will expand by push-
ing away the surrounding lower-pressure atomic and molecular gas. Under some
circumstances, this high pressure can drive a shock wave into the surrounding
medium, so that the neutral gas that the I-front encounters has already been shock-
compressed — this is called a D-type I-front. Under other circumstances, the I-front
is not preceded by a shock — this is referred to ask an R-type I-front.

37.1% Ionization Fronts: R-Type and D-Type

Consider a plane-parallel geometry, and adopt a coordinate system that is moving
at the same speed as the I-front. Let .J be the flux/area of ionizing photon arriving
at the I-front. Let subscript 1 denote fluid variables in the neutral gas ahead of the
I-front, and subscript 2 denotes fluid variables in the ionized gas behind the I-front.
Mass conservation gives us

prur = pauz = Jpu; (37.1)

where p and u are the density and velocity of the gas relative to the I-front, and p;
is the mass per ion in the ionized gas. If He remains neutral, p; = 1.4myg; if He is
singly ionized, p; = (1.4/1.1)my.
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Equation (36.5) applies with only a slight modification:

2 2 1 2 2 2
P + P + — = P + P + = - — 37.2
1u1 1C1 8 2“2 262 8 c 5 ( )

where c¢; and co are the isothermal sound speeds in region 1 and region 2, and
we have included the momentum flux Jhv/c from the ionizing photons that are
assumed to be absorbed at the I-front. We assume that p; and u; = Jpu/p; are
known, and we seek to solve for the unknown us and py = prug /us.

If all the terms in Eq. (37.2) are retained, one obtains a cubic equation, which
is tractable but tedious to solve. Cases of astrophysical interest will normally have
ug > up, p2 <K pi1, and, as a consequence, B% /8 (the magnetic pressure in the
ionized gas) will be small compared to the other terms. In addition, it is easy to see
that Jhv/c = pruthv/pc < p1(ud+ci+ B?/8x). If we drop B3 /87 and Jhv/c
from Eq. (37.2), we obtain a simple quadratic equation for z = us/u; = p1/pa:

2
uiz? — <u? + i+ U‘;l) r+ec3=0 , (37.3)
with roots
1 v? 02\’ 2
r= e <u§+c§+gl> : <u§+c§+gl) 41@031
(37.4)
The roots are real if and only if
V2
u? 2+ % > 2uicy (37.5)
which requires
r 02 142
up > UR =c2 + cg—cf—% , (37.6)
or
r ’1}2 11/2
u; < Uup = ¢ — cg—cf—% . (37.7)
Normally, ¢; ~ 10kms ™", and e3> v, 3>, and
2 2
ugp ~ 2co , TR ~ 3+ Qcigcé‘” ,
(37.8)
20?-!—1}1241 ~ 403

Q

Up 4co ’ ID =~ 2cf +v1241
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where zr and zp are the density ratios p; /ps for I-fronts with « = ug and u = up,
respectively. Ionization fronts with © = ug are called R-critical, and I-fronts with
u = up are termed D-critical. The solutions with u; > ur and the solutions with
u1 < up are quite different in nature.

37.1.1 R-Type I-Fronts

If

J= %UR , (37.9)

"

then u; > ugr and the I-front is called R-type. There are two mathematical solu-
tions, depending on which root of (37.4) is taken. The solutions corresponding to
the larger root are called strong R-type. Strong R-type solutions have only a small
density change across the I-front, with the density change going to zero in the limit
of very fast-moving I-front. Both upstream and downstream flows are supersonic,
and waves cannot propagate upstream.

What about the other solution branch, obtained if the negative root in (37.4) is
taken? These solutions, referred to as weak R-type, also satisfy conservation of
mass and momentum, but for u; > ug, the ionized gas is much denser than the
neutral gas (p1/p2 < 1 in Figure 37.1). This can only occur if there is a large
pressure gradient across the I-front — the I-front is also a shock front. Because the
downstream flow is subsonic, it is physically possible for the postshock region to
be pressurized by some “piston” that is acting on it (e.g., a stellar wind), but such
a combined ionization—shock front requires that the pressure be just right so that
the compressive shock front advances at the same speed as the I-front, whose speed
depends on J. Such a situation generally does not arise in astrophysical I-fronts.
Hence, only strong R-type I-fronts are physically relevant.

37.1.2 D-Type I-Fronts

Conversely, if

J =0 %UD , (37.10)

I

then u; < up and the I-front is called D-type. The solution corresponding to larger
root in Eq. (37.4) is termed weak D-type. The ionized gas is at much lower density
than the neutral gas, and it flows away from the I-front at a speed that is close to
the sound speed co. In this case, it is the “rocket effect” that is responsible for the
large pressure increase as one moves from the ionized gas into the neutral gas — it
is this pressure gradient (which we do not resolve when we treat the I-front as a
discontinuity) that accelerates the ionized gas away from the I-front.

The other solution, obtained by taking the smaller root in (37.4), is termed strong
D-type. For u; < up, this solution corresponds to very slow flow in the neutral
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Figure 37.1 us/ui = p1/p2, as a function of the velocity u1 of the I-front relative
to the neutral gas just ahead of the I-front, for D-type and R-type ionization front
solutions (see text) for an example with ¢; = 1kms™!, va; = 2kms™!, and ¢o =
11.4kms~'. The astrophysically relevant solutions are the weak D-type and strong
R-type cases, shown as heavy curves. There are no solutions with u; between up and
UR.

medium, with approximate pressure equilibrium between the neutral gas and the
ionized gas. This is the solution that would correspond to the late-stage evolution
of an H Il region in an initially uniform medium, where the ionized gas is essentially
in pressure equilibrium with the neutral gas around it.

We have discussed solutions for u; < up and u; > ur. What happens if we
have a neutral medium with density pg, and we suddenly “turn on” an ionizing flux
J such that up < Ju/pp < ur? Since J is imposed, what has to happen is that
the density p; of the neutral gas just ahead of the I-front must be increased so that
Ju/p1 < up. This is accomplished by a pressure wave that travels forward into
the neutral gas, compressing it from density pg to a density p; such that Ju/py <
up. Because compression requires that the pressure be significantly larger than the
initial pressure, the pressure wave will be a shock wave.

In this case, there are two fronts to consider: (1) the shock front where the as-yet
unperturbed medium with density pg is compressed to a density p;, and accelerated
in the process, and (2) the I-front, propagating into the compressed postshock gas.
The shock front must, of course, move faster than the I-front so that it remains
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ahead of it.

The solution will be D-critical, with u; ~ up. Substituting up into Eq. (37.4),
one finds a density ratio

P1 1 4c3
— =Ip~R -+ —5—5— . 37.11
<P2)D P72 (2¢F +v3;) ( )

The density in the neutral gas must be increased to a value p; = Ju/up. If the ini-
tial density is po, then the shock compression factor must be p1/pg = Ju/(uppo)-
The compression in an isothermal shock is given by Eqs. (36.31 and 36.32).

37.2%% Expansion of an HII Region in a Uniform Medium

We can now discuss the expansion of an HII region in an initially uniform medium
of density (nu)o = no. For simplicity, we will neglect helium. Suppose that a
star suddenly turns on, emitting H-ionizing photons at a rate (Jy. At early times,
the I-front will be strong-R-type, propagating at a speed u > ur ~ 2cg, where
co = 11.4T41 /2 kms~" is the isothermal sound speed if He remains neutral. Let
R;(t) be the radius of the I-front. With the gas remaining at rest, the propagation
of the I-front is determined by

4
nodr R2dR; = [QO - ;R?agng} dt | (37.12)

dR; Qo mnoapl;
At dmnoR? 3

(37.13)

which can be integrated to obtain R;(t) and the velocity V;(t):

3Qo

1/3
_ -1
, T=(nox , (37.14)
47TaBn(2)> (noavs)

R}=RY, {1 —e_t/T} i Rgo = (

(37.15)

dRi - <Q0n0a2B ) 1/3 e_t/T
36m (1- e—t/r)2/3

Qo 13 ng 1/3 e t/T 1
— 842 ( ) k . (3716
8 <1O48 s—1 103 cm—3 (1 _e—t/-r)2/3 ms ( )

The velocity V; of the I-front decreases with increasing time, until it approaches
UR ~ 2cy ~ 23km s~!. From Eq. (37.16), we see that (for our nominal parameters
Qo = 10*%s~ ! and ng = 10% cm—?), the I-front remains R-type until e /7 ~
23/842, or t/T ~ In(842/23) ~ 3.6, by which time the I-front has reached R; ~
(1 —23/842)'/3Rgy = 0.99Rsg .

Until this time, the neutral gas remained at rest as the I-front advanced into it,
and the growth law Eq. (37.14) remains valid. However, when V; falls below u g,
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the character of the expansion will suddenly change: a shock wave will now move
ahead of the I-front, and will compress and accelerate the neutral gas so that the
I-front is moving into gas that has been both compressed and set into motion. The
I-front will now be weak D-type, but it will be advancing into neutral gas that is
already moving radially outward as the result of the shock. This geometry is shown
in Figure 37.2.

lonization
Front

HII region

Figure 37.2 A D-type ionization front preceded by a shock wave.

Once the I-front becomes D-type, and a shock precedes it, analytic approxima-
tions to the expansion become less accurate even if the original medium is assumed
to be uniform. Here, we follow the treatment developed by Spitzer (1978).

Let R; be the radius of the I-front, moving with velocity (relative to the star)
V; = dR;/dt. After the I-front becomes D-type, it is subsonic, and the ionized
gas, in particular, can be assumed to be in pressure equilibrium, i.e., with a nearly
uniform density interior to the I-front. Let v;(r;) be the velocity (relative to the
star), of ionized gas at radius 7; < R; interior to the I-front. Because the density
is uniform, it follows that p;72 is constant for a fluid element within the expanding
HII region, hence

1 dpi 3 d’l“i Ui(TZ')
—_ = —-—— = —3
Pi dt T dt T

(37.17)

As the density of the ionized gas goes down, the stellar radiation is able to ionize
more material, and the I-front advances into neutral gas. Neglecting absorption
by dust, and assuming the recombination time 1/(n.ap) is short compared to the
expansion time R;/V;, radiative recombinations approximately balance photoion-
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2

izations, hence p? R3 ~ const, and

3 CZRZ 2 dpi
— N —— 37.18
Viz— = —x— = 2v;(R;) . 37.19
dt 3 i di vi (R;) ( )
Since V; = v; + u;2, the velocity of the ionized gas relative to the I-front is
1
Uiy = §Vi . (37.20)

The density of the neutral gas into which the I-front is advancing will be determined
by compression behind the shock wave moving ahead of the I-front. The shock
wave will be moving at a speed v, that will be close to (just slightly larger than) the
speed of the I-front:

vV (37.21)

After the I-front becomes D-type, the expanding HII region will be surrounded
by a shell of shock-compressed gas. Let us assume that the ambient medium, with
density po, is magnetized with a magnetic field B that is transverse to the direction
of propagation of the shock. Further suppose that the magnetic pressure is large
compared to the thermal pressure in the ambient medium — B3 /87 > poc,,
where cgq is the isothermal sound speed in the ambient medium. If the shock
front and the I-front are propagating at almost the same speed, we can apply the
conservation of momentum flux across the two fronts:

V'2
poVZ = po (%22 + sz) = p2 <i + 032) . (37.22)
If we now assume that V; ~ V, we obtain
P2 2
vi=E2 =2 (37.23)

~ po (1= p2/4po)

Since p2 < pg, we may neglect ps/4pg in the denominator, and obtain

1/2
Wm%m(m) Coa . (37.24)
Po

The rate at which new ions must be created at the ionization front is 47rR§nui2 =
2rR2nV;. If Qo > 2w R?nV;, then the expanding HII region has p3 RS = const,
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hence ps = po(Rp/R;)*/?, and

54 dR; .
R =Ryt (37.25)
_ 4/7
R = Rp ng for t >tp ,  (37.26)
D

where Rp ~ Rgp and tp are the radius and time when the I-front first becomes
D-type. This result was first obtained by Spitzer (1978).

To illustrate the evolution of an HII region, Fig. 37.3 shows the radius R; and
velocity V; of the ionization front as a function of time for the HII region created
by a star that at ¢ = 0 suddenly begins emitting ionizing photons at a rate QQy =
10%°s7L, in an initially uniform medium of density ng = 103 cm™=3. The R-type
phase lasts only to ¢ ~ 540yr, at which time the I-front which has become R-
critical, switches from R-type to D-type. Immediately after becoming D-type, the
velocity V; of the ionization front is ~ 10 kms ™', but it gradually slows, dropping
toV; < 2kms ' att = 10% yr.

The evolution of real H Il regions may depart substantially from Eq. (37.26), for
two important reasons:

1. The ambient gas around a real H Il region will, in general, not be uniform and
at rest. Nonuniformities will allow the HII region to expand more rapidly in
lower-density regions, with a “champagne flow” (Tenorio-Tagle 1979) re-
sulting if the high-pressure HII region is able to “vent” into a low-density
region.

2. The illuminating star will in general be moving relative to the ambient medium,
resulting in a nonspherical geometry even if the ambient density is uniform.

37.3 % Photodissociation Fronts

Above we have discussed the expansion of an HII region surrounded by neutral
gas. It is often the case that the ambient gas was originally molecular. Under some
circumstances, there will be a photodissociation front (PD-front) preceding the
I-front.

As discussed in §31.3, Hy can be photodissociated by photons with 11.2eV <
hv < 13.6eV. Within the HII region, these photons suffer only extinction by
dust. In neutral gas with a high fraction of Hs, a large fraction of the 11.2 to
13.6 eV photons will be absorbed by Hs, and ~ 15% of the photoabsorptions will
be followed by a photodissociation. If F; is the flux of hv > 13.6 €V photons at the
I-front, and Fj is the flux of 11.2eV < hv < 13.6 eV photons, then the PD-front
will be able to propagate ahead of the I-frontif 2 x 0.15F; > F;. For the expanding
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Figure 37.3 Upper panel: radius R of the ionization front versus time for expansion
of an HII region into an initially uniform neutral cloud with ng = 10® cm™3, for an
ionizing source with Qo = 10%° s™*. Dust absorption is neglected. For this example,
the ionization front makes the transition from R-type to D-type at time tp =~ 540 yr.
Lower panel: Velocity Vir of the ionization front, and velocity v; (relative to the star)
of the gas just interior to the ionization front.

HII region discussed here, using V; = 2v; from Eq. (37.19),

P2
Vrz'fvi*
( )u

F;

_ p2Vi

21

_ PoCs2 Rp\?*
2/L Rz

2u

s 73 t—
— P0Cs2 (1+CQ(

tD))_9/7

4

Rp

while the flux of Hy-dissociating photons crossing the I-front is

N(11.2 — 13.6¢eV)

F fr—
d 47rR]23

(1+

4

Rp

chg(t — tD) ) 78/7

The PD-front will move ahead of the I-front if F; > F;/0.30, or

N(11.2-13.6eV) _ 1 pocs
ATRY) 0.30 2

(1+

4

Rp

7csa(t —tp) ) T

(37.27)

(37.28)

(37.29)

(37.30)
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Using Qo ~ (47 /3)apnd B3, it follows that the stellar spectrum must have

N(112-136eV) _ (052/RD> (1 n 7‘332“_“3)) o (37.32)

N(> 13.6eV) noaB 4  Rp
in order for a photodissociation front to propagate ahead of the IF. A typical H1I re-
gion has ngpa g >> cs2/ Rgo (recombination time < sound-crossing time); therefore
the condition (37.32) will generally be satisfied. Note, however, that this analysis
has assumed a D-type I-front, and therefore is valid only for £ > tp.

At very early times ¢t < 1/(ngap), the PD-front will propagate ahead of the
I-front only if

N(11.2 — 13. 1
a 36eV) 1 55 (37.33)
N(>136eV)  0.30

For a blackbody, this condition is satisfied only for 7' < 13800 K, which is well
below the T 2 3 x 10* K temperature of a star powering a typical HII region.
Therefore, in the very early stages of an R-type I-front, the PD-front will be merged
with the I-front, rather than propagating ahead of it as it will do when the I-front
becomes D-type.



Chapter Thirty-eight

* Stellar Winds

Stellar winds inject mass, momentum, and energy into the ISM, and can carve out
conspicuous structures in the ISM in the vicinity of the star. The most important
stellar winds come from hot, young, massive O stars; from red giants and super-
giants; and from the progenitors of planetary nebulae. We do not attempt to discuss
either stellar evolution or the mechanisms driving the winds; our concern here is on
the impact of the wind on the ISM.

38.1x Winds from Hot Stars: Stellar Wind Bubbles

Stellar winds normally have terminal speeds V,, (the asymptotic speed of the wind
after it has traveled many stellar radii from the star) that are of order the escape
velocity from the stellar surface. For O-type massive stars, 1500 < V,,/ kms ™' <
2500, with estimated mass loss rates M ranging from 1076% to 107> Mg yr~?
(Markova et al. 2004). B supergiants also have fast winds, with velocities ranging
from ~ 1500 km s~ for BO.51to ~300kms~! for B9 I, and estimated M in the
range 10~7 to 107% My yr—! (Markova & Puls 2008). However, the mass loss
rates for OB stars may actually be as much as an order of magnitude lower than the
above estimates if, as suspected, clumping is important (Puls et al. 2008).

The structure of the stellar wind bubble around an O-type star is illustrated in
Fig. 38.1. The ionizing radiation from the star will have already created an HII
region into which the wind will blow — this is the ambient medium in Fig. 38.1,
with density pg. Assume that the gas in the HII region is at rest. Assume that the
star is also at rest, so that the bubble is spherical.

Because V,, greatly exceeds the sound speed in the HII, the wind will initially
drive a shock into the HII region — the outer shock in Fig. 38.1 — with radius Ry
and velocity V. The shocked ambient medium accumulates in a shell behind the
outer shock front. There will also be a second shock front where the stellar wind
is decelerated; the shocked stellar wind material accumulates in a shell exterior
to the shock front, and interior to the spherical contact discontinuity separating
the shocked ambient medium from the shocked wind material. If there were no
instabilities, and diffusion can be neglected, these two regions would not mix. The
innermost region contains the unshocked stellar wind.

Suppose that the wind begins abruptly at ¢ = 0 with constant mass loss rate M=
10-5Mg Mg, yr—" and wind velocity V,, = 103V, gkms™'. The mechanical
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ambient
medium

Figure 38.1 Structure of the bubble produced by a fast stellar wind (not to scale).

power in the wind is considerable: £ = MV2/2 = 3.2 x 103 M_gV;2 gergs™*.

Let the ambient medium have density nyg = po/1.4myg = 103n3 cm™=3. At very
early times, the wind undergoes essentially free expansion, with Ry ~ V,,t until
the wind mass and swept-up mass are comparable: Mt ~ (47 /3)po(Viyt)®. The
free expansion phase ends at a time

) 1/2
N 3M —1/23771/2¢,—3/2
to ~ (47T/)0V5’> =254n; "MV, T yr. (38.1)

This is such a short time that the free expansion phase is unlikely to be observed.

At early times, radiative losses from the shocked wind region will be negligi-
ble — this is the energy-conserving phase. The stellar wind is the energy source,
hence the total energy F(t) = (1/2)MV2t. It is reasonable to estimate that this
will be divided approximately equally between thermal energy and ordered kinetic
energy.! Most of the mass will be swept-up gas, thus M (t) ~ (47/3)poR3. Let
us assume power-law behavior: Ry = At". Then V; = nR/t. The gas just inte-
rior to the outer shock will be moving radially with velocity %Vs. Taking this as
the rmsvelocity of the shocked ISM, and assuming an equal amount of energy in
thermal motions, we have

14 3nR\> 1.
E(t)~2 x 237TR§,’,00< Z;) - in,f,t , (38.2)
2 MV?
R} = A" v —5—24% (38.3)
3mn®  po

IThis is confirmed by detailed modeling (e.g., Koo & McKee 1992).
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from which it is evident that n = 3/5 and

. 1/5 ©1/51,2/5 3/5
MV?2 M2V t
Ry~ (50‘/“> 3/5 = 3.5 x 1017 =088 < > cm, (38.4)

277 po n§/5 103 yr

11/51,2/5

VwS —2/5 1
V=1 —~66T kms™! (38.5)

at time ¢ = 103¢3 yr. The outer shock speed V; = 100V,7 km s7is decreasing
with ¢t. Figure 36.2a shows that the cooling time becomes shorter as V; decreases,
With teoor & TVEIng ' yr for 0.8 < vgy < 12. The energy-conserving phase will
end at a time ¢ = t,5q Such that ¢ = tco01 (%), OF

YA RlE 3.4
t3~0.007n3 V34 ~ 0.007n3 <0.6661/5w8t3 2/5> . (38.6)
n3
. 0.29
trad & 67 (M,ijs) ny®yr (38.7)
y 0.37 0.63
Ry raq ~ 6.9 x 1016 (M,ijg) n7%%em | (38.8)
0.08 1
Virad ~ 190 (ngM 62 ) kms~! . (38.9)

The outer shock, therefore, becomes radiative almost immediately, and the gas
cools and collapses into a thin shell. The ionizing radiation from the O star will
keep the material in the shell photoionized and at 7' ~ 10* K. As the zone with
shocked ISM cools and collapses into a thin shell, the expansion briefly slows, but
then resumes as the pressure from the hot gas in the interior continues to act.

The shocked wind material is very hot (just beyond the wind shock the gas has
T ~ 1.4 x 10"V;%, K), and the density is low. As a result, radiative cooling is
very slow (again, see Fig. 36.2a). There will be a long phase during which the
shocked wind material loses energy primarily by continuing to do work on the
dense shell. Aside from a short time at the onset of cooling behind the outer shock
(when the shell expansion will have a sudden drop, followed by a partial recovery),
the subsequent shell expansion has the same power-law dependence on ¢ as in the
energy-conserving phase:

. 1/5 1/5
50MV;2 : M_gV,
Ry~0.85 (mp;> 35 =3 x 1017 ( ;3 8) t3%cm | (38.10)

1/5
R, M_gV2 _
Vs=77t‘=60< ni ) t32kms? (38.11)
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where the prefactor 0.85 in Eq. (38.10) is introduced to reproduce the results of
more detailed modeling (e.g., Koo & McKee 1992).

As the expansion velocity drops, the shock becomes weaker, with a decreasing
compression ratio. When V; falls to the ambient sound speed, ~ 15 km s~'in an
HII region, the outer shock will disappear, with the pressure pulse propagating
away as an acoustic wave. The inner bubble of fast stellar wind and hot shocked
stellar wind will remain as an x-ray-emitting cavity in pressure equilibrium with
the HII region. For our nominal parameters (M. _6V,2s/n3 = 1), the outer shock
disappears at ¢ ~ 3 x 10* yr, leaving behind the inner bubble containing the stellar
wind and the shell of x-ray-emitting plasma created when the fast stellar wind is
shocked.

When will the gas in the hot interior of the bubble begin to cool by radiative
losses? Unlike the outer shell, the hot gas in the interior does not make a sudden
transition from predominantly hot to predominantly cold.> The wind material near
the contact discontinuity cools rapidly to 7' ~ 10* K, resulting in a thin layer of
cooled stellar wind material in contact with the cool shell of ISM material, even
while much or most of the shocked stellar wind material is still hot.

An O71a star (Qp ~ 10%*941s71; see Table 15.1) would create a Stromgren
sphere with radius 3 x 10*¥n; 2/3 cm; the stellar wind bubble will be easily con-

tained within the H II region.

The preceding discussion has allowed for radiative cooling but not for ther-
mal conduction. In the absence of magnetic fields, thermal conduction would be
expected to be important at the inner edge of the cool shell, where heat could
flow from the hot gas into the cool shell. The resulting conduction front (see
§34.5) contains material at intermediate temperatures, and at intermediate ioniza-
tion states. Weaver et al. (1977) estimated that the conduction front would have
N(OVI) =~ 2 x 103 cm™2, and proposed that such circumstellar shells could
account for the O VI absorption lines frequently seen in the spectra of hot stars.
However, surveys of O VI (e.g., Bowen et al. 2008) find the O VI to be predomi-
nantly of interstellar rather than circumstellar origin, with distant stars having larger
N (O VI) than more nearby ones.

The role of thermal conduction remains unclear. Conduction perpendicular to
magnetic field lines is strongly suppressed. If the thermal conduction is magneti-
cally suppressed, the conduction front becomes thinner, with smaller column den-
sities of species like O V1.

The reason is that even in the absence of radiative cooling, there is a temperature gradient in the
shocked wind material, as a result of the shock speed itself increasing with time, and differing amounts
of adiabatic cooling.
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38.2 % Winds from Cool Stars

The winds from cool stars can also produce bubbles. These winds are molecular
and dusty, and typically have low outflow velocities V,, ~ 15 — 30km s~1. Mass
loss rates can vary from ~ 107 M, yr~! for M giant stars to ~ 10~* Mg, yr~! for
AGB stars (e.g., “OH/IR” stars). The free-expansion phase will end at

. 1/2
3M ~
to ~ <W> =8.0 x 10*M_gV, o Png 2 yr . (38.12)
Ry~2.5 x 10883 2n 2 em | (38.13)

where V6 = V4,/10km s™!. Fort 2 tg, the bubble expansion will decelerate.
The gas is relatively dense, and molecules are effective coolants. As a result, these
bubbles are generally strongly radiative, consisting of a supersonic stellar wind
impacting a cold dense shell. The “push” on the inner edge of the cold shell now
comes from the momentum deposited by the wind.

If the pressure of the ambient medium can be ignored (i.e., the cool shell is
moving supersonically) and the stellar wind is continuing, then

4 )
%poRgvs ~ MVt . (38.14)
If we assume R o t7, we find n = 5 and
sarv, ) MgV )
Ry~ (2“’> /2 = 3.4 x 107 (6“’6> ti%em, (38.15)
TpPo no
MooV )
V, =53 (‘2”) t5/*kms (38.16)
0

fort > ty.

An AGB star might have M =10"* Mg yr=t and V,, ~ 20km s, losing
~1 My, over ~ 10* yr. From Eq. (38.12), we see that in the general ISM (ng ~ 1),
such an outflow will be in the free-expansion phase during the ~ 10 yr duration
of the wind. The gas leaving the photosphere is molecular. If C/O < 1, the O in
the stellar wind will be mainly in CO and H2O. As it moves away from the star,
the molecules become exposed to the general interstellar radiation field. An H2O
molecule will therefore travel a only distance

6 10 10 .—1
Rou ~ ~3 % 10"V, ¢ (XS) cm | (38.17)

Cd,H,0 (d,H,0

where (41,0 is the photodissociation rate for HoO. At the radius Ron, the HoO
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is destroyed and OH is produced. In the ISRF, (4 1,0 ~ 6 x 10710571 (see Table
33.1). However, the dusty outflow will provide some attenuation of the ultraviolet
from external starlight, and Roy ~ 10'6 cm. The OH is also subject to photodisso-
ciation OH + hv — O + H, with (g0 &~ 3 x 1071571, As a result, the outflow
will have a spherical shell where the OH abundance is high. The A-doubling lev-
els of OH can be inverted by infrared radiation from warm dust in the outflow
(see §20.2), resulting in OH maser emission. For effective maser amplification, the
velocity gradient should be small along the direction of propagation. For the ex-
panding shell geometry, this favors radial paths, and paths that are tangential to the
OH shell. Thus, OH/IR stars can have maser emission in a ring around the star, and
also in a spot coinciding with the position of the star.

38.3 % Stellar Wind Bow-Shock

Suppose now that a star is moving through the medium with velocity V,. If V,
exceeds the ISM sound speed cign, a bow shock will develop ahead of the star.
Stellar winds are usually supersonic, with wind speed V,, > ¢,,, where ¢, is the
sound speed in the wind from the star, in which case the stellar wind will be decel-
erated in a shock front, usually referred to as the termination shock. Thus there
are two shock waves, with a contact discontinuity separating the shocked stellar
wind from the shocked ISM. (The contact discontinuity is an idealization — in a
real flow there will be some mixing of the two shocked fluids.) The geometry is
shown schematically in Figure 38.2. The region within the bow shock is termed the
astrosphere; in the case of the Sun, this is called the heliosphere.

shocked stellar wind

ASTROSPHERE -
-
\ / stagnation pt.
ﬁ IOISM
\&

termination shock
contact discontinuity

bow shock

Figure 38.2 Stellar wind and interstellar wind in a reference frame where the star is
stationary. R is the standoff distance of the bow shock.

How far ahead of the star does the bow shock extend? It is easiest to analyze the
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flow in the reference frame comoving with the star. In a steady flow situation, there
will be a stagnation point on the contact discontinuity where the gas velocity is
zero. Let R be the distance of the stagnation point from the star. The thickness of
the two shocked layers will depend on the Mach number of each of the shocks, and
also on how the cooling time compares with the characteristic flow times ~ R/V,
(in the case of the shocked ISM) or ~ R/V,, (in the case of the shocked wind),
but the pressure at the stagnation point (see Fig. 38.2) can be estimated from the
momentum flux in the stellar wind evaluated at radius ~ R, which must be balanced
by the momentum flux from the ISM:

MV,

ﬁ ~ pism (fon + Vi2) (38.18)
MV, i
= o 5 (38.19)
dmpism (crgy + Vi2)
Mosvo\' 1
~1.5 x 10'® <M> cm . (38.20)
no Vie

The preceding estimates assume that both the ISM and the stellar wind can be
treated as collisional fluids. In some cases — including the heliosphere of the Sun
— the size of the astrosphere will be smaller than or comparable to the collisional
mean free path for neutral particles. In this case, the neutral atoms in the interstellar
“wind” will be able to traverse the bow shock and enter into the astrosphere on
ballistic trajectories. In such a situation, the bow shock standoff distance estimate
in Eq. (38.18) will be an underestimate unless the mass density prgyp is limited to
the mass in charged particles. If the fractional ionization of the ISM is low, the bow
shock may be C-type, with deflection of the ions upstream from the shock.

Our own heliosphere, including the termination shock and the bow shock are the
subject of intense study. The Voyager 1 and 2 spacecraft have crossed the termina-
tion shock, providing in-situ measurements in both the unshocked and shocked
solar wind. Studies of backscattered resonance lines from ballistic H and He
atoms in the interstellar wind allow an accurate determination of the velocity V, =
26.2 + 0.5km s ™! of the Sun relative to the local ISM (M&bius et al. 2004).

Other astrospheres have also been studied, both by absorption line spectroscopy
(e.g., Wood et al. 2003) and by direct imaging. Spectacular examples include ultra-
violet imaging of the bow shock and turbulent wake produced by Mira (o Ceti)
moving through the ISM at ~ 130 km s~ ' (Martin et al. 2007), and the carbon star
IRC +10216 = CW Leo, with a huge mass-loss rate Mw ~ 2 x 105 km s_l, seen
in both the ultraviolet (Sahai & Chronopoulos 2010) and the far-infrared (Ladjal
et al. 2010).



Chapter Thirty-nine

Effects of Supernovae on the ISM

The dynamical state of the ISM in the Milky Way and other galaxies is strongly
affected by supernova explosions. The light emitted by a supernova (SN) is spec-
tacular, but it is the high-velocity ejecta that have the dominant effect on the ISM.
Here, we discuss the blastwaves created by these explosions — supernova remnants.
Plate 12 shows images of the Cas A SNR in radio synchrotron emission and in
X-ray emission.

39.1 Evolution of a Supernova Remnant in a Uniform ISM

Consider first the simplest case of a spherically symmetric explosion of a star in a
uniform medium with hydrogen density ng = ng cm~2 and temperature 7.

39.1.1 Free-Expansion Phase

The SN explosion ejects a mass M,; with a kinetic energy Ey = 10°' Ej; erg.
Although some unusual Type II supernovae (SNe) have kinetic energies as large as
~ 1052 erg (e.g., Rest et al. 2009), it is thought that the typical SN has E5; ~ 1.

Depending on the supernova type, the ejecta mass can range from ~ 1.4Mg (a
Type Ia supernova, produced by explosion of a white dwarf near the Chandrasekhar
limit) to perhaps ~ 10 — 20M, for Type II supernovae following core collapse in
massive stars. The ejecta will have a range of velocities, with the outermost material
moving fastest. The rms velocity of the ejecta is

oF\ /2 M\ 1L/2?
(v2)1/2 = (0) =1.00 x 10 kms ™' E}{? (M?) SN CCR)
ej €.

This velocity is far greater than the sound speed in the surrounding material, and the
expanding ejecta will therefore drive a fast shock into the circumstellar medium.
We will refer to all of the matter interior to this shock surface as the supernova
remnant, or SNR. In the first days after the explosion, the density of the ejecta far
exceeds the density of the circumstellar medium, and the ejecta continue to expand
ballistically at nearly constant velocity — this is referred to as the “free expansion
phase.” At these early times, there is only one shock of interest — the shock wave
propagating outward into the ambient medium.
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As the density of the expanding ejecta drops (as t ~3), the pressure of the shocked
circumstellar medium soon exceeds the thermal pressure in the ejecta, and a re-
verse shock is driven into the ejecta. The remnant now contains two shock fronts:
the original outward-propagating shock (the blastwave) expanding into the circum-
stellar/interstellar medium, and the reverse shock propagating inward, slowing and
shock-heating the ejecta (which had previously been cooled by adiabatic expan-
sion). The reverse shock becomes important when the expanding ejecta material
has swept up a mass of circumstellar or interstellar matter comparable to the ejecta
mass. The radius of the blastwave when this occurs is

31Mej 1/3 18 lue' 13 -1/3
R1 < 0) 5.88 x 10*° cm Vi ) s ( 2)

and the time when it occurs is

Ry M; 5/6 —-1/2 —1/3
t ~ A = 186yr (M@> Ey ' "ng . (39.3)

€J

The free-expansion phase applies only for ¢ < #;.

In the case of Type II supernova resulting from core collapse in massive stars,
the supernova explosion is often preceded by a red supergiant phase, leaving a
relative dense circumstellar medium with a ~7~2 density profile rather than the
uniform density ambient medium considered here. The Cas A SNR (see Plate 11),
resulting from an explosion occuring in 1681 + 19 (Fesen et al. 2006) has been
modeled with Mq; = 4 M), E5; =~ 2, expanding into a circumstellar medium with
ng ~ 7(r/pc)~2cm™2 left by a red supergiant phase (van Veelen et al. 2009).
The reverse shock is now located at ~ 60% of the outer shock radius — much of the
Cas A ejecta is still in the free expansion phase.

39.1.2 Sedov-Taylor Phase

For ¢t = t;, the reverse shock has reached the center of the remnant, all of the
ejecta are now very hot, and the free-expansion phase is over. The pressure in the
supernova remnant is far higher than the pressure in the surrounding medium. The
hot gas has been emitting radiation, but if the densities are low, the radiative losses
at early times are negligible.

The SNR now enters a phase that can be approximated by idealizing the prob-
lem as a “point explosion” injecting only energy E into a uniform-density zero-
temperature medium of density py: we neglect (1) the finite mass of the ejecta, (2)
radiative losses; and (3) the pressure in the ambient medium.

We can use simple dimensional analysis to find out the form of the time evolu-
tion of the remnant. Let the radius of the spherical shock front be R, and let the
explosion occur at ¢ = 0. Suppose that

Ry =AE“p’¢" | (39.4)
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where A is dimensionless. We can determine «, 3, and 17 by dimensional analysis,
by equating the powers to which mass, length, and time appear in Eq. (39.4):

Mass: O0=a+ /3 , (39.5)
Length: 1=2a—-38 , (39.6)
Time: 0=—-2a+7n , (39.7)

which are easily solved to obtain « = 1/5, 8 = —1/5, and n = 2/5:

Ry = AEYS pt /525 (39.8)

where the dimensionless coefficient A = 1.15167 is found from the exact solution
(see below). Thus

Ry=1.54 x 10" cm EX°ng /°t2/° (39.9)
v =1950kms ™" B Png /o35 (39.10)
T, =525 x 10" K E2{°ng */°1;%/° (39.11)

where t3 = t/103 yr.

We have been assuming that the internal structure of the remnant is given by a
similarity solution: by this we mean that the hydrodynamical variables (density,
velocity, pressure) can be written

p(r) = po f(z) , (39.12)

o(r) = %g(m) , (39.13)
R2

p(r) = 25 hi) (39.14)

where © = r/R,(t), and f(z), g(x), and h(x) are dimensionless functions. If Egs.
(39.12 to 39.14) are inserted into the fluid equations, with the Rankine-Hugoniot
relations (see §36.2) used for boundary conditions on f(1), g(1), and p(1), one
obtains a set of ordinary differential equations that can be solved numerically to
obtain f(z), g(x), and h(z) for 0 < x < 1. This is known as the Sedov-Taylor
solution, having been found independently by Taylor (1950) and Sedov (1959) in
connection with the development of nuclear weapons. The Sedov-Taylor solution
is shown in Fig. 39.1.

The initial conditions for a real blastwave will of course differ from the assump-
tions of the Sedov-Taylor solution. However, provided the ambient medium is uni-
form away from the immediate neighborhood of the explosion, the blastwave will
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Figure 39.1 Sedov-Taylor solution for v = g gas. The temperature profile (not shown)
can be obtained from the ratio of the pressure and density profiles. The density falls
inward, and the temperature rises inward, with p/po — 0 and T'/Ts — oo as © — 0.

evolve foward the Sedov-Taylor solution. Even in the absence of radiative cooling,
the actual SNR will deviate from the Sedov-Taylor solution because the original
explosion injected a mass M,; (as opposed to the point injection of pure energy
at t = 0 assumed for the Sedov-Taylor solution), leaving waves reverberating in
the remnant even after the reverse shock has reached the center (Cioffi et al. 1988).
Nevertheless, once the swept-up mass exceeds M,;, the Sedov-Taylor solution will
be reasonably close to the actual density and temperature over most of the rem-
nant. This is known as the Sedov-Taylor phase (or often just “Sedov phase”) in
the evolution of the blastwave.

The hot gas interior to the shock front is, of course, radiating energy. When
the radiative losses become important the blastwave will enter a “radiative” phase,
where the gas in the shell just interior to the shock front is now able to cool to
temperatures much lower than the temperature T = 13—6;“)? /k at the shock front.

To estimate when the SNR will leave the Sedov-Taylor phase, we idealize the
cooling function as

A= C’T6_0'7ane , C=11x10"*2ergem®s™ ! | (39.15)
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As shown in Fig. 34.1, this is a fair approximation for solar-metallicity gas for
temperatures 10° < T' < 1073 K. Thus

FE Rs
aE _ A 4rr2dr (39.16)

105K\ 4 2 /N0
:—1.2C(nH)8< . ) ;R§<<p’;> <T> > . (39.17)

where (...) denotes a volume-weighted average over the blastwave. As long as the
energy loss is small, we can use the density and temperature profile for the Sedov-
Taylor solution from Fig. 39.1 to obtain {(p/po)%(T,/T)%") = 1.817, and we can
take R (¢) and vs(T') from the Sedov-Taylor solution to obtain

t
AE(t):—l.QC’%T(nH)(Q)Xl.éSl?/O dt RT3 | (39.18)

where T = T/ 10° K. Now use Egs. (39.9 and 39.11) to obtain the fractional
energy loss by time ¢:
AE(t)
Ey

A —2.38 x 107 5nf 08 F 008304 (39.19)

If we now suppose that we leave the Sedov-Taylor phase and enter the “radiative”
phase when AE(t,.q4)/Fo ~ —1/3, we can solve for the cooling time ¢,,4, and for
the radius and shock speed at the end of the Sedov-Taylor phase:

trad =49.3 x 103 yr E9;22n 0% (39.20)
Riaq =7.32 x 10'% cm E9;29n 042 (39.21)
1 2 0.07
Vs (traq) = 188 km's (E51/n0) , (39.22)
Ty (traa) =4.86 x 10°K (Es1/n)""" (39.23)
2,0.13
kT (traa) =41eV (Es1/nd) . (39.24)

39.1.3 Snowplow Phase

When t = t,,q, cooling causes the thermal pressure just behind the shock to drop
suddenly, and the shock wave briefly stalls. However, the very hot gas in the interior
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of the SNR has not cooled, and its outward pressure forces the SNR to continue its
expansion. The blastwave now leaves the Sedov-Taylor solution and enters what is
called the snowplow phase, with a dense shell of cool gas enclosing a hot central
volume where radiative cooling is unimportant. This is called the snowplow phase
because the mass of the dense shell increases as it “sweeps up” the ambient gas.
Let M, be the mass of the shell; the gas in the shell has a radial velocity that is
almost the same as the shock speed. The gas cools by adiabatic expansion, with
pV7 = const,orp oc V=7 oc R;3 = R, so that the pressure p; in the interior
evolves as

Riaa \’
Di Zpo(trad)( I; ) . (39.25)

The pressure exerted by the hot center causes the “radial momentum” of the shell
to increase:

d _
E(Msvs) ~ pdmR? = 47po(trad) ROq RS ° (39.26)

Suppose that there is a power-law solution, R o< t"7. Equation (39.26) then requires
4dn — 2 = —3n, orn = 2/7. Thus we approximate the expansion by

Rs ~ Rs (trad)(t/trad)2/7 5 (3927)
2R,  2Ry(twa) [ t \ 7
o 2t 2 B(taa) : 39.28
Y Tt 7 trad trad ( )

for t > t.aq. Because the effect of the internal pressure has been included, this
solution is referred to as the pressure-modified snowplow phase. Note that with
this construction, R (t) is continuous from the Sedov-Taylor phase to the pressure-
modified snowplow phase, but v, (¢) undergoes a discontinuous drop by ~ 30% at
t = t;aq; this mimics the behavior seen in time-dependent fluid-dynamical simula-
tions (e.g., Cioffi et al. 1988).

39.1.4 Fadeaway

For typical interstellar parameters, the shock speed at the beginning of the snow-
plow phase is ~ 150 km s ™', which results in a very strong shock when propagat-
ing through interstellar gas with 7' < 10* K. However, the shock front gradually
slows, and the shock compression declines. This proceeds until the shock speed
approaches the effective sound speed in the gas through which the blastwave is
propagating, at which point the compression ratio — 1, and the shock wave turns
into a sound wave. Suppose that c, is the one-dimensional velocity dispersion in
the preshock medium (including both thermal and turbulent motions) over scales
of a few pc. It is reasonable to estimate that the snowplow blastwave simply “fades



EFFECTS OF SUPERNOVAE ON THE ISM 435

away”’ when its expansion velocity has slowed to cs. This gives a “fadeaway time”

2/7) Read/teaa \ 7/°
tfade ~ ((/)Cd/d> trad (3929)
—7/5
~1.87 x 100 yr B0:32,—037 (S / 39.30
~ 1. YT Bi517 ng 10kms T ) (39.30)
—2/5
Riade ~2.07 x 1020 cm B30y 037 (1Okcms_1> . (39.31)

39.2% Overlapping of SNRs

We have been thinking about the evolution of a single SNR, and we have seen that
it does not fade away until it reaches an age t¢,4., by which time it has expanded
to fill a volume (47/3)[Rs(ttaqe)]®. What is the probability that another SN will
occur within this volume and affect the evolution of the original SNR before it has
faded away?

Suppose that supernovae (SNe) occur at random in the disk of the Galaxy, with
a SN rate per volume S = 10713S_13 pc™3 yr~!. The SN rate in the Milky Way
has been estimated from records of historical SNe and from observations of similar
galaxies; the SN frequency in the Galaxy is estimated to be one event every 40 +
10 yr (Tammann et al. 1994).! Suppose that we consider the “disk” to have a radius
15 kpc and a thickness 200 pc, and suppose that the SN rate within this volume is
1/60 yr. This gives a SN rate per volume S ~ 1.2 x 1073 pc3yr=!, or S_13 =~
1.2.

The expectation value for the number of additional SNe that will explode within
the volume Vi, 4. during the lifetime t¢, 4. of the original SNR is

47
Ngn =S gR?ade tade (39.32)

—2.6
~0.245_q4 EL26 =147 (C> . 39.33
13551 Mo 10kms ! ( )

The two-phase model of the ISM postulated that most of the interstellar volume
was filled by warm H1 gas (the warm neutral medium, WNM) with density ng =~ 1

'We know of only 3 or 4 SNRs associated with SNe occuring in the past 500 years — Tycho’s SN
(1572), Kepler’s SN (1604), Cas A (1681 £ 19; Fesen et al. 2006), and perhaps SNR G1.9+0.3 (1880 +
30; Reynolds et al. 2008; Borkowski et al. 2010) — whereas if the SN rate for the Galaxy is one per
40 &£ 10yr the expected number over this period would be 10 to 17. If the estimate for the rate is
correct, historical records and surveys for young SNRs must have missed ~ 75% of the Galactic SNe
occuring in the past 5 centuries. Obscuration by dust, and the fact that half of the events would be more
than 10 kpc away, make this plausible.
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and ¢, ~ 6kms™ ', corresponding to the one-dimensional velocity dispersion for
T =6000K. For E5;1 =1, 5_13~1.2,n9~ 1,and ¢, = 6kms™!, we obtain
Ngn =~ 1.1. Therefore, we must conclude that if we were to start with the gas
distributed as in the two-phase model, in a matter of ~ 2 Myr, the initially near-
uniform WNM will be destroyed by the effects of SNe: SNRs will overlap and
ocupy a major fraction of the disk volume. This implies that, at least for the Milky
Way, SNRs will create a multiphase ISM, consisting of low-density regions in the
interior of the SNRs, and dense regions containing most of the gas mass. We will
consider the global structure of the ISM further in §39.4.

39.3x Supernova Remnants in an Inhomogeneous Medium

The preceding discussion of a spherical blastwave assumed that the SN explosion
took place in a uniform medium, but we have just seen that SN explosions will
disrupt an initially uniform ISM in only ~2Myr. How will the evolution of a
SNR be altered by preexisting inhomogeneities in the ISM? The importance of
inhomogeneities was first emphasized by Cox & Smith (1974), who idealized the
ISM as a “hot network of tunnels.” McKee & Ostriker (1977) instead envisaged an
ISM where most of the volume was occupied by the hot phase, with discrete cool
clouds dispersed through it; this is the geometry we will consider here.

pICM
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p pICMVS
Rp V2

c ¢Cs

Figure 39.2 Cloud engulfed by supernova blastwave, shown before the blastwave
arrival, and as the blastwave is passing around it. A shock is driven into the cloud with
shock speed ves ~ (prom/pe)t/? vs.
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The blastwave propagates more rapidly in a low density medium. The lowest
density phase in the ISM is the hot ionized medium (HIM), with temperatures T" =
106 K, a substantial volume filling factor, and a density (ng)um =~ 0.005 cm™3.
A typical supernova blastwave will be expanding into such gas, with the blastwave
passing around any high-density clouds that may be present. If the clouds were
rigid, and had a small filling factor, they would have little effect on the propagation
of the blastwave, but of course real clouds are compressible, and can be heated and
“evaporated” by contact with hot gas. These effects will now be briefly considered.

Let prcm be the density of the intercloud medium (ICM). The blastwave is propa-
gating through the ICM with shock speed vs. When the blastwave comes in contact
with a cloud, it applies a pressure p ~ prcmv? to the cloud surface. This overpres-
sure will drive a shock into the cloud. The speed v.s of this “cloud shock™ can be
readily estimated by noting that the pressure ~ p.sv2; in the shocked cloud mate-
rial must be in approximate pressure equilibrium with the pressure prcyv? in the
shocked intercloud medium. This gives a very simple result:

Ves = 1 XM o, (39.34)
pe

Consider an intercloud medium with (ng)1cm ~ 0.005 cm 3, and a cloud density
(ng)e ~ 30 cm™3. A blastwave propagating at 1000 kms ™" through the ICM will
drive a shock into the cloud with a shock speed of only v.s &~ 13km s™'. The
density contrast protects the material in the cloud from the direct effects of very
fast shocks.

The shock passing through the cloud will set the cloud material into motion, but
with velocity gradients in the shocked material. If the cloud is not self-gravitating,
these velocity gradients can act to “shred” the cloud. However, the magnetic field
that is almost certainly already present in the cloud may be able to oppose these
shearing effects.

After the blastwave has passed over the cloud, the cloud finds itself engulfed in
hot gas resulting from the shock-heating of the low density intercloud medium. As
discussed in §34.3 and §34.4, thermal conduction will transport heat from the hot
plasma into the cool cloud. If the cloud is sufficiently small, this thermal conduction
can lead to “evaporation” of cloud material, resulting in mass loss from the cloud,
and an increase in the mass density of the shocked intercloud medium. The increase
in the mass density will be accompanied by a drop in the temperature, as the thermal
energy is shared by more particles. The combined effects of increased density and
lowered temperature act to promote radiative cooling.

39.4 Three-Phase Model of the ISM

In §39.2, we saw that an initially uniform ISM consisting of warm HI would be
transformed by SNRs into a medium consisting of low-density hot gas and dense
shells of cold gas. This transformation would take place in just a few Myr. McKee
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& Ostriker (1977) developed a model of the ISM that took into account the effects
of these blastwaves. They envisaged an ISM consisting of three distinct phases:
cold gas — the cold neutral medium (CNM); warm gas — the warm neutral medium
(WNM) and warm ionized medium (WIM); and hot gas — the hot ionized medium
(HIM). A SNR blastwave expands into this composite medium, as illustrated in
Fig. 39.3.

HIM
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n=35x10"3cm™

x=10

WNM

T =28,000 K
n=0.37 cm™

x=0.15

WIM
T =28,000 K
n=025cm
x =0.68
CNM

T=80K
n=42cm>
- 3
I 2.1pc | x=10

Figure 39.3 Left: Structure of a typical cold cloud in the three-phase model of McKee
& Ostriker (1977). Right: Close-up of a supernova blastwave. From McKee & Ostriker
(1977).

McKee & Ostriker (1977) argued that the pressure in the ISM was maintained
by SNe — if initially the ISM had a low pressure, then SNRs would expand to large
radii before “fading,” with resulting overlap. The pressure in the ISM will rise until
the SNRs tend to overlap just as they are fading, at which point the pressure in
the ISM is the same as the pressure in the SNR. According to this argument, the
condition Ngn =~ 1 can be used to predict the pressure in the ISM.

We previously obtained an equation (39.32) for Ngy in terms of the supernova
rate per volume S, Fs51, ng, and c;. If we write p = 1.4nHch§, we can eliminate
¢, in favor of the pressure p. The expectation value for overlap then becomes

Nsx = 0.245_13 B} ng M e 7° (39.35)

p/k

— 0.48 5_13 E;;'127 n0—0.19 pZLSO . pa= m .

(39.36)

Setting Ngn = 1, we solve for the pressure:

p

T = SOTT g0 x 5700em P K . (39.37)

The derived pressure depends weakly on ng; if we set ng ~ 1 (the mean den-
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sity in the ISM in the solar neighboorhood) and S_15 ~ 1.2, we obtain p/k =~
6600 cm 3 K, comparable to the observed thermal pressure (p/k =~ 3800 cm 3 K
—see §17.7) in the ISM today. This is a remarkable result: given (1) the observed
SN rate/volume (S_13 ~ 1.2); (2) the observed kinetic energy per supernova
(E51 ~ 1); and (3) the atomic physics of the cooling function (using observed
abundances) — from these alone (McKee & Ostriker 1977, hereafter MO77) were
able to predict the interstellar pressure!

The MO77 model envisaged three phases of the ISM: cold neutral gas (CNM),
warm neutral and ionized gas (WNM and WIM), and hot ionized gas (HIM). MO77
did not explicitly consider molecular gas, because it occupied a very small volume
filling factor, and can be considered part of the CNM. Our current view of the ISM
continues to identify these as major phases, and follows the central ideas of the
MO77 model:

e Pressurization of the ISM by SNRs.

e Mass exchange between the phases: cold clouds “evaporated” and converted
to diffuse gas, and diffuse gas swept up by SN blastwaves and compressed in
the high-pressure shells of radiative SNRs.

e Injection of high-velocity clouds by fragmentation of the dense shell present
in radiative SNRs.

The principal shortcoming of the MO77 model is the failure to predict the sub-
stantial amount of warm H I that is present in the ISM. The model parameters given
by MO77 have only 4.3% of the HI mass in the warm phase (WNM and WIM). As
seen in Chapter 29, 21-cm line observations indicate that more than 60% of the HI
within 500 pc of the Sun is actually in the warm phase (Heiles & Troland 2003).



Chapter Forty

* Cosmic Rays and Gamma Rays

40.1 Cosmic Ray Energy Spectrum and Composition

The ISM is pervaded by cosmic rays — a population of very energetic nuclei and
electrons. The energy spectrum of low-energy cosmic rays was discussed in con-
nection with ionization processes in the ISM (see Fig. 13.5). Most of the energy
density in cosmic rays comes from transrelativistic particles with kinetic energies
per nucleon £ ~ 1GeV. However, the cosmic ray energy spectrum extends to
extraordinarily high energies, as shown in Fig. 40.1. Between ~ 10GeV and
~ 107 GeV, the observed particle flux ®cg is well-described by a power law
d®cr/dE x E~255. There is a slight steepening at E ~ 10%° GeV, referred
to as the “knee,” with d®cg /dE changing from ~ E~2%5 to ~ E~3. There appear
to also be further changes in slope at higher energies (“2nd knee” and ‘“ankle” in
Fig. 40.1).

At all energies (except possibly the very highest), the cosmic ray composition is
dominated by protons. Relativistic electrons are also present, but with a flux that is
small compared to the protons. Figure 40.2 shows the composition of cosmic ray
nuclei at 1 GeV /nucleon. The plot is normalized to the abundance of Si (= 100).
Note two points:

1. As noted above, protons dominate, with He next in importance.

2. The elements Li, Be, and B (Z = 3,4,5) are greatly overabundant rela-
tive to solar abundances. A large fraction of the Li, Be, and B nuclei in
cosmic rays are the result of spallation, where (for example) a cosmic ray
oxygen nucleus, colliding with a proton at rest, can fragment into spallation
products that include 6Li, "Li, °Be, 19B, and 'B. The observed abundances
of these isotopes in the cosmic rays, in primitive meteorities, and in stellar
atmospheres are consistent with spallation by cosmic rays over the age of
the Galaxy, with cosmic rays being generated continuously and traversing a
column density of ~ 6 gcm™? of interstellar matter (Meneguzzi et al. 1971)
before escaping from the Galaxy. Big-bang nucleosynthesis appears able to
account for the observed “Li, but °Li, °Be, B, and ''B appear to be pri-
marily spallation products.



%< COSMIC RAYS AND GAMMA RAYS 441

"_0')
T 10
n .
o A
510_1 i .
o B s air shower measurements
] .,
o0 L A
o = Y
L
T b &
-5
B10”
)
Lq’ =
10 - .
direct measurements
< Q
9 Q
10 6\15\
| \Qg‘q}\
1 [
10 | *‘&
B BN
13 , S
10 — B direct measurements (protons)
= ® direct measurements (all particles) .
10 — A air shower data (all particles) A "
A,
— A,
— A
10-17 IIIII|]_|| IIII|_|,|,|] IIIII|,|,|| IIIII|1|] IIIII|,|,|] IIIII|,|,|| IIII|_|,|,|] IIIII|,|,|| LI |

2 3 4 5 6 7 8 9 10 11
10 10 10 10 10 10 10 10 10 10

Energy E, [GeV]
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O ARIEL6 A SKYLAB

w  Fowler %  TIGER

0O HEAO3 ¢ Trek MIR

§2] r UHCRE X Tueller + Israel
S10% & —A— sol. syst.

5102
[0}
'0610

S106E ® Simpson
Il 105 @
-@104

S bk b kN

v’ N ATRA

10- llllllllllllllllll 11 llllllllllllllllllﬁkﬁlkl
10 20 30 40 50 60 70 80 90

Nuclear charge number Z

Figure 40.2 The composition of cosmic rays with ~ 1 GeV /nucleon, normalized to
Si = 100. The solid triangles show solar abundances, for comparison. From Bliimer
et al. (2009).



442 CHAPTER 40

40.2 % Theory of Diffusive Shock Acceleration

The origin of high-energy cosmic rays has been a long-standing problem. Fermi
(1949) proposed that cosmic rays could be accelerated by scattering off the random
motions of magnetized gas clouds, but this mechanism, now referred to as second-
order Fermi acceleration, produced a random walk in energy, and was unable to
explain the observed spectrum. In 1977-1978, several authors (Axford et al. 1977;
Krymskii 1977; Bell 1978; Blandford & Ostriker 1978) showed that interstellar
shock waves could systematically accelerate particles, and could naturally produce
a spectrum close to that observed. This mechanism — particle acceleration in the
converging flow of a shock wave — is referred to as diffusive shock acceleration.
It is an example of first-order Fermi acceleration. Here, we outline the theory.

Consider a shock in a frame of reference where the shock front is stationary.
The “upstream” (preshock) fluid is flowing toward the shock front with velocity
vs. Consider an energetic particle with kinetic energy Ey > kT in the postshock
region, moving with speed w > v, /r. If the velocity of this particle happened
to be directed back toward the shock front, and the particle is sufficiently close to
the shock, the particle could, in principle, travel back across the shock front and
reenter the upstream preshock region. Electromagnetic fields in the preshock flow
will eventually scatter the particle (elastically), and it will be carried back toward
the shock and will enter the postshock region with a increased energy £ > Ej.
These scattering processes (due to electromagnetic fluctuations) also occur in the
postshock region, so that the particle in question may return to the shock front and
again cross into the preshock region. With each repetition, the particle energy is
increased.

We can develop a simple theory to determine the form of the steady-state energy
spectrum of the cosmic rays near the shock front. Let p be the (scalar) momentum
of a particle. For a point at the shock front, let

f(p)dp = the density of particles with momentum € [p,p + dp]

Because the cosmic rays are moving freely back and forth across the shock front,
with gyroradii that are large compared to the thickness of the shock transition, the
function f(p) is continuous across the shock.

A fraction of the particles at the shock front will return to the preshock region
and be scattered back to the shock, returning to the shock front and entering the
postshock region with increased energy. It is as though the particle was trapped
between two converging mirrors, one moving with the velocity of the preshock
fluid, and the other moving with the velocity of the postshock fluid. Let

Av=(1-1/r)vs (40.1)
denote the velocity difference between the preshock and postshock fluids, where r

is the compression ratio. Consider a particle that has just crossed the shock from
downstream to upstream, and is reflected back downstream. Averaging over the
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direction of motion of the particle, assumed to be at an angle 6 relative to the shock
normal both before and after reflection, the reflection will increase p by an amount
Ap, with

foﬂ/Q (w cos ) (22¥p cos A) sin Hd

w

foﬂ/Q (w cos 0) sin 6d0

(Ap) =+ (40.2)

71’/2 2 .
Av cos“0sinf0df  4Av
= 7pf07r/2 . =P (40.3)
w o cosfsinddf w

The particle has some probability per unit time tr_eﬁ of being reflected back toward
the shock by turbulent fluctuations in the B field. The acceleration time ¢, is

tace(p) = ((d/dt) Inp) (40.4)
(Ap) toh = S beeit - (40.5)

The cosmic rays are scattered by fluctuations in the magnetic field, which is essen-
tially a stochastic process as far as a single cosmic ray is concerned. Let t_.l(p)
be the probability per unit time that a particle with momentum p will get swept

downstream by the postshock flow, not to cross the shock front again.
The continuity equation in phase space is

9, 0f (Of
a0 = (at)m_m ’ (406

where the source-sink term represents the escape process:

of f
It == . 40.7
( at )sourcesink teSC ( )
If we assume a steady state 9 f /Ot = 0, the continuity equation becomes
d p f
In = . 40.8
dp <f taCC > tesc ( )

If we now assume that (d/dp)t... = 0, we obtain

p df _ 2("ZLCC
T (1 + t) : (40.9)

with solution

tacc

foxp™ , a=1+ (40.10)

tesc

We will now see that the ratio ¢,c./tesc can be related to the compression in the
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shock. Let fs(p) be the phase space density at the shock front. Because the rela-
tivistic particles cross the shock front with impunity, f(p) is continuous across the
shock front. The CR flux from upstream crossing the shock is (w/4) fs(p). The
CR flux far downstream from the shock is vo fo. Therefore the probability that a
CR particle crossing the shock will “escape” downstream (i.e., fail to be reflected
back across the shock) is

V2 fo ~ 4vy

bability = ~— . 40.11
escape probability wf./d " ( )
Let r = vs /v be the compression ratio for the shock. Then,
. 4,
escape probability = (40.12)
Tw
Therefore, the probability per unit time that a given CR will escape is
1 Aus o
- = — o (40.13)
and
tace _ (Bw/4Av)tren _ 3, _ 3 . (40.14)
tesc (rw/4v1 )tren rAv  r—1
Thus we expect the cosmic rays to have f oc p~©, with
tacc 3 2
a=1+42¢ 14 _rte (40.15)
tesc r—1 r—1

A strong nonradiative shock has r = 4, giving o = 2, which is not far from the
observed power-law index o ~ 2.65 for 10 < E/GeV < 107, lending support
to the notion that interstellar shock waves play an important role is acceleration
of cosmic rays. Cosmic rays can be lost to diffusion out of the Galaxy; since this
would be more rapid at increasing energy, this process will steepen the interstellar
cosmic ray spectrum — o will be somewhat larger than given by Eq. (40.15).

In order for cosmic rays to be scattered by the magnetic field, the magnetic field
must be “turbulent” on a length scale ~pc/eB. It appears that these fluctuations
can be generated by the cosmic rays themselves — cosmic rays can excite the MHD
waves that are needed for cosmic ray acceleration.

40.3 x Injection Problem

The preceding section discussed acceleration of cosmic rays that are already present.
The details of “injection” into the low-energy end of the spectrum are not yet under-
stood. Because very low energy particles can be quickly thermalized by Coulomb
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Figure 40.3 Elemental abundance in ~ 1 GeV/nucleon Galactic cosmic rays (GCRs)
relative to solar abundance, versus “condensation temperature” (see Fig. 23.1 for a
plot of gas-phase abundances versus condensation temperature). Elements with high
condensation temperature appear to be enhanced in cosmic rays. After Meyer et al.
(1997).

scattering, the injection problem consists of explaining how a small fraction of the
ions can enter the cosmic ray energy spectrum with enough energy so that diffu-
sive shock acceleration can overcome loss of energy to Coulomb scattering off the
thermal plasma.

Epstein (1980) proposed that the puzzle mentioned earlier — overrepresentation
in cosmic rays of the elements that are normally depleted into grains — may be con-
nected to the injection process. The plasma passing through the shock transition is
more-or-less thermalized, either collisionally or by the fluctuating electromagnetic
fields in a collisionless shock transition. Dust grains, with a much lower ratio of
charge to mass, travel across the shock transition almost undeflected. With their
large “rigidity” pc/q, where g is the charge, dust grains in some ways behave like
cosmic rays. Compression in the cooling postshock flow can lead to “betatron
acceleration” of the dust grains (Spitzer 1976), and in some cases the dust grain
trajectory may return it to the preshock medium, where it will undergo first-order
Fermi acceleration and be returned to the postshock medium with an increased mo-
mentum (Slavin et al. 2004). As a result, dust grains may be moving through the
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postshock gas with velocities exceeding vs. Sputtering will inject high-velocity
atoms into the plasma, which will quickly be ionized; the ions will populate the
extreme tail of the velocity distribution function, and should be candidates for sub-
sequent acceleration. This may explain the apparent enhancement of elements like
Mg, Si, and Fe in cosmic rays.

40.4% Upper Limits on Cosmic Ray Energy

Interstellar shock waves are produced by discrete events, such as supernova explo-
sions, and, therefore, have a finite size and duration. The gyroradius for a cosmic
ray in a magnetic field B is

3G
Ryyro = % — 1.11 x 10'2 ( Gpecv) (i) em . (40.16)

For any acceleration to occur, a cosmic ray must be scattered by the magnetic field
in the postshock gas, which can only occur if the postshock region has a spatial
extent L 2 Rgyro. If the magnetic field strength in the SNR blastwave is Bsnr.,
then there is a critical energy E,.x and momentum p,, ., above which acceleration
should be ineffective:

Enax = CPmax = eBsnrL . (40.17)

The compressed shell in a SN blastwave with radius R has a typical thickness
~(0.05R (see Fig. 39.1). We might take L ~ 0.05R,,q, where R,,q is the radius
at which a SNR becomes radiative [see Eq. (39.21)]. Then, for typical parameters
(E51 = 1,n9 = 1), we find

Rrad Bsnr
Frax ~ 1070 GeV 2 . 40.18
. ¢ (7 x 109 cm ) \ 10 4G (40.18)

At this energy, a cosmic ray would be scattered only once by a given expanding
SNR, but acceleration could proceed by scattering off one expanding SNR after an-
other. The observed cosmic ray energy spectrum in fact has a “knee” at ~ 107 GeV,
with the spectrum steepening from ~ p~2% to ~ p~3. It is at least plausible that
this steepening could be related to the maximum energy (40.18).

Supernova blastwaves appear to be very effective at particle acceleration, with
cosmic rays making an appreciable contribution to the pressure in the shocked gas.
In the SNR RCW 86, it has been argued that 2 50% of the postshock pressure is
provided by cosmic rays rather than thermal motions (Helder et al. 2009).

Relativistic electrons are accelerated by the same processes that accelerate nu-
clei. However, very energetic electrons lose energy by synchrotron emission and
inverse Compton scattering, which can suppress the population of such electrons.

The local spectrum of cosmic ray electrons can be directly measured. At F =
1 TeV the electrons have Ed®,/dE ~ 1.2 x 10~*m~2s~1sr~! (Fermi LAT col-
laboration 2010), smaller than the 1 TeV hadronic cosmic ray flux in Fig. 40.1 by a
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factor ~250. The electron spectrum falls off more steeply with increasing energy
than does the proton spectrum.
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Figure 40.4 (a) The gyroradius of a cosmic ray proton with kinetic energy E in a mag-
netic field with B, = 3 uG. Even 10° GeV protons have gyroradii small compared to
1 pc. (b) The H column density to stop a proton of energy E due to ionization losses in
neutral gas. Above ~0.3 GeV, energy loss due to pion production becomes important.

40.5x Cosmic Ray Propagation

The gyroradius of a cosmic ray proton is shown in Fig. 40.4a, where we have as-
sumed a 3 4G magnetic field, typical of the ISM within ~ 150 pc of the midplane.
For E < 10° GeV, cosmic rays are effectively trapped on whatever magnetic field
line they are orbiting. Scattering (both in pitch angle and onto adjacent magnetic
field lines) will be dominated by magnetic fluctuations (MHD waves) with wave-
lengths ~ Rgyro and occasional nuclear collisions. Protons with E < 10° GeV
have Rgyro < 1074 pe. Propagation of cosmic rays is normally approximated as a
diffusive process (Strong et al. 2007). Because of their small gyroradii, the arrival
directions of low-energy cosmic rays are essentially isotropic.

In the absence of acceleration, cosmic rays will gradually lose energy to ioniza-
tion of neutral gas and Coulomb scattering by the thermal plasma. In neutral re-
gions, the ionization losses dominate. Above proton kinetic energy £ = 0.28 GeV,
pion production in p-p collisions becomes possible, and dominates the energy loss
at higher energies (Mannheim & Schlickeiser 1994). Using the cross section in Eq.
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(13.15), and assuming an average energy loss per ionization of 13.6 eV due to ion-
ization and ~ 35 eV of kinetic energy to the electron, we can evaluate the column
density Ny s0p required to stop a cosmic ray of initial kinetic energy E. The result
is shown in Fig. 40.4b. A 100-MeV proton can penetrate even a dense cloud with
Ny ~ 10?3 cm ™3, whereas a 1-MeV proton would be stopped by even a diffuse
HI cloud.

Compression of the magnetic field in the cloud can lead to “magnetic mirror”
reflection of cosmic rays with large pitch angles. But the magnetic pinch does not
exclude cosmic rays from the compressed region. If the magnetic field is static, and
the incident cosmic ray flux is isotropic in pitch angle, then the small pitch angle
particles will enter the compressed regions, resulting in a cosmic ray density within
the cloud that is the same as outside the cloud. The only way to exclude cosmic
rays from dense regions is to have magnetic field lines that do not connect to the
diffuse ISM where the particles are presumed to be accelerated, or to have such
large column densities that the lower energy cosmic rays are stopped by ionization
losses.

40.6 x Synchrotron Emission and Supernova Remnants

Direct evidence for particle acceleration in shocks is provided by synchrotron emis-
sion produced by relativistic electrons in supernova remnants. In some objects,
such as the Crab Nebula, the relativistic electrons may be coming from the rotating
neutron star, but in many SNRs, such as Cas A (see Plate 12) the synchrotron emis-
sion appears to come from the shocked gas, and provides evidence for acceleration
of electrons in supernova blastwaves.

The synchrotron emission from SNRs is easily observed at radio frequencies,
but in some cases can be detected at optical (e.g., the Crab Nebula, although in
this case the relativistic electrons appear to come from the pulsar wind) or x-ray
energies (e.g., the Crab, Tycho’s SNR, and Cas A (see Plate 12).

40.7% Gamma Ray Emission from Interstellar Clouds

High-energy cosmic rays ions (mainly protons) or electrons colliding with nuclei
in the gas or dust can result in emission of gamma rays. There are three principal
channels for gamma-ray production (see, e.g., Bloemen 1987):

CRp+p—p+p+pions ; 70— 2y (7r0 decay), (40.19)
CRe+p—e+p+y (bremsstrahlung), (40.20)

CRe+vy—e++ (inverse Compton). (40.21)



%< COSMIC RAYS AND GAMMA RAYS 449

~ rays in the 50 MeV to 3 GeV range are produced primarily by cosmic rays with
energies of 1 to 10 GeV/nucleon. For the interstellar spectrum of cosmic ray pro-
tons and electrons, the 7° — 2~ channel dominates production of E > 150 MeV
~-rays, while bremstrahhlung dominates for £ < 150 MeV.

If the F & 1 GeV cosmic ray flux is more-or-less uniform, then an interstellar
cloud will emit + rays with an intensity I(vy) = C x Np. The constant C can be
calibrated by observing HI clouds for which Ny; can be determined from 21-cm
emission; gamma ray observations of molecular clouds can then be used to measure
their column densities. This is one of the methods used to determine empirically
the ratio between CO J=1-0 luminosity and molecular gas mass.

40.8% 26Al in the ISM

The stable isotope of Al is 27 Al the isotope 26Al is unstable against

A1 — Mg* + et + 7. (1.16 MeV) (40.22)

HMg* — Mg+ v(1.81MeV) (40.23)

with a half-life 71 ;2(*®Al) = 7.4 x 10° yr. Interest in interstellar 2°Al first arose
when it was discovered that certain Ca-Al-rich inclusions (CAls) in the Allende
meteorite contained excess Mg relative to Mg, the dominant isotope of Mg.
The implication was that the inclusions solidified with 26 Al present, which then
decayed into 2°Mg. The observed 26Mg/?7 Al in some CAls implies that they had
26A1/27Al =~ 5 x 1075 (MacPherson et al. 1995) when they solidified. This was
surprising, because it required enrichment of the gas with 26 Al not more than a few
Myr before solidification of the CAls.

Recent mapping of the 26Mg* 1.80865 MeV line by the INTEGRAL satellite
shows that the Milky Way has ~ 2.7 4= 0.7 M, of 26Al in the ISM. (Wang et al.
2009) — this corresponds to an average 26A1/27Al ~ 9 x 1076 in the ISM. This
average value of 26A1/27Al is a factor of 6 below the highest values in the CAIs,
but with the short lifetime of 26 Al it would not be suprising if the 26 A1/27 Al ratio
in the ISM showed strong spatial variations.

The origin of the interstellar 26 Al is uncertain. Some is produced by spallation
of, e.g., 28Si and ° Ar by cosmic ray protons, but the bulk is thought to be injected
by winds from massive stars and core-collapse supernovae (Voss et al. 2008). If
massive stars dominate the injection of 26 Al, we expect the 26 Al abundance to be
higher in massive star-forming regions.
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40.9 % Positrons and Positronium in the ISM

Decaying 26 Al injects positrons into the ISM at a global rate ~4 x 10*2s~!. In-
terstellar positrons are also generated by decay of other radionuclides, by cosmic
ray interactions with the ISM (CRp +p — CRp +p + 7+ + 7, followed by, e.g.
7t — ut + 7, followed by u* — et + U + v,), and by pair production in the
jets from some compact objects. What is the fate of these positrons?

A relativistic positron traveling through the ISM can lose energy to synchrotron
radiation, to inverse Compton scattering, and to Coulomb scattering. There are
several different annihilation channels:

1. Direct annihilation on free electrons: e™ + e~ — 2.
2. Direct annihilation on atomic H: e™H — HT + 2.
3. Formation of positronium, followed by annihilation.

Positronium (Ps) consists of an electron and a positron in a bound state. The
energy spectrum of Ps is just like that of H, except that the energies are all a factor
of 2 smaller because the reduced mass of positronium is m,. /2. Positronium can
form either by radiative recombination

et +e” > Ps+hv (40.24)

or by charge exchange

et +H— Ps+HT . (40.25)

The charge exchange process has an energy barrier of 6.8 eV, and therefore requires
energetic positrons.

The positronium can form with the electron and positron spins parallel (the triplet
state Sy, with spin S = 1) or antiparallel (the singlet state 'S, with spin S = 0);
~ 75% of radiative recombinations will form the triplet state, and ~ 25% will form
the singlet state.

The distinction between the singlet and triplet states is important, because they
have different annihilation channels:

Ps3S1—3y , 7=14x10""s |, (40.26)
Ps!Sy—2y , 7=125x10"1s . (40.27)

The triplet state decays into a three y-ray continuum, extending from O to 511 keV.
The singlet state decays into two 511 keV photons. The « rays from positronium
annihilation have been observed from the inner Galaxy, and exhibit the expected
3:1 ratio of triplet to singlet decay channels (for a review, see Diehl & Leising
2009).



Chapter Forty-one

Gravitational Collapse and Star Formation: Theory

Gravity is responsible for gathering gas into self-gravitating structures ranging in
size from stars to giant molecular cloud complexes. Star formation involves ex-
treme compression: part of a gas cloud collapses from a size ~ 108 cm down to
a stellar size, ~ 10! cm, with an accompanying increase in density by a factor
~10%L,

Here, we consider the conditions necessary for gravitational collapse to occur.
There are several barriers to gravitational collapse. Gravity must of course over-
come the resistance of pressure, both gas pressure and magnetic pressure. If the
collapse is to produce a huge increase in density (as is necessary to form a star),
then nearly all of the angular momentum in the collapsing gas must be transferred
to nearby material. Last, the observed magnetic fields of young stars require that
most of the magnetic field lines initially present in the gas not be swept into the
forming protostar.

41.1 Gravitational Instability: Jeans Instability

Consider first the simplest case: a nonrotating and unmagnetized gas. We recall
from Chapter 35 the equations expressing conservation of mass and momentum in
an unmagnetized fluid, and the equation for the gravitational potential:

ap B

E—I—V-(pv)—o , 41.1)
ov 1

5% +(v-V)v= —;Vp - Vo 41.2)

V2p=4nGp . (41.3)

Suppose that there exists an equilibrium steady state solution po(r), vo(r), po(r),
¢o(r) satisfying Egs. (41.1 to 41.3) with dvo/0t = dpy /0t = 0.
To determine the conditions under which this equilibrium solution is unstable to
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gravitational collapse, we introduce a small perturbation, denoted by subscript 1:

v=vg+vs , 41.4)
p=po+p1 (41.5)
P=po+p1 (41.6)
=0+ ¢1 . (41.7)

We now linearize the equations, retaining only terms that are first-order in the per-
turbations. Conservation of mass and momentum, and Poisson’s equation, give the
equations that the perturbations must obey:

d

%‘FVO'VPI +vi-Vpo =—p1V-vg—poV-vy , (41.8)
ov L
P (o V)vi+ (Vi V) vo = LoVpy — —Vp1 =V, (41.9)
ot Po Po

V3¢, = 4nGpy . (41.10)

Up to this point, the analysis is fully general (for B = 0) and for an arbitrary
equation of state. If we now consider an isothermal gas (p = pc?), Eq. (41.9)
simplifies to

—— 4+ (vo-V)vi+ (vi- V) vy = -2V <21> - Vo1 . (41.11)
0

This gives us three equations (41.8, 41.10, and 41.11) for the three unknown func-
tions (p1, vi, and ¢q).

Jeans (1928) considered the problem of an initially uniform, stationary gas, with
Vpo = 0, Vg = 0, vo = 0. Taking the divergence of Eq. (41.11), and using
(41.8) and (41.10), one obtains

82[)1
ot?

=c2V?p, + (47Gpo)p1 - (41.12)

If we now consider plane-wave perturbations,

p1 = const X exp i (k-r—wt)] (41.13)

we obtain the dispersion relation

w? = k%2 —4nGpy . (41.14)

Defining k3 = (47Gpo)/c?2, the dispersion relation becomes

w? = (k> — k)2 . (41.15)
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Therefore, w is real if and only if & > kj: if £ < kj, w becomes imaginary,
corresponding to exponential growth. The Jeans instability therefore occurs for
wavelength

21 wc? 1/2
A> A= — = 8 , 41.16
=1 <G,00> ( )

and we define the Jeans mass:
ay =i (AL (TN

T \*? my 32 1106 cm=3\ 1/
=0.32 Mg (10K> (M) (HH) . (41.17)

It is gratifying that when we substitute densities and temperatures observed for
quiescent dark clouds, we find a mass typical of stars! In the limit of £ < kj; (long
wavelength), the exponentiation time or “growth time” is

11 23x10%w
kyes  VAmnGpy  \/ny /106 cm—3

TJ (41.18)

To understand the value of the growth time 7;, note that a uniform pressureless
sphere of initially stationary gas with density py will collapse with all shells reach-
ing the center simultaneously in a finite time known as the free-fall time (Spitzer
1978),

1/2 4
HZ( 37 ) 44 x10%yr (41.19)

32Gpy ~ /nn /100 cm 3

The free-fall time 7 is only slightly longer than the Jeans growth time 7j.

The preceding analysis is elegant but, unfortunately, deeply flawed. The as-
sumption that Vo = 0 is completely unphysical — we cannot have Vo = 0
everywhere, as this implies V2¢y = 0 everywhere, and therefore py = 0: we are
discussing a vacuum. For this reason, Binney & Tremaine (2008) referred to the
above derivation of Mj as “the Jeans swindle.” However, for finite systems, rigor-
ous analyses give instability criteria that are close to Jeans’s, with critical masses
for unstable growth that depend in detail on the geometry, but are close to the Jeans
mass (41.17).

41.2x Parker Instability

Jeans’s analysis applies to a more-or-less uniform, stationary, unmagnetized cloud,
but gravitational instability can arise in many geometries. Parker (1966) considered
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the equilibrium of a plane-parallel system with a magnetic field, with z being the
coordinate normal to the plane. Let the gas have density pgas(2) and one dimen-
sional velocity dispersion ¢, (arising from both thermal motions and “turbulence”),
assumed to be independent of z, so that the effective pressure is p(z) = pgas(2)c2.
Let there be a magnetic field B(z) = B(z)% present. Suppose also that cosmic
rays (trapped on the magnetic field lines) contribute a pressure pcr (2).

To keep things simple, assume that the magnetic pressure and cosmic ray pres-
sure are each proportional to the gas pressure:

32
== PaasCe (41.20)
Per =B pgasCs - 41.21)

From study of the motions of stars in the gravitational potential of the disk, the av-
erage midplane mass density pot(z = 0) ~ 0.10 Mg pc = 6.8 x 1072 gem 3
(Kuijken & Gilmore 1989). This mass density is dominated by stars. At the mid-
plane, the vertical gravity vanishes: V¢ = 0. Near the midplane of the disk, we
can approximate the total mass density pi.; ~ const (provided we do not depart
too far from the midplane) and integrate (41.10) to obtain

Vo ~AnGpior 22 . (41.22)
With this potential, the equation of momentum conservation becomes

B? B-V)B
0=—Vpgas — Vpcr — V () + B-V)B _ PeasVe  (41.23)

8w 47

2dpgas

= _(1 +a+ /B)CS dz - 477Gptotpgasz ’ (41.24)
dln Pgas —47G pyot

= 41.25
&z (I+a+p (4125
Pgas = Pgas,0 €xp[—(2/h)?] (41.26)

/2

2(1 + a+ B)c? !

h=|————" 41.27
|: 47ert0t ( )
=140 (1 + a + B)'/? <C> . 41.28
( a+h) 7.4kms™! be ( )

Mast & Goldstein (1970) measured the radial velocities of 268 high-latitude HI
clouds, and obtained a 1-D velocity dispersion ¢, = 7.4kms™'; we adopt this
value as representative. What values of « and 3 are appropriate? For typical values
ng(z = 0) ~ lem™3 and B =~ 4 uG, we find a = 0.56.
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The pressure due to cosmic rays is dominated by ~ 0.1 — 1 GeV particles. The
cosmic ray flux at these energies is uncertain (see §13.5), but chemical diagnostics
in diffuse molecular clouds (including the abundance of H;“) favor a high cosmic
ray ionization rate, consistent with the cosmic ray proton spectrum X3 in Fig. 13.5,
for which pcr(E > 1MeV) = 1.22 x 1072 ergcm 3. Thus we estimate 3 =
1.06. The scale height h and (|z|) = h/+/7 are then estimated to be

h=225pc , (|z]) = ~ 130pc . (41.29)

h
LS
Observations of the inner Galaxy show (|z|) ~ 150 pc (Crovisier 1978; Malhotra
1995), while just beyond the solar circle (galactocentric radius ~ 8.5 kpc) the HI
has {|z|) ~ 180 pc (Dickey et al. 2009). We note that our assumption of pgot(2) =
const will overestimate V® and therefore will underestimate h and (|z]). We
conclude that the observed vertical distribution of HI (averaged over large regions)
is in agreement with this equilibrium model.

The equilibrium model has a significant fraction of the pressure contributed by
cosmic rays. These cosmic rays are “tied” to magnetic field lines, but can stream
parallel to field lines. In the equilibrium solution there is no streaming, because the
magnetic field lines are perpendicular to the cosmic ray pressure gradient. How-
ever, Parker (1966) pointed out that this equilibrium was unstable: if the magnetic
field lines were perturbed in the vertical direction, gas could flow down the field
lines into “valleys,” adding weight to the valley regions, while cosmic rays could
flow out of the valleys, removing pressure support from the valleys. This is now
known as the Parker instability. Parker (1966) considered initially plane-parallel
structures with small perturbations of the form f(z)e®*=%, with f(0) = 0, and
showed that an isothermal gas with B # 0 is always unstable to growth of perturba-
tions of sufficiently long wavelength. The perturbations saturate at finite amplitude,
with the gas concentrated in denser regions, and the magnetic field lines bulging up-
ward between the density peaks. Giz & Shu (1993) estimated the growth times for
a realistic gravitational potential, finding that the most rapidly growing mode has

Az = 500pc . (41.30)
The growth time for the most rapidly growing mode is approximately equal to the

time for a compressive wave in the gas to travel a distance A, /2, or

Ao/2

Cs

T

~3x107yr . (41.31)

This time is short enough for the instability to grow as the ISM passes through a
spiral density wave.

Mouschovias (1974) showed that the Parker instability evolves to a new equilib-
rium structure with concentrations of gas separated horizontally by a distance A, /2;
the magnetic field lines are compressed in the gas concentrations, but bulge out be-
tween them. Giant HII regions in other galaxies are frequently seen to be located
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like “beads on a string” along spiral arms, with ~ kpc separations. Mouschovias
et al. (1974) proposed that the Parker instability is involved in the formation of the
giant molecular cloud complexes that host giant HII regions.

41.3 Insights from the Virial Theorem

For a region in equilibrium, with uniform pressure py and magnetic field By at the
surface, the virial theorem (see §35.5) states that

0= 2E‘KE +3 (H - HO) + (Emag - Emag,O) + Egrav ) (4132)
’U2
II= /p dv, Ilg=plV , (41.34)
B> B(r-B)
E = [ — Fraeo = = - — 41.
mag / av 3 mag,0 %ds l:r Ry A :| 5 ( 35)
grdv = /dvl /dv p rl ) . (41.36)
ry — r2|

We can use the virial theorem to determine conditions for instability. Let us con-
sider two special cases.

41.3.1 Nonrotating Nonmagnetized Isothermal Core

Consider a spherical “core” with mass M and radius R, with external pressure pg
at the surface. The gravitational energy can be written

3 GM?
Egrav:_ga R s

(41.37)

where the dimensionless factor a = 1 for uniform mass density, and a > 1 if the
density is centrally peaked. Mouschovias & Spitzer (1976) find @ ~ 1.67 from
numerical models of clouds on the verge of collapse. If the gas has 1-dimensional
velocity dispersion c; = const, then

=M . (41.38)

If the gas is in equilibrium with v = 0, then the virial theorem requires that

3 GM?
0=3Mc?—4rpoR> — =
Cs TPo 5a R

(41.39)
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The external pressure py must be given by

1 3 GM?
= Mc? - = 41.40
P = g MM T 50R (+1.40)
If pg is small, then the equilibrium has
aGM 375¢8
R~ — K — 41.41
R N I CIVE (14D

S

For fixed M, the external pressure has a maximum allowed value Py (M), ob-
tained by finding the value of R for which the right-hand side of Eq. (41.40) is
maximized. If a = const, the maximum possible pressure is

3453 8 3.15 8 8
max M = (S == - 5 ~ 068 E 5 . 4] 42
Pomax(M) = 550802 = 08 AL G3M? (41.42)

We can now turn the argument around: for a given pressure pg, the maximum core
mass that can be in equilibrium is

225 b1

M _ 41.43

BE(pO) 32 /7571_ (CLG)S/2 /fpo ( )
7 \? /105 em=3 K\ /2

=0.2 Ms . 41.44

o ) () e

Mgk in Eq. (41.43) is known as the Bonnor-Ebert mass (Bonnor 1956; Ebert
1957). The pressure-bounded isothermal sphere with A/ = Mpg has central den-
sity p &~ 14pg, where py = po/c? is the density at the surface.

The Bonnor-Ebert mass Mpg differs from the Jeans mass My only by a numer-
ical constant of order unity: Mpg ~ 1.18 Mj. Only cores with M > Mpg are
unstable to collapse. This would seem to explain the fact that the “typical” stellar
mass is ~ 1 Mg only cores with M > Mpg will become stars.

We now consider the effects of magnetic fields.

41.3.2 Nonrotating Magnetized Isothermal Core

The virial theorem states that

0 = 3 (H - HO) + (Emag - Emag,O) + Egrav . (4145)

Let B,ims be the rms magnetic field within the clump. Then,

rms

B%  — Bgv
8

Erag = (41.46)
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Assume that the magnetic field in the clump is poloidal (i.e., in polar coordinates,
there is no azimuthal field: By = 0), and let

<I>:/B~dS , (41.47)
S

where the integral is over a surface S bounded by the magnetic equator. If we
approximate

)
Bis ~® — 41.48
R ( )
then
Ar L (®/7R%)? 1 @2
Ermag ~ AT o (B/TRT)” 1 (41.49)

3 8¢ 62 R

where R is the radius of a sphere with volume V. Because the field within the core
will be nonuniform, the actual magnetic energy will be somewhat larger than given
by Eq. (41.49). The magnetic field will extend into the surrounding medium. We
expect Epag 0 [the surface integral in Eq. (41.35)] to be proportional to Ep,ag. Let

b @2

_— 41.50
672 R ( )

Emag - Emag,O =

Numerical models point to an effective value b ~ 1.25 for magnetized clumps on
the verge of collapse (Mouschovias & Spitzer 1976). Because (Emag — Pmag,0)
R™! and Egpay o R71, the ratio (Emag — Emag,0)/ Egray remains constant as the
cloud expands or contracts. If

) P 120G
i > (M)Cm =3r % =1.54 x 10_3\/2 gausscm?g™! |, (41.51)

then magnetic pressure will prevent the clump from collapsing.

To be able to undergo gravitational collapse, the clump must have a flux-to-mass
ratio ® /M that is less than the critical flux-to-mass ratio:

L) P
T <M>mt =1.8x 1072 gausscm?g~! | (41.52)

where we set the dimensionless factors a ~ 1.67 and b ~ 1.25. A core with
O/M < (®/M)cyit is termed magnetically supercritical: the mass-to-flux ratio
exceeds the critical value (M /®)qis, and the magnetic field alone cannot prevent
collapse.

In §32.10, we saw that observations suggest ordered magnetic fields in molecular
clouds with the median magnetic field strength at a given density given by Eq.



GRAVITATIONAL COLLAPSE AND STAR FORMATION: THEORY 459

(32.17): B =~ 49135 4G for 0.03 < ny S 103, where ny = ng/10* cm=3. For
this estimate of the median magnetic field strength, a spherical region of mass M
and uniform density would have

M

-1/3
i ]\/[®> gausscm?g™! . (41.53)

o
— =5.8x107°n, "% <

For M = 1 My and nyg = 10* cm ™3, this is a factor of ~ 3 larger than (®/M )it
— thus, for the median magnetic field strength found by Crutcher et al. (2010), the
magnetic pressure will prevent clump collapse. Note that the empirical relation
B o n%% found by Crutcher et al. is close to the n%/3 behavior that would result
from flux-freezing and homologous compression, corresponding to ®/M being
nearly independent of density in eq. (41.53).

For our idealized relations between density and clump size [Eq. (32.12)] and be-
tween density and magnetic field strength [Eq. (32.17)], we conclude that cores will
be magnetically sub-critical, with the magnetic field able to resist gravity. Another
way to see this is by comparing the estimated Alfvén speed with the 3-D velocity
dispersion, Eq. (32.19), where the observations of Crutcher et al. (2010) appear to
imply (v4)o.5/0, & 0.75n345, implying that the magnetic field dominates turbu-
lence (v4 > o,) forng 2 1.6.

Individual density peaks exhibit considerable scatter around the idealized rela-
tions, and therefore the above conclusions regarding the importance of magnetic
fields will certainly not apply in all cases. Whether cores are generally magneti-
cally subcritical or supercritical remains in dispute. Crutcher (2010) argued that the
cores of dark clouds are generally supercritical. However, the frequent observation
of strong | Byj| for ng 2 10* cm™* (Crutcher et al. 2010) — see above Figure 32.6
— appears to establish the dynamical importance of magnetic fields in at least some
cases.

We know that gravitational collapse does occur, and that the resulting stars (see
below) have ®/M far smaller than given by Eq. (41.53) for ng < 107 cm—2. The
question now arises: How are cores managing to lower their values of ® /M as they
contract, so that they can ultimately collapse to form stars?

41.4 Magnetic Flux Problem: Ambipolar Diffusion

We have seen above (§35.4) that the magnetic field in the ISM often acts as though
the field lines are “frozen” into the fluid. If flux-freezing continues to hold in a
collapsing clump, ¢ will be conserved.

We have already seen that for M ~ 1 Mg clumps to be able to collapse, some-
thing must act to reduce the flux by a factor ~ 3 — unless the magnetic field strengths
in molecular clouds have been overestimated by an order of magnitude, the “flux-
freezing” approximation must break down.

T Tauri stars have surface magnetic fields 2 + 1 kG (Johns-Krull 2007), corre-

sponding to a flux per mass ®/M =~ 3 x 10~8 gausscm? g~1. This is 6 orders
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Figure 41.1 Geometry for ambipolar diffusion. B is the magnetic field strength at the
cloud center; field lines are moving out of the cloud with velocity vi, relative to the
neutral gas.

of magnitude below the ® /M estimated for a ~1 Mg clump in a cloud of den-
sity niy ~ 10%* cm~3. Therefore, nearly all of the magnetic flux that was initially
present in this gas must escape before we are able to observe the T Tauri star.

The mechanism for this escape is presumably the process known as ambipolar
diffusion. The magnetic field is coupled only to charged particles — electrons, ions,
and charged dust grains. It remains a good approximation to assume the magnetic
field is “frozen” into the plasma (i.e., the charged particles), but the plasma can
drift relative to the neutral gas.

In a dense molecular cloud, the fractional ionization is extremely low (see Fig.
16.3), and the mass density in the plasma is almost negligible. If we ignore the
inertia of the plasma, then the instantaneous velocity of the plasma is such that the
J x B/c force per volume is exactly balanced by the force/volume resulting from
collisions of charged particles with neutrals:

miMny

1
EJ x B = —n;n, (oV)mt (Vi — Vi) (41.54)

m; + My,

where (0v) s is the momentum transfer rate coefficient for ion-neutral scattering
[see Eq. (2.39)]. If we assume that gradients are perpendicular to the magnetic field
lines (B - V — 0), then

R 2
(Vi—vn):—(ml—i_mm) L o8 (41.55)

m;my, NNy (ov) 81

Suppose that a clump has characteristic magnetic field strength B and characteristic
dimension L (see Figure 41.1). The time scale for the magnetic field to slip out of
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the clump is

L/2 8m(L/2)?
Tslip = Te— =5 ninp(ov)

m;my

(mn + m%)

(41.56)

where we have approximated VB2 ~ B2/(L/2). To evaluate this, suppose that
(1) L =~ 1.23n; °® pc (Eq. 32.12), (2) the magnetic field strength is given by the
observed relation B =~ 49n$-%> G for the median field strength [Eq. (32.17)], and

(3) the fractional ionization n; /ny ~ 1 x 10_771111/2 (see Fig. 16.3). Then,

Tatip A 7 x 107 "2 yr (41.57)

At densities ny; & 10° cm™3, this time scale is short enough (< 3 x 106 yr) that
ambipolar diffusion may be able to reduce the magnetic flux in a contracting clump.
For ny = 2 x 10 cm™3, the ambipolar diffusion time from Eq. (41.57) is shorter
than the gravitational free-fall time (37/32Gp)*/? = 4.5 x 10°n,; % yr.

At very high densities, much of the free charge is located on dust grains. The
ambipolar diffusion time is affected by the effect of grains on the ionization balance
(see §14.8), and by the coupling of charged grains to both the magnetic field and
the neutral gas. The dynamical evolution of dense cores is therefore sensitive to the
distribution of grain sizes present; at these densities, the grain size distribution is
expected to have been modified by coagulation and fragmentation, but the details
are not yet clear.

41.5 Angular Momentum Problem

The discussion thus far has neglected rotation, but self-gravitating cores will gener-
ally have nonzero angular momentum. Consider a region of mass M, initial radius
Ry, and angular momentum .J, and neglect coefficients of order unity that depend
on the density distribution in the cloud. If the core is uniformly rotating, the rota-
tional kinetic energy

)P 1
Erot =~ W X ﬁ s (4158)
while the gravitational self-energy
6GM?* 1
| Egrav| & R x B (41.59)

It is, therefore, clear that if the cloud contracts with J = const, the rotational
kinetic energy will stop contraction at a radius

O/
Rmm ~ GM -

J/M > M,
8 1015 ©
0 () i
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The specific angular momentum .J/M will vary from core to core. At the solar
circle, we are orbiting around the inner Galaxy with an angular frequency 2 ~
225kms ™' /8.5kpc = 9x 10710 rads~!; a ~ 1 pc radius region rotating with this
frequency would have specific angular momentum J/M = 3 x 10> ecm?s™1. A
~ 0.1 pc radius cloud in solid body rotation with rotational velocity v = 0.1 kms™*
at the “equator” would have specific angular momentum .J/M =~ 1x 10%! cm?s~1!.
It is clear that interstellar gas cannot contract to anything approaching the size of
a star (~ 10*! cm) if its angular momentum is conserved. When the gravitational
contraction is stopped by angular momentum, the rotationally supported core will
take on a flattened disk geometry. Such protostellar disks are observed.

In order to overcome the “angular momentum barrier” and contract to protostel-
lar dimensions, the core must transfer nearly all of its angular momentum to nearby
material, either before or after it has become disk-like. There are two mechanisms
that can do this — gravitational torques and magnetic torques. The collapsing gas
may develop nonaxisymmetric density patterns so that the gravitational field can
exert a torque on nearby matter — spiral density waves in a disk would be one ex-
ample of this. If the density field in the collapsing region and in the gas around
it is highly nonaxisymmetric, the gravitational torques could remove angular mo-
mentum from the clump on a time scale of order the dynamical time 1/(47Gp)*/2.
However, the degree of nonaxisymmetry that will arise in the collapsing clump and
its environs is uncertain.

The magnetic fields in molecular clouds are strong enough that magnetic torques
due to bent magnetic field lines can be important. Consider a spherical surface of
radius R bounding a rotating core. Let the angular momentum J be along the z axis.
The torque per area exerted at a point on the surface a distance r from the rotation
axis is ~rB) B /8, where B)j and B, are the components of the magnetic field
parallel and perpendicular to the surface [see Eq. (35.16)], and we have neglected
trigonometric factors. Thus the magnetic braking time will be of order

t(magnetic braking) a2 (41.61)

R3B2

if B has substantial components both normal to the surface and parallel (or an-
tiparallel) to the local surface velocity. If the magnetic field is contributing to the
support of the system against its self-gravity — which appears to be the case in typi-
cal molecular clouds and cloud cores (see §32.10) — the magnetic braking time can
be of order the dynamical time. Detailed MHD simulations of realistic collapsing
clumps are in their infancy, and it is not yet clear how the magnetic field strength
varies as a clump collapses. However, if the magnetic field energy remains compa-
rable in magnitude to the gravitational energy (B2R3 ~ GM?/R) and if the clump
is rotationally supported [J2/M R? ~ GM?/R — J ~ (GM?>R)'/?] then

JR 1

J
RB2 T GM2 " JGMJR®

t(magnetic braking) ~ (41.62)
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i.e., the magnetic braking time can be of order the dynamical time ~ 1/(Gp)'/2 if
the magnetic energy is comparable to the gravitational energy.

41.6 Accretion Disks

Eventually the collapsing clump becomes a rotationally supported disk with a den-
sity peak at its center. Dynamical processes in the disk then remove angular mo-
mentum from the inner parts of the disk and transfer this angular momentum to
the outer parts of the disk or perhaps the ambient cloud; the allows the inner-disk
material to fall inward and add to the growing star. The processes responsible for
this momentum transfer are not yet well-understood. Ordinary molecular viscosity
is ineffective, but momentum transport may occur as the result of “turbulent vis-
cosity,” or by magnetic torques. If the disk has not retained a significant ordered
magenetic field, it can generate magnetic fields via the magnetorotational instability
(MRI). The MRI requires a minimum electrical conductivity; whether the conduc-
tivity of the disk will be high enough for the MRI to operate is not yet known.

41.7 Radiation Pressure

A star-forming region emits radiation. Initially, the energy comes from accretion
onto the protostar, with a luminosity

GM . M R M
Lgray ~ ——M =12 i) L
& R OM@ R 106 Mgyr—1 @

(41.63)

Once the central density and temperature become high enough for nuclear fusion
to begin, the luminosity comes from release of nuclear energy in conversion of D
and H into He. As radiation streams away from the star, a force will be exerted on
atoms, molecules, or dust particles that absorb or scatter the radiation. As seen in
Fig. 23.12, the radiation pressure cross section for dust can be large. The ratio of
radiation pressure force to gravitational attraction is

Fradpr. _ L{Ovaape) R’ (41.64)

Frran irR2c  LAGMmy '
_ L®<O—rad‘pr.> L/M

5.6m1G Mgmpuc Lo/ Mg

(Orad.pr.) L/M
=0.032 . 41.66
0-0327 (10_21 CHIQI_I_1 L@/ M@ ( )

(41.65)

If the radiation has a color temperature 10* < T < 10° K, and the dust is similar
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to the dust in the local diffuse ISM, then (0yaq.pr.) &~ 1072 cm?H ™! (see Fig.
23.12), and radiation pressure on the dust will exceed the gravitational attraction
on the (dust+gas) if L/M 2 30 Ls/ Mg. For spherically symmetric flow, this
would appear to prevent the formation of massive stars (M 2 10 M), which will
have L/M 2 103 L/ M, once nuclear burning commences. However, accretion
is not a spherically symmetric process — accretion onto the star takes place via an
optically thick disk. The radiation leaving the star is effectively collimated into a
limited range of angles (presumably with a bipolar geometry); within these lobes,
optically thin dusty gas is driven away, but near the equatorial plane the accreting
matter is shielded from the short-wavelength radiation from the accreting stellar
object.

Radiation pressure considerations also apply to galactic disks. If the luminosity
surface density X, is too large, dusty gas may be repelled from the disk. The ratio
of radiation pressure force to gravitational force is just

Fra T. rad.pr. Yr/¥n
Braaor _ 397 \Trodor)  2r/%n
Fgrav 10 cm?H L@/M@

(41.67)

where Y., is the disk luminosity per area, and X, is the disk mass surface density.
Therefore, for dust and a radiation spectrum such that (0yad.pr.) &~ 1072 cm?H ™1,
a disk with energetic star formation such that ¥, /3, 2 30Lg/ Mg can have
a disk that is supported largely by radiation pressure (Thompson et al. 2005), and
higher values of X1, /¥, could drive an outflow of gas and dust from the disk using
radiation pressure alone (Murray et al. 2010). Such high values of ¥, /%), may
result from a strong burst of star formation. Radiation pressure on dust may help
account for the presence of fragile PAHs ~ 4 kpc above the disk of the starburst
galaxy M82 (see Plate 7).



Chapter Forty-two

Star Formation: Observations

Some theoretical considerations related to star formation were developed in Chap-
ter 41. Here we present a few of the basic observational data pertaining to star
formation. A thorough treatment of the field can be found in the excellent text by
Stahler & Palla (2005).

Molecular clouds are found in a variety of sizes and densities. As discussed in
Chapter 32 (see Table 32.2), the terminology that is used to refer to the substructure
within them is rather arbitrary, and sometimes confusing, so we repeat it here.

Self-gravitating density peaks within an isolated “dark cloud” are usually re-
ferred to as cores. The cores have masses of order 0.3 to 10 M. Each core is
likely to form a single star or a binary star.

In the case of giant molecular clouds (GMCs), the term clump is used to refer
to self-gravitating regions with masses as large as ~ 103 M. Clumps may or may
not be forming stars; those that are, are termed star-forming clumps. Such clumps
will generally contain a number of cores.

42.1 Collapse of Cores to form Stars

When a core becomes gravitationally unstable, it will begin to collapse. Exactly
how this collapse proceeds is uncertain in detail, but we think we understand the
overall outlines.

During the initial stages, radiative cooling in molecular lines is able to keep the
gas cool. As a result, the gas pressure remains unimportant during this phase, and
the matter moves inward nearly in free-fall. The velocities at this stage are not
large,

GM, [4r\'?
vs /g :<37r) G213 /6 42.1)
C
Mc)1/3 1/6 -1
~04(— ng' kms™ ", 42.2)
<M® 6

where M. and p. = 1l.4ngmy are the mass and density of the core, and ng =

10%n6 cn 3.
Because the density is higher in the interior, the free-fall time (37/32Gp)/?

is shortest there, and the collapse proceeds in an “inside-out” mannner, with the
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center collapsing first, and the outer material later falling onto the central matter.

If cores had no angular momentum, and if magnetic fields were negligible, the
collapse process would be relatively simple to understand and model. However, as
we have seen earlier (§32.10), molecular clouds appear to have magnetic energies
E1,ag comparable to the kinetic energy E'xg, (contributed mainly by the “turbulent”
motions), and sufficient angular momentum to become dynamically important long
before stellar densities are reached.

If the core is to collapse, the magnetic flux/mass ratio ® /M must be less than
the critical value (®/M)ci¢. While low density cores appear to have too much
magnetic flux to collapse [see Eq. (41.53)], the fact that stars do form implies that
ambipolar diffusion — or perhaps some other process — is able to reduce ®/M to
below (®/M)qriy = 1.8 x 1073 gausscm? g1, so that the magnetic field will not
prevent gravitational collapse.

The infalling gas will generally have nonzero angular momentum, and (if it re-
mains cold) the material will collapse to form a rotationally supported disk, with
the material with the lowest specific angular momentum collected in a “protostar”
at the center of the disk. Energy is dissipated as the infalling gas hits the disk.
Angular momentum transport — due to the magneto-rotational instability (MRI) if
the gas is sufficiently ionized, or due to gravitational torques or turbulent viscosity
if the ionization is too low to support the MRI — will cause some material in the
disk to move inward, with additional release of gravitational energy. The energy so
released will heat the disk, and will be radiated away.

The dominant sources of energy are (1) the gravitational energy released as mate-
rial is added to the protostar and as the prostar contracts, and (2) the energy released
when the protostar is able to ignite fusion reactions to first “burn” deuterium, and
then hydrogen. The protostar will have a significant luminosity, allowing it and the
surrounding core to be observed as a luminous infrared source.

42.2 Class 0, I, II, and III Protostars

The spectrum of the radiated energy will depend on the amount of obscuration
around the protostar. Let Rgisx be some characteristic radius of the disk. The
characteristic surface density of the disk is then

Mgisx M gisx 100 AU\ ? _g
Ydisk = =28 . 42.3
sk TrR?iisk (01 M@ > ( Rdisk gem ( )

If the disk is not yet fully grown, there may be a significant amount of mass that
is still infalling, and the column density along a sightline from the surface of the
protostar to infinity,

Yinfall = / pdr (42.4)

*

may be large, even for sightlines that do not intercept the disk itself. The spectrum
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of the energy radiated to infinity by the protostar will depend on Xy ¢,11. Protostars
and young stellar objects (YSOs) are conventionally divided into four different
classes based on the overall shape of the infrared spectrum, characterized by a
spectral index

dlog(/\F,\)
dlog\ '’

o (42.5)

or vF, o« v~%. Ground-based observations often employ atmospheric windows at
2.2 ym (K band) and 10 gm (N band), and low-mass (M < 3 M) protostars may
be classified by using the ratio of the observed flux densities in the X and /N bands:

log[(AF))10 um] — 10g[(AF\)2.2 um]
log(10/2.2)

Qg N = (426)

e Class 0 protostars are objects that are so heavily obscured that their spectra
peak at A > 100 um. For these sources, a, n is not a useful characteristic,
because the source may be invisible at 2.2 ym, and at 10 um there may be
deep absorption by cold foreground silicate dust. Inward motions of the gas
are sometimes revealed by asymmetric profiles of molecular emission lines.
The lifetime of a Class 0 object is short, ~ (1 — 3) x 10% yr (Andre et al.
2000).

o Class I protostars have oy ;v > 0: there is more power being radiated near
10 pm than near 2 pm. Blackbodies with 7" < 870 K have o ps > 0. Class
I protostars are thought to have typical ages ~ (1 — 2) x 10° yr.

e Class II YSOs have —1.5 < ag,» < 0. Blackbodies with 870 < T <
1540K have —1.5 < ag m < 0. Class II YSOs correspond to classical
T Tauri stars, which are pre-main-sequence stars, still undergoing gravi-
tational contraction, with substantial accretion disks and accretion rates ~
1076 Mg yr—t.

o Class III protostars have ax s < —1.5. Blackbodies with T' > 1540K
have oy pr < —1.5. Class III YSOs correspond to “weak-lined” T Tauri
stars, which are pre-main-sequence stars still undergoing gravitational con-
traction, but where the accretion disk is either weak or perhaps entirely ab-
sent.

The observed flux ratios are determined by the temperature of the emitting regions
(star and inner disk) and by wavelength-dependent extinction. Classification of a
given object as either Class I or Class II may depend on the source orientation. If
we are viewing the object face-on it, may be classified as Class II, but an identical
disk viewed edge-on could heavily redden the light reaching the observer, so that
the object could be classified as Class I or even Class 0.
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Figure 42.1 Stellar initial mass function (IMF) as estimated by Kroupa (2001) and
Chabrier (2003). Shown is dN/d1In M, the number of stars formed per logarithmic
interval in stellar mass M, normalized to the value at M = 1 Mgy. Both Kroupa
(2001) and Chabrier (2003) have dN/d1In M o M~*3 for M > 1 Mg,

In principle, ax,n can also be increased by differential extinction due to cold
foreground dust in the cloud, but this is not expected to be a big effect: with Ay ~
0.12Ay and Ax ~ 0.06 Ay, foreground reddening in a cloud with Ay ~ 10 mag
will only increase ax y by ~0.043A4y ~ 0.4.

42.3 Initial Mass Function

If we sum over the stars formed in a large star-forming region (e.g., the Orion
Nebula Cluster), we can discuss the distribution of initial stellar masses — the initial
mass function, or IMF. Beginning with the pioneering work of Salpeter (1955),
there have been many studies of the IMF in different regions of the Milky Way,
and in other galaxies. There is no reason to think that the IMF should be universal,
yet it shows remarkable uniformity from region to region. There may be systematic
variations in the IMF depending on environmental conditions, but the variations are
surprisingly small. It is difficult to determine the IMF at the high-mass end because
massive stars are rare, and at the low-mass end because low-mass stars are faint.
Nevertheless, for 0.01 to 50 M, there is reasonable agreement between different
studies.

Figure 42.1 shows two recent estimates (Kroupa 2001; Chabrier 2003) for the
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Figure 42.2 MdN/dIn M, the mass formed per logarithmic interval in stellar mass
M, for IMFs of Kroupa (2001) and Chabrier (2003), normalized to the value at M =
1 Mg.

IMF in the disk of the Milky Way. For M 2 1 M, the observations are consistent
with a power law dN/dM o M~23, very close to the slope dN/dM oc M 23
originally found in the pioneering study by Salpeter (1955). The Kroupa and
Chabrier estimates for the IMF differ only in detail. While appreciable numbers
of low-mass stars are formed, the mass per logarithmic mass interval peaks near
~0.5-1 M. Table 42.1 provides some useful integral properties of the IMF. For
example, for a total star formation rate M , the rate of formation of M > 8 M, stars
is M x 0.2118/19.14 M. If M > 8 M, stars become Type II supernovae, then
the Milky Way star formation rate ~ 1.3 Mg, yr~! (see §42.4 below) corresponds
to a Type I SN rate 0.014 yr—! = 1/70yr.

Table 42.1 Some Properties of the Chabrier (2003) IMF*

Mass range (M) mass/total mass  (M)/ Mg

0.01-0.08 0.0482 0.0379
0.08-1 0.3950 0.2830
1-8 0.3452 2.156
8-16 0.0749 10.96
16-100 0.1369 32.31
8-100 0.2118 19.14
0.01-100 1.0000 0.3521

“ For lower and upper cutoffs of 0.01 and 100 M.
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42.4 Star Formation Rates

What is the rate of star formation in the Milky Way galaxy?

Because massive stars are highly luminous and create HII regions that can be
detected at large distances, we can use the observed number of high-mass stars
(or the HII gas photoionized by them), together with theoretical estimates of stellar
lifetimes, to estimate the rate at which massive stars are being formed in the Galaxy.
The IMF can then be used to estimate the total rate at which stars are being formed.
The difficulty is in counting the stars. Optical surveys (including observations of
the bright Ha line from HII regions) are incomplete because of obscuration by
interstellar dust. We must instead use long-wavelength tracers of massive stars.

[NII]205 pm emission is excited by collisions of N II with electrons in HII re-
gions. Because N and H are ionized together, the ratio N II/HII depends only on
the N abundance, which we think we know.! At low densities, the [N II]205 pm
emissivity is proportional to the electron-proton recombination rate, and therefore
(on average) proportional to the rate of hydrogen ionization. Bennett et al. (1994)
used all-sky COBE observations of the [N II]205 pm line to estimate the total rate
of photoionization of H in the Milky Way to be Qo mw = 3.5 x 10°3s~1. Mec-
Kee & Williams (1997), taking into account the radial gradient in the N abundance,
and correcting for suppression of [N II]205 pm emission at high densities, used the
same COBE data to estimate Qo mw ~ 1.9 X 10°3 s~ 1. The systematic uncertain-
ties (including the assumed electron temperature and N abundance) are estimated
to be ~ 50%.

Free—free radio emission is negligibly affected by interstellar dust, and the free—
free emissivity in HII regions is proportional to the proton-electron recombination
rate. Murray & Rahman (2010) used observations by the Wilkinson Microwave
Anisotropy Probe (WMAP) to determine the total rate of emission of ionizing pho-
tons in the Milky Way to be (Qo vw = 3.2 £ 0.5) x 1052 s~1, after correcting for
the effects of absorption by dust. This appears to be the most reliable determination
of the rate of emission of ionizing photons.

With estimates of the number of ionizing photons emitted over the lifetime of
massive stars, and an assumed form for the IMF, Murray & Rahman (2010) use
their measurement of Qo vw to estimate the the total rate of star formation in the
Milky Way (averaged over the past ~ 3 Myr — the lifetime of early O-type stars) to
be

(dM*> =(1.3£0.2) Mgyr~! ; (42.7)
at ) uw
allowing for uncertainties in the IMF, the star formation rate should be in the range
0.9 Mg yr~! < (dM,/dt)y\pw < 2.2 Mg yr— 1.

Radio recombination lines (see §10.7) are another extinction-free tracer of ion-
ized gas, with the additional benefit of kinematic information from the Doppler
shifts, providing additional information to aid in distance estimation. Recombina-

'In H1I regions ionized by very early-type stars, some of the N can be N III — see Table 15.2.
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tion line surveys have detected a large population of previously unknown Galactic
HII regions (Bania et al. 2010); future work will be able to provide an indepen-
dent estimate for the total photoionization rate Q\w, and the implied Galactic star
formation rate (dM, /dt)vw.

42.5 Schmidt-Kennicutt Law

The total mass of molecular gas in the Milky Way is ~ 10° M, (see Table 1.2). If
the typical density of this gas is ny ~ 50 cm 3, with a free-fall time (37/32Gp)'/? ~
6 x 106 yr, the maximum rate at which stars could be made would be

_ Mtot

TH

Mg ~ 200 Mg yr—t . (42.8)

The actual star formation rate (see Eq. 42.7) is ~ 2 orders of magnitude below this
value, for two reasons: (1) most of the mass in GMCs is not undergoing free-fall
collapse, and (2) even in regions that do collapse, only a fraction of the gas ends up
in stars. One of the major challenges to ISM theory is to understand why the star
formation rate has the observed value. This is a formidable problem that involves
understanding the excitation and damping of the MHD turbulence in molecular
clouds, transport of angular momentum out of contracting regions, ambipolar dif-
fusion to remove magnetic flux from contracting regions, and the important effects
of “feedback” — the effects of outflows and radiation from protostars and stars on
the surrounding gas, either stimulating or suppressing further star formation.

Because star formation is the result of gravitational collapse, one expects the
specific star formation rate (star formation rate per unit gas mass) to be larger in
higher density regions. Schmidt (1959) proposed that the star formation rate per
volume varied as a power of the local density p. The physics of star formation is
complex, and the star formation rate will depend on physical properties other than
gas density. Nevertheless, it has proven useful to examine the empirical relationship
between observed star formation rate and gas density. Because the volume density
p is difficult to determine from afar, Kennicutt (1998) examined the relationship
between the global star formation in a galaxy and g5 qisk, the gas surface density
averaged over the “optical disk” of the galaxy, finding that the star formation rate
per unit area YsrR disk varied approximately as

2g,‘as,dsik

1.4+0.15
i pc_2) Mgkpe 2yr~! . (42.9)
©

YspR.disk = (2.540.7) x 107* (

This is often referred to as the Schmidt-Kennicutt Law. It is remarkable that this
relation extends from the low gas surface densities of gas-poor spiral disks to the
very high surface densities in the cores of luminous starburst galaxies. Because it
relates gas surface densities and star formation rates averaged over the entire optical
disk, it describes the global star formation rate.
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For well-resolved nearby galaxies, it is possible to use local values of Xgpr and
Ygas- On 500 pc scales in the star-forming spiral galaxy M51a, the gas and star
formation rate surface densities vary as (Kennicutt et al. 2007)

1.56+0.04
> Mg kpe 2 yr~t. (42.10)

_ Ygas,500
b = (5.94+1.4)x107° | =820
SFR,500 ( ) (M@ pC72

Because of the nonlinear dependence of Ygpr on Ygas, it is not surprising that
the coefficient in the local relation Eq. (42.10) is smaller than in Eq. (42.9) using
disk-averaged surface densities. Recall that ¥, in Eq. (42.9) is averaged over the
optical disk of the galaxy, while X4, in Eq. (42.10) is averaged over only 500 pc
length scales. Because the gas surface density is very clumpy, and Yspg increases
more rapidly than linearly, we expect the prefactor in the “local” relation to be
smaller than in the “global” relation.

If one considers molecular gas only, then one finds a tighter relationship. In M51,
Kennicutt et al. (2007) found, on 500 pc scales,

>1.37i0.03

YH,5
YsrR,500 = (1.7£0.4)x107* (112,00

M pe? Mgkpe 2yrt. (42.11)

This relation extends from Xy, 500 ~ 10 Mg pc=2 to ~400 M, pc—? — a fac-

tor of ~ 160 in Xsrr. For the local Milky Way value of Ay /Ny, Yy, = 10 —
400 M, pc~2 corresponds to Ay from 0.48 to 20 mag.

We can try to obtain a qualitative understanding of the local relationship given
by Eq. (42.11). Let us assume the Hy to be in a uniform slab on the ~ 500 pc
scales over which both ¥y, and Xgrr have been averaged in the observations
leading to Eq. (42.11). Suppose that the vertical thickness of the molecular gas
(B=1)/2

Then p oc B1-8, the free-fall time 74 o< Ygas

i B
varies as h o« X zas » and

gas?
Ygas /T X 2243 —#/ 2 If the star formation rate/area is proportional to Xgq /T,
then the empirical relationship (42.11) is recovered if 5 = 0.26 4+ 0.06, so that
p oc RO-T4E0.06 _ the internal density increases as Yy, rises. These arguments are
of course simplistic — in the Milky Way and in M51, GMCs are not uniform plane-
parallel slabs. Recall that GMCs in the Milky Way tend to have Ay ~ 10 mag.
Hence Yy, running from 10 to 100 M pc—2 would correspond to the GMC cov-
ering factor increasing from 0.05 to 0.5. If individual clouds had a fixed rate of star
formation per unit mass, we would have expected Xgrr o< g, over this range,
yet the observations indicate that Xgpg varies as X{;*". One interpretation would
be that an increase in YXgpr leads to an increased pressure in the ISM, producing
higher densities within GMCs, and higher SFR per unit mass. This trend appears to
continue to the extraordinarily high surface density ¥y, ~ 400 My pc~2, which
corresponds to Ay ~ 20 mag.

We are obviously far from understanding the process of star formation either on
a star-by-star basis, or averaged over large regions within galaxies.

Much remains to be learned.
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List of Symbols

Symbol  Definition
o = e?/hc = 1/137.04, fine-structure constant
o thermal rate coefficient for case A recombination; see §14.2
ap thermal rate coefficient for case B recombination; see §14.2
an polarizability of atom or molecule IV; see Eq. (2.29)
By escape probability for photon of frequency v; see §19.1
(B) angle- and frequency-averaged escape probability; see §19.1
e(w) complex dielectric function; see Eq. (22.7)
€1 = Re(e)
€2 = Im(e)
(CcR,p primary ionization rate for an H atom due to cosmic ray protons
(cr primary ionization rate due to cosmic rays
Ky attenuation coefficient; see Eq. (7.9)
Ky opacity = absorption cross section per unit mass; see §32.4
k(T) thermal conductivity; see §34.3
Aow wavelength of photon emitted in transition u — ¢
I electric dipole moment of molecule or grain
UB Bohr magneton = eh/2m.c = 9.274 x 10~2! erg gauss !
v frequency (oscillations per unit time)
Os number of secondary ionizations per primary ionization; see §13.3
p mass density
o Stefan-Boltzmann constant, 5.670 x 10 % ergs™! em 2 K%
o) reaction or excitation/deexcitation cross section; see §2.1
o electrical conductivity; see Egs. (22.8 and 35.35)
Gabs(A)  dust absorption cross section per H nucleon
Osca(A)  dust scattering cross section per H nucleon
Oext(A) = Oabs + 0sca = dust extinction cross section per H nucleon
oaust(A)  attenuation cross section per H nucleon; see Eq. (15.20)
Orad.pr. ~ radiation pressure cross section per H nucleon; see §23.10.1
Yer dust projected area per H nucleon; see Eq. (31.6)
Yo = Egr/lo_Ql cm?H!
Ty optical depth at frequency v; see Eq. (7.14)
X UV intensity at 1000A relative to Habing (1968); see Eq. (12.5)
w angular frequency 27v (radians per unit time)
wp plasma frequency; see Eq. (11.2)
ao Bohr radius = /% /m.c? = 5.292 x 10~? cm
Qoft radius of equal-volume sphere; see Eq. (22.6)
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Symbol Definition
A Angstrom = 10~% cm
A extinction (in mag.) at wavelength A
Ap extinction (in mag.) at B = 4400 A
Ay extinction (in mag.) at V' = 5500 A
b impact parameter; see §2.2.1
b, departure coefficient; see §3.8
B,B magnetic field strength, magnetic field vector
c speed of light, 2.998 x 10'° cms™!
Caps(A\)  absorption cross section at wavelength A
Csea(N) absorption cross section at wavelength A
Coxt(N) = Caps + Csea = absorption cross section at wavelength A
Dy, luminosity distance; see §8.2
DM dispersion measure; see Eq. (11.12)
e |electron charge|, 4.803 x 10710 esu
E; energy of a level j
FE (B — V) =A B — AV
EM emission measure; see §10.5
feu oscillator strength; see §6.3
f(X;T)  partition function per unit volume for species X; see Eq. (3.5)
F total (electronic + nuclear) angular momentum quantum number; see §5.1
F flux = power per area; see §9.1
F, flux density = power per area per unit frequency; see §8.2
F, empirical depletion parameter; see Eq. (9.36)
g Gaunt factor for free-free transitions; see §10.2
Gi degeneracy of a level i; see §3.1
G gravitational constant, 6.673 x 10~% ergcm g—2
Gy UV intensity (6—-13.6eV) relative to Habing (1968); see Eq. (12.6)
h Planck’s constant = 6.626 x 10~27 erg s
I h/2m = 1.055 x 107" erg's
HI atomic hydrogen
HII H™, ionized hydrogen
I nuclear angular momentum quantum number; see §4.6
I, specific intensity = power per area per unit frequency per unit solid angle;
T emissivity; see Eq. (7.9)
J electronic angular momentum of an atom or ion
k Boltzmann’s constant, 1.381 x 1016 erg K!
k = 27 /A = wavenumber
K degree Kelvin
A wavelength
L total electronic angular momentum quantum number; see §4.5
Lg solar luminosity, 3.826 x 1033 ergs—!
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Symbol  Definition
my hydrogen mass, 1.674 x 10724 g
m(w)  complex refractive index; see Eq. (11.4)
My total mass of HI
Mg solar mass, 1.989 x 1033 g
N,y photon occupation number; see Eq. (7.3)
Ne electron density
nu H nucleon density = n(H) + n(H") + 2n(Hz)
N9 ng/10% cm=3
ng nu/10% cm =3
T4 ng/10* cm =3
ne nH/106 cm™3
P momentum of a particle
P pressure of a fluid
pc parsec = 3.086 x 10'® cm
Qo rate of emission of hv > 13.60 eV (H-ionizing) photons
Qoo Qo/10% st
Q1 rate of emission of hv > 24.59 eV (He-ionizing) photons
Qomw  rate of emission of hv > 13.60 eV photons by stars in the Galaxy
Qabs = Cabs/ Wagff (absorption efficiency factor); see Eq. (22.6)
Qsca = Csea/ Wasz (scattering efficiency factor); see Eq. (22.6)
Qext = Coxt/ ﬂ'agﬂ (extinction efficiency factor); see Eq. (22.6)
R, rate coefficient for Hy formation on dust; see Eq. (31.8)
Rso Stromgren radius in absence of dust; see Eq. (15.2)
Ry solar radius, 6.960 x 1019 cm
Ry = Ay /E(B —V); see Eq. (21.3)
RM rotation measure; see Eq. (refeq:RM)
S total electronic spin quantum number; see §4.5
Sy source function in radiative transfer; see Eq. (7.16)
T temperature
Ts T/102K
Ty T/10* K
Ts T/10°K
Ta antenna temperature; see Eq. (7.6)
T brightness temperature; see Eq. (7.5)
Toxe excitation temperature; see Eq. (7.8)
Tspin spin temperature; see Eq. (8.1)
Uy, specific energy density; see Eq. (7.7)
w equivalent width, dimensionless; see Eq. (9.3)
W equivalent width, wavelength; see Eq. (9.4)
w, equivalent width, velocity; see §9.1
Te = n./np, referred to as the fractional ionization;
Zint internal partition function; see §3.1
A partition function; see §3.1
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Physical Constants

St S

c
a=e?/he
ag = ?’12/mee2
Roo = mec?a?/2he
heRoo = mec?a? /2
pp = eh/2mec
pun = eh/2my,c
re = €2/mq.c? = a?ag
or = 8nr2/3

9.10938 x 10728 g
510.999 keV
1.67262 x 10~ g
938.272 MeV
1.67353 x 107 g
1836.15
1.66054 x 10~ g
4.80320 x 10~ 1%su
1.60218 x 10~19C
6.62607 x 10727 ergs
1.05457 x 10~ erg s
2.99792458 x 109 cms~!
1/137.036
5.29177 x 107% cm
109737 cm ™!
13.6057 eV
9.27401 x 102! ergG~!
5.05078 x 1024 ergG—!
2.81794 x 10~ e¢m
6.65246 x 10~25 ¢cm?2

electron mass
proton mass

H mass

proton/electron mass ratio
atomic mass unit

charge quantum

Planck’s constant
h/2x

speed of light

fine structure constant
Bohr radius

Rydberg constant
Rydberg

Bohr magneton
nuclear magneton
classical electron radius
Thomson cross section

eV 1.60218 x 10~ 12 erg electron-volt
he 1.98645 x 10716 erg cm
1.23984 x 10~% eV cm
1.23984 eV um
he/k 1.43878 K cm
G 6.6742 + 10 x 108 ergcm g~2 Gravitational constant
k 1.38065 x 10~ erg K~!  Boltzmann constant

o = n2k*/60R3c?
a = m2k*/15(hc)3

5.67040x 1075 ergs~'em ™3 K~* Stefan-Boltzmann const.
7.56577 x 1075 ergem 3 K~ radiation constant

Energy Conversion Factors

E E/k E/hc E E
(eV) (K) (ecm~1) (erg) (J/mole)
1 1.1605 x 10* 8.0656 x 10% 1.6022 x 10~12 9.6485 x 10*
8.6173 x 10~° 1 0.69603  1.3807 x 10716 8.3144
1.2398 x 10~%  1.4388 1 1.9865 x 10716 11.963
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Summary of Radiative Processes

Definitions:

gu, gu, = degeneracy of level £, u
fou = fe = oscillator strength for transition £ — u

00u (V) = 04 (V) = cross section for transition £ — u

I,
Ny = ](1 3); O; = photon occupation number (single polarization state)

II/ v . .
(ny) = 2h<1/3202 = 87rh1f/3/c3 = angle and, polarization averaged n.,

ng, N, =number density of atoms in level £, u

Identities:
glf[u = 7gufu£
giBEu = guBuE
8n2e? 8n2e?? g, 8n2e? g,
A’U«f: 3 |fu€|_ 7ffu:727f5u
m C g'lL mGCA g’U.
c? 7T€2 ge
Bu = u
¢ SrhoB mehu Gu L
[e%e] 2 2
Gu C e
/0 Oealv)dy go 8m2 mecfé
me? A2 g,
Jlu(y) = 7f£u¢u = 79714714(;51/
meC 8T ge
Blackbody Radiation:
2hv3 1 2kT? hv
BV(T) = CTW — 62 fOI" ﬁ < 1
L — wT fi hw <1
Ny = ——— — for —
T ehw/RT hv kT
4 o 2 k4
u,,:—ﬁBl, ; u:/ uy,dy =aT? ; a:F—B—
C 0 15 h C3
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Frequency distribution function: (f ppdv =1)

o 1 c 1/(v—1p) c 2
Gaussian: 00 = 557 ey ) P |2 Ty a0

H)l/Q b

o, = one dimensional velocity dispersion = ( %

1%} )\0 Cc

(FWHM),  (FWHM), (FWHM>v:<Jv)m

474u (FWHM)V _ N

)

Lorentzian : ¢, = B
orentzian qu 1672 (l/ — V0)2 4 ’Ylgu Vo 21y

Y, = damping constant = Z Ap + Z Auk
k<t k<u

Interaction of atoms with radiation:

Absorption £ — u:  ngBg,u, = <nw>neglAue
ge

Spontaneous emission u — £ :  n, Ay

Stimulated emission u — £ : 1y Byuu, = (ny)n,Aye
Radiative transfer:
Jv
Ky

dl, = —1I,k,ds+ j,ds = [—Lj + } dr, (neglecting scattering)

Ko = 10 000 (V) — N |owe (V)| = 10 <1 - Z’;?ig) Tou (V)

1
Jv =1y Ay hv —ay
4
Juv

n —
- = BV (Tcxc) B Where ) = gie hl’/kTexc
v ne Gt
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Curve of Growth for a Maxwellian Velocity Distribution

(see Chapter 9)
2 Nifru 2 Nofou
ro= vt Nufud g o7 o 1g-2 e Nefe (C.1)
mec b S b

B N, fou A 10kms "
=0.7580 <1013cm2> <0.4164> (1215.7A> ( b > €2

1. Optically thin (7o < 1, 0 < error < +2.4%):

W)\ b > (—1)" 1 T0
W=—-2=r- ~ f - (C.3)
A cnz:1 n'f [ —&-7'0/(2\f)}
2 Nefou Nefou
L . fed g5 10713 em NS (C4)
mec [1+ 70/ (2v/2)] [1+70/(2v2)]
2. Flat portion of curve of growth (1 < 7y < 103 ; — 8% <error < +2.4% for
1 <719 < 600):
W 2b

~ 1/
=0~ [In(m/n2)]?

3. Damping (“square root”) portion of curve of growth (15 = 10%):

IIY)\ 1 62 1/2
~ — 2 —
W=-—"m~- (meclwféu/\ %e) where v,y = Ek Auk + Ek Ak

= 6.02x1073 Aut e\ (9u/90 e )2 Ne v
’ 6.27 x 108s=1 J\ 1215 A 3 Au 1020 ¢ —2

_ 1/2
b 2 A 10kms ! .
— 6.56 - ( 70 ) ( s e )

104 1215 A b 6.27 x 10851

Transition from flat to square root portion of curve of growth occurs at 7o = Tgamp>
where

Tdamp ~ 4/7b z931< b ) (1215A) (6.27>< 10851)
—1

In(Tgamp/I02)  Auryue 10kms A Yl

O Tgamp ~ 8400 for Lya with b = 10kms ™"
4. Flat and damping portions together can be approximated by:

A 471)2 In(ry In2) 4 2 Tt (10 = 1.25395) 1/2
c NZ3

For Lya with b = 10km s71, error < +4.9% for 1y > 1.25393.
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1. Free-free (= bremsstrahlung) emission coefficient j,, (see §510.1, 10.2):

8 (2m 1/2 eb
=— = - - 7200 o~ /KT C5
73 < 3 ) c3m§/2(kT)1/2 Mt giie (>
e 2Z2
~5.444 x 10_41%gﬂ’i6_hu/k1ﬂ ergem®sr s Hz7! (C.6)
4
72 0.1Z;vq erg cm®
~2.55 x 1074005 101181 :
% 79> " T3/ srsHz
for hv < kT (C.7)
~3.35x 10710 n,; 2} 88T, 0325 02 ergem® st s 71 Hz !
for hv < kT , (C.8)

where vy = v/GHz, T, = T/10*K, and the Gaunt factor in (C.7, C.8) has
been taken from the approximations (C.13, C.14).

2. Free-free absorption coefficient k,, = j,, /B, (T') (see §10.4):

4 (27 1/2 b
Ky=—= | — 1—e ™/, noni Z%g¢.:  (C.9
3 ( 3 ) m¥ 2 e(kT)1/2hy3 [ } cors (&)
e 1Z2
R LT % 107209, 222 e for hy < kT (C.10)
32,2
4 9
Zivg /1 i Z?
~8.31 x 10720 |1 - 0.1181n ”g/éo .
T T 1/3
for hv < kT (C.11)

~1.091 x 1072 non; Z} 38T, 13205 21%em®  for hv < kT (C.12)

where v9 = v/GHz, Ty, = T/10*K, and the Gaunt factor in (C.11, C.12) has
been taken from the approximations (C.13, C.14).

3. Gaunt factor for free-free transitions gg (see §10.2) for v, < v < kT'/h:

3 2kT)3/2 5
gg ~ £ In (7)12 — ’y] , ¥ =0.577216... = Euler’s constant
T 7TZ¢82me/ v 2
Z;ivg /10
—=4.691 [1—0.1181n Vg//g (C.13)
T4
~6.155 05 O 127018 (£10% for 0.14 < vy /T/* < 250) (C.14)

4. Dispersion relation for a cold plasma (see Chapter 11):

drn.e?
K =w? — wf} , where w

2
p Me

—1/2 1/2
w2 dl w?
w:cll—wg} Vgroup = — = C e S

Uphase =

=



Appendix D

lonization Potentials (eV)

Element I—I1I II—II HI=IV V=V V—VI  VI=VII  VI—VIII
1 H 13.5984
2 He 245874 | 54.416
3 Li 5.3917 | 75.640 122.454
4 Be 9.3227 18211 | 153.894 217.719
5 B 8.2980 \ 25.155 37.931 | 259.375 340.226
6 C 11.2603 24.383 47.888 | 64.494 392.089 489.993
7 N 14.5341 | 29.601 47449 | 77474 97.890 552.072 667.046
8 O 13.6181 | 35.121 54936 77414 113.899 138.120 739.293
9 F 17.4228 | 34.971 62.708  87.140 114.243 147.163 185.189
10 Ne 21.5645 | 40.963 63.423  97.117 126.247 154.214 207.271
11 Na  5.1391 | 47.286 71.620 9891 138.40 172.183 208.50
12 Mg 7.6462 15035 ] 80.144 109.265 141270 186.76  225.02
13 Al 59858 18.829 | 28.448 ] 119.992 153.825 190.477 241.76
14 Si 8.1517 16.346 33.493  45.142 | 166.767 205.267 246.481
15 P 104867 19.769 30.203 51444 | 65.025 220.422 263.57
16 S 10.3600 23.338 34790  47.222 | 72.594 88.053 280.948
17 Cl 129676 23.814 39911 53465 | 67.819 97.030 114.201
18 Ar 15.7596 | 27.630 40.735 | 59.686  75.134 91.00 124.328
19 K 4.3407 | 31.628 45.806 | 60.913  82.66 994 117.6
20 Ca 6.1132 11.872 50913 | 67.27 84.51 108.8 127.2
21  Sc 6.5615 12.800 24757 | 73.489  91.69 110.7 138.0
22 Ti 6.8281 13.576 24.492 123.7 119.533 140.846
23V 6.7462 14.655 | 29.311 65.282 128.125 150.641
24  Cr 6.7665 16.486 30.959 69.456 90.635 160.175
25 Mn 74340 15.640 33.668 72.4 95.60 119.203
26 Fe 7.9024 16.188 30.651 75.010 99.063 124.976
27 Co 7.8810 17.084 33.50 79.5 102. 129.
28 Ni 7.6398 18.169 35.187 | 54.925  76.06 107.87  133.
29 Cu 7.7264 20.292 36.841 | 57.380 79.846 103.031 138.862
30 Zn 93492 17.964 39.723 | 59.573  82.574 133.903 133.903
Notes:

Ionization potentials from Ralchenko et al. (2010)
The light line separates ions with I < Ijje from ions with I > Iy, = 24.6€V.
Tons to right of the heavy line (with I > Iye11 = 54.4¢eV) are not abundant in
gas photoionized by O or B stars and are therefore indicative of photo-
ionization by WR stars, PN nuclei, or collisional ionization in shocked gas.
For elemental abundances, see Table 1.4.



Appendix E

Energy-Level Diagrams

This appendix provides energy-level diagrams for the more abundant elements (H,
C,N, O, Ne, Mg, Al, Si, S, Ar) in ionization states with 3 t0 9, or 11 to 15 electrons.
The diagrams show the ground state and excited states with £ < 13.6eV.

Hyperfine splitting (interaction with the nuclear magnetic moment) is not
shown.

Atoms or ions with 2 electrons (e.g., HeI) or 10 electrons (e.g., NeI) are not
shown because they have no excited states below 13.6 eV (but see Fig. 14.3
for the radiative decay pathways from higher levels of He I that are populated
by radiative recombination.)

Fine-structure splitting is indicated (although not to scale). The one-electron
system — HI — is a special case: different orbitals n¢ with the same principal
quantum number 7 (e.g., 2s and 2p) have nearly identical energies, and spin-
orbit splitting is negligible (e.g., the 2P1°/2 and 2P§’/2 levels formed from the
2p orbital have nearly the same energy). Therefore, for H we show a single
energy level for each principal quantum number n.

Heavy lines show resonance lines — permitted absorption transitions to/from
the ground state multiplet. Resonance lines are shown in absorption (i.e., as
upward arrows), but of course are also observable as emission lines (e.g., H
Lyman «, or CIV 1548,1551).

Dashed lines show intercombination (“semiforbidden”) lines out of the ground
state multiplet. These have small f values but may be observable in absorp-
tion if the column density is sufficient.

Downward solid lines show additional transitions that may be observable
in emission. Because the lowest few energy levels of multielectron atoms
typically have the same parity, most of the emission lines shown in these
figures are forbidden transitions.

Wavelengths are in A, unless otherwise noted.

All wavelengths are in vacuo.
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484 APPENDIX E

3 electrons

——-(13.8eV)/hc=109692cm! ———————————————————___

3 electrons 2Pg . 96908 —a

2P, 96375

2pg . 80722 —7
E/hc ?Ps , 80463 7
(em™)

o 64592 —=

Zpo
2
(1s%)2p <EP§;2 64484 1
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4 electrons
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